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ABSTRACT

Based on our previous work [(Vidotto et all|2009a), we investigate bre the e ects on the wind and
magnetospheric structures of weak-lined T Tauri stars due to a nsalignment between the axis of
rotation of the star and its magnetic dipole moment vector. In suchcon guration, the system loses
the axisymmetry presented in the aligned case, requiring a fully thre-dimensional approach. We
perform three-dimensional numerical magnetohydrodynamic simlations of stellar winds and study
the e ects caused by di erent model parameters, namely the miséignment angle ¢, the stellar period
of rotation, the plasma- , and the heating index . Our simulations take into account the interplay
between the wind and the stellar magnetic eld during the time evolution. The system reaches a
periodic behavior with the same rotational period of the star. We slow that the magnetic eld
lines present an oscillatory pattern. Furthermore, we obtain that by increasing , the wind velocity
increases, especially in the case of strong magnetic eld and relatilerapid stellar rotation. Our three-
dimensional, time-dependent wind models allow us to study the interation of a magnetized wind with
a magnetized extra-solar planet. Such interaction gives rise to ramnection, generating electrons that
propagate along the planet's magnetic eld lines and produce electro cyclotron radiation at radio
wavelengths. The power released in the interaction depends on thplanet's magnetic eld intensity,
its orbital radius, and on the stellar wind local characteristics. We nd that a close-in Jupiter-like
planet orbiting at 0:05 AU presents a radio power that is 5 orders of magnitude larger than the
one observed in Jupiter, which suggests that the stellar wind from ayoung star has the potential
to generate strong planetary radio emission that could be detect# in the near future with LOFAR.
This radio power varies according to the phase of rotation of the sir. For three selected simulations,
we nd a variation of the radio power of a factor 1:3 to 3:7, depending on ;. Moreover, we extend
the investigation done in|Vidotto et al.| (2009g) and analyze whetherwinds from misaligned stellar
magnetospheres could cause a signi cant e ect on planetary migraon. Compared to the aligned case,
we show that the time-scale ,, for an appreciable radial motion of the planet is shorter for larger
misalignment angles. While for the aligned case,, ' 100 Myr, for a stellar magnetosphere tilted by

+ =30°,  ranges from 40to 70 Myr for a planet located at a radius of Q05 AU. Further reduction
on  might occur for even larger misalignment angles and/or di erent wind parameters.

Subject headings:MHD { magnetic elds { methods: numerical { stars: pre-main sequence { stars:
winds, out ows { planets and satellites: general

1. INTRODUCTION the accretion disk, they are known as weak-lined T Tauri
stars (WTTSs). Thanks to spectropolarimetric measure-
ments, the number of young low-mass stars with detected
magnetic elds has signi cantly increased in the past
decade ((Johns-Krull et al. [1999; Valenti & Johns-Krull
2004, Johns-Krull [2007;| Donati et al.| 20017, 2008, 2010;
Yang et al!|2008; Hussain et al. 2009; Skelly et al. 2010).
These detections have suggested that T Tauri stars
present mean surface eld strengths of the order of kG.
Electronic address: Aline.Vidotto@st-andrews.ac.uk Surface magnetic maps, derived from spectropolarimet-

T Tauri stars are pre-main sequence low-mass stars
(0:5. M=M . 2), with a range of spectral types
from F to M, and radius . 3 4 R . They are usu-
ally classi ed in two categories, depending on their evo-
lutionary stage. In an earlier stage, they are known as
classical T Tauri stars (CTTS), surrounded by circum-
stellar disks. In a later stage, with the dissipation of
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ric data, indicate that the surface elds on T Tauri
stars are more complex than that of a simple dipole
and are often misaligned with the rotational axis of the
star (Donati et al.| 2007,2008). CTTSs such as BP Tau
(Donati et al.l 2008), V2129 Oph (Donati et al! 12007),
CR Cha and CV Cha (Hussain et al. 2009), and V2247
Oph (Donati et al.l 2010) present dipolar and octupolar
components of the surface magnetic eld moment that
are asymmetric with respect to the rotational axis of
the star. More recently, the rst determination of sur-
face magnetic maps for a WTTS, V410 Tau, has been
acquired (Skelly et al. |2010), showing that, similar to
the less evolved CTTSs, V410 Tau also presents a non-
axisymmetric poloidal eld.

Despite the existing knowledge of the surface magnetic
elds in young stars, the global structure of the stel-
lar magnetic eld is unknown. Magnetic eld extrap-
olations from surface magnetograms using the potential
eld source surface (PFSS) method has been used to help
us elucidate the geometry of the large-scale eld around
T Tauri stars (Jardine et al.| 2008; |Gregory et all[2008).
Such extrapolations, however, neglect the interaction of
the eld with the stellar wind and the temporal evolution
of the system. Full magnetohydrodynamics (MHD) nu-
merical simulations (Roussev et all 2003; Vidotto et al.
2009a) allow us to study the interplay between the stel-
lar magnetic eld and the wind. In this method, the dy-
namical interaction of the stellar wind and the magnetic
eld lines is a result of the action of magnetic, thermal,
gravitational, and inertial forces. MHD simulations can
be, however, computationally expensive and time con-
suming. A comparison between PFSS and MHD models
that used observed surface magnetic maps as a bound-
ary condition can be found in[Riley et all (2006) in the
context of the solar wind, showing that PFSS models are
able to reconstruct the large-scale structure of the solar
corona when time-dependent changes in the photospheric
ux can be neglected, although nonpotential e ects can
have a signi cant e ect on the magnetic structure of the
corona.

The accurate determination of the wind properties
and topology of the magnetic eld of a star is nec-
essary to solve a series of open questions. The rota-
tional evolution of the star, for example, requires the
knowledge of the topology of the eld, as the shape of
the magnetic eld lines may enhance rotational brak-
ing caused by the stellar magnetized winds| (Kralt 1967;
Kawaler [1988; [ Holzwarth |2005;| Bouvier| 2009). Fur-
thermore, studies of the magnetic interaction between
a CTTS and its disk require the knowledge of the struc-
ture of the magnetic eld of the star (Camenzind 11990;
Koenigl 11991; [Long et al. | 2008). Determining realis-
tic magnetic eld topologies and wind dynamics are
also key to understand interactions between magnetized
extra-solar planets and the star, such as interactions
that lead to planetary migration (Romanova & Lovelace
2006; Lovelace et al. 2008; Vidotto et al. 2009a), interac-
tions between the stellar magnetic eld and the planetary
magnetosphere [(Grie meier et al. | 2004; Ip et al.| 2004;

Preusse et al.| 2006, 2007; Stevens 2005; Cohen et al.

2009; Fares et all 2010) and also with the planetary at-
mosphere (Grie meier et all[2004).

As a next step towards a more realistic wind and
magnetic eld modeling of WTTSs, in this work we

extend the study performed in|Vidotto et al. (2009a),
where the stellar rotation and magnetic moment vec-
tors were assumed to be parallel. We now consider
cases where these vectors are not aligned. Some nu-
merical and theoretical models exist considering the
case of an obligue magnetic geometry, mainly ap-
plied to the study of pulsars (e.g., Bogovalov| 1999;
Spitkovsky 2006; Kalapotharakos & Contopoulos 2009),
with a few applications to other astrophysical objects
(e.g.,lLi & Wickramasinghe 1998 Romanova et al. 2003,
2004; | Townsend et al. 2007). As a consequence of the
obliqgue magnetic geometry, the system loses the axisym-
metry present in the aligned casel(Vidotto et al.[2009a),
thus requiring a fully three-dimensional (3D) approach.
We perform here 3D MHD numerical simulations of mag-
netized stellar winds of WTTSs, by considering at the
base of the coronal wind a dipolar magnetic eld that
is tilted with respect to the rotational axis of the star.
Complex, high-order multipoles magnetic eld con gu-
ration at the surface may exist, but a dipolar component
should dominate at larger distances (e.g.! Johns-Krull
2007;/Donati et al. |2007). As the simulation evolves in
time, the initial eld con guration is modied by the
interaction with the stellar wind, which in turn also is
modi ed by the magnetic eld geometry.

The stellar wind of a host star is expected to directly
in uence an orbiting planet and its atmosphere. The
interaction, for example, of a magnetized wind with a
magnetized planet can give rise to reconnection of mag-
netic eld lines. Reconnection processes appear in several
places in the Solar System. E.g., the magnetic eld lines
of the Earth magnetospheric day-side (i.e., the side of the
Earth that is facing the Sun) are compressed due to the
interaction with the solar wind, while in the opposite side
of the Earth's magnetosphere (the night-side), a tear-
dropped-shaped tail is formed (e.g.. Chapman & Ferraro
1930). The solar wind interaction with the magnetic
planets of the Solar System (Earth, Jupiter, Saturn,
Uranus, and Neptune) accelerates electrons that prop-
agate along the planets magnetic eld lines, producing
electron cyclotron radiation at radio wavelengths (Zarka
1998). By analogy to the magnetic planets in the So-
lar System, predictions have been made that extra-solar
planets should produce cyclotron maser emission (e.g.,
Farrell et al.l 1999; |[Zarka et al. |2001; Lazio et al. 2004,
Farrell et al. 2004;/Grie meier et alll2004, 2005, 2007a.b;
Stevens 2005; Zarka 2007; Jardine & Cameron 2008), if
they harbor intrinsic magnetic elds, although predic-
tions also exist for the case of non-magnetized planets
(zarka et al.2001;| Zarka 20017; Grie meler et all 2007a).
Evidence that extrasolar giant planets can be magnetized
was found by|Shkolnik et al. (2005/ 2008), who observed
modulations of the Ca Il H&K lines in phase with plan-
etary orbital periods on extrasolar planetary systems.
Such modulations were interpreted as induced activity
on the stellar chromosphere caused by the interaction
between the stellar and planetary magnetic elds?

The consideration of a realistic wind is crucial to de-
termine how the interaction between the stellar wind and

1 [Preusse et all (2006) suggest that a conductor planet moving
relatively to the stellar wind is also able to generate pertu rba-
tions that can trigger the chromospheric modulations obser ved by
Shkolnik et al.](2005] 2008) without the requirement of a mag ne-
tized planet.
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the magnetosphere of an extrasolar planet occur. Using
the 3D, time-dependent MHD wind models developed in
this paper, we investigate the planet-wind interaction.
Such interaction can give rise to reconnection processes,
which result in transfer of energy from the stellar wind to
the planet's magnetosphere. Analogously to the interac-
tion of Jupiter's magnetosphere with the solar wind, we
estimate the radio power released from the interaction of
a close-in giant planet with the wind of its host star.

We have organized this paper as follows X2 presents
the MHD numerical model adopted to describe a magne-
tized stellar wind of WTTSs. In A3, we present the sim-
ulations made and the results we achieved, along with a
comparison between wind models with di erent parame-
ters. In ¥4, we discuss our stellar wind results, perform-
ing comparisons with other simpler stellar wind mod-
els. The interaction between a close-in magnetized giant
planet and the stellar wind and an estimate of the ra-
dio power released from this interaction are presented
in 8. In Xg, we investigate whether the action of mag-
netic torques from the stellar wind acting on a close-in
giant planet is able to cause planetary migration. This
investigation extends the one presented in Vidotto et al.
(2009a), where the winds analyzed in that case assumed
that the axis of rotation of the star and the surface mag-
netic dipole moment were aligned. InXZ, we present the
conclusions.

2. THE NUMERICAL MODEL

To perform the simulations, we use the Block Adaptive
Tree Solar-wind Roe Upwind Scheme (BATS-R-US), a
3D ideal MHD numerical code developed at the Cen-
ter for Space Environment Modeling at University of
Michigan (Powell et alll1999). BATS-R-US has a block-
based computational domain, consisting of Cartesian
blocks of cells that can be adaptively re ned for the re-
gion of interest. It has been used to simulate the he-
liosphere (Roussev et al. 2003;_Cohen et al. 2007), the
outer-heliosphere ((Linde et al.| 1998 Opher et &Il 2003,
2006, 2007), coronal mass ejections_(Manchester etlal.
2004; [Lugaz et al.| 2005), the Earth's magnetosphere
(Ridley et al. 2006) and the magnetosphere of Saturn
(Hansen et al. [2006) and Uranus [(Toth et al! [2004),
among others. In this work, we extend the model devel-
oped inlVidotto et al.| (2009&) to study the wind struc-
ture of WTTSs, speci cally when the magnetic moment
of the star and the stellar rotational axis are non-parallel.

BATS-R-US solves the ideal MHD equations, that in
the conservative form are given by (in cgs units)

%t+ r (u)=0 (1)

@@ut)+r uu + p+lz—2 I B4—B =g (2
%t+r (uB Bu)=0 3)
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where is the mass density,u the plasma velocity, B the

magnetic eld, p the gas pressure,g the gravitational
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Fig. 1.|  Meridional cut ( xz-plane) of the adopted 3D grid in
the simulations of misaligned magnetospheres, illustrati ng the re-
nement at the inner portion of the grid. Immediately around the
star, the cell resolution is 0 :018 ro (ro is the stellar radius), and
with distance from the star, the grid gets coarser. The coars est
resolution is in the outer corners of the grid (not shown abov e)
and is 3:75 ro.

acceleration due to the central body, and" is the total
energy density given by

BZ
"2t ite ©)

We consider an ideal gas, sp= kg T=(m p), wherekg
is the Boltzmann constant, T is the temperature, m, is
the proton mass, =0:5 is the mean molecular weight of
a totally ionized hydrogen gas, and is the ratio of the
speci ¢ heats (or heating parameter). In our simulations,
we adopt either =1:1or =1:2.

The adopted grid is Cartesian and the star is placed
at the origin. The axesx, y, and z extend from 75t
to 75 rg, whereryg is the stellar radius. For all the cases
studied, we apply 11 levels of re nement in the simulation
domain. Figure [1 presents a cut along the meridional
xz-plane illustrating the re nement at the inner portion
of the grid. We note that a higher resolution is used
around the central star. This con guration has a total of

2.5 10’ cells in the simulation domain. The smallest
cells (closest to the star) have a size of:018rg and the
maximum cell size is 375ryg.

The star hasM> = 0:8 M andrg = 2 R The
grid is initialized with a 1D hydrodynamical wind for a
fully ionized plasma of hydrogen. The solution foru, (r)
depends on the choice of the temperature at the base of
the wind and on , and the only physical possible solution
is the one that becomes supersonic when passing through
the critical radius (Parker|1958). Due to conservation of
mass of a steady wind (i.e.,u ,r? = constant), we obtain
the density pro le from the radial velocity prole u,(r).

The star is considered to be rotating as a solid body
with a period of rotation Py = 2 =, where is the
angular velocity of the star. Its axis of rotation lies in
the z-direction

2
u
LUt

= 2 (6)
The surface magnetic moment vectorm is tilted with
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respectto at an angle ;
jm j=mcos : (7

The simulations are initialized with a dipolar magnetic
eld described in spherical coordinatesfr; ;' g by

Borg
Br(to) = —5°

(cos cos ¢ +sin cos' (tg)sin ¢); (8)

%cos cos' (tg)sin ¢ ;
)
(10)

1 sin cos
2 t

Borg sin' (tg)sin
B' (tO) = rgo 2 ! 1

where B is the magnetic eld intensity at the magnetic
poles(where =  andr = rg), r is the radial coordi-
nate, is the co-latitude, and ' is the azimuthal angle
measured in the equatorial plane. At the initial instant
to, the vector m is in the xz-plane, tilted by an angle
in the clockwise direction around they-axis (Fig. 2a).

The inner boundary of the system is the base of the
wind at r = rg, where xed boundary conditions were
adopted. The outer boundary has out ow conditions,
i.e., a zero gradient is set to all the primary variables (1,
B, p, and ). As the magnetic eld is anchored on the
star, in one stellar rotational period, the surface magnetic
moment vector m draws a cone, whose central axis is the
z-axis (Fig.[2Zb). Because of that, in the simulations with
obliqgue magnetic geometries, the boundary conditions
are time-dependent and the simulations reach a periodic
con guration ( X3.1).

The MHD solution is evolved in time from the initial
dipolar con guration for the magnetic eld to a fully self-
consistent non-dipolar solution. The wind interacts with
the magnetic eld lines and deforms the initial dipolar
con guration of the eld. The stellar wind is also modi-
ed by the magnetic eld, i.e., no xed topologies for the
magnetic eld neither for the wind are assumed.

3. SIMULATION RESULTS

Table [ shows the parameters adopted in the simula-
tions. Common to all simulations are the magnetic eld
intensity of Bg = 1 kG at the magnetic poles of the
star and the temperature To = 108 K at the base of the
wind. We varied the misalignment angle ¢, the period
of rotation of the star Py, the density at the base of the
wind ¢ (and consequently the plasma- at the base of
the coronal wind ¢), and the heating index . Observa-
tions of WTTSs show that they possess rotational peri-
ods ranging from Q5 to 13 d (Marilli et al.|2007) with a
distribution peaking at Pp 2 d (Cieza & Baliber|2007).
However, we did not considePy > 3 d, as the dynamical
e ect of the misalignment is more signi cant in the cases
where the star has a low period of rotation. This implies
that we are in the lower range of observed rotational peri-
ods for WTTSs (e.g., Bouvier et al.1993| Choi & Herbst
1996; Herbst et al.l2002; Rebull et all 2006). A descrip-
tion of the choice of parameters used in the simulations
(except for ) can be found in Section 3 of Vidotto et all.
(2009a). The misalignment angle ; between the rota-
tional axis of the star and the surface magnetic dipole
moment vector was chosen to vary from 0 (aligned case)
to 90°, although surface magnetic maps of T Tauri stars

Fig. 2.|
misaligned magnetospheres. (a) Orientation of the magneti ¢ eld

The magnetic eld con guration in the simulations of

lines in the xz-plane at the initial instant tg. (b) In one stellar
rotational period, the magnetic moment vector m draws a cone,
whose central axis is the z-axis. Shown above are the magnetic
moment vector for the initial instant  tp and half-period later. ¢ is
the angle between the vectors m and .

have shown the existence of smaller angles( . 30°,
Donati et al. 2007,12008). Simulation TO1 considers the
aligned case. Simulations T02 to TO6 represent case with
dierent . With respect to our ducial case T04, we
varied in case TO7,Pg in cases T0O8 and T09, and g
in case T10.

3.1. Time-Dependent Behavior

Because the star is rotating and the magnetic eld is
asymmetric with respect to the axis of rotation, the sim-
ulations with an oblique magnetosphere have a periodic
behavior with the same period of rotation of the star.
Depending on the physical conditions and grid size, af-
ter a certain number of stellar rotations, the system has
relaxed and such periodic behavior is achieved. For ex-
ample, for a wind expansion velocity of 200 km s !
propagating in a grid size of 75rq, the time the solution
will take to relax in the grid is of ~ 75ro=(200 km s 1)

6 days. Cases T02, T03, and T04 were run for 10 days,
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TABLE 1
The set of simulations. The columns represent,
respectively: the name of the simulation, the density 0
at the base of the wind, the heating parameter , the
period of rotation of the star Po, the misalignment angle
t, and the plasma- evaluated at the magnetic pole 0-
Case TO1 represents the aligned case ( t =0°) and case

TO04 the fiducial case ( t =30°).
Name 0 Po t 0
(gcm 3 @ (®

TO1 1 10T 12 1 0 1=25
T02 1 10Y% 12 1 10 1=25
T03 1 1001 12 1 20 1=25
T04 1 1001 12 1 30 1=25
T05 1 1001 12 1 60 1=25
T06 1 1001 12 1 90 1=25
TO7 1 10% 11 1 30 1=25
T08 1 101 12 3 30 1=25
T09 1 101 12 05 30 1=25
TI0 2:4 1012 12 1 30 1=100

TO5 for 9 days, TO6 for 8 days, TO7 for 5 days, TO8 and
TO9 for 6 days, and T10 for 7 days. These time intervals
were su cient for the solution to relax in the grid.

Figure[3illustrates the time-dependent behavior of our
simulations, where we show meridional cuts of the total
velocity of the wind for nine instants during one full pe-
riod of rotation of the star for case T04, our ducial case.
The rst panel represents a given instantt = t;; the sub-
sequent panels increase in multiples of 48 Py, until the
cycle completes at instantt = t; + Pg. The magnetic
eld lines are represented by black lines and the white
line denotes the contour where the magnetic eld changes
polarity, i.e., when B, = 0. It can be seen that the ini-
tial instant t = t; and the nal instant t = t; + Pg of
a given stellar rotational period are identical, which ex-
empli es the periodic behavior of the simulation. The
magnetic eld has zones of open and closed eld lines.
The zone of closed eld lines rotates around the stellar
equatorial plane (z = 0), as is readily seen if one uses the
contour-line of B, = 0 (white line) as a guide.

It should be reminded that B, = 0 de nes a bi-
dimensional surface, but because Fid.13 (as well as sev-
eral other gures we present later on) is a meridional
cut, B, = 0is shown as a contour-line. When there is no
misalignment ( ; = 0), the surface B, = 0 coincides with
the equatorial plane (z = 0). However, in the case where

+ 6 0, By =0 de nes a wavy, time-dependent surface
for an observer that is in an inertial referential frame.
In the corotating frame of the star, the surface would
still be wavy, but it will appear as static. In both cases
(¢t=0and  60), such a surface is the locus of points
at the tip of the closed magnetic eld lines. Therefore,
we expect cusp-like structures (i.e., helmet-streamers) to
also oscillate with the same rotational period of the star.
The three-dimensional view of the surfaceB, = 0 can be
seen in Fig.[4.

3.2. The e ects of the misalignment angle

By comparing simulations TO1 to T04, we can analyze
the e ects caused due to small misalignment between
the stellar rotation axis and the stellar magnetic dipole
moment vector in the wind structure and magnetic eld
con guration.

Figure [© presents radial velocity color maps for the

cases T02 (; = 10°), TO3 ( = 20°), TO4 ( = 309),
and the aligned case TO1 (; = 0°) for the entire sim-
ulation box (shown in the gure is a meridional cut in
the xz-plane). The four panels are snapshots taken at
t = 240 h, which is a su cient time to assure that the pe-
riodic behavior described inX3.1 has been achieved. For
each of the misaligned cases, we note regions of higher ve-
locities, surrounded by regions of smaller velocities. This
oscillatory behavior is seen in all the variables of the wind
and is caused by the precession of the stellar magnetic
eld around the polar axis of the star. We also note that
the increase in { leads to faster winds on average. This
is caused by the azimuthal derivative (@=@'terms in
Egs. (@) to @), which vanish in the aligned case. In the
momentum equation [Eq.[2], for instance, these terms
are: the inertial term

U @u,, @u., @u,

rsin @fw @' @' ; (11)

the pressure gradient in the azimuthal direction

1 @p,
rsin @'’ (12)
and the magnetic force ¢ B) B=4

1 @ @ B2 B? .
isn B e®tBN G Tty
(13)

where the rst term inside the brackets refers to a mag-
netic tension and the second term refers to a gradient of
the magnetic pressure. The terms given by Eq.[(T1) are
negligible when compared to the total inertial force, as
well as the terms in Eq. (I2) when compared to the mag-
nitude of the total pressure gradient force. The magnetic
tension and pressure presented in Eq.[{13) contribute
more signi cantly to the acceleration of the wind under
an oblique magnetic eld con guration. Furthermore,
the larger the misalignment angle : is, the larger is the
magnitude of this contribution and, consequently, the
larger is the increase in the wind velocity.

Figure [@ shows line-radial cuts in thexz-plane of ra-
dial velocity for the same instant shown in Fig.[3: Fig.[6a
presents radial cuts along themagnetic pole i.e., along
co-latitude = 10° for TO2 (where ; = 10°), along co-
latitude = 20° for TO3 (where ; = 20°) and so on;
Fig. Bb presents radial cuts along themagnetic equator
i.e., along co-latitude = 100° for TO2 (where  =10°),
along co-latitude = 110° for TO3 (where = 20°) and
so on. We note that along the magnetic pole, the curves
of radial velocity for the tilted cases oscillate around
the curve assigned for the aligned case (black solid line,

¢ = 0°). However, along the magnetic equator, the
radial velocity increases as ; gets larger, as explained
in the previous paragraph. The wind radial velocity at

751, is 227 km s I for case T01, 234 km s? for T02,
251 km s ! for T03, and 275 km s ! for TO4. Figures[@8c
and[@d presents the same cuts along the rotational poles
and equator, respectively.

Figure [7 presents the inner portion of our simulation
boxes att = 240 h for cases TO1 to TO4. The magnetic
eld lines are represented by black lines, and the white
line represents the contour-line whereB, = 0. By fol-
lowing the white line in Fig. [[] we note that the closed
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t=t, +1/8P,
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Fig. 3.] Temporal evolution of the ducial case TO4 during one full st ellar rotational period. The panels show 9 dierent instant s,

starting from t = t; =216 h, and increasing in multiples of 1 =8 Pg = 3 h, until
wind velocity utt . The magnetic eld lines are represented by black lines, and

ranges from 0 to 10 ro and the z-axis ranges from 5rg to 5 ro.

magnetic eld lines, as well as the open eld lines, are
not rigid, presenting a warped zone around the rotational
equatorial plane of the star (z = 0). The amplitude of the
oscillations gets larger as ; increases. The color maps
show azimuthal velocity. There is not a signi cant vari-
ation in the magnitude of u- between the simulations,
but the spatial prole of u- is highly dependent on the
con guration of the magnetic eld, and thus on . As
we can see, the highest values af- are achieved inside
the closed magnetic eld lines (close to the star) and
the rotating wind is forced to follow the same oscillation
pattern of the magnetic eld lines. In case of perfect
alignment, the maximum azimuthal velocity happens in
the equatorial plane of the star (Fig.[da).
Two further simulations for di erent misalignment an-

t = t1 + Po = 240 h. We plot meridional cuts of the total
the white line is the contour-line of B; = 0. The x-axis

gles were performed: T05 (; = 60°) and T06 ( ; = 90°).
These simulations represent more extreme case of mis-
alignment, being TO6 the case where the axis of the mag-
netic moment at the base of the coronal wind is perpen-
dicular to the rotational axis. Both of them presents
similar characteristics as the cases presented so far for

t+  30° with an enhanced wind velocity though. For
case T06, the region of lower radial velocity remains in
the region of closed magnetic eld lines, but this region is
now around the rotational poles (at co-latitudes =0°,
18(°). Figure @ presents the 3D view of selected mag-
netic eld lines for cases T05 (Fig.[8a) and T06 (Fig.[8b),
where it illustrates the inherent three-dimensional nature
of our simulations.

We selected case T04 to describe the wind character-
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Three-dimensional view of the isosurface de ned by

Fig. 4.|
B =0 for case T04 after 8 rotations of the star ( t =192 h). The
star is shown in red.

istics. The periodic movement of the stellar magneto-
sphere a ects the entire wind structure, as can be seen
in Fig. B where we present meridional cuts of the fol-
lowing wind variables: uy , jB(j, jB j, jB:j, , and Jio -
Meridional cuts of u, and ju- j can be found in Figs.[%
and[7, respectively. jB;j, jB j and jB- j present dipolar
con guration at the base of the coronal wind, but for
other radii, their solution is dependent on the resultant
interaction of the magnetic eld with the wind. Because
of this interaction, the stellar magnetosphere acquires an
azimuthal component for the magnetic eld, which can
be seen in Fig[®d, presenting maximum intensity in the
interface between closed and open eld lines. The den-
sity of the wind is not spherically symmetric, presenting
higher densities around theB; = 0 surface (Fig.@e). The
total current density Ji /jr Bj is shown in Fig.[9f.

3.3. The e ect of a di erent on the wind

We now compare the results from simulations T04 and
TO7, where di erent values of were adopted. The value
of inuences the thermal acceleration of the wind. It
de nes the input of thermal energy and obeys the re-
lation p / . Low values of imply a proportionally
large input of thermal energy in the wind, and conse-
quently, high wind terminal velocities. It was shown in
Vidotto et al.|(2009b) that when the wind is magnetized,
the value chosen for can alter the ratio between thermal
and magnetic forces, and thus, accentuate the latitudinal
dependence of the wind.

In this work, we do not invoke the physical processes
that may cause a larger input of energy in our models.
Nevertheless, we study the e ects of a smaller in the
wind of a magnetized star with obligue magnetic geome-
tries. Figure [1I0 presents the total velocity of the wind
for both cases. By comparing simulations T04 ( = 1:2)
and TO7 ( = 1:1), we nd that the terminal velocity
achieved by simulation TO7 is around 22% larger than
the one achieved in TO4. The wind temperature pro le
for both cases is dierent, as expected: at the equato-
rial plane, near 10ry, for instance, T' 34 10 K for
case T04 andT ' 55 10° K for case TO7. Further-
more, the magnetic eld con guration di ers from both

cases, with case TO7 presenting a more compact zone of
closed eld lines. These results agree with our previous
ones (Vidotto et alll2009a,b), which show that the heat-
ing parameter is a important in de ning the acceleration

of the wind and the magnetic con guration around the
star.

3.4. The e ect of di erent stellar rotational periods

Here we explore the rotational e ects on the dynam-
ics of the wind, keeping ; = 30°. We select cases T04,
T08, and T09 to perform this comparison, where the
stellar rotational periods are 1, 3, and 05 d, respec-
tively. These periods of rotation are in the lower range of
observed periods for WTTSs (e.g., Bouvier et al! 1993;
Choi & Herbst 1996; |Herbst et al. [2002;| Rebull et al.
2006), as to explore the maximum e ects on the wind.
Longer stellar rotational periods imply a wind that is
less disturbed by the precession of the magnetic eld.
Figure [I1 shows the meridional cuts of total wind ve-
locities for Py = 0:5 d (Fig. @Ta), Po = 1 d (Fig. LIb),
and Py = 3 d (Fig. LIt) at the same stellar rotational
phase. The wind is more accelerated for lowePq (i.e.,
larger rotational velocities), as a result of the coupling of
magnetic elds and rotation (e.g., Weber & Davis |1967;
Belcher & MacGregor|(1976). At the equatorial plane,
Ut = 360 km s 1 for case T09,ui: = 250 km s 1 for
case T04, anduy: =180 km s ! for case T08.

3.5. The eect of adierent o on the wind

In Vidotto et al.|(2009a.b), we have shown that the
ratio between the thermal and magnetic energy densities
at the base of the wind ( o) is a decisive factor in de ning
the magnetic con guration of the wind, as well as its
velocity distribution. To study how ¢ inuences the
wind pro le in the case of an oblique magnetic geometry,
we compare simulations T04 and T10, which have the
same model parameters, except for the density at the
base of the wind (and thus, di erent ). Figure 12 shows
meridional cuts of the total velocity of the wind plotted
for both cases, as well as the magnetic eld lines (black
lines), and the surfaceB, = 0 (white line). Both panels
show a snapshot at the same rotational phase of the star.
As in the aligned case|(Vidotto et all|20094a,b), the wind
is more accelerated for low o, where the magnetic energy
density at the base of the wind is more important than
the thermal energy density. The ratio of open to closed
magnetic eld lines are larger for case T10, with lower

0, showing that a faster wind is able to open the eld
lines more e ciently.

3.6. The \wavelength" of the magnetospheric oscillation
The typical length  of the oscillation of the isocon-
tour of B, = 0 (white lines in Figs. 3, 7, 9 - 12) can be

estimated as in Lazarian & Opher (2009)
Uchar Po = 0:062r¢ um=s)p @

char

(14)

where uchyr IS the characteristic velocity of the plasma.
For Pp =1 d, and dierent  (cases TO2 to T04), we
showed that the velocity of the wind increases with ;.
Therefore, from Eq. (I4), it is immediate to conclude that
will be larger for larger . In fact, our estimates for
the inner portion of the grid show that ' 13, 14, and
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Fig. 5.| Meridional cuts of radial velocities
angles (b) + =10° (T02), (c) + =20° (T03), and (d)
(t =240 h). In this gure, we present the meridional cut of the en

16, for  =10°, 20°, and 3, respectively, which are
consistent to the values measured from the simulations,
sm =~ 14, 16, and 17rg.

In the cases where was compared (cases T04 and
TO7), we note that is relatively larger for case TO7
( =1:1) than for case T04 ( =1:2). This is again due
to the larger velocities of the wind for case T07. The
value of calculated by Eq. (I4) was' 16 and 20r for
T04 and TO7, respectively, while the measured values of

sim from the inner region of the simulations were' 17
and 19rg.

In the cases wherePy was varied from Q5 to 3 days
(cases T04, T08, and T09), the velocity of the wind de-
creased with the increase oPy. Both facts have a di er-
ent e ect on Eq. (I4). However, the increase inPy has
proved to be more important in the increase of than
the e ect provided by the increase in the wind velocity.
We nd ' 11, 16, and 37rq for Po = 0:5 d (T09),
Po =1d (T04), and Py =3 d (T08), respectively, while
the measured values were g, ' 12, 17, and 36rg.

Varying the ratio between the thermal and magnetic
energy densities at the base of the wind (cases T04

R i /U

AT R

ur for (a) the aligned case with

Vidotto et al.

-50 -25

25

50 75

0
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t =0° (TO1) and cases with three di erent misalignment

t =30° (T04). The panels are snapshots of the simulations after 10 s tellar rotations
tire simulation box.

and T10) has an important e ect on the acceleration
of the wind. Because case T10 presents a lower than
case T04, T10 has a larger characteristic velocity of the
plasma. Ultimately, this increases from' 16rg (T04)
to 30 rg (T10). The measured values of g, from the
inner region of the simulations were 17 and 3%g.

4. DISCUSSION OF STELLAR WIND RESULTS

A MHD wind model provides solutions for the den-
sity, velocity, and temperature pro les, along with the
magnetic eld con guration of the wind. Because the
solution of the MHD equations is complex, some mod-
els adopt several approximations. This is the case of
the Weber-Davis model (Weber & Davis[19617), rst de-
veloped for the solar wind and later on adopted to de-
scribe winds of other stars (e.g.,[ Preusse et al. 2005;
ILovelace et al.[2008, among many other applications).
The simpli cations involved in the Weber-Davis model
are: the model is axisymmetric and stationary; it con-
siders an open, radial magnetic eld that acquires an
azimuthal component due to the rotation of the star;
the wind solution is valid for the equatorial plane; it
neglects meridional components of the magnetic and




Simulations of Winds of Weak-Lined T Tauri Stars. Il.

250

w
£ 150
=
rd
100
50
0
(b)
250 - 250
200 [ . 200
7 | @
E150 £ 150
= | =
s | =
100 100
Rotational pole
50 [
1 | | 1 RN TR !
: 10 20 30 40 50 60 0
(c) r(r,) (d)
Fig. 6.] Line-cuts in the xz-plane of radial velocities u; for three misalignment angles

line), and 30° (T04, dotted line). For comparison purposes we also include
tic equator; (c) the rotational pole; (d) the rotational equ

t =240 h. Radial cuts along (a) the magnetic pole; (b) the magne

velocity elds. Because only the open magnetic eld
lines contribute to angular momentum loss, the Weber-
Davis model is expected to overestimate angular mo-
mentum loss through a magnetized stellar wind, pre-
senting shorter time-scales for stellar rotation brake than
those models that consider the existence of closed eld
line regions (Mestel & Spruit|1987). Because of its uni-
dimensional characteristic, the solution of the Weber-
Davis model can be easily integrated. A detailed de-
scription of its solution is given in |Preusse et al. [(2005).

Opposed to the Weber-Davis model, our model
presents a multi-component corona, with the co-existence
of open and closed eld line regions. A latitudinally
dependent velocity is observed, where the wind along
the magnetic poles has a larger velocity than the wind
along the equatorial regions. Details of the characteris-
tics of the solutions of our wind model, in the context of
aligned rotational axis and magnetic dipole moment, are
presented inlVidotto et al. (2009b). Unfortunately, the
three-dimensional nature of our model does not allow for
analytical expressions of the solution of the variables of
the wind.

50

Magnetic equator

Rotational equator

30 40
r(r,)

T TR N
50 60

t =10° (T02, dashed line), 20 ° (T03, dot-dashed
the aligned case ( + = 0°, TO1, solid line). The plots refer to
ator.

Di erent wind scenarios on the framework of the
Weber-Davis model were explored byl Preusse et al.
(2005) and[Holzwarth & Jardine (2007). The rst one
investigated the characteristics of the stellar wind for
a sample of stars hosting close-in giant planets, while
the second one used empirical data to constrain theo-
retical wind scenarios. Despite the wind solutions from
Preusse et al. (2005) and_Holzwarth & Jardine [(2007)
being focused mainly on cool main-sequence stars, we
compare the overall trend of our model in respect to
these works. Mass-loss rates on such models are similar
to the solar wind value (10 ** M yr ! [Preusse et al.
2005%) and do not exceed about 10 times the solar value
(Holzwarth & Jardine| 2007). Wind terminal velocities
found by [Preusse et al. (2005) range from 310 km &
for an isothermal wind temperature of To =5 10° K
to 760 km s ! for To = 2 10° K. Compared to our
models, mass-loss rates are about 6 orders of magnitude
smaller, while velocities achieved are about the same or-
der of magnitude. The dierence in mass-loss rates is
a consequence of the larger coronal densities adopted in
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Fig. 7.|  Meridional cuts of azimuthal velocities
t =30° (T04). The panels are snapshots of the simulations at

our models.

To our knowledge, there are no measurements of mass-
loss rates and wind velocities for WTTSs to compare our
results with. The detections of mass-loss rates are based
on the early stage as a CTTS, when an accretion disk is
still present (e.g., Kuhi 1964; Edwards et al. 2003, 2006;
Kwan et al. 2007; Gomez de Castro & Verdugo 2007).
Based on these detections, mass-loss rates are of the or-
der of 10 ¥ t0o 10 “ M yr ! and wind terminal ve-
locities ' 400 km s 1. The parameters in our models
were chosen to have values compatible to these ones.
Vidotto et al. (2009a) considered models with the den-
sity at the base of the coronal wind spanning by two
orders of magnitude, which resulted in mass-loss rates
ranging between 10 and 8 10 8 M yr . Inthe
present paper, the main goal ofx3 was to analyze the
e ects of the tilt angle on the wind. We therefore did
not explore several values of base density and our mod-
els present mass-loss rates of about 910 ° M yr 1.
From Figures 5, 10, 11, and 12 we note that the wind
terminal velocities obtained are' 350 to 500 km s 1.

Kwan et al. (2007) suggest that, if the winds of
WTTSs are simply a scaled-up version of the solar

ju j for (a) the aligned case (T01), (b)
t =240 h. Black and white lines have the same meaning as in Fig. 3 .

Vidotto et al.

¢ =10° (T02), () ¢ = 20° (T03), and (d)

wind, WTTS winds should then be stronger than those
of CTTSs, because X-ray emission from WTTSs are
stronger than the emission from CTTSs. However, the
winds of CTTSs are believed to be powered by accretion,
which could be the reason why the wind traced by Hel

10830 is not detected in WTTSs (Kwan et al. 2007).
We would expect that when accretion ceases, the wind
should become less strong.

There is clearly a need of more observational constrains
on the winds of WTTSs. In possession of that, we would
be able to better constrain the parameters of our models.

5. ON THE PLANET-WIND RECONNECTION

Finding planets around young stars is currently ongo-
ing, with two recent detections of massive giant plan-
ets: one around a 5 Myr-old star (Lafrenere et al. 2010)
and one around a 12 Myr-old star (Lagrange et al. 2010).
The stellar wind is expected to directly in uence the
planet and its atmosphere, e.g., by changing the con g-
uration of the planet's magnetosphere, producing non-
thermal planetary magnetospheric radio emissions, etc.
So far, the few theoretical works investigating the in u-
ence of the stellar wind on the magnetosphere of planets
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3D view of selected magnetic eld lines for (a) t =60°

{ =90° (TOB).

Fig. 8.|
(T05) and (b)

were based on simpli ed treatments of the stellar winds,
e.g., using the Parker wind model (Grie meier et al.
2007b,a; Lazio et al. 2010), the Weber-Davis wind model
(Preusse et al. 2005, 2006, 2007), assuming a solar-type
stellar wind (Ip et al. 2004; Farrell et al. 2004; Stevens
2005; Zarka 2007), or based on scalings for the mass-
loss rates and wind terminal velocities (Grie meier et al.
2004, 2005). The consideration of a realistic wind is cru-
cial to determine how the interaction between the stellar
wind and the magnetosphere of an extrasolar planet oc-
cur.

Our 3D, time-dependent MHD simulations of stellar
winds of WTTSs provide a powerful tool to investigate
the planet-wind interaction, as it allows us to consider
the e ects of a more realistic wind and obtain key in-
sights on the detectability of radio emission from extra-
solar planets. In this section, we estimate the reconnec-
tion rate and power released when reconnection between
a close-in magnetized giant planet and the stellar wind
takes place. This estimate is performed for four di erent
wind simulations: TO1, T02, T03, and T04, where the
misalignment angle of the stellar rotation axis and its
magnetic moment vector is = 0°, 10°, 20°, and 3C,

11

respectively.

5.1. The Reconnection Rate

In this section, we estimate the rate of reconnection
between the stellar and planetary magnetic eld lines.
This is necessary to evaluate the planetary radio emission
(x5.2.2).

The magnetic eld of the stellar wind has three com-
ponents By, By, and B,. By and By are parallel to the
stellar rotational equatorial plane. B is perpendicular to
the this plane. Considering a planet whose orbital plane
coincides with the rotational equatorial plane of the star
and considering that the planet's magnetic dipole mo-
ment is aligned in the z-direction, then when the mag-
netic eld of the stellar wind and the magnetic eld of
the planet are oriented anti-parallel to each other, mag-
netic eld line reconnection can occur. This results in
transfer of energy from the stellar wind to the planet's
magnetosphere.

The reconnection rate is the amount of magnetic ux
that reconnects per unit time per unit length of the re-
connection line or, equivalently, the reconnection rate can
be de ned as the strength of the electric eld parallel
to the reconnection merging line (e.g., Priest & Forbes
2000). The reconnection line refers to the line where
magnetic eld lines reconnect. The rate at which re-
connection between two di erent plasmas happens de-
pends, among other things, on the velocity of the inci-
dent plasma on the reconnection site (Parker 1973). In
the idealized case when the magnetic elds of two iden-
tical plasmas are exactly anti-parallel, the reconnection
rate (or the generated electric eld at the reconnection
site) can be estimated as (e.g., Borovsky et al. 2008)

g B,

c

where vi;, = Cva is the inow velocity of the plasma
in the reconnection site,vy and B are the Ahen speed
and magnetic eld of the ambient plasma, respectively,
and c is the speed of light. The factorC = |=L is the
dissipation region aspect ratio, i.e., a property of the
geometry of the reconnection region which has a char-
acteristic width | and a characteristic length L. When
reconnection occurs between two plasmas with di erent
characteristics, Eq. (15) becomes more complex, taking
into account the di erent magnetic eld intensities and
Ahen speeds of the two plasmas (Cassak & Shay 2007;
Borovsky et al. 2008)

(15)

! 1=2

2 B2:B2, (16)

E' C=
C 4 (Bz2 1+ Bz1 2)(Bzi+ By2)

where the index \1" and \2" are used to distinguish both

plasmas on the site of the interaction,B,.1 and B, are
oriented anti-parallel to each other, and is the mass
density.

5.2. Planetary Radio Emission

The solar wind interaction with the magnetic plan-
ets of the Solar System (Earth, Jupiter, Saturn, Uranus,
and Neptune) accelerates electrons that propagate along
the planets magnetic eld lines, producing electron cy-
clotron radiation at radio wavelengths (Zarka 1998). By
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Fig. 9.] Meridional cuts of several wind variables for case T04 ( { = 30°). The panels are snapshots of the simulation at t = 240 h.
Color-maps are for the (a) total wind velocity  uto ; (b) radial component of the magnetic eld jB(j; (c) -component of the magnetic eld
jB j; (d) azimuthal component of the magnetic eld jB: j; (e) mass density of the wind ; (f) total current density Jit . All color-maps,
except panel (a), are in logarithmic scale.
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Fig. 10.]  Meridional cuts of the total wind velocity  utt for
cases with (a) = 1:2 (T04) and (b) =1:1 (TO7). Black and
white lines have the same meaning as before.

analogy to the magnetic planets in the Solar System,

predictions have been made that magnetized extra-solar
planets should produce cyclotron maser emission (e.g.,
Farrell et al. 1999, 2004; Zarka et al. 2001; Lazio et al.

2004; Grie meier et al. 2004, 2005, 2007a,b; Stevens
2005; Zarka 2007; Jardine & Cameron 2008).

The planetary radio emission depends on the planet's
magnetic eld intensity 2 and on the stellar wind power:
in general, it implies that the stronger the stellar wind
is, the more radio-luminous should the planet be. So
far, such radio signatures from stars hosting hot Jupiters
have not yet been detected, and one possible reason for
that may be due to the lack of instrumental sensitivity
in the appropriate frequency range of the observations
(Bastian et al. 2000). The theoretical estimates on the
radio ux emitted by extrasolar planets carry along a big
uncertainty due to the fact that the stellar wind proper-
ties are poorly constrained: Farrell et al. (1999) showed
that a variation by a factor of 2 in the wind velocity

2 For predictions of planetary radio emission for non-magnet ized
planet, see Zarka et al. (2001); Zarka (2007); Grie meier et al.
(2007a).

Fig. 11.]  Meridional cuts of total wind velocities  utt at the
same stellar rotational phase for (a) Po =0:5d(T09), (b) Po=1d
(TO4), and (c) Po =3d (T08). Black and white lines have the same
meaning as before.



14 Vidotto et al.

Fig. 12.] Comparison between simulations with di erent 0: (@)

0 =1=25(T04) and (b) o =1=100 (T10). Plots show meridional
cuts of the total wind velocity  utt , magnetic eld lines (black lines)
and the surface B; =0 (white line).

may change the level of radio power emission by a factor
of 100, with more recent works suggesting that the ra-
dio power emission is proportional to the incident wind
power (e.g., Stevens 2005; Zarka 2007; Grie meier et al.
2007a). Therefore, the potential observation of radio
emission from extrasolar planets strongly depends on the
nature of the stellar wind.

Based on our simulated stellar winds (cases TO1 to
T04), we estimate the planet's radio power. The elec-
tric eld generated in the interaction is calculated from
Eq. (16), where plasma 1 refers to the characteristics
of the planet's magnetosphere, while plasma 2 refers to
the local characteristics of the impacting stellar wind.
Initially, we do not consider pile-up of the stellar wind
magnetic eld in the magnetosheath of the planet, but
will do so in x5.2.3.

To derive the characteristics of the planet's magneto-
spheric plasma (plasma 1), we consider a hot Jupiter
with a dipolar magnetic eld aligned in the  z-direction,
and magnetic intensity at the equator B, = 50 G. The
density of the planetary plasma ; is taken to be neg-

ligible such that ,B,1 1B;2 in Eq. (16)3. We
assume that the planet has the same radius as Jupiter

As we do not include the planet in our simulation, next,
we analytically calculate the area of the planet that will
interact with the stellar wind.

5.2.1. The Size of the Planet's Magnetosphere

The interaction of the planet's magnetosphere with
the wind takes place at a distancery from the cen-
ter of the planet, where there is balance between the
wind total pressure and the magnetic pressure of the
planet (Lovelace et al. 2008; Jardine & Cameron 2008;
Vidotto et al. 2009a)

2
ZU% + Bk;z - Bg;l . (17)
2 4 4
where B;.1 is the z-component of the magnetic eld of
the planet at the equatorial plane
ByR3
Bz;l = p3 P ;
v

(18)

Bk.» is the parallel component of the stellar magnetic
eld to the boundary layer and u, = (U uk) is the
relative velocity between the wind azimuthal velocity u:
and the circular Keplerian velocity of the planet ux =
(GM»=r)*72. Substituting Eq. (18) in (17), we have

Rp ~ (2u5+BF,72)

#1=6

(19)

The size of the planet's magnetosphere)y depends on
the local characteristics of the stellar wind, on the or-
bital radius of the planet (through uk ), and on the plan-
etary magnetic eld. Figure 13a presents the size of
the planet's magnetosphere if the stellar wind is given
by cases TO1 (aligned case,; = 0°), T02 ( = 109),
TO3 (¢ = 20°), and TO4 ( { = 30°), calculated at
t = 240 h, for a range of planetary orbital radius up
to 12rp 0:11 AU. We note that the planet's magne-
tosphere becomes large as the misalignment angle is
smaller (i.e., the highest values ofry, are found for the
aligned case). This is a result of a lower wind total pres-
sure 3( ou3+ BZ,=2 ) as . gets smaller. For the range

of orbital radii analyzed here, both kinetic and magnetic
terms of the wind total pressure make signi cant contri-
butions, except for small orbital radii (r . 3 rg), where
the magnetic term dominates. We see that forr . 2 rg,
the magnetosphere of the planet has vanished, due to a
large wind total pressure. As for the misaligned cases
the wind impacting on the planet changes characteristics
according to the stellar phase (see for instance Fig. 3), it
is expected that the radius of the planet's magnetosphere
will vary if the stellar rotational period is di erent from
the orbital period of the planet. Considering a planet
located at an orbital radius of r =5 ro ' 0:05 AU in

3 In our simulations, for r . 12ro, the ratio jB,:2=B,:1j ranges
from 0:2 to 9:3. For example, for case T0O2 at r ' 5rp "' 0:05 AU,
B;1' 61Gand B2 3:4 G. As B;:.1 and B> have approx-
imately the same order of magnitude, this condition implies  that

1 2 10 gcm
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Fig. 13.] The magnetospheric radius ry [Eq. (19)] of a planet
orbiting a star as given by simulations TO1, T02, T03, and T04
(a) Considering a given phase of the stellar rotation ( t = 240 h),
and planet located in the x-axis. (b) Considering an orbital radius
of r =5 rg ' 0:05 AU as function of stellar rotational phase
(lines presented are merely symbol connectors and do not rep resent
actual values of ry ).

a circular orbit, for case T02, for instance, the variation
in ry from its maximum possible value to its minimum
possible value is around 5%, while for cases T03 and T04,
this variation is around 8% and 11%. Figure 13b shows
rm as a function of the stellar phase of rotation for a
planet located atr =5 rp ' 0:05 AU.

Knowing the value of ry , we can then calculate from
Eq. (18) the value of the magnetospheric magnetic eld
of the planet B,.; that will interact with the stellar wind.
Because the size of the planet's magnetosphere can in-
crease/decrease depending on the incident windB ;.1 will
present variations along the planetary orbit. The values
of B;.1 can range between 6l and 7:0 G for case T02, 63
and 89 G for case T03, and 74 and 104 G for case T04,
for a planet at an orbital radius r =5 rg ' 0:05 AU.
Thus, for instance, for ; = 30°, along the planetary or-
bit, the interacting planetary magnetic eld variesup to a
factor of 1:4. The more misaligned is the stellar rotation

axis in relation to the stellar magnetic moment vector,
more variation is expected in the magnetospheric radius
of the planet and on the interacting planetary magnetic
eld Bz;l-

5.2.2. Estimate of the Planetary Radio Emission

The power released with the reconnection evenPie.
can be decomposed into a power released from the dis-
sipation of kinetic energy carried by the stellar wind Py
and a power released from the magnetic energy of the
wind Pg (e.g., Farrell et al. 1999; Zarka et al. 2001)

Prec = aPy + bPs ; (20)

where a and b are e ciency ratios and we assumed that
Prec depends linearly onPy and Pg . Observations of the
Solar System can be either explained bya=1 10 °,
b=0gorfa=0, b=2 10 3g (Zarka 2007). In fact,
Zarka (2007) argues that it is not possible to decide which
incident power actually drives the radio power observed
from the magnetic planets of the Solar System. If both
incident powers contribute to the radio emission, this
implies that the coe cients a and b need to satisfy the
relation a=(1 10 %)+ b2 10 %) = 1, as to match
the observed radio power. However, we do not know
if a and b should remain the same in other planetary
systems. As we lack a better guess, we will adopd and
b as in the Solar System, i.e., eitherPec =1 10 5Py
orPec =2 10 °Pg.

The magnetic powerPg can be estimated as the Poynt-
ing ux of the stellar wind impacting on the planetary
magnetospheric cross-sectios (Zarka 2007)

E B EB,.
c Z'zr,%ﬂ;

Pe = ¢ das’ (21)
where the electric eld E is given by Eq. (16). The con-
stant C in Eqg. (16) is assumed to beC = I=L 01,
as derived by di erent analytical and numerical methods
(for a discussion, see Borovsky et al. 2008). This implies
that we are assuming that the reconnection happens in
a region with a characteristic width | = 0:1L, wherelL is
the radius of the planet (the characteristic length). The
kinetic power Py is
z
Py = U2

PramU dS' (22)

where pram = U3 is the wind kinetic ram pressure.

According to our stellar wind models, throughout the
region of investigation (r . 12rg ' 0:11 AU), we nd
that Pk > Pg (the same behavior is found in Figure
11 of Zarka 2007), except near the orbital radius where
the planet co-rotates with the stellar wind and, thus,
uz = (u ug) ' OandPy¢' 0. Figure 14 shows the
estimated powers that are released for the wind cases
TO1l ( { =0°, solid lines) and T04 ( ; = 30°, dot-dashed
lines) as a function of planetary orbital radius for a single
rotation phase att = 240 h.

The consideration of several phases of rotation of the
star is taken in Figure 15, which shows the estimated
power that is released for the wind cases T02 ¢ = 10°,
Fig. 15a), TO3 ( ; = 20°, Fig. 15b), and T04 ( = 30°,
Fig. 15c). Figure 15 presents the power released from
the incident magnetic power of the wind (Prec = bPg).
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Fig. 14.| Estimated dissipated power Prec due to the interaction
of a hot-Jupiter with the stellar wind for cases TO1 (aligned , solid
lines) and TO4 ( = 309, dot-dashed lines) as a function of orbital
radius of the planet, considered to lie in the x-axis. Red curves
consider the power released from the incident kinetic power (Prec =
aPy), while black curves are from the incident magnetic power
(Prec = bPg). The curves refer to the solutions for the stellar wind
at t =240 h.

The shaded area lies between maximum and minimum
power that can be released in the interaction, depending
on the characteristics of the incident wind (i.e., phase of
rotation of the star). We see that the maximum emit-
ted power gets progressively high as; increases, while
the minimum released power gets progressively low as
¢ increases. This causes the shaded area to be larger
for case T04 than for case TO2 or TO3. For a planet at
orbital radius r =5 ro ' 0:05 AU, the ratio between
maximum and minimum released power due to a varia-
tion in the incident wind is a factor of 1:3 for case T02
( ¢t =109, 2:2 for case TO3 (; = 20°), and 3:7 for case
TO4 ( ¢ =30°). Figure 15 also shows the released power
for the aligned case (red solid line), showing that an in-
clination between the axis of rotation of the star and the
surface magnetic moment vector can contribute for an
increase in the emitted power, depending on the phase
of rotation of the star.

Part of this released energy can be used to accelerate
electrons, generating radio emission (Jardine & Cameron
2008)

Pradio = P rec: (23)

The e ciency in the conversion of P into radio
emission P40 depends on the details of the physi-
cal processes that generate the radio emission (e.g., on
the cyclotron-maser instability). Assuming = 10%
(Jardine & Cameron 2008), the radio power emitted
from a Jupiter-like planet orbiting at a distance r =
5r9 ' 0:05 AU is Pagio 10> W. The radio power
is also shown in Fig. 15 (vertical axes on the right).
A time-dependent radio emission has also been esti-
mated by Fares et al. (2010). For the magnetic plan-
ets of the Solar SystemP,agio 10°5 W (Neptune)
to 1095 W (Jupiter), which means that, for our as-
sumed giant planet orbiting our ctitious star, the radio
power released is almost 5 orders of magnitude larger
than for Jupiter. This result suggests that stellar winds

Fig. 15.] Estimated dissipated power Prc = bPg due to the
interaction of a hot-Jupiter with the stellar wind for cases  (a) T02
(t =10°), (b) TO3 ( t+ = 20°), and (c) TO4 ( ¢ = 30°). The
shaded area lies between maximum and minimum power that can
be released in the interaction, according to the rotational  phase of
the star. The red curve is for the aligned case TO1 ( t =0°). The
emitted radio power, assuming a conversion given by Eq. (23) , is
shown in the vertical axes on the right of each plot.
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from pre-main sequence young stars have the potential
to generate stronger planetary radio emission than the
solar wind. Our results are in accordance to previous
works developed on the framework of stellar winds of
stars at the early main-sequence phase (Stevens 2005;
Grie meier et al. 2005).

Table 2 presents a summary of the results obtained for
cases TO1 to TO4. The properties of the wind and of the
reconnection site are described at =5 rg.

5.2.3. Pile-up of the Stellar Wind Magnetic Field

Around the Earth, the magnetic eld of the solar wind
piles-up in the magnetosheath. This causes the magnetic
eld strength to enhance in the reconnection site, and
ultimately, increases the electric eld E. By analogy,
here we consider what would happen if magnetic eld
pile-up is considered in the planet's magnetosheath.

If we consider that the stellar wind is supersonic, a bow
shock forms and the wind is de ected around the planet
magnetosphere. For cases TO1 to T04, the wind becomes
supersonic atr 4 r0 at the rotational equatorial plane.
Downstream the shock, the eld strength By.,, the ve-
locity u,, and the density , that appear on Egs. (16),
(19), and (21) will be given by shock conditions instead
of arising directly from our stellar wind model. In this
case, we use the Rankine-Hugoniot jump conditions to
determine the magnetic eld intensity Bg density &,
and velocity u(zs) on the magnetosheath (Opher 2010).
Hence, except for Egs. (16), (19), and (21), the equa-
tions presented in this section remain the same.

Assuming a perpendicular shock with strength =

(23)= 2 = 4 (i.e., the density in the magnetosheath is
four times the value of the stellar wind density), the
Rankine-Hugoniot jump conditions state that the mag-
netic eld at the magnetosheath is 4 times higher
than the local value of the wind magnetic eld (i.e.,

BI((S; 4By.,), while the velocity drops by a factor 4

(i.e., u(zs) up,=4). As a consequence, the sizeﬁ,ls) of

the planet's magnetosphere [Eq. (19)] diminishes with re-
spect tory when pile-up of the wind eld lines was not

considered. Withinr . 12rg, the ratio rﬁ,f):rM & 0:68
for case TO1, and becomes slightly more signi cant for

higher ¢, presenting r,(vf)=rM & 0:63 for case T04. De-

spite the decrease inr,(\,f), the increase in the reconnec-
tion rate E(®) [Eq. (16)] is such that the dissipated power
P& = bP{® [Eq. (21)] increases when compared to the

rec —
case when pile-up of the wind eld lines was not consid-

ered. For case TO1,P&) increases 8 { 6:8 times the
values of P presented in Fig. 15, depending on the or-
bital radius of the planet. For case T02, this increase
ranges between % { 7:2, 45 { 8:4 for case T03, and &

{ 10:5 for case T04, where these ranges depend now on
both the location of the planet, as well as on the rota-
tional phase of the star. This shows that for a supersonic
stellar wind, the consideration of a perpendicular shock
can increase the dissipated power due to the interaction
of a hot-Jupiter with the stellar wind.

5.3. On the Detectability of Planetary Radio Emission
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The detection of planetary radio emission depends on
several factors, such as, on the distancd to the extra-
solar system, on whether the conical beam of the cy-
clotron emission is directed towards us, and on the emis-
sion bandwidth f (Farrell et al. 1999). The radio ux
that we detect on Earth is given by

P .
radio = dz\r;%: (24)
wherew is the solid angle of the conical emission beam.
The stellar wind ultimately controls the incident power
on the planet, while the planet's characteristics control
the frequency of the cyclotron emissionf., and thus
the emission bandwidth assumed to be f = 0:5f
(Farrell et al. 1999).* For our ctitious planet, the as-
sumed magnetic eld at the pole is 100 G (maximum
eld strength), which emits at (maximum) f.=2:8B =
280 MHz (B given in G and f. in MHz), with a band-
width of f = 140 MHz. If our star is at a distance
d 10 pc, using our estimatedPagoc  10'° W obtained
in x5.2.2, we nd that the radio ux detected at Earth
would be agi0  7:5=w mJy. For a spherical emission,
w =4 , and the detected uxis ragic 0:6 mJy, while
for a hollow-cone beamed emission with a conical aper-
ture of 45°, w  1:8 sr, and jagic 4 mMJy.

One of the possibilities of the yet unsuccessful ra-
dio detections may be due to a probably small plane-
tary eld, which produces cyclotron emission in a low-
frequency range, where instrumental sensitivity is still
poor (Bastian et al. 2000). Low-frequency detectors,
such as LOFAR, might be able to detect emission of few
mJy at a frequency range of 10 to 240 MHz in the fu-
ture (Farrell et al. 2004; Grie meier et al. 2007a). Our
hypothetical planet, for instance, could be observable by
LOFAR.

Throughout x5, we have assumed a planet with equato-
rial magnetic eld of 50 G, which is about 6 times larger
compared to Jupiter's magnetic eld of 8 G at the equa-
tor (or 16 G at the pole, Connerney et al. 1998). If we
assume a planetary magnetic eld intensity as Jupiter's,
i.e., Bp = 8 G at the equator, the power Py = bPs
released from the reconnection between planetary and
stellar wind eld lines at r =5 rg ' 0:05 AU will be
a factor of 27 to 3:4 smaller than the estimates per-
formed in x5.2.2 for B, = 50 G. Also, because the plane-
tary magnetic eld is smaller, the magnetosphere of the
planet will face a strong wind pressure and will vanish
forr . 4o (in this case, ry = Rp). For a value of

Prec ' 3 10?2 erg s !, and adopting the same e ciency

= 10% for the conversion of the released energy into
radio power, the radio ux of the planet arriving at Earth
(adopting d = 10 pc) would be agi0 = 14=w mJy, at a
bandwidth of f =22:4 MHz, for a given solid anglew of
the conical emission beam. Comparing t@, = 50 G, the
drop on the radio power caused by a smaller planetary
magnetic eld (B, =8 G) is more than compensated by
a smaller f leading to a radio ux that is about twice
the value obtained for B, =50 G.

4 Other authors (e.g., Grie meier et al. 2007a) adopt a higher
value of f ' 0:9 1:0fc. If this is the case, the emission band-
width we obtain will have to be multiplied by a factor of 1 :8 { 2:0,
and the resultant radio ux divided by the same factor.
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6. THE INFLUENCE OF THE WIND ON PLANET
MIGRATION
In Vidotto et al. (2009a), we investigated the action
of magnetic torques from the stellar wind acting on the
planet and whether such torques were able to signi -
cantly remove orbital angular momentum of the planet,
causing planetary migration. The idea is that the wind

exerts a pressurep; = 3( pu%+ BZ,=2 ) on the area

of the planet's magnetosphereAe = r 2. This force
Pt Ae  Will produce a torque dg—t" at the planetary or-

bital radius r (Lovelace et al. 2008)
dip
dt

(Ptot Ae )1 (25)

whereL, = M,vk r is the orbital angular momentum of
the planet, and M is the mass of the planet. A change
in the planet's angular momentum also leads to

dLp 1 dr, 1 r

— ' =Mpvk —= "' =Mpvx —;

a2 P dt 27PN,
where , is the time-scale for an appreciable radial mo-
tion of the planet (Lin et al. 1996). From Egs. (25) and
(26), we can estimate such time-scale

(26)

W -

2 Prot Ae

Within the range of parameters adopted in the simu-
lations performed in Vidotto et al. (2009a), we showed
that the stellar winds of WTTSs were not expected to
have strong inuence on the migration of close-in gi-
ant planets. The winds analyzed in that case assumed
that the axis of rotation of the star and the stellar mag-
netic dipole moment were aligned. One aspect that was
not investigated in Vidotto et al. (2009a) is the e ect of
a tilted magnetic moment with respect to the rotation
axis. Using the results of the simulations presented in
the present paper, we thus compare the time-scales,
obtained for the aligned case (T01) and the misaligned
case T04 (; = 30°). We consider a planet with the same
mass and radius as Jupiter, and the magnetic eld at
the equator of B, = 50 G. This comparison is shown in
Figure 16, where we note that an inclination of the stel-
lar magnetic eld acts to reduce ,, when compared to
the aligned case. The cases with intermediate tilt angles
investigated (i.e., ¢ = 10°, 20°) results in time-scales

w(r) that lie between the solid line for case TO1 and the
dot-dashed line for case T04. Figure 16 illustrates one
single rotational phase of the star. For other phases of
rotation of the star, we observe the same behavior:
calculated for the misaligned cases is smaller than for the
aligned case.

The last column of Table 2 presents the time-scale
calculated for cases TO1 to T04 for a planet atr =5 ry.
Compared to the aligned case, where,, * 100 Myr, case
TO4 ( « = 30°9), for example, shows considerably smaller
time-scales ranging from , 40 to 70 Myr. We expect
that larger misalignment angles ; > 3(° or other e ects,
such as an increase in the wind coronal base density or
magnetic eld intensity (as discussed in Vidotto et al.
2009a), could reduce ,. The time-scales derived here
seem to be larger (and therefore less important) than

(27)

Fig. 16.] Time-scale  for an appreciable radial motion of the
planet. Solid line is for case TO1 (aligned case) and dot-das hed line
for case T04 ( + = 30°). The planet is assumed to lie in the x-axis.
The curves refer to the solutions for the stellar wind at  t =240 h.

those estimated by other processes, such as from the in-
teraction of the protoplanet with the disk wherein it was
formed (Papaloizou & Terquem 2006). However, as sug-
gested by Lanza (2010), the removal of planetary orbital
angular momentum by the stellar wind may be important
for synchronizing stellar rotation with the orbital motion

of their planets during the pre-main sequence phase.

7. CONCLUSION

We have presented simulations of magnetized stellar
winds where the surface stellar magnetic moment is tilted
with respect to the axis of rotation of the star. Such
con guration requires a fully 3D approach, as the system
does not present axisymmetry. By adopting a dipolar
surface distribution of magnetic ux, we showed that the
interaction of magnetic eld lines and the wind leads to
a periodic nal solution, with the same rotational period
as the star. The nal magnetic eld con guration of the
stellar magnetosphere presents an oscillatory pattern.

By varying several parameters of the simulations, we
explored the e ects of the misalignment angle , stellar
period of rotation Py, heating index , and plasma-
parameter at the magnetic pole of the star o in the
nal periodic solution of our simulations. We showed
that the increase in ; or the decrease inPg lead to a
more accelerated wind. The same is true if or ¢ are
decreased, as already demonstrated in the axisymmetric
cases of our previous paper (Vidotto et al. 2009a).

We estimated the power released in the interaction be-
tween a close-in giant planet and the stellar wind. If the
planet and wind are magnetized, the interaction results
in reconnection process, which releases energy that can
be used to accelerate electrons. These electrons prop-
agate along the planet's magnetic eld, producing cy-
clotron radiation at radio wavelengths. This calculation
is motivated by radio emission observed in the magnetic
planets of the Solar System (Earth, Neptune, Saturn,
Uranus, and Jupiter). We showed that the intensity of
the radio emission varies, as the wind impacting on the
planet changes according to the stellar phase of rotation.
If radio emission from a planet orbiting a star with mis-
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aligned rotation axis and magnetic axis is to be detected,
we showed here that the radio power will present a larger
temporal variation for higher ;.

Our estimates show that the radio power emitted by
the ctitious extra-solar planet orbiting our star at
0:05 AU can be 5 orders of magnitude larger than the
non-thermal radio power emitted by Jupiter. This sug-
gests that the stellar wind from a young star has the po-
tential to generate strong planetary radio emission, which
could be detected by LOFAR.

As a nal point, we answered the question posed in
Vidotto et al. (2009a) about whether winds from mis-
aligned stellar magnetospheres could cause a signi cant
e ect on planetary migration. In Vidotto et al. (2009a),
only the case of winds from stars where the rotation axis
and the surface dipolar magnetic moment were aligned

was considered. Compared to the aligned case, we
showed here that the time-scale for an appreciable radial
motion of the planet is shorter for larger misalignment
angles.
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TABLE 2

Summary of the local characteristics of the wind and planet a t the reconnection site for a planet at orbital radius r=5rp' 0:05AU. The
columns represent, respectively: the simulation name, the local wind density 2, the relative velocity u =(uw Uk ), the mass-loss rate per
unit solid angle urr?, the local  z-component of the wind B..2 and of the magnetosphere of the planet B;.1, the E electric field (or
reconnection rate) at the reconnection site, the size of the planetary magnetosphere rm , the powers released in the interaction adopting
Prec = aPyx and Prec = bPg, and time-scale for planet migration w (x6). Range of numbers are due to different phases of rotation o f the star.
Name 2 uz urr? B2 Bz1 E rm Prec = aPy Prec = bPg w
(10 ¥ gem 3) (kms 1) (10 °M yr 1) (G) (G) (10 5stvem 1) (Rp) (1028 ergs 1) (102 ergs 1) (Myr)
TO1 1:13 52 945 3:30 5:63 1:08 2:09 1:16 1:16 99
TO2 0:93 110 47 56 844 9:66 333 378 607 7:00 1:.08 1:34 1:95 2:03 061 1:26 1:09 1:42 74 89
TO3 0:62 1:.07 32 59 6:59 10:4 325 450 680 8:88 105 1:.91 179 1:96 0:11 1:18 0:92 2:05 54 76
TO4 0:39 107 14 64 503 109 2:84 462 737 104 0:91 2:36 1:70 1:90 0:0055 1:67 0:63 2:35 43 68
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