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ABSTRACT

High resolution spectroscopic techniques are used to investigate the magnetic topol
ogy of the young, rapidly rotating star, AB Dor.

Doppler images of AB Dor are produced using the Li I 6708 Â  line and compared t o  
images produced using Ca I and Fe i lines. A Li abundance of 2.9 ±  0.3 dex is measured 
using LTE profile synthesis. By evaluating the effects of enhanced spot Li abundances 
we find that starspots are unlikely to lead to an overestimation of the photospheric Li 
abundance. While the Li I 6708 A line is strengthened in the presence of starspots, the 
extent to which the Li I line equivalent width displays rotational modulation is diluted.

A Zeeman Doppler imaging code, which maps the surface magnetic flux distributions 
on rapid rotators, has been developed and tested in this thesis. Reliability tests indicate 
that this technique is robust with respect to small errors in line and stellar parameters.

Spectropolarimetric observations of AB Dor from three years are presented here. 
The technique of least squares deconvolution, combines the signal from over 1500 lines, 
enhancing the S/N of the observed dataset.

Brightness and magnetic maps of AB Dor are reconstructed using the deconvolved 
profiles and show excellent agreement with maps produced using independently developed 
codes by J.-F. Donati. This points to the consistency of Doppler imaging techniques. 
Magnetic field maps show the presence of strong radial and azimuthal fields at almost all 
latitudes. This non-solar like distribution of magnetic flux may indicate the presence of a 
distributed dynamo component operating in the convection zones of rapid rotators.

By tracing the positions of absorption transients in Ha, we find prominence com
plexes at almost all longitudes. Footpoint locations remain difficult to ascertain. Promi
nences are ejected over much shorter timescales than the timescale over which differential 
rotation should act Further observations with closer time sampling are necessary to inves
tigate the coronal topology further.
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CHAPTER 1

Solar-type Stars

Many cool stars display activity phenomena that appear analogous to features observed on 

the Sun. These are indicative of dynamo action within the convective envelopes of these 

stars. However, there are vast differences regarding the strengths and lifetimes of these 

structures compared to solar features. By studying stellar activity more closely we can 

investigate how dynamo mechanisms are affected by differences in stellar parameters (such 

as age, mass, rotation rate and depth of convective zone). This in turn gives us further 

insight into the evolution of the solar dynamo. On learning more about the magnetic 

configurations of these stellar atmospheres we can also evaluate how important magnetic 

activity is in determining how the star evolves. The various observational characteristics 

of cool stars are outlined in this chapter with particular emphasis on the types of active 

phenomena that are observed in their atmospheres.

1.1 Angular m om entum  evolution

Rotation not only provides an indicator of the initial conditions of a star’s formation, 

but also plays an important role in the evolution of solar-type stars. Observations of late 

type stars with masses of the order of the Sun initially suggested that there might be 

two populations of stars with very different angular momentum characteristics (Stauffer 

& Soderblom 1991). One of these categories consisting of stars like the Sun with angular 

momentum measurements falling below Kraft (1970)’s mean relation for more massive 

stars < J / M  > oc and the other including stars that are approaching the zero age

main sequence with very fast rotation rates. The fast rotators were thought to be very 

young stars that would eventually spin down to the levels observed in the first category.



Alternatively, the first category might have dissipated their angular momentum in planet 

forming discs (like the Sun). In recent years, however, this picture has changed consider

ably. A brief outline of the angular momentum problem is provided below, Stauffer (1994) 

has written a detailed review of this area.

T Tauri stars are young late-type stars featuring characteristic emission-line spectra, 

infrared excesses and irregular variability. Classical TT stars (cTTs) accrete up to 5-10% 

of their mass from their surrounding disks (Kenyon & Hartmann 1987). Not all TTs have 

disks however, an approximately equal number of weak TTs (wTTs) are observed, and 

these objects show no evidence of disks. Any theory explaining this phenomenon would 

also have to accomodate evidence that the mean rotational velocities of wTTs are faster 

than those for cTTs. From studies of the Orion Nebula Cluster, Choi & Herbst (1996) 

report a bimodal distribution in the rotational periods of T Tauri stars. The distribution 

about the longer rotation period (median Prot — 8.3 d) is relatively wide (with a dispersion 

of 3.8 d). The short rotation period stars (median P r o t  = 2.55 d) possess a narrower 

distribution (dispersion of 0.7 d). Stars with longer periods correspond to cTTs, with 

accretion disks causing the stars to rotate more slowly. The range of lifetimes over which 

the disks act in these stars explains the wider range of rotation periods observed in this 

category. WTTs, on the other hand, do not experience the braking effects of disks and thus 

are “free” to rotate more quickly. In short, the range of timescales over which stars are 

coupled to accretion disks may explain the distribution of rotation rates of stars arriving 

on the main sequence.

Open clusters containing stars at differing stages of evolution provide clues towards 

the angular momentum evolution of these stars. The cluster a  Per is about 50 Myr old 

containing solar-type stars which have arrived on the main sequence (MS). The observed 

rotational velocities are much higher than for the TTs, (up to 150 kms” )̂ in late-type 

stars ranging from F to early M-type stars (Stauffer, Hartmann & Jones 1989). These 

young stars are expected to spin up as they evolve from TTs, contracting on the Hayashi 

track (Stauffer, Hartmann & Jones 1989). The Pleiades cluster, estimated to be about 

50 Myr older than a  Per, contains K and M dwarfs with similar velocities to those found in 

a  Per. However, the G dwarfs in this cluster have decreased rotational velocities (Stauffer 

& Hartmann 1987; Soderblom et al. 1993a). From comparisons of rotational velocities of 

G dwarfs in the even younger open clusters, IC 2391 and IC 2602 (roughly 30 Myr) and 

the older Pleiades cluster, Stauffer et al. (1997) find that G dwarfs lose up to half their



angular momentum over the first 35 Myr on the MS. In the case of the Hyades (0.7 Gyr), 

both G and K dwarfs have spun down, but there are still some rapidly rotating M-type 

stars in the cluster (Stauffer, Hartmann Sz Latham 1987; Radick et al. 1987). Fig. 1.1 

shows how the velocity distributions evolve as a function of spectral type.

Once stars arrive on the ZAMS, their rotation rates decrease until, by 0.7 Gyr 

they have slowed down to almost unmeasurable rotation rates. From measurements of 

the rotational velocity distributions using sin i and H&K emission measurements, the 

Skumanich (1972) relation, a  is found to fit the mean rotational evolution for

many clusters along the MS, (although it overestimates braking for some of the younger 

clusters such as the Pleiades and a  Persei (Stauffer et al. 1984)). The Skumanich “law” is 

derived assuming a linear dynamo law, where the average magnetic held strength at the 

stellar surface, Bo oc R, and a thermally driven wind {dü /d t  oc The asymptotic

form of the resulting integral, d ü j d t  oc — results in the Skumanich relation.

By comparing rotational velocity distributions of stars in four clusters Queloz et al. 

(1998) find that, while G dwarfs follow the Skumanich law between about 35 Myr to the 

age of the Pleiades (50 Myr), braking between the Pleiades and the older M34 and Hyades 

clusters is slower than expected. They conclude that angular momentum stored in the 

radiation core of the stars is released into the convection zone sometime between 100 and 

200 Myrs into stellar evolution. Essentially stars “forget” their initial rotation rates by 

the ages of the Hyades.

Several theories have been proposed to try to explain the angular momentum evo

lution of stars on the MS. The basic processes determining stellar angular momentum 

evolution are the initial angular momentum conditions (as determined by disk locking 

timescales and/or an intrinsic spread in rotation rates), the rate at which angular momen

tum is lost from the star and the amount of internal transport of angular momentum (i.e. 

the amount of coupling between the radiative core of late-type stars and the convection 

zone). Krishnamurthi et al. (1997) and Cameron, Campbell & Quaintrell (1995) find that 

if a sample of stars at set rotation rates are coupled with an accretion disk over a range 

of different timescales, they can reproduce the range of rotational velocities observed in 

young clusters such as a  Per. Li & Collier Cameron (1993) find that a weak amount of 

core-envelope coupling is sufficient to explain the observed rotational distributions in the 

a  Per, Pleiades and Hyades cluster in solar-type stars. By studying a range of parame-
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ters, Krishnamurthi et al. (1997) report that the amount of core-envelope coupling can 

be determined by studying the behaviour of slow rotators. They report a preference for 

differentially rotating stellar models over the solid body rotating models as the former 

reproduce the observed braking in slow rotators over 100 Myrs old. They also find a mass- 

dependent angular momentum law is needed to explain the observed evolution of rapid 

rotators in the open clusters.

1.2 A ctivity phenom ena in cool stars

Activity and variability in solar-type stars are often explained in terms of processes oc

curring in magnetic active regions distributed across the stellar surface. There is a danger 

in forcing all observations of low mass stars to correspond to phenomena observed in the 

solar atmosphere. Radick (1991) writes that the following propositions help to evaluate 

whether stellar magnetic activity can be explained using the same vocabulary provided 

by solar physics, (eg. spots, faculae, active regions, etc..). He argues that on the whole, 

observational evidence suggests that it is possible to do so.

The propositions are that for a lower MS star: its rotation, mass and chemical 

composition control its magnetic activity; once older than the age of the Hyades, the star 

loses its memory of initial conditions and its surface rotation rate is specified by its mass 

and age; and the Sun is an ordinary star which has evolved ’’normally” for such a star 

(Radick 1991).

AH investigations of the Sun and its atmosphere indicate that it is indeed an ordinary 

star according to its mass, age and chemical composition (Soderblom 1983; Soderblom 

1985). The Sun also appears to be “normal” if evaluated in terms of activity-rotation-age 

relations describing other solar-type stars. In addition to this, most solar-type stars feature 

chromospheric and coronal activity. For instance, activity cycles similar to the 11-year 

solar cycle are found in some older lower main sequence (LMS) stars, such as HD 81809 

and HD 190406 (Baliunas 1991). This is discussed in more detail in Section 1.2.3. In 

short, both theory and observation support the hypothesis that activity in the LMS stars 

can be explained with reference to the activity and brightness variability seen on the Sun.

Both activity indicators and rotation are seen to decrease with age in these stars. 11 

is unclear whether rotation or age is the dominant factor affecting activity, and the current



evidence suggests that rotation is probably more important. Chemical composition is also 

found to affect activity as metal-rich stars are found to be more active than metal-poor 

stars of similar mass. It is unclear whether the chemical composition may cause an artificial 

enhancement of activity indicators in metal-rich stars (Donahue, Restaino & Keil 1994). 

Hence it is extremely important to be able to distinguish between “real” signatures of 

magnetic activity and artificial effects due to other factors when studying LMS stars.

1.2.1 Solar activity

The upper regions of the solar atmosphere are extremely complicated and are essentially 

regions of densely packed flux tubes, each of which have distinct physical properties. How

ever, a simplified plane-parallel model can be useful when describing the general structure 

of the solar atmosphere in which these flux tubes are embedded. The visible solar at

mosphere lies above the convective zone and can be divided up into three layers; the 

photosphere, chromosphere and corona, each of which have distinct physical properties 

(Athay 1976).

The photosphere is a thin (100 km), dense layer of plasma which emits the majority 

of solar radiation. The gas density, n, in this area is 10̂  ̂ m"^ (Priest 1984), while 

the peak photospheric temperature is 6600 K (decreasing to 4300 K at the temperature 

minimum where it joins the chromosphere). The less dense chromosphere extends about 

2500 km above the photosphere. This region is more transparent with temperatures rising 

monotonicaUy from the temperature minimum region value up to 2 10® K, where the 

transition region begins. The chromosphere emits in the ultraviolet and is also detected via 

narrow bands of emission in optical photospheric absorption line profiles. The outermost 

area, called the corona, extends out to several solar radii and reaches temperatures of up 

to 2 10® K and can be detected at extreme ultraviolet and X-ray wavelengths. Fig 1.2 

illustrates how temperatures vary with height above the solar surface.

The Sun follows an approximately 11 year activity cycle, during which the polarity 

of the global magnetic field is reversed. From observations, we find that there is a period 

of minimum activity (when we observe the “quiet” Sun). Even at the minimum however, 

structures can be seen that are morphologically similar to those seen at more active periods 

of the cycle, (e.g. polar filaments, facular mottles, etc..).
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Figure 1.2: Temperature variations with height above the solar surface. This plot has 

been taken from Athay (1976).

During active periods, structures form on the solar surface via interactions between 

the plasma and the changing magnetic field. Observational characteristics of these active 

regions vary according to which wavelength band is being used to observe the Sun. Dif

ferent types of structures form at different heights from the surface. At the photospheric 

level, sunspots and lower plages can be seen close to the limb of the Sun in the optical 

continuum. Chromospheric features such as plages can be seen at UV and EUV wave

lengths as well as in strong optical lines, while coronal prominences, arches and flares can 

be seen at EUV and X-ray wavelengths.

These regions of activity are characterized by arrangements of tubes of magnetic field 

which are filled with matter at low pressures. Some tubes are open and some are closed 

(loops). These tubes are formed as a result of the buoyant eruption of strong toroidal 

flux tubes lying beneath the surface. The mechanism responsible for the maintenance 

of these subsurface fluxes is described in Section 1.2.2, Active regions can either occur 

singly or in a group of active regions, which is called a “complex of activity”. The active 

regions are formed by a common source of magnetic flux. They also appear to rotate at 

different rates from each other and the overall complex, suggesting that the rotation rate 

changes with depth in the solar atmosphere. Complexes of activity have longer lifetimes 

than single active regions, and form at preferred longitudes. Some structures that are 

commonly observed in active regions are described below.



Plages are the first structures to be observed iu active regions and are also among 

the last to disappear. Their appearance changes according to the wavelength at which 

they are observed, given that different wavelengths probe different altitudes above the 

photosphere. Structure like abnormal granulation is evident at photospheric levels, small 

grains are observable at the chromosphere and EUV line emission can be measured at 

higher levels. Prominences are among the largest structures seen in the solar atmosphere. 

Quiescent prominences are about a hundred times denser than the surrounding corona 

and are supported by the magnetic fields around the prominences.

The timescales over which these magnetic regions form and evolve provide informa

tion regarding the type of physical effects dominating both in the convective zone and in 

the stellar atmosphere, as do the numbers of magnetic regions and their relative orienta

tions. I will now describe the types of magnetic activity indicators observed in the solar 

atmosphere in more detail.

Photospheric features

At the photospheric level, strong flux concentrations (typically 1-2 kG) are embedded in 

convective downfiows at supergranule boundaries. Large active regions which are formed 

by the continual breaking and merging of smaller concentrations of the stronger flux also 

cover the solar surface. In between these strong field regions, a much weaker field is found. 

This is caused by convective turbulent motions (Durney, De Young & Roxburgh 1993).

Evidence of convection at the solar surface is clearly visible when looking at pho

tospheric granulation. Bright cells, typically 1000 km across and with hfetimes of a few 

minutes, are separated by dark web-hke boundaries. The centres of the cells appear bright, 

due to hot plasma rising while the boundaries of the grains are dark as flux is cooling and 

falling back into the interior. A larger version of granules, called supergranules, are also 

observed. These structures are roughly 36000 km across and typically have lifetimes of 

the order of days.

Sunspots are the most well-recorded indicator of solar activity (MorfiU et al. 1991). 

They are seen as small dark regions at photospheric levels. Sunspots occur in bipolar 

pairs, with a preceding (p) spot and a following (f) spot. These indicate the presence of 

strong toroidal flux tubes located beneath the surface. The global field of the star affects



the polarity of the magnetic field connecting the spots. This means, that as the polarity 

of the Sun reverses every 11 years, so does the polarity of the leading spot in a bipolar 

pair. Maunder (1922) found that the distribution of spots also follows the 11 year cycle, 

with spots following an equatorward motion as time passes. Fig. 1.3 shows a “butterfly” 

diagram which illustrates this effect more clearly. This plot also demonstrates that the 

total area occupied by spots reaches a maximum in the middle of the solar activity cycle. 

If the distribution of sunspot areas is measured at any stage of the activity cycle, it can 

consistently be described by a log normal function. Howard (1996) speculates that this 

type of distribution suggests that sunspots are formed from the fragmentation of larger 

flux tubes beneath the surface.

Magnetic fields in sunspots are much higher than in the surrounding photosphere 

(approx. 1-10 kG in sunspots compared to a global average of about 1 G in the Sun). A 

sunspot can be described in terms of the umbra, which is very dark and surrounded by 

a brighter halo, called the penumbra. Radial structure is visible in the penumbra which 

possesses a nearly horizontal magnetic field with typical inclination angles of between 70® 

and 80° to the vertical (in contrast to the magnetic field in the umbra which is nearly 

vertical). A detailed description of the structure of sunspots is given by Solanki (1993). 

Decay occurs as a result of the outward diffusion of small magnetic flux elements. Hence 

the timescales over which sunspots decay vary with the size of the sunspot.

Polarisation signatures in the core of the infrared line, Fe I 1.5648 ywm, indicate the 

presence of weak field structures which have intranetwork origins. The flux contained in 

these features is found to follow a log normal distribution (Meunier, Solanki & Livingston 

1998). As stated before, log normal distributions are also observed in the case of indi

vidual sunspots and are usually indicative of fragmentation. The fact that more complex 

structures such as active regions and plages do not follow this kind of distribution may 

indicate that the formation mechanisms for these weaker fields are similar to those leading 

to the formation of sunspots.

Chromosphere

Structure commonly observed in the chromosphere includes features which are bright in 

Ha (e.g. web-like networks of magnetic fields and plage), as well as cool dark features 

such as filaments and prominences. The chromospheric network is a web that demarcates

9
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Figure 1.3: Butterfly diagram showing how the preferred sunspot position changes with 

time. This figure was produced by D.H.Hathaway at the Marshall Space Flight Center, 

Alabama.

the boundary of supergranular cells. It can be detected as emission in Ha and in the 

ultraviolet line of Ca il K.

Plages surround sunspots and are associated with concentrated patches in magnetic 

fields. They are bright when observed in Ha and cover a wide range of sizes, requiring 

high resolution techniques to detect the smallest such regions. They tend to grow to large 

weaker structures by erosion and expansion processes which are brought about by local 

motions in the surrounding areas. These supergranular motions bring about the eventual 

decay of plage regions which takes place over much longer timescales than that for sunspots 

(Howard 1996).

Prominences are cool (T % 10000 K) dense clouds of material embedded in the 

much hotter and more tenuous corona. They can be observed in absorption in the Balmer 

lines as rapidly moving cool material being ejected into the corona, or as cool material 

trapped in the summit of loops (material flowing down the legs of the loops toward the 

surface effectively outlines the entire loop structure).

There are two main types of prominences: active prominences which can last a 

few hours and usually accompany solar flares, and quiescent prominences which are much 

more stable and can last up to months. AU prominences are observed to lie along polarity

1 0
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Figure 1.4: Simultaneous observations of the Sun in Ha and of the photospheric magnetic 

field are shown here. The purple and pink colours of the magnetogram represent regions 

of opposite polarity and the boundary between them delineate the polarity inversion line. 

This corresponds exactly to the location of the prominence which can be seen in the Ha 

image on the right. This image has been obtained by J.Harvey at the NSO, Kitt Peak, 

Arizona.

inversion lines (see Fig 1.4). These are regions where the net magnetic field is horizontal. 

Hence the downward force exerted in the loop may be balanced by the upward forces of 

the magnetic field at the solar surface provided that the field is distorted in such a way as 

to provide a stable gravitational potential well. Both types of prominences exhibit similar 

types of large scale motions until the magnetic loop structures supporting them change 

(Priest &: Smith 1979; van Ballegooijen &: Martens 1989).

Certain types of large-scale motions are typically observed. These include: an 

increase in the turbulent motion along the filament which either dissipates or else leads to 

an eruption; material draining away from the summit; and shock waves from a distant flare 

which may lead to the prominence performing damped oscillations. When the stability of 

the loop structures supporting them is lost, prominences are ejected in a process which 

releases the magnetic energy stored. Some of the material is ejected from the Sun while 

the rest stays in the chromosphere. Occasionally the force with which a prominence erupts 

is so great that the entire material is ejected. This event is referred to as a coronal mass 

ejection (Priest 1984).

1 1



Transition region & corona

The transition region separates the relatively cool chromosphere from the hot corona. 

Bruner (1978) finds that the most likely mechanism that can cause the level of heating 

observed here is through magnetic processes. He finds that acoustic heating would fall 

short by one order of magnitude. However, it is stiU unclear where this energy originates. 

Possible sources include downward conduction from the corona (Heyvaerts & Priest 1984), 

and “nanofiaring” (Parker 1988). Judge et al. (1998) find support for the “nanoflare” 

mechanism through observations of O IV emission lines in the quiet Sun. Relatively few 

structures are observed in the transition region. The most common features found in this 

area are thin sheaths which surround cool spicules. These are detected in the extreme 

ultraviolet wavelengths (Ci v,  0  IV and Si IV lines).

In the outermost part of the atmosphere, the corona, various long-lived magnetic 

features are observed such as loops and coronal holes. Large scale loops constituting the 

part of the closed magnetic structure that connects the surface magnetic field loops and 

can last up to 12 days. Schrijver k  Zwaan (1991) find that simple static models where 

thermal conductive flux dissipates at the bottom of the loop structures are sufficient to 

model many observed properties of loop structures observed at EUV wavelengths and 

broad band X-ray emission.

Coronal holes are dark regions in X-ray images of the Sun. They are associated with 

regions of open magnetic field lines and are the source of the solar wind (plasma observed 

streaming off the Sun in aU directions with velocities of up to 900 km s"^).

Large scale bursts of energy, flares, are also observed at X-ray wavelengths as well 

as brightenings in Ha. The mechanisms causing these flaring events can vary greatly, 

Some of the main processes by which they occur are described here. Flares are massive 

explosions that are associated with sunspots and often occur near the polarity inversion 

line. They are most easily observed at X-ray wavelengths and as brightenings in Ha. They 

release copious amounts of energy (up to 10̂  ̂ Joules in 1 hour) which has been stored in 

closed field loops associated with the sunspots. A mechanism by which some flares are 

formed is due to magnetic reconnection between magnetic footpoints and newly emerging 

regions of opposite flux (e.g. Melrose (1997)).

Coronal transients (or coronal mass ejections) often accompany erupting promi
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nences and are observed in the outer corona. These structures are fast moving material 

that may have originated in the lower corona and been displaced outwards as the promi

nences erupt. Other mechanisms found to cause coronal transients are sprays and large 

flares.

1.2.2 Solar dynamo theory

The activity cycle observed on the Sun is often measured in terms of the sizes and locations 

of the active regions at the photospheric and chromosperic levels. In this section I discuss 

the most likely mechanism responsible for the maintenance of the solar activity cycle. The 

driving force behind the solar activity cycle must be able to maintain itself, to regenerate 

and to explain the presence of the types of structures observed over the activity cycle. It is 

unlikely that the observed structures are caused solely by the presence of a relic magnetic 

field trapped in the solar plasma as dissipative processes would have led to a considerable 

reduction of this field by the age of the Sun (% 4.5 x 10® years). The oscillatory nature of 

the solar activity cycle instead suggests that the field maintains itself through the action 

of a magnetohydrodynamic dynamo.

Two main types of field are observed emerging from the convection zone. These 

are the small scale weak field (500 G) which is distributed more or less randomly over 

the solar surface, and the stronger concentrations of magnetic flux with values of about 

1400 G. Lin (1995) outlines a mechanism by which these two types of field are maintained, 

with the strong field being generated at the base of the convective zone and the weak 

field being maintained through turbulent pressure in the convective zone. Many dynamo 

models exist that can qualitatively explain the manner in which the activity cycle operates 

in terms of plasma motions crossing lines of force leading to currents being induced (e.g. 

Parker (1993)). However none can comply with aU the constraints that are available 

through observed magnetic field variations, heUoseismology studies and turbulence theory 

(Rudiger k  Brandenburg 1995).

The presence of an initial poloidal magnetic field is assumed to be “frozen” into 

the solar plasma. Dynamo action must allow the regeneration of this poloidal component. 

This is carried out by an intermediate conversion of the poloidal component to toroidal 

field. The main forces by which the dynamo process is maintained are through what 

are called the a- and D-effects. The ampUfication and distortion of weak poloidal mean
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fields leading to the generation of strong toroidal held is made possible by differential 

rotation in a layer either at the bottom of the convective zone or in an overshoot layer just 

underneath it (called the D-effect). The strong toroidal field can be treated as a dynamo 

wave that moves equatorward at low latitudes and polewards at high latitudes. Provided 

the field is strong enough buoyancy forces will dominate over Coriohs forces thus causing 

an almost radial rise of the flux to the solar surface (Hoyng 1996). The poloidal field can 

then be generated anew through anticyclonic motions in the convection zone. Turbulent 

diffusion in the convection zone leads to rising and falling elements of weak magnetic 

flux. The Coriolis forces have opposite effects in the northern and southern hemispheres 

thus explaining the opposite polarities in both hemispheres. The process by which the 

new poloidal field is generated is called the a-effect. The dynamo can operate in various 

modes, depending on the relative strengths of the a  and processes. The dynamo mode 

operating in the Sun is described as the afl dynamo, where the effect dominates (Parker 

1979; Schmalz & Stix 1991).

Current models suggest that the solar dynamo is located in the overshoot layer 

(Spiegel & Weiss 1980). Changes in the internal layers of the Sun lead to a change in the 

observed oscillatory modes observed. There is evidence of the presence of a thin layer in 

between the radiative and convective zones in the stellar interior through helioseismology 

(Monteiro, Christensen-Dalsgaard & Thompson 1994; Christensen-Dalsgaard, Monteiro & 

Thompson 1995). Additionally helioseismological models suggest that radial shear orig

inates in the overshoot region. In this region Moreno-Insertis (1983) find that magnetic 

flux tubes can be stored over timescales that are comparable with the solar active cycle 

period.

The efficiency of the dynamo can be defined in terms of the «-effect, where the 

magnetic Reynolds number is:

Nee = ad / 77

and the 0-effect Reynolds number is:

=  A O d ^ /7 7

Here a is the mean helicity, AO is the differential rotation, 77 is the turbulent magnetic 

diffusivity coefficient in the convective zone and d is the characteristic length scale of the 

convective zone. These two numbers are used to calculate the efficiency of the dynamo by 

calculating the Dynamo number, D  (Noyes, Weiss k  Vaughan 1984):
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D = (1.1)

Alternatively, in terms of more easily observed parameters it can be evaluated by

the following quantity, known as the Rossby number:

R o  =  P tc ( 1 .2 )

Here P  is the rotation period of the star and Tc represents the convective turnover timescale 

at the convective zone base (Hempelmann et al. 1995). Through kinematic theory, Ro oc 

as oscillatory magnetic fields develop once D increases beyond a threshold value of 

about 1 (Noyes, Weiss & Vaughan 1984)

1.2.3 Stellar active phenomena

Stellar analogues of many solar phenomena have been observed at different wavelengths. 

For instance, sunspot signatures can be detected as bright bumps in photospheric absorp

tion line profiles (see Chapter 2). Stellar prominences have strong optical signatures at 

the Ha line (Collier Cameron & Robinson 1989a; Collier Cameron & Robinson 1989b) and 

are observed as dips in X-ray emission (Jensen et al. 1986) and as transient absorption 

features in UV lines such as C II and C III (Guinan et al. 1987) (see Chapter 7). Res

onance lines such as Ca II JÎ & K  provide good observational indicators of the presence 

of plage and thus magnetic activity (Skumanich, Smythe & Frazier 1975; Schrijver et al. 

1989; Donahue 1996). As these lines are easy to observe from ground-based instruments, 

they are popular in this capacity also. In the transition region (for temperatures above 

30000 K) the doublets of C IV 1548, 1551 Â and N V 1238Â are formed while coronal flux 

can be detected through emission at X-ray wavelengths.

I will now discuss the various types of activity that have been observed on cool 

stars over a range of heights in the stellar atmosphere in more detail. In addition to 

observations of structures formed by magnetic activity, it is possible to measure magnetic 

fields on stellar surfaces directly by measuring Zeeman broadening effects in magnetically 

sensitive spectral lines from active cool stars (e.g. Valenti, Marcy k  Basri (1995)). More 

detail on studies measuring Zeeman splitting in photospheric fines is provided in Chapter 4.
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Photosphere

The presence of starspots has been inferred from brightness variations in hght curves of 

young cool stars. These rotationahy modulated photometric variations are caused by 

active regions distributed across the surface (Hall 1976). A greater amplitude of rota- 

tionaUy modulated variation is observed on young rapid rotators. This may be due to 

the increased contrast and/or the increased numbers of active regions. Vogt & Penrod 

(1983) and Busso, Scaltriti k  CeUino (1985) have found possible evidence for differen

tial rotation in very young stars and close binaries using the phase drift of photometric 

modulations relative to the reference orbital period. Further photometric studies could 

provide important clues about the properties of the stellar dynamos in these types of stars. 

As stars spin down with age, the overall magnetic activity decreases and the brightness 

variabihty changes, with fewer dark spots being in evidence. Star spot temperatures can 

be estimated from multicolour photometry (e.g. (V-I) and (V-R)). Starspots are typically 

found to have high umbral fractions which are cooler than the surrounding photosphere, 

with temperature differences ranging from under 570 K (K1 III cr Gem) to about 1900 K 

(G5 V WY One) (Vogt 1981; Eaton 1992). Further evidence for the presence of starspots 

is available from observations in the infrared of molecular TiO and VO bands which indi

cate the presence of cooler stellar surface regions embedded in the hot photosphere (Vogt 

1981; Huenemoerder, Ramsey k  Buzasi 1989; O’Neal, Neff k  Saar 1998).

In recent years, high resolution spectra of rapidly rotating active cool stars have been 

used to map surface brightness and temperature distributions. This technique is called 

Doppler imaging (DI) and is described in more detail in Chapter 2. Results from DI 

studies tend to show the presence of polar spots (sometimes co-existing with low latitude 

structure near the equatorial regions, e.g. HR 1099 and AB Dor (Vogt k  Penrod 1983; 

Collier Cameron 1995)). This starspot pattern is very different from the solar case, where 

sunspots do not migrate beyond ±30°. A different type of mechanism may therefore be 

the source of magnetic activity in rapid rotators.

When the Sun is at its most active, the presence of bright faculae on its surface 

result in an increase in the overall solar luminosity. Although Hall, Henry k  Sowell (1990) 

detect possible variations in the absolute brightness level of the G8 main sequence star 

V478 Lyrae, the evidence for a similar process occurring on other cool stars is hmited 

(Eaton 1992).
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Chromosphere

The Ca II H & K  Mt Wilson project started in 1966 and has monitored the types of 

stellar activity displayed by a sample of 111 cool stars (Balinnas 1991; Noyes, Baliunas & 

Guinan 1991; Donahue 1996). Activity is evaluated by measuring the flux ratio between 

the Ca II i f  & K  fines (at 3900Â and 4000Â respectively). They find that about 50 stars 

can broadly be categorized as having regular solar-type magnetic activity cycles. Cycle 

periods among these stars range from 2.6 yrs to periods that appear to be longer than 

the 30-year timescale of the study. Stars with irregular cycles which appear to have no 

organized pattern tend to be the youngest, most active stars. A third category is observed 

which show no rotational or cyclic variation in their Ca II if  & K  emission over the period 

of the study. These are thought to be undergoing a phenomenon corresponding to the 

period of inactivity that the Sun underwent between 1645 to 1715 (called the “Maunder 

minimum”) (Ribes & Nesme-Ribes 1993). Baliunas et al. (1995) find that solar-type 

stars will spend roughly a quarter to a third of their time in an inactive state. Rotation 

periods as measured by Ca II if  & K  emission modulation are also found to change in 

step with the stellar activity cycle. If these stars possess differential rotation, this may be 

evidence of solar-type migrating active latitude belts over the course of the cycle. However, 

stars of similar mass and rotating at about the same rate can show opposite changes in 

rotation period so it is not clear exactly what mechanism is taking place here. Without 

prior information about surface differential rotation on these stars, results are difficult to 

interpret.

A bimodal distribution was found in K fine strengths for F and G dwarfs in the open 

cluster M67 (Barry, Cromwell & Hege 1987). Giampapa (1996) speculates that, rather 

than these two distributions representing young and old populations of stars, this may 

be a result of observing stars at both the minimum and maximum ends of their activity 

cycles. This would have to be confirmed by measuring the sin i values for both groups 

of stars and evaluating whether they are significantly different. Saar et al. (1997) find 

evidence for G stars having liigher plage filling factors than those observed for F stars at 

a given rotation rate. This indicates that the deeper convective zones may lead to more 

magnetic activity at the chromospheric level.

I
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Corona

Evidence for the existence of stellar coronae in almost aU spectral-types stars except for 

some red giants has been found through X-ray studies. The X-ray luminosity of early- 

type stars (O to A-type stars) is found to be proportional to their bolometric luminosity.

This relation breaks down for stars cooler than spectral type mid-F. At the later spectral 

types, the luminosity is found to depend on the stellar rotation rate. The most likely ex

planation for coronal heating in late-type stars must be through some dynamo mechanism 

(PaUavicini et al. 1981). X-ray measurements of cool stai's can be fitted with thermal 

bremsstrahlung emission at T % 10  ̂K and line emission in the region of T 10® K in the 

case of active RSCVn binaries. This has led to the proposal of a two-component coronal 

model, the hot component is found to increase in more active stars and the cool com

ponent, which may be produced by acoustic heating, stays roughly constant (e.g. White 

et al. (1990)). EUV peak temperatures are observed to increase with increasing activity 

which may be caused by increased densities of plasma in the coronae of active stars (Drake 

1996). Younger stars tend to be more X-ray luminous objects than old stars. This age 

dependence may arise from younger stars rotating more rapidly, where the rapid rotators 

are expected to show enhanced activity (PaUavicini et al. 1981; Hempelmann et al. 1995).

Through X-ray observations of cool stars that have already been studied using the 

Ca II H & K M t  Wilson study, Hempelmann, Schmitt & Stgpieh (1996) looked for possible 

correlations with stars that have been observed to have specific types of activity cycles 

and coronal activity. They find that the stars displaying the most irregular cycles show 

the strongest X-ray emission, where mean X-ray surface fluxes are one order of magnitude 

greater than for stars with regular cycles. Similarly stars with regular solar-type cycles 

have surface fluxes that are greater by one order of magnitude compared to the constant 

(suspected Maunder minimum) oldest stars.

X-ray saturation is observed for most rapidly rotating stars (from F-type stars to 

M-type stars) and may be a result of the a-effect saturating in rapid rotators or else the 

dependence of magnetic field strength on rotation rate may change with increasing activity 

compared to slow rotators {B oc D^), (where Ü is the stellar rotation rate and q = 0.75 

in slow rotators) (Vilhu & Walter 1987; Unruh & Jardine 1997). A plot of how the X-ray 

emission varies in cool stars with Rossby number (a measure of steUar rotation) is shown ;

in Fig. 1.5. Vilhu & Walter (1987) find that the maximum coronal heating is sensitive to
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colour in F and G-type stars possibly due to a range of differential rotation rates leading 

to differing dynamo action. This may also be evidence of the dynamo behaving differently 

at different stages of stellar evolution. Alternatively, Solanki (1994) speculates that the 

saturation of stellar emission may arise as a result of the redistribution of flux for rapid 

rotators. From solar observations, Gurman (1993) find that the transition region emission 

increases with increasing magnetic flux in plages but is not affected by the magnetic flux 

stored in sunspots. Therefore, the saturation effects observed on stars may stem from 

magnetic flux being concentrated into spots as the rotation rate increases.

However, some doubts have been cast on these results, as coronal heating measure

ments would be expected to be comparable for stars of similar ages and chemical com

positions. This is not found to be the case when X-ray emission measures are compared 

for stars in Praesepe and the Hyades. It is unclear why stars in Praesepe have less active 

coronae than stars in the Hyades cluster despite being of similar ages and metaUicities 

(Randich & Schmitt 1995; Barr ado y Navascuéz & Stauffer 1998).

No long term trends analogous to the modulation of photometric and Ca II H & K  

emission variations are found in the X-ray flux emissions of stars. Kürster et al. (1997)

measure a high degree of short-term variability in X-ray emission in the KO dwarf, AB Dor
!

with some evidence of rotational modulation indicating inhomogeneities in its corona. The 4

fact that M-type stars, which are fully convective and thus believed to possess distributed 4
1dynamos, also show saturation suggests that distributed dynamos still lead to strong levels s|

of magnetic heating in stellar coronae (Fleming et al. 1993). |

I
Radio emission from cool stars provides evidence for non-thermal components in ;i

their coronae (White 1996). This is very different to the solar corona which shows no non- |
I

thermal emission. Particles with energies of a few MeV’s are trapped in coronal magnetic
I

field lines. Unlike cTTs where the central star is obscured by the presence of disks, wTTs |

are found to be strong non-thermal radio sources. Lim & White (1995) find strong radio I
I

emission in G to K-type rapid rotators. In M-type stars, radio flares have been observed |

(Giidel et al. 1995). Unlike the case of the quiet Sun, radio emission is observed in cool j
I

stars which indicates the presence of a non-thermal component. This emission is observed ]

to rise with X-ray luminosity and hence with stellar activity also (Giidel, Benz & Schmitt |
I

1994; Lim et al. 1992). Two stars have shown signs of rotationally modulated radio |
iemission albeit in different ways. The rapidly rotating K dwarf AB Dor (discussed in |
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Figure 1.5: Diagram showing how activity depends on the Rossby number (i.e. rotation 

rate) as shown by X-ray emission from single cool stars in the Pleiades (filled symbols) 

and a  Per (empty symbols). This plot is taken from Queloz et al. (1998).
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Section 1.3) displayed rotational modulation in radio wavelengths over a period of months 

but only when the overall radio emission was strong. Lim et al. (1994) conclude that 

this may have been caused by a radio-bright feature that is not always present on the 

surface of the star. By monitoring the emission modulation for V471 Tauri (a K dwarf 

and white dwarf system) over its rotation cycle Patterson, Caillault & SkiUman (1993) 

place the source between the two components of the binary system. This source is probably 

anchored on the K dwarf.

Indirect evidence for the presence of eruptive prominences has been found through 

the study of flaring events in M dwarf flare stars. “Dips” in broadband measurements 

either accompany or precede the decay of stellar flares (Flesch & Oliver 1974; Doyle et al. 

1988). Direct evidence of the presence of quiescent prominences has been found in rapidly 

rotating stars through the detection of narrow Ho absorption transients (Robinson & 

Collier Cameron 1986; Collier Cameron 1996; Byrne, Eibe & RoHeston 1996). This is 

discussed in more detail in Chapter 7.

1.2.4 Stellar dynamo theory

As discussed in Section 1.2.2, the basic processes needed to drive a stellar dynamo are 

brought about through differential rotation and cyclonic convection. Fig. 1.6 outlines the 

manner in which processes interact for both single and binary stars. As with the Sun, 

the stellar dynamo is thought to be located in the convective overshoot layer at the base 

of the convection zone, (Brandenburg et al. 1994). The Dynamo number for the a — O 

dynamo is expected to increase proportional to the square of the inverse Rossby number, 

Ro as defined in Eqn 1.2 (Noyes, Weiss & Vaughan 1984). Hence increased stellar rotation 

is expected to increase the amount of magnetic activity. Indeed, studies of cool stars with 

a range of rotation periods have found that stellar activity is found to increase with the 

inverse Rossby number (Simon, Herbig & Boesgaard 1985).

Differential rotation models reproducing the solar internal rotation law have been 

used in order to model dynamo behaviour in stars with different rotation rates and differing 

convection zone depths (Kflker, Rudiger &: Kitchatinov 1994; Kitchatinov & Rudiger 1995). 

Kitchatinov & Rudiger (1995) find that differential rotation is found to decrease in rapid 

rotators due to increased Coriolis forces driving meridional flows. They report that the 

differential rotation in slower rotating, older versions of the Sun should also decrease. This
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Figure 1.6: A diagram illustrating how dynamo processes work in cool stars. The dashed 

lines show processes affecting binaries and magnetic held effects are represented in the 

shaded boxes. This plot has been taken from Schrijver & Zwaan (1991).

is because flux would be expected to rise almost radially in these cases. Giants are found 

to have more solar-like rotation than rapid rotators.

Rudiger et al. (1998) have modelled the effect that rapid rotation would have on 

the differential rotation rate for cool stars with increasing convective zone depths. They 

find that in the case of the most rapidly rotating stars, differential rotation (as defined 

by AÜ/ Ü)  is observed to decrease, especially with stars of later spectral types (deeper 

convective zones). Differential rotation patterns expected for rapidly rotating stars are 

such that the equator and the mid-latitudes are expected to rotate at roughly the same 

rate while the pole rotates more slowly. The difference between the rotation rates at the 

poles and equator is found to increase to a maximum in solar type stars with rotation rates 

that are faster than the solar by a factor of 2.25. Beyond that meridional flow will increase 

leading to a decrease in surface differential rotation. Riidiger et al. (1998) speculate that 

the different dynamo action may explain the different types of activity that are observed 

in rapid rotators.

As stated earlier, Doppler images commonly show the presence of cool starspots 

near the polar regions of rapidly rotating stars, with starspots sometimes being located 

both at high latitudes and near the equator. Assuming that strong toroidal flux is located
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ill the convective overshoot layer, it is possible to model where flux would be expected 

to emerge in cool stars (Schüssler 1996; Schüssler et al. 1996; De Luca, Fan & Saar 

1997; Solanld 1994). Schüssler (1996) flnds that, for a solar mass star, the latitude of 

emergence of flux wiU increase as rotation increases due to Coriolis forces dominating over 

magnetic buoyancy. Only the most rapidly rotating stars with deep convective zones are 

found to produce polar spots. Flux is found to emerge at high latitudes for other rapidly 

rotating stars. It can form at the poles either from stellar cores (as with T Tauris and 

giants) or else due to a poleward slip for the flux tube at the subsurface level after it has 

emerged from the overshoot layer. Another possible explanation for flux emergence at 

high latitudes may be a result of flux tubes in the overshoot layer being distributed over a 

wider range of latitudes (De Luca, Fan & Saar 1997). The low-latitude flux that has been 

observed in Doppler images of some active cool stars is harder to explain. De Luca, Fan 

& Saar (1997) suggest that it may be evidence of a distributed dynamo in rapid rotators, 

or else that flows may result in flux being redistributed after emergence.

1.3 AB Doradus

AB Doradus (HD 36705) is a bright [ m v = 7 )  chromospherically active KG dwarf. Astro- 

metric observations from the Hipparcos study and VLBI interferometry have found its 

distance to be 15pc. The same study also discovered the presence of a O.IM© astrometric 

companion as well as the known visual companion, Rst 137B (Guirado et al. 1997). These 

two companions lie at separations of 0”.2 — 0".7 and 10’ respectively.

AB Dor is a rapid rotator, with Vg sin 91 kms“ -̂ and a rotation period of 

0.51479 days (Innis et al. 1988). The star’s fast rotation and strong lithium absorp

tion along with the similarity of its average spectrum to the spectra of active dwarfs and 

subgiants all suggest that the star must be young (Rucinski 1982; Rucinski 1985).

Studies of this object at a range of wavelengths from optical (Rucinski 1985; Vilhu & 

Walter 1987; Collier 1982; CoUier Cameron 1995), to X ray (PakuU 1981; Vilhu Sz Linsky 

1987) and UV (Rucinski 1985; Vilhu et al. 1998) have all found evidence of activity, 

detecting structures ranging from starspots to coronal prominences. As described earlier, 

over five years of observations, Kürster et al. (1997) found no evidence of activity cycle 

related X-ray emission variations. Studies of the star’s photometric variability have also
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Figure 1.7: The variation in light level from AB Dor in V plotted over a period of 16 years. 

The bars denote the range of variation in light at each epoch. This plot has been taken 

from Kürster et al. (1997).

provided further evidence of the star’s activity. Long-term photometric variations initially 

appeared to indicate that the star was following an approximately 20 year activity cycle 

as the light level had been decreasing since 1978 to about 1988 and then began to show a 

steady increase (Innis et al. 1988; Rucinski 1983; Bos 1994). However, as Fig 1.7 shows, 

from about 1993 until the present, the light level has reached a plateau and it is unclear 

whether or not the star’s photometric variability really is cyclic (Kürster et al. 1997).

AB Dor has been the subject of several high resolution spectroscopic mapping stud

ies (Kürster, Schmitt & Cutispoto 1994; Collier Cameron & Unruh 1994; Collier Cameron 

1995; Unruh, Collier Cameron & Cutispoto 1995). The results from these studies are 

outlined in Chapter 2. The brightness of the object along with its rapid rotation and 

proximity all make this star an ideal object for Doppler imaging studies.

1.4 Summary

Many advances have been made in the study of cool stars in recent years. Active phe

nomena observed on cool stars can often appear similar to features observed during the
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solar activity cycle. However, despite our knowledge of the types of activity observed on 

these stars, their exact distributions and long-term variations are still unclear. AB Dor 

is a young rapidly rotating star which exhibits high levels of activity. High resolution 

spectroscopic mapping techniques enable us to spatially resolve surface distributions on 

rapid rotators. If the surface differential rotation rate can be measured on an active cool 

star, this information can be used to evaluate the direction of possible drifts in latitude 

of active belts on other active dwarf stars. If the rotation rates of coronal structures such 

as prominences can be measured accurately, we may gain information on the locations 

of the footpoints of the loops supporting the structures. Further observations of surface 

and coronal structure wiU also allow one to evaluate how important the role of differential 

rotation is in the evolution of the magnetic topology of the corona.
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CHAPTER 2

Doppler Imaging

2.1 Introduction

The principles and main requirements for the technique of Doppler imaging (DI) are 

described in Sec 2.2. The DI code used to derive the Doppler images presented in the 

following chapters is detailed in Section 2.3.

2.2 Doppler Imaging

The technique of Doppler imaging allows the reconstruction of the flux distribution across a 

star using time sequences of photospheric absorption line profiles. Many different rotation 

phases need to be observed to allow a two dimensional image to be obtained. The principles 

behind this technique have been described in detail in several papers (Vogt, Penrod & 

Hatzes 1987; Vogt 1988; Rice, Wehlau & Khokhlova 1989; Piskunov, Tuominen & Vilhu 

1990).

The background to the technique of Doppler imaging was set by A. Deutsch. He used 

variations in line strengths, radial velocities and longitudinal magnetic field information 

to derive stellar field maps and element abundance anomalies over the surface of Ap stars 

(Deutsch 1958; Deutsch 1970). Doppler imaging is possible as different surface elements 

of a star produce differing Doppler shifts in photospheric spectral line profiles. Hence 

if any element that affects line formation is not homogeneously distributed, observed 

photospheric line profiles will show variation with phase as the star rotates. Observations 

of spectral line profiles over a period of time can indicate the surface distribution of that
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element. Falk & Wehlau (1974) used line profile variations to derive surface element 

abundance properties of Ap stars.

The modern method of Doppler imaging was first used to derive chemical abun

dance maps of Ap stars (Preston 1969; Khokhlova 1975). This technique assumes surface 

distributions and computes predicted line profiles from them. It has since been generalised 

to map any parameter that wiU affect line formation (e.g. temperature, surface bright

ness). The distributions of stellar features are allocated until a certain level of agreement 

is reached between the computed and observed line profiles. By calculating the depen

dence of the agreement statistic on each pixel in the image of the star and iterating to 

a satisfactory fit to the data and any other necessary constraints, the most likely surface 

distributions can be evaluated.

2.2.1 The Image-Data Transformation

Doppler imaging rehes on the correspondence between spatial position on the disk of a 

star and wavelength shift within a Doppler-broadened spectral line profile. Cool starspots 

can cause distortions in photospheric line profiles. Hence, if a star’s absorption line pro

files are broadened by rotation, these distortions will have a specific wavelength position 

corresponding to the longitude of the starspot on the stellar disk. A time-series of spectra 

then allows us to monitor the positions of starspots on the surface of the star as it rotates.

The dashed line in Fig. 2.1(a) shows the contribution to the rotationaUy broadened 

line profile from the shaded longitudinal region of the stellar disk. H the flux contribution 

from this portion of the star is diminished due to starspots, we can see that the total 

continuum level of the line will decrease. In addition to this, the absorption trough due to 

the “missing” part of the surface will cause a bright bump in the resultant line profile. This 

is shown in Fig. 2.1(b). Naturally as the star rotates, the region containing the starspot 

will also rotate, and this will cause the bump position to shift in wavelength space along 

the absorption line profile. The velocity position, u*, of the “absorption bump” in the 

observed line profile will vary according to

Vs =  VeSill{i)^ (2.1)

where Ug sin i is the projected rotational velocity, and x / R i s  the distance of the spot from
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Figure 2.1: An illustration of how position on the stellar disk corresponds to wavelength 

shift in a spectral line profile, (a) shows the spectrum obtained from an immaculate 

photosphere, with the shaded region’s contribution to the spectrum shown by the dashed 

line. The solid line in (b) illustrates what an absorption line profile would look like without 

the contribution from the shaded region. The dashed line in this case is the flux profile 

for an unspotted star.
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the rotation axis in units of stellar radii.

Determining a spot’s position in longitude is straightforward as it simply involves 

measuring the phase at which the line deformation crosses the line centre. High latitude 

structure always stays near the rotation axis, hence distortions are confined to the centre 

of the line profile. Low latitude spots, on the other hand, lead to spectral signatures that 

can be detected out at the wings of flux profiles. In addition to this, deformations move 

through the line profile at a higher rate compared to high latitude features. By tracing the 

velocity excursions of the line deformations over time it is possible to locate the position 

on the stellar disk of the spot.

Hence, at each phase, the flux normahsed to the observed continuum flux at all 

wavelengths, can be calculated by summing the specific intensity contributions of all the 

visible points on the stellar surface.

IICs,itJ.s,4.dS (

Here L is the intensity contribution from the line profile at position 5, and at an 

angle i to the line of sight; Cs,i is the intensity contribution from the continuum , /is,,/, is 

the foreshortening cosine from region S to the line of sight.

2.2.2 Inversion methods

We can represent the image-data transformation by the following matrix:

IR = D.

Here I is the image vector, describing the surface distribution of the element being mapped. 

D is the data vector which contains a time series of spectral fluxes (usuahy stored end- 

to-end). R  is the transfer matrix and it represents the operation shown in Eqn. 2.2. 

Theoretically, provided that the matrix R  is square and that the data elements along 

the rows of the matrix are independent, the solution of the inverse problem I = D R “  ̂

is straightforward. In practise it is not possible to determine R “  ̂ directly as matrix 

elements calculated along lines of constant velocity in image-space are not independent. 

Additionally the fact that the observed data are noisy and tend to have incomplete phase

29



coverage means that there is an inbuilt uncertainty in the reconstructed image and noise 

in the data would be reconstructed in the image.

Hence a method is required which allows an iterative image-data transformation fit 

to take place so that the observed data are fitted within a certain level of noise. There is 

a serious drawback in mapping starspots, in that there are an infinite number of surface 

distributions that wiU produce fits that are consistent with the image within the required 

level of agreement. In order to solve this uniqueness problem, a regularizing function 

is needed to allow convergence to one particular solution that is unique in some clearly 

definable way. However these are not the only options and while I am not going to 

elaborate on the alternatives here, other approaches used include the “Occamian"’ appj oacU 

(Berdyugina 1998) and the CLBAN-hke approach used by Kiirster (1993).

Different Doppler imaging programs commonly use one of two regularizing functions; 

one maximizes the smoothness of the image (Tikhonov Sz Goncharsky 1987); the other 

minimizes the correlations between different parts of the image (Gull k  Skilling 1984; 

Skilling & Bryan 1984).

The regularizing function developed by A.N. Tikhonov can be represented as shown 

below (Tikhonov 1963; Tikhonov & Goncharsky 1987)

M f )  = /  /  I  V /(M ) dS( M)  (2.3)

where M  = number of observations and f { M )  is the image vector containing aU the image 

pixel values. The functional is integrated over the surface of the star.

The maximum entropy method (GuU & Skilling 1984; Skilling & Bryan 1984) pro

duces a unique image which has the minimum amount of information that is required to

fit the observed dataset within a certain level of misfit (as measured by the statistic).

It uses the following form of the regularizing function.

'■£(/) = - / /  K M )  log( f(M ))dS(M ) (2,4)

where M , f { M )  and dS are as described before; /(M ) is always a positive value.

The image is then computed by maximizing this quantity within a given value of .

The value measures the misfit between the data and the model and is calculated
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as follows:

x’( / ) .  Ë  ( 5 ^ ) ’
A:=l ^  ^

where M  — number of observations; Fk = the kth observed spectrum; Dk(f )  — the fit to 

the kth spectrum and (Jk =  standard deviation of the kth. measurement.

The image is subsequently found by maximizing the functional

Q( f )  = >■(/) -  Ax"(/) (2.6)

where A is the Lagrange multiplier and defines the outer boundary of the image subset.

Evaluations of which regularizing function is the best to use have found that, so 

long as the data is well-constrained, both functions produce similar images. If the data 

has a low signal-to-noise however then the Tikhonov function is found to be more efficient 

at reconstructing surface structure (Piskunov, Tuominen & Vilhu 1990; Rice, Wehlau k  

Khokhlova 1989).

2.3 The code

Two versions of the same DI code have been used to generate the brightness images 

presented in this thesis. Here I outline how the code carries out the forward problem and 

the inversion procedure.

2.3.1 The forward problem 

DOTS

The code used to reconstruct the images presented in Chapters 3 and 6 is called DOTS. I 

present a brief description of how it works here. It has been described in Collier Cameron. 

Jeffery k  Unruh (1992) and Collier Cameron (1992). The modified weighting scheme 

installed in the program is detailed in Collier Cameron (1995) and has since been replaced 

by a different method which gives ordinary variance weighting within the line profile but 

washes out the neighbouring continuum. This method is described later in this chapter.
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A map of the stellar surface is divided up into a uniform rectangular grid of pixel 

elements. Each element on the rectangular grid, has an equal spacing in latitude and 

longitude. The pixels near the poles are combined into coarser groups so that they have 

areas that correspond to the pixel areas at the stellar equator. The area that each pixel 

occupies is calculated. Each pixel on this coarser adaptive grid is assigned a particular 

value of starspot occupancy / ,̂ (where 0.0 < /,• < 1.0) . For an initial input image this is 

usually just a blank photosphere (i.e. fi = 0.0 everywhere). For each phase of observations. 

k, each pixel is rotated and inclined at the appropriate angle to the line of sight. The 

foreshortening, /.i/,/., and the velocity offset from the line centre are also computed for each 

pixel on the adaptive grid.

The rectangular grid is also subdivided into a finer grid where each pixel consists 

of two triangular sub-pixels. The outward normal of each triangular pixel is calculated 

from the vector cross-product of two of its sides thus allowing the computation of the 

foreshortening angle with respect to the line-of-sight. Limb darkening and foreshortening 

are calculated for each of the triangular pixels once the pixel co-ordinates have been 

translated to a Roche potential geometry with the relevant stellar parameters and they 

have been projected along the line of sight.

For a binary, the Roche potential is defined as follows (Collier Cameron 1997) :

(2 .7 )

Here the y axis is the line intersecting the centres of the two stars as well as with the x axis.. 

The z axis is the rotation axis of the star, q is the mass ratio of the stars, Vi =  q / ( l  q) 

and y2 =  —l / ( l  + g). The distance between the stellar centres defines the unit of distance 

used here and time is scaled so that the angular velocity is 1. For a single star, ç = 0 and 

the distance is measured in units of the corotation radius {GM/Q,'^).

A third Cartesian coordinate system is defined in the plane of the sky as seen by the 

observer. The axes u and v define the viewplane in which the projected stellar disk lies, 

while w lies perpendicular to u and v and is along the observer’s line of sight. As solid 

body rotation is assumed, the n-coordinates in the viewplane have a direct correspondence 

with the radial velocities of pixels in the viewplane, . For convenience the w, v and w axes 

are expressed in units of Ve sin i. The viewplane is divided into a finer grid which contains 

approximately 10  ̂pixels altogether. Each triangular sub-pixel of the stellar surface model 

is rotated about its orbital axis and then inclined towards the observer at the relevant
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angle for each exposure. The foreshortening, of every pixel is found by calculating 

the perpendicular component to the viewplane at each phase, k. If the pixel is pointing 

away from the observer, <  0, then the pixel’s contribution is set to zero.

Specific intensities are calculated from lookup tables storing specific intensities as 

a function of temperature, wavelength and There are two possible ways to generate 

lookup tables. I N T E N S E  (Unruh 1995) calculates specific intensity profiles of the line as 

a function of limb angle assuming LTE can be used to calculate these lookup tables. It 

is based on the LTE spectral synthesis code S P E C T R U M  (Jeffery 1989). Alternatively, 

template stars of spectral types corresponding to the photospheric and spot temperatures 

can be used. The continuum levels of the spectra are scaled according to a linear limb 

darkening law depending on the star in question. For instance, a limb darkening coefficient 

of 0.6 is used for KG dwarfs. It should be noted that, while limb darkening is wavelengtli 

dependent, this effect is found to have little effect on the resultant maps. Provided that 

the appropriate line blends have been accounted for when using LTE line analysis (Unruh 

& Collier Cameron 1995), both the spectral synthesis approach and the scaling of template 

spectra are found to produce similar results. If the spectra used for DI have been produced 

by least squares deconvolution, template spectra which have been deconvolved using the 

same line lists as with the object spectra are used to model the spot and photospheric 

specific intensity contributions (see Chapter 5 for more detail).

If the centre of a viewplane pixel lies within the boundary of a projected triangular 

sub-pixel, the specific intensity contribution of that pixel is Doppler shifted according to 

the radial velocity of the viewplane pixel. The specific monochromatic intensity contribu

tion for both the photospheric and spot temperatures is calculated for the foreshortening 

value of each pixel, at aU data velocities. This is done by linear interpolation between 

the lookup table intensities at the velocity offset from the line centre that is appropriate 

for each viewplane pixel. At each phase the specific intensity contribution of each adaptive 

grid pixel is calculated by summing up the intensity contributions for all the viewplane 

pixels whose centres lie within the edges of that pixel. The total disk integrated surface 

flux is then calculated and normalised as shown in Eqns. 2.8 and 2.9. Limb darkening 

is automatically accounted for in these calculations as the lookup tables encode specific 

intensities.

The unnormalised synthetic flux, at a phase, &, and velocity bin, y, can then
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be calculated by summing up the intensity contributions for all image grid pixels as follows 

(Collier Cameron, Jeffery & Unruh 1992):

~  “  f i '^))^phot i^j , f i i^k)  +  f i^spot{^j , fJ, i j^) (2 .8)
i

where Iphot and Ispot are the intensity contributions from the photosphere and spot re

spectively.

The calculated flux is normalised to a continuum level of unity using scaling factors 

Co,j- These are calculated from the input observed flux, Fjk, and their associated errors, 

as fofloTvs:

2.3.2 Weighting scheme

D O T S  notes the greatest weight encountered in each individual line profile, sets all weights 

less than a specified threshold value to zero and weights greater than the threshold to the 

maximum value present in that line. The weights, are defined as shown below.

Here Fk are the individual synthesised fluxes and fj  are the filling factors for the image 

pixel, j .

The threshold value is chosen to he just outside ±  sin i. This cuts off all parts of 

the profile unaffected by changes in the image, such as continuum points. This is useful 

as the inclusion of parts of the fine profile which are unaffected by the image would lead 

to a dilution of the statistic. As there is uniform weighting across the entire part of 

the fine profile that is sensitive to spots, more low-latitude structure can be resolved.

2.3.3 The inverse problem

We use the code m e m s y s  to perform the inversion of the observed data (Skilling 1981). 

Different spot distributions can be described as single points in the “image space”. In order
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Figure 2.2: Plot to show how entropy changes with spot filling factor. The default unspot

ted photosphere is set at a filling factor of 0.0001.

to find the “best” image to fit the observed dataset within a fixed level of M E M S Y S  sets 

up four search directions in the subspace. These are functions of the gradient VC and VS,  

(where C is the statistic and S  is the image entropy): / ( V C ) ,  f { V S ) ,  / ( V V C ) / ( V C ) ,  

/ (V V C )/(V rS') .  The coefiicients of the search directions used to increment the current 

image, / ,  are determined using quadratic models of S and C that are set up in the 

subspace. For filling factor models where the image parameter is in the range 0 < fi < 1 

entropy is calculated as follows (Skilling & Bryan 1984);

'S'(f) = -  E  w [̂/aog ^  + (1 -
i

where m  =  default filling factor and is given a very small positive value (0.0001).

(2 .11)

Figure 2.2 shows how the penalty function, ,9(f), varies with spot filling factor. A 

zero value of /  represents the unspotted photosphere while a filling factor of 1.0 repre

sents complete spot coverage. The entropy function decreases smoothly with increasing 

spottedness. Hence the image will be pulled towards the unspotted photospheric level in 

the absence of further information in the observed dataset.

Convergence is reached when the degree of non-parallelism between V C  and V S  

tends to zero. The quantity used to evaluate this is called the TEST statistic and is 

calculated as follows:

TEST = V6" VC 
|V^| |VC| (2 .12)
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2.3.4 The stopping criterion

There is a danger in overfitting the model image to the spectra, thereby fitting structure 

to noise in the resulting image. The method used to determine at what value of 

reconstructions should be stopped is described below. This method is only applicable 

when reconstructing images using both spectroscopic and photometric observations.

Prior to calculating the synthetic photometric fluxes which contribute to the image, 

the D O T S  code generates a set of photometric fluxes which correspond to the immaculate 

photosphere without spots. These immaculate photometric fluxes are then modified to 

account for the flux deficit from the spotted parts of the star. The ratio of the photo

spheric flux for the spotted star to the flux contribution from the unspotted photosphere 

is calculated as a function of phase and then converted to a variation in magnitude. Am.

This quantity is equivalent to the difference in magnitude between the brightness level of 

the star when unspotted and the photometric magnitude of the spotted star. The magni

tude difi’erence, Am, is rotationaUy modulated, decreasing for the least spotted phases of 

the star. By decreasing the level of of the fit, the spottedness of the star will increase.

This is Umited by the maximum Am possible at each phase and is used to determine the 

optimum value to be used.

Photometric observations of AB Doradus are available from 1978 onwards (Innis 

et al. 1988; Anders 1994). The photometric magnitude level was brightest (V = 6.75) 

in 1978 and appears to have gone through a minimum (V = 7.05) at about 1989. Un- 

fortunately the unspotted brightness level for AB Dor is unknown. Therefore previous J

photometric observations have to be used to provide a conservative estimate of this quan

tity. The brightest measurement of AB Dor is adopted as a conservative estimate on 

the unspotted brightness level. A V magnitude of 6.75 is used as an upper limit on the 

reduced value when generating reconstructed images using spectroscopy with simulta

neous photometry. An example of this approach can be found in Chapter 3
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2.4 Reconstructing observed data

2.4.1 Observational requirements

The optimum level of stellar surface resolution that is possible depends on the stellar 

Ve sin i and the S/N ratio of the dataset. If W  is the full width at half-maximum (FWHM) 

of the intrinsic unbroadened line profile, the number of resolvable elements is roughly 

2ve sin i / W .  For late-type dwarfs, a star should have a sin i value of over 30kms~^ 

as the intrinsic FWHM of an intrinsic mapping line is typically about 10 km s'" C The 

instrumental profile will limit the amount of surface resolution in stars with low v̂ . sin Fs. 

Naturally the resolution will increase for stars with high Vg sin i, but as the line profile 

gets shallower with rotational broadening, a higher S/N is required in order to distinguish 

starspot signatures from noise in the dataset. It is important to keep in mind that exposure 

times should be long enough so that data of sufficiently high S/N is acquired, yet short 

enough to prevent excessive smearing due to rotation during the exposure.

The degree of surface resolution that is possible also depends on the width of the 

instrumental profile. This should not be wider than the intrinsic line profile. The minimum 

size of stellar spot that is detected produces a signature which is at least as wide as the 

intrinsic profile (after convolution with the instrumental profile).

The drift rate of the distortion caused by a starspot can be expressed as a function

of the rotation period Prot and Ug sin i as follows (Collier Cameron 1992)

A =  (2.13)
P r o t  C

Hence the amount that a spot feature is blurred over an exposure time. Ai, is given

by
 ̂  ̂^   ̂^  (2-14)

 ̂rot

Where the effective width, A A r o t  — TrAoUg sin i/2c, is the ratio of the observed EW 

to the central depth of the intrinsic line profile .

The equivalent width of an observed rotationaUy broadened mapping line does not 

vary with increasing Vg sin i and can be approximated by

Wo6s ~  1 — R l { X o ) A X r o t  (2.15)
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where Ri  is the residual intensity of the intrinsic mapping line profile.

For the following expressions x is defined as the ratio of the mapping line FWHM 

to the stellar Doppler profile width, r is the ratio of the spot profile Doppler width to the 

stellar Doppler width (%: R s p o t / R * )  and y is the ratio of the instrumental profile width to 

the stellar rotation profile width.

The residual intensity at the centre of the observed broadened profile is given by 

(Collier Cameron 1992)

(1 — Robs{Xo)) — (1 — Ri{Xo))- (2.16)
V l T

The equivalent width of a spot signature, Ws,  near the centre of the projected stellar 

disk is approximately (Wo6sf^/(l — r%)). The amplitude of the distortion, Rs is roughly 

Ws/AAfi. The rotational profile needs to be convolved with the intrinsic line profile and 

the blurring effects of the exposure before the FWHM of the spot can be evaluated. 1

Hence AA^oix/r  ̂T This means that the amplitude of the spot can be ?

approximated by

Additional effects such as microturbulence and the instrumental line profile serve 

to hmit the resolution further (these set a lower limit of about 0.15Â on the absorption 

line FWHM). This is especially important for stars with low Vg sin i. In the case of 

rapid rotators, very strong lines also cannot be used due to the effects of chromospheric 

emission which cause the core strengths to vary depending on the heating rate in the 

stellar chromosphere (Strassmeier et al. 1993; Unruh & Collier Cameron 1997).

2.4.2 Errors in input parameters

Using incorrect values of mapping line and stellar parameters can lead to the production 

of artefacts in stellar surface reconstructions. It is thus important to recognize the effects 

of using wrong estimates of these quantities on the resultant images. The presence of 

line blends contributes to uncertainty in the line profile fitting, particularly in the case 

of rapidly rotating stars when many blends may lie within the rotationaUy broadened
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mapping line. Unruh & Collier Cameron (1995) find that line blends lying out in the 

wings of the broadened line profile tend to affect Doppler images more than line blends 

lying near the centre of the mapping line. If blends are not sufficiently accounted for 

in the intrinsic unbroadened line profile they can severely affect the resultant Doppler 

image as the program tries to reconstruct an asymmetric profile using a parameter which 

is symmetric.

If the amount of continuum limb darkening is underestimated, the contribution from 

the limb of the star is enhanced producing a rotation profile that is too shallow to match the 

observed stellar profile. In order to fit the data, it would thus be necessary to increase the 

Ve sin i of the star. Provided that this is done carefully and the error in limb darkening is 

small, few discrepancies are found in the reconstructed images (Unruh & Collier Cameron 

1995). If the errors in the limb darkening slope are over 30%, the reconstructed images 

show some reconstructed spots that are enhanced, while other regions are preferentially 

suppressed. For example, high latitude structure is suppressed when the limb darkening 

law used to produce the intrinsic line profiles is too weak. This is because the intrinsic ^

profiles are too “U”-shaped and hence more high latitude spots are required to fit these 

profiles. Conversely, if limb darkening predicts profiles are too “V”-shaped, low latitude 

spots are reconstructed in images. Generally DI is found to be quite robust provided that 

mismatches of line parameters, such as limb darkening or EW are small. Sufficiently large 

errors in the line profile parameters lead to the addition of noise features in the Doppler 

images.

On using incorrect values of stellar parameters spurious structure also tends to be 

found in the resultant Doppler images. Errors in the stellar Vg sin i value lead to either the 

reconstruction of a polar spot (if Vg sin i is underestimated), or the addition of spurious 

low latitude structure near the equator (if Vg sin i is overestimated). Artefacts introduced 

by mismatches in Vg sin i values are very similar to those produced by errors in EW.

Hence these two quantities are often fitted simultaneously (Collier Cameron k  Unruh 

1994). Errors in the radial velocity of the star also lead to artefacts being reconstructed in 

the images. As mismatches occur in the wings of the line profiles, low latitude structure 

is produced in the reconstructed images.

While small errors in input parameters are not found to affect the reconstructed 

images significantly, minimizing the amount of spot coverage is useful when fine-tuning
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both line parameters such as EW and stellar parameters such as Vrad and Vg sin i. One 

might expect that this would lead to systematic effects such as pushing features to a 

preferred latitude region but there is no evidence for this (Collier Cameron k  Unruh 1994; 

Unruh, Collier Cameron k  Cutispoto 1995). As the maximum entropy criterion pushes 

the surface distribution to be as close to an immaculate photospheric level as possible, any 

structure that is reconstructed has to be present in the observed line profiles. If errors are 

introduced into the mapping process it makes sense that the code wiU compensate for the 

mismatched parameters by adding artefacts to the reconstructed images.

The hardest features to account for with the spot minimization process are rotation- 

ally invariant structures in the images, such as polar spots. If the core of the line is not 

modeUed sufficiently weU, the code will introduce a polar spot and indeed these have been 

detected on a variety of active cool stars ranging from RSCVn binaries to young G dwarfs 

(Vogt k  Penrod 1983; Strassmeier 1990; Barnes et al. 1998). It is particularly difficult to 

measure the unambiguous presence of polar spots as they do not move across the profile at 

aU. Hence very careful line modelling is necessary in order to discount any other cause for 

the flat bottomed core in the observed line profiles. Additionally low inclination RSCVn 

stars are found to have much flatter line cores than higher inclination stars. Hatzes et al. 

(1996) tried to explain the presence of these features and in particular the inclination 

dependence of the observed line profile shapes using several parameters such as gravity 

darkening and bright equatorial bands. They find that the only feature that is capable of 

explaining this observed effect is the existence of polar spots.

In the case of stellar inclination, Doppler images are found to be robust with respect 

to changes in the inclination by about ±10°. For further discrepancies in stellar inclination, 

however, the amount of smearing can increase. If % > 70° we find that reconstructed 

features will be mirrored in both the northern and southern hemispheres. This is because 

there is ambiguity in the flux profiles where the starspot signals originate. If 2 = 0° then 

there are no velocity components along the line of sight and DI is not possible. Because the 

surface regions which contribute information change so much at different inclinations, the 

procedure of spot minimization is not applicable when trying to find the stellar inclination. 

The inclination angle of a star thus should be determined independently of the imaging 

procedure. In most cases the stellar photometric rotational period and the Vg sin i are 

used to calculate the R s m i ,  and the radius of the star can be calculated using the value 

of the distance and angular diameter estimates of the star.
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CHAPTER 3

Doppler Imaging using the Li I 6708 line.

This work has been published in Hussain, Unruh & Collier Cameron (1997).

3.1 Introduction

The main purpose of this chapter is to investigate whether the presence of large starspots 

can lead to a significant over-estimation of the Li abundance in young low-mass stars. 

Our approach is to compare a time series of observed Li profiles in the rapid rotator 

AB Doradus, with model profiles based on a Doppler image of the star derived from 

photospheric lines of other atomic species. We also compute the extent to which the 

presence of large areas of spots can alter the line equivalent width.

The primordial abundance of lithium is of cosmological importance as a constraint 

on the nucleon-to-photon density ratio, 7710, at the current time. Typical lithium abun

dances observed in pre-main sequence stars of log N(Li) % 3 correspond to 7710 < 9. This is 

used as an upper limit in estimates of the nucleon-to-photon density ratio, 3-4< 7710 <5-9 

(Boesgaard & Steigman 1985). Having a low first ionization potential, lithium is most 

easily observed in the atmospheres of late-type stars. Unfortunately, the Li abundances 

of late-type stars decrease rapidly with age, as convective mixing carries material into 

regions with temperatures higher than the 2.6 X 10® K at which lithium is destroyed by 

[Li^{p,a)He^] and [Li^{p,a)He^] reactions.

The most convenient places in which to try and measure the initial Li abundances 

of late-type stars might thus seem to be young stellar clusters and associations. Moreover, 

several attempts have been made in the past to use the decline in Li abundance with age
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as an age indicator for young low-mass stars (Soderblom 1983; Balacliandran, Lambert & 

Stauffer 1988).

However, a wide spread in Li abundance has been found among G and K dwarfs of 

identical age and initial composition in young clusters such as the Pleiades and a  Persei 

(Soderblom et al. 1993b; Balachandran, Lambert k  Stauffer 1988), and the origin of this 

spread remains a puzzle. Recent theoretical attempts to explain it have focussed on the 

observed tendency of the fastest rotators at any given spectral type to have the greatest 

abundances of lithium (Butler et al. 1987). While this might indicate that rotation in 

some way inhibits mixing of lithium-rich material into the hotter regions (Pinsonneault 

1994; Martin k  Claret 1996), it has also been suggested (Vilhu k  Walter 1987) that the 

spread in apparent Li abundances could be due in part to non-LTE fine formation effects or 

anomalous enhancements of the line equivalent width due to the presence of cool starspots 

in the most active stars.

In Section 3 .2 ,1 refer to past studies which have detailed how the data was obtained 

and reduced. Section 3.3 deals with the reconstruction process. Section 3.4 outlines the 

main results from the image reconstruction process using Li I 6708 Â  as a mapping line. 

The images obtained are compared to the Doppler images produced using Ca i 6439, 

6718 and Fe i 6663 Â lines. I discuss measurements of the Li abundance for AB Dor in 

Section 3.5 and the effect starspots may have on this value. Finally, the conclusions are 

outlined in Section 3.6.

3.2 Observations

The spectra used in this investigation were obtained from observations taken in 1993 

November with the UCL Echelle Spectrograph on the A AT. The photometric observations 

of AB Doradus were taken at the ESO using the 0.5 m telescope. Full details of the 

observations and extraction procedures are given in Unruh, Collier Cameron k  Cutispoto 

(1995).
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3.3 Doppler imaging

The code used to reconstruct the images presented in this chapter was an earlier version 

of D O T S  than has been described in Chapter 2. However, the description of the code given 

in that chapter is sufficient for the purposes here. As the reconstructed images of AB Dor 

from each night’s data are extremely similar (with no noticeable drifts between the spot 

distribution on the three nights (Unruh, Collier Cameron & Cutispoto 1995)), the data 

for all three nights are used simultaneously to produce the Doppler images presented here.

In order to obtain the simplest reconstruction, parameters such as the projected 

equatorial speed of rotation (ugsini) and geocentric velocity (vcom) need to be optimised. 

As described in Chapter 2, the procedure followed involves minimising the spot coverage 

of the star in the reconstructed image for each parameter.

3.3.1 The stopping criterion

There is a danger in overfitting the model image to the spectra, thereby fitting structure to 

noise. To prevent this from occurring, we used the method described in Chapter 2. Hence 

we used the photometric data available to determine what value of should be used here. 

This method is only applicable when reconstructing images using both spectroscopic and 

photometric observations.

Photometric observations of AB Doradus are available from 1978 onwards (Innis 

et al. 1988; Anders 1994). The photometric magnitude level was brightest (V = 6.75) 

in 1978 and appears to have gone through a minimum (V = 7.05) at about 1989. Un

fortunately the unspotted brightness level for AB Dor is unknown. Therefore previous 

photometric observations have to be used to provide a conservative estimate of this quan

tity. The brightest measurement of AB Dor (V = 6.75) is used as a conservative estimate 

on the unspotted brightness level. The brightest simultaneous photometric observations 

are at V = 6.82 for 1993 November. Using our estimate of 6.75 for the brightness of 

the immaculate unspotted photosphere, we find that Am cannot be less than 0.07. This 

provides an limit on the minimum amount of spot coverage on the stellar surface. As we 

increase the reduced level of the fit to the spectral data, the Am value decreases (i.e. 

the overall brightness level of the star increases). With this constraint the reduced 

value for the reconstructed image using the Li I 6708 Â line and broadband photometry
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cannot be less than 2.9. This is the value we used to reconstruct the image in Fig. 3.5(a).

3.4 Image reconstruction using Li I 6708 Â

3.4.1 Measuring the lithium abundance

The Li abundance is measured in the following way. A model image is generated from a fit 

obtained using Ca i  and Fe I lines. Model profiles are then produced using this image and 

different lookup tables with increasing values of Li abundances. The value is measured 

for each of these sets of model profiles and the one with the least chosen. The resultant 

graph is shown in Fig. 3.1. As shown by this plot, the best fit obtained is produced using 

a lookup table with a Li abundance of 2.9.

By generating models predicted by the three sets of line profiles (Ca i 6439, Fe I 6663 

and Ca I 6718 Â )  separately, it is possible to make an evaluation of the uncertainty on the 

Li abundance value using a similar procedure to the one described above. The optimum 

Li abundance for each of these three models is found by reconstructing fits to the Li 

line profiles using lookup tables with a range of Li abundances as described above for 

the reconstructed model using combined Ca i and Fe i line profiles. As each of these 

models differs in noise, the variation in the three optimum Li abundance values provides 

an indication of the uncertainty on the Li abundance value. As shown in Table 3.1, the 

scatter in these measurements is approximately ±0.01 dex.

In practice however, we find that several factors contribute towards uncertainties 

in the measured Li abundance value. For instance, errors in continuum selection due 

to the presence of line blends afiect Li abundance measurements. In addition to this, 

uncertainties in parameters such as photospheric effective temperature, microturbulence, 

gravity (log g) and van der Waals damping which were used to generate the predicted 

Li line profiles might cause an inaccurate evaluation of the Li abundance. The extent to 

which each of these factors affect the abundance determination is outlined below. The 

Li abundance evaluations which follow were carried out by changing the parameter in 

question and producing images using the new parameter over a range of Li abundances. 

The optimum Li abundance was judged to be the value which produced an image with 

the least total spot area (see Collier Cameron k  Unruh (1994)).
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The presence of blends potentially affect Li abundance measurements in two ways. 

The continuum level at the blue wing of the Li line profile is hard to determine accurately 

(see Fig. 3.2), due to a strong Fe I line at 6705.12 Â. Another Fe I line at 6710.31 Â blends 

with the red wing of the rotationaUy broadened Li line profile and hence might cause 

the Li line to be strengthened. Both these effects lead to inaccuracies in line strength 

measurements which would cause uncertainty in the Li abundance value. For our data we 

find that errors in continuum selection correspond to a maximum EW(Li) measurement 

error of ±35 mÂ. This results in Li abundance errors in the range of ±0.2 dex.

An uncertainty of 200 K in the photospheric effective temperature of AB Dor results 

in an uncertainty of 0.2 dex, with the Li abundance increasing with increasing photospheric 

temperature. An increase of 500 K in spot effective temperatures leads to a decrease in 

the Li abundance value by 0.1 dex.

We find that deviations from our adopted values of log g (4.3 in cgs units) and 

microturbulence (2 kms“ )̂ affect the Li abundance to a lesser extent. As log g increases, 

the wings of the line profile get broader. Hence the fine strength has to be increased to 

fit the observed line profile core. We find that an uncertainty of 0.5 in log g results in a 

maximum deviation of ±0.1 in Li abundance. Underestimating the microturbulence leads 

to the Li abundance being overestimated. A correction of 0.1 dex on the Li abundance is 

needed if a higher microturbulence of 3 km s~  ̂ is assumed.

We used the Unsoeld (1955) formula to calculate the van der Waals damping coef

ficient for the lithium doublet. This approximation tends to underestimate the damping. 

An uncertainty of a factor of 2.5 in the damping coefficient translates into an uncertainty 

of 0.05 dex in the Li abundance measurement. Inaccuracies in the values of parameters 

such as Uesin(i) and Vcom also contribute to the error on the Li abundance, by ±0.1 dex.

To summarise, the Li abundance is affected most by the uncertainty on the photo

spheric effective temperature for AB Dor and by the presence of blends due to the Li line 

being rotationaUy broadened. It is worth noting that the effects of aU the uncertainties 

outUned above provide a pessimistic estimate of the error on the abundance value. Hence 

a more realistic mean error of ±0.3 dex on the logarithmic Uthium abundance value has 

been adopted here. The manner in which all of these parameters affect Li abundance 

measurements have been evaluated assuming local thermodynamic equilibrium (LTE) but 

the lithium doublet is also subject to NLTE effects which may cause further inaccuracy
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Figure 3.1: A plot to show how reduced varies with Li I abundance 

Table 3.1: Estimates on the uncertainty in the abundance measurement for Li l.
Line Optimum log N(Li)

Ca I 6439 2.97

Fe I 6663 2.96

Ca I 6718 2.96

Li I 6708 2.97

(see Section 3.5.1).

3.4.2 The reconstructed images

Fig. 3.2 shows an example of the level of agreement between the observed spectra and two 

synthetic Li I line profiles. These two synthetic Li I line profiles were generated with a 

very high S/N using the spot distribution as predicted from a reconstruction to the Li i 

spectral data, and the spot distribution from a Doppler image produced using Ca I and 

Fe I line profiles. As Fig. 3.2 demonstrates, the synthetic Li I fine profiles generated from 

the two separate images are very similar.

The spectra from the entire observed spectral data set are shown in Fig. 3.3. Syn

thetic Li I profiles based on a Doppler image produced using Ca i and Fe I lines are also 

shown in this plot as solid lines.

The reconstructed surface images are shown in Figs. 3.4 and 3.5. In the case of the 

surface images produced using spectroscopy alone (Figs. 3.4(a) and 3.4(b)), both show 

identical structure in high-latitude regions. The most noticeable discrepancy between

46



1.08

1.06 î  -

1.04

3  1.02

1.00

î •?-.0.98

0.96
6710 67116707 6708 6709

Wavelength

Figure 3.2: Line profile for AB Dor on 1993 November 25. Observed line profiles are shown 

as points with error bars. The solid line represents a synthetic hue profile generated from 

the reconstructed Li i image. The dashed line is the profile generated from the combined 

Ca I and Fe i image.

these two images is the bright region in the longitude band ranging from 330° to 30° 

in Fig. 3.4(a) which corresponds to a dark region at low latitudes in Fig. 3.4(b). This 

longitude band corresponds to the region of the star which is poorly constrained due to 

incomplete phase coverage in observations from November 1993. The Doppler imaging 

code represents this region as a blank area at the photospheric level. As the code is not 

weU constrained by data in this area, this might explain the lack of low-latitude structure 

seen in Fig. 3.4(a). A discussion of the effect that incomplete phase coverage might have 

on subsequent reconstructions is available in CoUier Cameron & Unruh (1994).

More low-latitude information can be obtained by including broad-band photometry 

as an additional constraint on the reconstruction process. As Figs. 3.5(a) and 3.5(b) 

show, both the Li I and combined Ca i  and Fe I surface images are extremely similar once 

photometry is included.

Several features are clearly visible simply by comparing the maps visually. Briefly, 

these include a dark band between latitudes 60° and 90°, and patches of structure at lower 

latitudes between 30° and -30°.

A more detailed analysis of the active regions can be carried out by Ccdculating the 

the spot coverage using reconstructions produced on a rectangular grid for data sets using 

both the Li l lines and the combined Ca i and Fe i lines with and without photometry.
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Figure 3.3: Line profiles for AB Dor on 1993 November 23-25. Observed line profiles are 

shown as points with error bars. The solid fines represent the model profiles based on the 

reconstruction to the combined Ca i and Fe I fine profile data. The flux scale ranges from 

1.0 (at the continuum) to approx. 0.97 (at %e fine core).



(a)

g 1993 November 23—25: 6439+6663+6718; chisq=3.0

(b)

Figure 3.4: Images of starspot distribution on AB Dor from 3 nights in November 1993. 

derived from fits to (a) the Li i 6708 Â line, (b) Ca I 6439, Fe i 6663 and Ca i 6718 Â 

lines. The greyscales show spot filling factor, ranging from 0.0, representing complete spot 

coverage (Tgpot = 3500 K), to 1.0, representing unspotted photosphere = 5000 K).
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1993 November 23—25: 6708 + VRI chisa=3.0

(a)

1993 November 23 -25: 6439+6663+6718 + .9): chi=3.2

( b )

Figure 3.5: Images of starspot distribution on AB Dor from 3 nights in November 1993, 

derived from fits to (a) the Li i line + photometry and (b) the Ca i & Fe i lines + photom

etry. The greyscales show spot filling factor, ranging from 0.0, representing complete spot 

coverage (Tgpg  ̂ = 3500 K), to 1.0, representing unspotted photosphere =  5000 K).
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Figure 3.6: Spot coverage as a function of latitude for images reconstructed using photom

etry. The solid line shows the coverage using the Li i line only. The dashed line represents 

the coverage for the image reconstructed using Ca I & Fe I Unes combined.

This method has been used previously in Collier Cameron & Unruh (1994) and Unruh, 

Collier Cameron & Cutispoto (1995). On identifying the active latitudes in the image by 

calculating spot coverage as a function of latitude, spot coverage within the active latitude 

bands can be plotted as a function of longitude. In this way, a more thorough evaluation 

of the spot distributions in each of the images can be carried out.

Comparison of structure in the images

Fig. 3.6 shows the variation in spot coverage as a function of latitude and has been pro

duced by collapsing the reconstructed images in longitude. It verifies that both images 

show a similar level of structure and the agreement at both high and low-latitudes is 

particularly good. The active latitude bands can be isolated more easily now, with a low- 

latitude band lying between -20° and 30° and a higher latitude band between latitudes 

50° and 80°.

Figs. 3.7 and 3.8 show spot coverage as a function of longitude in high and low- 

latitude bands respectively. These plots quantify the level of agreement seen in Figs. 3.5(a) 

and 3.5(b). They are produced by adding spot areas between latitude bands -20° and 30°, 

and between 50° and 80°. Both plots show that an extremely similar amount of structure 

is reproduced at the same longitudes for both the high and low-latitude bands in both 

the reconstructions from the combined Ca i and Fe i lines and the image produced using 

the Li I line. This is especially the case at low latitudes where simultaneous photometry
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Figure 3.7: Spot coverage as a function of longitude collapsed in the low latitude band 

(-20° to 30°) for images reconstructed using photometry. The solid line shows the coverage 

using the Li I line image only. The dashed line represents the coverage for the image 

reconstructed using Ca I & Fe I lines combined.

provides an additional constraint on the position of structure on the stellar surface.

In conclusion, agreement between the Li I image and the combined Ca i and Fe i 

lines image is very good at high latitudes both for reconstructions with spectroscopic data 

only and for ones with photometry included. At low latitudes however, when photometry 

is not included, the Li I image seems to show little agreement with the combined Unes 

image. On addition of photometry both images agree extremely well. It is possible that the 

combined lines image reconstructs more low-latitude information than the image produced 

using only the Li line profiles because the combined data set has a higher S/N ratio than 

is possible for a reconstruction from just one set of line profiles. Alternatively this could 

be a result of the Li i 6708 Â line profile wings being too wide to allow the resolution of 

low-latitude structure.

3.5 Li Abundance M easurements for AB Dor

Our measurements of the equivalent width of the Li I 6708 Â line are in the range 245 to 

290 mÂ. Errors on these measurements are about 6%. The Li abundance value measured 

using the technique described in Section 3.4.1 is log N(Li)=2.9 ±  0.3. Measurements of 

the equivalent width of the Li I blend at 6708 Â and the Li abundance as calculated in 

previous studies are summarised in Table 3.2.
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Figure 3.8: Spot coverage as a function of longitude collapsed in latitude band 50° to 80° 

for images reconstructed using photometry. The sohd line shows the coverage using the 

Li I Hue only. The dashed line represents the coverage for the image reconstructed using 

Ca I & Fe I lines combined.

Table 3.2: Measurements of EW and log N(Li) for AB Dor.
/op Ae/.

[ mÂ] [ dex ]

320 ±  30 2.7 Rucinski (1982)

250 ±  15 - Rucinski (1985)

250 ±  50 - Innis et al. (1985)

260 log € 3.1 ±  0.6 Vilhu, Gustafsson Sz Edvardsson (1987)

264 ±  5-10% - Pahavicini, Cerruti-Sola & Duncan (1987)

315 ±  20 - FaUavicini, Randich & Giampapa (1992)

— 3.1 Randich, Gratton & FaUavicini (1993)

265 i: 11 2.9 ±  0.3 This chapter
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On comparing these values, one can see that the abundance value obtained using 

the I N T E N S E  and d o t s  codes is within the range of previous measurements. However, 

aU of the abundance measurements were calculated assuming LTE. With LTE, all ther

modynamic properties of the material are assumed to be the same as at thermodynamic 

equilibrium at local values of temperature and density throughout the stellar atmosphere. 

The assumption of LTE is inaccurate in the case of this pre-MS star. The reasons for this 

are discussed below.

3.5.1 NLTE Effects of Li Formation

Some NLTE effects thought to affect Li abundance analyses are summarised in this section. 

A detailed analysis of NLTE line formation for lithium in cool stars was carried out by 

Calisson et al. (1994).

Calisson et al. (1994) calculated that a LTE abundance analysis would cause the Li 

abundance to be overestimated. From their model atmospheres, the correction on the Li 

abundance for a star of effective temperature 6000 K with log g=4 and (Fe/H)=0 would 

be between -0.2 and -0.3 dex for a LTE Li abundance of Log N(Li)=3. While their models 

have similar physical characteristics to AB Dor, they are computed using standard flux- 

constant plane-parallel atmospheres only. Hence care must be taken when applying it to 

a star with an active chromosphere.

NLTE processes which may affect measurements of large Li I abundances include 

photon suction, ultraviolet overionization and bound-bound pumping (Carlsson et al. 

1994; Vilhu, Gustafsson & Edvardsson 1987; de la Reza k  da Silva 1995). As described 

in Section 3.4.1, uncertainties in assigning effective temperatures and microturbulences 

to model atmospheres can also significantly affect Li abundance determinations (Vilhu, 

Gustafsson k  Edvardsson 1987; Randich, Gratton k  FaUavicini 1993).

3.5.2 The Li I 6708 Â absorption line strength

The Li Une strength increases with decreasing temperature due to the low ionization 

potential of hthium. Also, the Li abundance and chromospheric activity both tend to 

decrease in older stars (Duncan 1981; Soderblom et al. 1991; Soderblom et al. 1993b).
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It lias been suggested that inhomogeneities in the stellar photosphere might cause 

an error in measurements of the Li abundance value (Vilhu, Gustafsson & Edvardsson 

1987; Pallavicini, Cerruti-Sola & Duncan 1987). FaUavicini et al. (1993) suggested that 

permanent spots on the surface of a hotter star with a more lithium depleted photosphere 

may lead to an underestimation in temperature and overestimation in the Li abundance. 

Hence the Li I 6708 Â feature may be anomalously strong due to cool spots covering the 

steUar surface (Giampapa 1984; FaUavicini, Cerruti-Sola & Duncan 1987).

However Soderblom et al, (1993b) concluded that if the high T4-G(Li) observed in 

Uthium rich Pleiads is due to spottedness, the inhomogeneity in the atmosphere necessary 

to produce these effects would not only affect Wa(L1) but also parameters such as radius 

and luminosity which would constrain models. Therefore, starspots should not affect 

observed abundance distributions for stars such as these. The images shown here also 

suggest that this is the most Ukely case.

Evaluating spot Li abundance enhancement

It is possible to investigate the effect that an increased spot Li abundance would have on 

the resultant image by carrying out the foUowing procedure. The method used is very 

similar to that described in Section 3.4.1. A set of lookup tables with constant photospheric 

Li abundances of 2.9 dex and increasing spot Li abundances are generated. The model 

image produced using the Ca l and Fe l lines and these lookup tables are then used to 

produce sets of model spectra. The value, measuring the lit between each set of model 

profiles and the lithium data, is then noted.

The results are shown by the dashed line in Fig. 3.9. As this figure shows, there 

is a range of spot Li abundances (between 2.9 and 3.8) within which the model spectra 

and the data agree very well. Hence, while this does not exclude the possibility of the Li 

abundance being enhanced in the spots, it does seem unfikely that the spot Li abundance 

is greater than the photospheric Li abundance by more than about 0.6 dex.

A second possibility is that higher spot Li abundances might lead to an overes

timation when measuring the photospheric Li abundance. This can be investigated by 

repeating the above procedure using a constant photospheric Li abundance of 2.8 instead 

of 2.9 when generating lookup tables. The results from this are also shown in Fig. 3.9. As
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Figure 3.9: A plot to show the effect of increasing the spot Li abundance on the ht of model 

prohles to the data. The three lines show how this relation changes for three different 

photospheric Li abundances. The solid line represents a photospheric Li abundance of 

log N(Li)=2.8; the dashed line shows the adopted Li abundance, log N(Li)=2.9; the dotted 

line represents log N(Li)=3.0. The number of degrees of freedom is 1169. Changes in 

reduced which are less than 0.6 can be due to chance (as evaluated using the chi-square 

distribution). Changes in reduced > 0.75 are significant.

the solid line in Fig. 3.9 demonstrates, a higher spot Li abundance is necessary to achieve 

a similar but still higher level of

Fig. 3.9 shows that the fit between the model spectra and the data is so good when 

modelling for a star with a photospheric Li abundance of 2.9 dex that increasing the 

spot Li abundance has very little effect on the overall level of the fit. Increasing the Li 

abundance at the photospheric level seems to worsen the fit between the model spectra 

and the data considerably. Decreasing the photospheric Li abundance leads to a similar 

fit between the model and data at spot Li abundances considerably higher than at the 

photospheric level. However, this level of is still slightly higher than that measured 

using a photospheric Li abundance of 2.9. In conclusion, therefore, it seems unlikely that 

there is a spot Li enhancement of more than about 0.6 dex.

Equivalent width variation in the Li I 6708 Â line

The variation of the equivalent width in the lithium fine due to the presence of spots can 

be estimated using the following expression.
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W, 1 +  / , ( «  -  1) ^

Here a  is the ratio of continuum levels and P = {Wq — HA)/lFg, where Wq and 

Ws are the equivalent widths of the Li line in the undisturbed photosphere and in the 

spotted region respectively; ALF is the variation in equivalent width from the expected 

Wq value caused by the presence of spots on the stellar surface; fs is the fraction of the 

stellar surface covered by spots.

Using solar observations and a similar relation to the one above, Giampapa (1984) 

calculated à W f W  ~  4.5 for a star with spots covering 30% and a plage covering 20% 

of the visible surface. Robinson, Thompson & Innis (1986) found à W / W  ~  3.0/s for a 

star of temperature 5400 K with spot temperatures of 4400 K and a spot coverage from 

about 7% to 10%. Pallavicini et al. (1993) predicted equivalent width variations of the 

order of ÊsW/W  = 0.05 for a star with a photospheric temperature of 5000 K and spots 

of temperature 4000 K covering 30% of the stellar surface.

Our model of AB Dor has a photosphere of 5000 K and spot temperature of 3500 K 

with a spot coverage of under 10%. Calculations for this model yield a  = 0.20 and /? = 12.5 

if a huge lithium abundance of 6 dex is used. This equivalent width enhancement factor is 

definitely overestimated as a 4 dex difference between the abundance in the photosphere 

and the spots is unlikely (as discussed above). A more realistic value for the enhancement 

in spot Li abundance is about 0.6 dex, leading to a ^ value of approximately 0.9.

To compare with previous calculations, we find ùsW/W  = 0.98 for a star with 30% 

spot coverage and a spot Li abundance of 6 dex. For our model, with 10% spot coverage 

and a more reasonable spot Li abundance of 3.5 dex, AW/TF = 0.032.

However, the above expression is derived assuming a stellar surface with two temper

ature components only. Clearly uncertainties in the photosphere and spot temperatures 

would affect the above calculations. An uncertainty of 100 K would produce a further 

variation of about ±  0.001. Factors which have not been taken into account include 

other surface features such as plages, the effect due to blends with nearby fines and limb 

darkening.
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The Li I 6708 Â line for AB Dor

Previous studies have looked for rotational modulation in observed spectra of the Li I 

6708 Â fine for AB Dor (Robinson, Thompson & Innis 1986; Pallavicini et al. 1993). 

Robinson, Thompson & Innis (1986) measured Li line equivalent widths by fitting synthetic 

spectra to the observed data and found possible variations of less than 30 mÂ (about 

15-25% variation) with the IF\(Li) reaching a maximum near a photometric minimum. 

However, given their estimated errors of ±  15 mÂ and the lack of simultaneous photometry 

these results are not conclusive as spot positions had to be evaluated by interpolation of 

photometric data taken prior to the spectroscopic observations. Pallavicini et al. (1993) 

observed variations of less than 5% and concluded that this was consistent with a lack of 

rotational modulation of the Li line.

As Fig. 3.10(b) shows, cool dark spots cause photometric variation on the stellar 

surface as it rotates. In order to investigate any similar effect spots might have on the 

Li I line, the equivalent widths (EW(Li)) of the observed line profiles were measured 

using DIPSO (Howarth et al. 1996) at different rotation phases and compared with the 

photometric light curve of AB Dor (see Fig. 3.10). The results show that there is a general 

increase in EW(Li) towards phase 1.0. The maximum variation in equivalent width is 

45 mÂ with errors of ±  11 mÂ. This intrinsic scatter on the EW(Li) measurements is 

so large that it reduces the significance of any variation that might be caused by the 

spottedness of the star.

The 6708 Â absorption line profiles are quite shallow (due to AB Dor’s fast rotation 

rate) and so a major cause of this large scatter in EW (Li) may be due to the difficulty 

in selecting the continuum level. Another factor may be the S/N ratio of the observed 

spectra (S:N ranges between 380 and 600 over the three nights). We generated a set 

of synthetic line profiles with a S/N of 1000 using the observed spot distributions. The 

scatter in EW(Li) for these spectra was still found to be of the same order as that seen in 

Fig. 3.10(a). Hence, higher S/N ratios in stellar spectra do not seem to affect the extent 

to which starspots modify equivalent width measurements in the 6708 Â line significantly.

In order to see how large a spot would have to be to register a significant difference 

in equivalent width measurements, a model of AB Dor was created with one large spot of 

radius 25°, at longitude 0° and latitude 20° and synthetic line profiles with S/N ratios of
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(b)

Figure 3.10: Plots to show (a) scatter in the WA(Li) and (b) variation in photometric 

measurements as a function of phase. In (a) data are shown as filled circles, open circles 

and asterisks for the nights of 23, 24 and 25 November respectively.

Figure 3,11: A plot to show the variation in WA(Li) caused by a spot of radius 25̂
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over 1000 were generated for the star. The equivalent widths of the synthetic line profiles 

from this generated image are then measured. As Fig.3.11 shows, the equivalent width 

rotational modulation caused by this huge spot shows a variation of approximately 30 mÂ 

with measurement errors of 11 mÂ.

Naturally as shown by the photometric rotational modulation of AB Dor, there 

is usually more than one spot on the stellar surface. Hence even with very high S/N j

any variation caused by the presence of spots will be diluted due to spot groups not |

being localised. In conclusion, stellar surface spots appear to cause little equivalent width I
variation in the Li i 6708 Â absorption line particularly in the case of spectra with S/N 1

less than 600. !I
3.6 Sum m ary and Conclusions 1

Ii
Spectra obtained in November 1993 have been used to analyse the effect that starspots j

have on the Li I 6708 Â  line and to investigate the suitability of this line for Doppler 

imaging purposes. The Doppler imaging analysis has been carried out using D O T S .

Images produced using the Doppler imaging lines Ca I 6439, 6718 and Fe I 6663 

have been compared to Doppler images produced using the Li I 6708 Â line. Model 

profiles generated from these Doppler images are found to be very similar to each other.

This suggests that the Li I fine behaves in much the same way that conventional Doppler

imaging Ca l and Fe l lines do.

The spot distributions shown in the Ca I and Fe i Doppler image and the Li I image 

have also been compared. In the case of images reconstructed using spectroscopy only, 

the combined Ca i and Fe I line image reproduced more low-latitude structure than the 

Li limage. This may be because the S/N of the Li line data is lower than the S/N of 

the combined Ca i and Fe I line data. Once photometry was included, the images w e r e

found to reproduce similar structure. This is as expected as more information on spot

distributions was available to constrain these images at lower latitudes.

We calculate a Li abundance of 2.9 ±  0.3 dex for AB Dor. This value agrees well 

with previous measurements. The main inaccuracies in this evaluation were introduced 

due to uncertainties when determining parameters such as the van der Waals damping
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coefficient and microturbulence for the Li I line or the effective temperature and the sin i 

for AB Dor. Furthermore, the abundance calculations were made by a code using LTE 

approximations which have been shown to break down in the case of the Li i 6708 Â line.

The possibility of the Li abundance being so enhanced in the spots that the photospheric 

Li abundance is artificially enhanced was also investigated by generating model spectra to 

reproduce these conditions and fitting these to data. We found that an enhancement of 

more than ~ 0.6  dex is extremely unlikely. ^

The rotational modulation of the Li I 6708 Â  line was predicted to be of the order I
jof 1.4%. However, this derived expression did not take factors such as the blending of
I

the Li line, uncertainties in the effective temperatures of the photosphere and starspots |
■1and the presence of other surface features like plages into account. The observed spectra
1yielded an upper limit of 18% on the amphtude of the variation in equivalent width with ^

measurement errors of 5%. As the Li I 6708 Â line profiles are shallow and blended, U

uncertainty in continuum selection wiU have contributed to these errors. |

I
To conclude therefore, there does not appear to be any evidence for the Li abundance 4

being enhanced or depleted in starspots. It is still possible that equivalent widths are I
4

strengthened by the presence of starspots in the Li i 6708 Â line. It might be especially 4
•'!informative if this type of study were attempted using other Li I lines such as those at 

4972, 6104 and 8127 Â as these would have different NLTB corrections to the 6708 Â line I
(Carlsson et al. 1994). Unfortunately, these fines were either heavily blended or outside i

I
the spectral range of this data set. |

Since this work was carried out, Stuik, Bruls h  Rutten (1997) published a follow-up A

study to Carlsson et al. (1994)’s work modeling Li I and K I sensitivity to active regions -I
Ion stellar surfaces using NLTE analysis. They caution that a spread similar to the Li I 1

abundance measurements is observed in the K I 7699Â fine. As no analogous depletion j
mechanism to that of lithium is expected in potassium, they state that this is further |

I
evidence for the observed lithium spread not being due to abundance effects alone. Using J

,1
NLTE fine synthesis they find that it is possible to reproduce the range of lithium and A

potassium fine strengths observed in the Pleiades using spots and plage regions covering |
J

50% of the star. However, if stars showed this level of activity they would also be reddened i
1

considerably. Also these values do not correspond to the 7-10% spot coverage that we
J

typically obtain for the very active KO dwarf AB Dor. This suggests that the presence |
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of stellar activity in itself does not explain the spread of lithium abundances observed in 

young active stars like the Pleiades.
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CHAPTER 4

Zeeman-Doppler Imaging

4.1 Intro duction

111 Chapter 1 1 have described how the action of stellar dynamos can be inferred by analogy 

with the solar case. By comparing observed active phenomena on stars to solar magnetic 

features we obtain indirect clues as to how the stellar dynamo action varies with basic 

parameters (e.g. age, mass, chemical composition and rotation rate). A more direct 

method of studying how the magnetic flux emerges at a stellar surface would provide us 

with more information about where the dynamo resides. It would be interesting to monitor 

the relation between magnetic flux distributions and positions of other observed stellar 

activity indicators in order to evaluate what mechanisms are involved in their evolution. I 

now outline the main techniques that have been used to measure stellar magnetic fields to 

date. I will then describe the code we use to map magnetic flux density on stellar surfaces 

and illustrate how the technique works using simulations produced by our ZDI code.

4.1.1 The Robinson technique

The majority of techniques employed in measuring magnetic fields on the surfaces of stars 

involve measuring the Zeeman spHtting in the intensity spectra of stars (Robinson, Worden 

Sz Harvey 1980; Solanki 1996; Ruedi et al. 1997). These techniques measure the disk- 

integrated magnetic field B and a plage filhng factor, f. The wavelength spht, AA, gives 

B and the strength of the split gives f. A detailed treatment of radiative transfer and line 

formation in stellar atmospheres is required for these methods as Zeeman shifts are very 

small and sensitive to slight discrepancies in fine formation parameters. The most common
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method involves modelling a two-component surface (representing plage and photosphere) 

when integrating over the stellar disk to account for the heterogeneous nature of the star.

The component representing the photosphere is assumed to be non-magnetic. In the 

majority of techniques, the entire stellar surface is assumed to be uniformly covered with 

a fraction of the magnetic plage. A variation of this technique has also been used where 

magnetic information on the surface distribution of the star, as gained from photometry,

DI or plage modelling is included (Saar 1988). As polarisation is sensitive to parameters 

such as temperature and turbulent velocities, it is instructive to observe two lines which 

are similar in excitation potential and oscillator strength but have different Lande factors, 

g y so that Zeeman broadening effects can be isolated from Doppler broadening effects with 

the greatest possible accuracy.

Several problems have been found with this method of measuring magnetic fields. These 

are briefly outlined below:

- Increases in line breadth that are being measured are only a few percent (less than 

5% in dwarfs which have fields of up to 2-3 kG). The Zeeman effect increases in - 

proportion to Â , hence the effect is more noticeable and easily measured in the 

infrared (Valenti, Marcy & Basri 1995).

- Saar (1988) calculates that errors in modelling the surface distribution of magnetic 

fields on the surfaces of stars does not affect the overall strength of the disk integrated 

field, B , but can cause errors of up to 100% in the plage filling factor, f.

- To a lesser extent discrepancies due to errors in radiative transfer models (e.g. NLTE, 

magneto-optical effects, and saturation in line formation due to Zeeman broadening) 

have also been found to influence results (Landolfi & Landi Degl’Innocenti 1982; Saar 

1988^

4.1.2 Circular polarisation

Magnetic fields have been measured in upper main sequence stars using circular polarisa

tion profiles (see the review by Borra, Landstreet h  Mestel (1982)). Borra, Edwards &

Mayor (1984) tried to measure the longitudinal magnetic field in late-type stars using a

similar technique and found marginal or non-detections of magnetic field signatures in a d
j

sample of about 100 solar-type stars including magnetically active stars such as RSCVn |
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binaries. This is probably due to the fact that the circular polarisation method can only 

detect the surface-averaged line-of-sight component. If the surfaces of these late-type 

stars are covered in regions of alternate polarity, the longitudinal components of the mag

netic field regions cancel out when summing over the signature on the disk.

4.1.3 Magnetic Doppler imaging

Doppler imaging is best suited to studies of rapid rotators and since these are found to be 

the most active type of cool stars, these should possess stronger magnetic fields. Saar & 

Solanki (1992) suggested linking the Robinson technique to a Doppler imaging package. 

This method’s main advantage over techniques used in the past to measure magnetic flux 

density lies in the manner in which it accounts for the heterogeneous nature of surface 

magnetic fields.

The method used by Saar, Piskunov & Tuominen (1994) involves inverting the 

observed data assuming a radial distribution on the surfaces of the stars. Fields of up to 

1200 G were detected on LQ Hya an active K2 dwarf. However, they find that problems 

can be introduced as inaccuracies in line formation parameters would lead to systematic 

errors in the inversion method. Another disadvantage of using the “Robinson technique” 

with Doppler imaging is that the Zeeman shift in a fast rotator is much smaller than the 

observed Doppler broadening. This makes the precise measurement of Zeeman shifts even 

more difficult.

Semel (1989) suggested combining the principles of DI with circular polarimetry. 

This technique is called Zeeman Doppler imaging, ZDI, and allows the magnetic flux 

density distributions on stellar surfaces to be mapped. However, the small magnitude of 

circular polarisation signatures that are detected in late-type stars still pose a considerable 

problem with this method. Typical signatures have relative amplitudes of about 0.1% with 

noise levels of the order of 10“  ̂in a single line (Donati, Semel & Rees 1992). The technique 

of least squares deconvolution, LSD, was developed to overcome this problem. As 

described in Chapter 5, it effectively allows one to add up the signatures from thousands 

of magnetically sensitive lines which can produce increases in S/N by a factor of 50 in 

Stokes V and about 7 in Stokes I relative to the average S/N of individual photospheric 

line profiles.
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ZDI has been used to detect magnetic fields on different types of active stars ranging 

from T Tauri stars to RGB stars (Donati et al. 1997). Brown et al. (1991b) and Donati & 

Brown (1997) have investigated the effect that different magnetic field orientations have on 

time-series of observed Stokes V profiles. The principles behind this powerful technique 

are outlined below along with a detailed description of the ZDI code developed in this 

thesis. Simulations demonstrating the strengths and weaknesses of this technique using 

our code are presented in this chapter,

4.2 M agnetic fields

4.2.1 Zeeman effect

Line splitting occurs in atomic spectra in the presence of a magnetic field. This effect 

was first discovered by P. Zeeman in 1896 (Zeeman 1935). The splitting is caused due to 

each electron possessing spin, s. This behaves in a similar fashion to the orbital angular 

momentum of the electron, L The exact properties of spin-orbit interactions are discussed 

in detail in Brans den & Joachain (1990). For our purposes it is sufficient to know how 

magnetically sensitive lines behave in the presence of a magnetic field. The extent to 

which the line splits depends on the Lande factor, g:

5 =  1 + i U ± l l J ^ h ± M ± l )  (4.1)

Here j  — total angular momentum ( j  =  \l — s | ,  |/ — s[ + 1,..., Z + 5) ;  / — orbital angular 

momentum; and s — spin angular momentum

In the case of the normal Zeeman effect, the atomic transition is between two 

levels with the same g. The spectral line in this case splits into three components with 

frequencies, / /q , and ±  /-hgB,  where /Iq = eh/2mc  is the Bohr magneton. The unshifted 

Vo component is referred to as the 7r-component, while the other two components are called 

(7 .̂ In the anom alous Zeeman effect the transition levels of the atom have different Lande 

factors. This leads to fine splitting into more than three components. Each of these shifts 

can be defined as having an effective Lande factor. This measures the wavelength shift of 

the cr-components’ centre-of-gravity with respect to the centre wavelength. The effective 

Lande factor is defined as follows (Stenflo 1994):
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1 1 
9eff = - {̂gi +  gu) + - (̂gi — gu)iJi{Ji — Ju{Ju +  i)))

Here gi and gu are the Lande factors of the lower and upper transition levels. Note that 

if we substitute w = /, then we obtain the same results as for the normal Zeeman effect 

(Eqn 4.1).

4.2.2 Polarised light

Polarised light has a particular orientation of the electric and magnetic held vectors in 

the beam of radiation about the line of sight. In the case of linearly polarized light, 

the electric held vibrates along a fixed plane in the direction of propagation. For right 

circularly polarized light, the electric vector follows an anti-clockwise helical motion in 

the direction of propagation. EUiptically polarized light incorporates both linearly and 

circularly polarized light. If looking at the direction of elliptically polarized light, the 

polarisation ellipse of the electric vector of a beam of radiation can be represented as 

shown in Fig. 4.1.

In the presence of an external magnetic field which is parallel to the line-of-sight, Zee

man splitting occurs in the beam of radiation into two circularly polarized cr-components. 

This is called the longitudinal Zeeman effect. In the case of the transverse Zeeman  

effect, the magnetic field is perpendicular to the line-of-sight. Here the 7r-components 

are linearly polarized parallel to the magnetic field direction and the cr-components are 

linearly polarized perpendicular to magnetic field vector.

The Zeeman effect not only causes different polarisation states of light to be absorbed 

differently at a particular wavelength, but it also causes the refractive index of the material 

to be changed leading to magneto-optical effects such as anomalous dispersion. This means 

that waves travel at different velocities through the same medium depending on their state 

of polarisation.

4.2.3 Stokes formalism

The Stokes parameters can be used to completely describe the polarisation state of a beam 

of partially polarized radiation. Considering a polarisation ellipse of the electric vector of
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Figure 4.1; The electric vector in the case of elliptically polai'ized light. 

FI F2 F3 F4

unpolaiized 45 right
circular

Figure 4.2: Filters representing the four Stokes parameters. This plot has been copied 

from Shurcliff (1962).

a beam of radiation, its state can be determined completely using four different types of 

filter (as shown in Fig. 4.2 which has been taken from Shurcliff (1962) ). The first allows 

light to pass through unfiltered, (i.e. the intensity of the radiation is measured). Two 

filters are linearly polarized, one at 0 = 0° and the other at 0 =  45°, The final filter is a 

filter for right handed circularly polarized light

In a similar fashion, four Stokes parameters completely describe the state of po

larisation of a beam of electromagnetic radiation. They can be described in terms of 

the filters mentioned above. Stokes I is represented by an unfiltered unpolarized beam; 

Stokes Q and U are linearly polarized and have electric vectors with position angles at 

0° and 45° respectively. Stokes V is calculated using the circularly polarized filters. The 

exact formulae describing the four Stokes parameters for a polarized beam in terms of the 

combination of filters needed are as follows (Solanki 1987):



Q l̂in{4>—0) l̂in{4)=-'K/2)

U  ~  ^lin{4>—'ir/ i )  ~  l̂in{ij>=^37r/4:) 

F  =  I r .H  .cire ^L.H .circ (4.2)

4.2.4 Stokes signatures on cool stars

Unno (1956) first described polarized radiative transfer in terms of the Stokes parameters. 

This was further modified to account for the effects of anomalous dispersion (Rachovsky 

1962). The radiative transfer equation for the Stokes parameters assuming LTE is as 

follows (Stenflo 1994).

(4.3)

Here n is the angle between the line of sight and the vertical direction in the atmosphere; 

Tf/ is the continuum optical depth; is the Stokes vector; rj is the line absorption matrix 

at frequency r/; E is the identity matrix and S,y is the source function of the line.

For a normal Zeeman triplet:

(4.4)

Here rjo is the ratio between the line and continuous absorption coefficients. The H  terms 

describe absorption and the F  terms represent magneto-optical effects. These are defined 

in Eqn 4.5 (Stenflo 1994). F  values are found simply by replacing the H terms in Eqn 4.6 

by IE

 ̂ E l E q Eu H v  ^

E q E i 2FV -2 F u
Vo Eu - 2FV E l

V E v 2F1; - 2Fg H i j

= HAsin -̂y + -(H +  H_)

H q =  ifAsin^7cos2x

H u  ~  LfAsin^7sin2x 

H v  ~  2 -̂̂ +̂ “  )cos7 (4.5)

69



+ Q

Q

Observer

Figure 4.3: Geometry defining tlie Stokes parameters. 7  is the angle along the line-of-sight 

while X is the angle within the viewplane. This diagram has been adapted from Landolfi 

and Landi DegFInnocenti (1981).

Fig. 4.3 shows how the angles 7  and % are related to the magnetic field vector, B , and the 

line-of-sight.

Hi, =  -  i ( / f +  + #_)] (4.6)

Here Vfj = — l.dOlgg^-B/Aujp.

Fig. 4.4 shows computed Stokes profiles from an analytical solution to the polarized 

radiative transfer equation Eqn 4.3 calculated using jj, =  1 and the HSRA model atmo

sphere (Solanki 1987; Gingerich et al. 1971). As you can see, for fields of a few hundred 

Gauss, Stokes Q and U profiles tend to be much smaller than for Stokes I and V. In fact 

the problem of polarized radiative transfer is simplified if we consider the weak field case.

Weak-Field Regime

From a Taylor expansion of Eqn. 4.6 we get:

(4.7)

Using Eqns. 4.5 and 4.7 the following expressions for the weak field approximation 

are obtained.

H i % Ho + vi-i
d
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Stokes I

lO

Ë

S t o k e s  U

Figure 4.4: Stokes profiles for B =  100, 200, 500,1000, 2000 G These are represented by the 

following lines : solid, dash, dot, dash-dot, dash-dot-dot respectively. Here A© = 5250Â, 

7  =  30°, X =  0.0.
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1 2 . 2  . oHu ^  7 81112%

H v - V H - ^ c o s ' y  (4.8)

Landi Degl’Innocenti & Landi Degl’Innocenti (1973) found analytical solutions to 

Eqn 4.3. They report that in the presence of a weak magnetic held (where AXh  < 1), 

magneto-optical effects can cause errors in measurement of magnetic held vectors by about 

AX jj /A X d  in Stokes Q and U prohles. Stokes V and I prohles are much less affected, with 

discrepancies of the order of (AXh / AXjd)  ̂ and (AXh / AXz>y respectively. This can also 

be seen if we substitute the terms from Eqn 4.8 back into Eqn. 4.4.

As the magnetic signal from the surfaces of stars tends to be diluted, with current 

detection methods it is impossible to measure Stokes Q and U prohles with any accuracy. 

Hence we have to restrict ourselves to considering the longitudinal Zeeman effect and 

Stokes V prohles. If the Zeeman shift is small compared to the Doppler broadening of the 

intrinsic line prohle, the contribution of a given pixel surface element on a stellar disk, 

to the circular polarisation, can be expressed as a function of the unpolarized intensity 

line prohle,

dl-
Vi(u) oc (4.9)

Further support for this approximation has been obtained by analysing spectropo- 

larimetric data of slowly rotating weakly magnetised Ap stars (Donati & Collier Cameron 

1997). Fig. 4.5 shows that the observed Stokes V LSD (mean) line prohle shows an ex

cellent level of agreement with the derivative to the Stokes I LSD (mean) line prohle 

according to the weak held assumption. Hence the weak held assumption would appear 

valid up to kG strengths (as 7  Equ is thought to have longitudinal held strengths down 

to about -1 kG (Leroy et al. 1994)).

Line modelling in rapid rotators

ZDI is mostly carried out on rapidly rotating objects that display considerable rotational 

broadening in their spectra line prohles. We assume that the local line prohle remains
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Figure 4.5: A comparison of LSD Zeeman signature of an Ap star with the hrst derivative 

of its LSD Stokes I profile. The crosses show the observed LSD Zeeman spectrum while 

the solid line denotes the first derivative of the intensity profile of 7  Bqu. This plot has 

been taken from Donati and Cameron (1997).

the same over the stellar disk, i.e. that there is a uniform flux distribution. This assump

tion is only vafid if the line profile used is the average of several thousand magnetically 

sensitive lines (e.g. using least-squares deconvolution, LSD). In our code I use Gaussians 

to model the unpolarized local line profiles. Strong line profiles may have Lorentzian 

wings but Doppler imaging mapping lines of intermediate strengths can be fitted very well 

by Gaussians, especially if they are Doppler broadened to velocities of tens of kms“ .̂ 

Hence, by “averaging” several thousand fines using LSD this is found to be a very good 

approximation (see Chapter 5).

4.3 Zeeman-Doppler Imaging - The technique

In this section I wifi describe how ZDI works, where its limitations lie and the present 

reconstruction capabilities of the technique using simulations generated with the foUowing 

code.
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4.3.1 The code

The technique of DI has been described in detail in Chapter 2 . Briefly, the Doppler effect 

allows one to relate spectral line distortions to position on the surfaces of rapidly rotating 

stars using the velocity variations of these signatures over time. ZDI uses this principle 

along with the weak field approximation (as described earlier) to reconstruct magnetic 

flux density on the surface of rapid rotators. I have developed the ZDI code used here 

from the DI code, D O T S , which has been described in detail in Chapter 2 and in various 

papers (Collier Cameron 1992; Collier Cameron, Jeffery & Unruh 1992; Collier Cameron 

1995). I will now describe how this modified version of D O T S  works using similar notation 

to that used in Collier Cameron, Jeffery & Unruh (1992).

The image

As with D O T S  an initial rectangular grid divided into pixels with equal latitude and lon

gitude intervals is defined. Each rectangular pixel is subdivided into two triangular. As 

before rectangular grid pixels are co-added with other pixels at higher latitudes to form 

larger pixels making an adaptive grid which has a smaller number of pixels at the poles. 

The pixel areas over the surface of the star in this grid are thus of comparable size. The 

image vector consists of adaptive grid magnetic field maps of the stellar surface for each 

field orientation to be mapped; radial, azimuthal and meridional. The adaptive grid image 

pixels are stored end-to-end in one image vector, f.

However, as the elements in the image array are not allowed to be negative (due to 

constraints imposed by the regularising function), we define the image vector as being a 

magnetic flux filling factor. Each magnetic map element is a fraction of the equipartition 

value for the surfaces of cool stars (this is taken to be a maximum of 5000 G of early 

K dwarfs (Saar 1996)). Magnetic flux values of between 5000 G to 5000 G are mapped 

into image values of between 0.0 to 1.0 (with 0.5 representing a zero magnetic field). We 

require a means to calculate the contribution of an image element to the Stokes V flux 

which would be observed. Using the assumptions inherent in the weak field approximation, 

three dimensional lookup tables are calculated. These tables store specific intensity profiles 

in Stokes V at the equipartition value of 5000 G on a grid of foreshortening cosines, fi.

For an exposure at phase k, the Stokes V specific intensity contribution, V,  of an
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image element, z, to a data point in velocity bin, j ,  is determined as shown below for each 

held orientation:

Djk — 'S[V{AXijk,iJ.ik) <^os9ik{2fi -  1)] (4.10)

Here V{AXijk)  represents the Stokes V specific intensity contribution that has been 

Doppler shifted by the instantaneous line-of-sight velocity, of pixel, i, (AXijk =  

A X j  — XoUik/c) and cos# is the line-of-sight component for the field orientation of im

age pixel, i, at phase, k.

Forward problem

As described in Chapter 2 for d o t s , an intermediate viewplane grid is used to represent 

the projected stellar disk when calculating the Stokes V intensity contributions from each 

adaptive grid pixel on the stellar surface. The viewplane grid is essentially another Carte

sian coordinate system defined such that its axes, u and u, lie in the velocity frame which 

is occupied by the projected disk, the third axis, w, hes along the observer’s line-of-sight. 

This grid is finer than the image vector grids described above in order to improve accuracy 

when calculating data with the required resolution. At a particular phase, each viewplane 

pixel is assigned an image value at each phase according to the values stored in the input 

map. The Stokes V specific intensity contribution with the limb darkening and velocity 

of this viewplane pixel is calculated using linear interpolation between values stored in a 

three dimensional lookup table.

This lookup table stores Stokes V profiles for field strengths of 5000 G as a function 

of wavelength and limb darkening. Stokes V profiles are calculated using a Gaussian with 

parameters of an unbroadened cool star (for AB Dor we use the KO dwarf, Gliese 176.3) 

and a bandé g-factor corresponding to an average magnetic sensitivity for cool stars (about

1.2 for the K dwarf, AB Dor). In addition to entering a Stokes V lookup table table, we 

also input a Stokes 1 lookup table containing Gaussian line profiles modelling Stokes 1 

specific intensity contributions to the non-magnetic photosphere. The Stokes V specific 

intensities are summed over the viewplane for each input image pixel and used to compute 

V(AXijk, IJ-ik) as described in Eqn. 4.10. The relative areas of individual rectangular grid 

pixels on the projected disk are accounted for in the process of summing over the viewplane: 

the larger the pixel, the greater the number of viewplane elements that it will correspond 

to. The Stokes 1 flux is also computed by summing the Stokes 1 intensity contributions
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for each viewplane pixel and is used to renormalise Stokes V data to a continuum level of 

1 .0 .

Backward problem

The inverse problem allows us to obtain filling factor distributions on entering an observed 

dataset. The response matrix allows us to relate Djk elements to /,• image pixels using 

the visibility matrix, sijk-

^  (4.11)

Hence for a radial image pixel at an angle 9r to the line-of-sight;

îjk — n{2V cos9r ). (4.12)

Here n is the normalisation factor required to normaHse both the calculated Stokes I and 

Stokes V datasets to a continuum level of 1.0. This is computed using the observed Stokes 

I dataset and summed Stokes I intensities (modelling an immaculate stellar disk).

We require three visibility arrays to calculate the observed data, one for each field 

vector stored end to end in the array, s. As with DI, the ZDI problem is ill-posed. This 

means that there are an infinite number of possible images which will fit the observed 

dataset within a defined level of On incorporating a regularising function we can 

now solve the non-uniqueness problem of reconstructing images of surface magnetic flux 

density. In order to reach a unique solution we use maximum entropy as a regularising 

function. The MEMSYS routine (described in Chapter 2) is used in this capacity. Within 

the ZDI code we define the default image in a slightly different way from conventional DI 

as these magnetic flux density maps can be negative as well as positive.

x ' ( / )  = ■ (4.13)
<7/c

S ( f )  = + (1 -  / i ) l o g i ^ ]  (4,14)
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Figure 4.6: Plot sliowing how entropy varies with magnetic spot filling factor. The 

non-magnetic photosphere is at a filling factor of 0.5. Compare with Fig. 2.2 for a plot of 

the entropy dependence on brightness spot filling factor.

Here /  is spot filling factor; 0 < /  < 1 and m, the default image value, is set to 0.5 (i.e. 

at zero magnetic field). This form of entropy pulls equally in both directions to zero field 

images as shown in Fig. 4.6.

As described in Chapter 2, A is the Lagrange multiplier and defines the outer bound

ary of the image subset. The solution is found by maximising the functional Q:

Q (/) = ^ ( /)  - (4.15:
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4.3.2 Properties of ZDI 

Line of sight components

The nature of circularly polarized profiles means that we can only detect the line-of-sight 

component of the magnetic field vector. As shown in Figs. 4.7 and 4.8, the size of the 

measured spectral signature in a magnetic spot will depend not only on the strength  of 

the magnetic field, but also on field orientation and stellar inclination. The manner 

in which the modulus of the line of sight component of a unit basis vector oriented in 

the radial, azimuthal and meridional directions respectively varies over the stellar disk at 

varying inclinations is shown in Figs. 4.7 and 4.8.

Figure 4.7: Plots showing how the modulus of the fine-of-sight component of the unit field 

vector varies over the stellar disk for (a) the radial vector field; (b) the azimuthal vector 

field and (c) the meridional vector field in a star with an inclination angle of 30°. Here 

black represents zero field and white represents a unit field contribution.

The radial field vector gives the strongest contribution to the Stokes V signal at the 

centre of the projected stellar disk. In contrast the azimuthal field vector contribution to 

the Stokes V signal is strongest at the limbs of the star. It is also clear that the maximum 

signal from the azimuthal field along the line-of-sight is less than the peak signal in the

Figure 4.8: As in Fig. 4.7 but for a star with an inclination angle of 60'
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projected radial field. The signal from azimuthal magnetic fields is further suppressed in 

stars of lower inclinations (compare Figs. 4.7(b) and 4.8(b)) whereas meridional features 

have a comparatively stronger signal contribution in lower inclination stars.

Hence while velocity variations of Stokes V signals point to their position, their 

sign and amplitude modulations indicate the field orientation in the magnetic spots. Note 

that the plots shown here demonstrate only how the modulus of the vector changes. In 

the cases of azimuthal and meridional fields, the projected vectors also switch sign. The 

azimuthal vector is defined such that it is positive in the east-west direction while the 

meridional vector runs from south to north.

Synthetic Stokes V spectra

The distinct Zeeman signatures produced by different field orientations are best 

illustrated by a series of simulations. As expected a magnetic spot at a fixed latitude 

exhibits a characteristic Zeeman signature depending on its field orientation. Figs. 4.9 

and 4.10 here show dynamic Stokes V spectra generated using an input magnetic spot 

and a synthetic line for a KG dwarf stellar model. The line and stellar parameters that 

were used are described below. Figs. 4.9 and 4.10 confirm the characteristic features that 

are expected in magnetic spots of different field orientations at varying latitude positions 

as found by Donati & Brown (1997).

The model used is of a single star with a sin i =  90 km s“ .̂ A magnetic spot of 

700 G and radius of 15° of each field orientation is placed at 180° longitude. The Zeeman 

signature is produced by summing up the contributions from all the visible pixels of the 

star using the line-of-sight field components and radial velocities of each pixel element 

(the forward calculation in ZDI). I used line parameters to generate the Stokes V profiles 

which are typical of an average magnetically sensitive photospheric line in an active cool 

dwarf star. The line used here is centred at 5410Â with a Lande factor g =  1 .2 . The 

monochromatic intensity of the core of the Gaussian local line profile has been set at 62% 

of the continuum intensity. Artificial noise has been added to the synthetic Stokes V 

spectra to give S/N = 10̂

Similarities to DI methods become obvious when looking at the velocity variations 

of the magnetic signatures for spots at different latitudes. For low latitude spots, the sig-
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Figure 4.9: Plots of dynamic Stokes V spectra over one rotation cycle. Velocity covers the 

range ±UeSin(i). The grey-scale represents relative flux with black and white at ±9.01% 

respectively. From left-to-right and top-to bottom the plots are for a star inclined at 30° 

as follows; (a) radial spot (lat= 30°); (b) azimuthal spot (lat= 30°); (c) meridional spot 

(lat= 30°); (d) radial spot (lat= 60°); (e) azimuthal spot (lat= 60°); (f) meridional spot 

(lat= 60°).
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Figure 4.10: Plots of dynamic Stokes V spectra as before except for a star inclined at 

60°. The grey-scale represents relative flux with black and white at ±0.01% respectively. 

From left-to-right and top-to bottom the plots are as follows; (a) radial spot (lat= 30°); 

(b) azimuthal spot (lat= 30°); (c) meridional spot (lat= 30°); (d) radial spot (lat= 60°); 

(e) azimuthal spot (lat= 60°); (f) meridional spot (lat= 60°).
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nature is generally shallower and the velocity excursion is out to a maximum of ±  VeSin{i). 

In comparison high latitude magnetic regions produce Zeeman profiles which deviate much 

less from the centre of the line profile.

As one would expect from Figs. 4.7 and 4.8, radial spot signatures are at their peak 

intensity when they cross the centre of the stellar disk. The essential shape of the velocity 

excursion from u© is the same in both high and low inclination stars. The only difference 

lies in the amplitudes of the signatures, high latitude radial structure in high inclination 

stars producing the smallest signature (see Fig. 4.10(d)).

Azimuthal fields produce Stokes V profiles which are asymmetric and hence should 

be easy to resolve from radial features. However, in low inclination stars, azimuthal struc

tures are the hardest to reconstruct due to the weaker Stokes V signals they produce 

(see Fig. 4.9). In contrast meridional field signals are stronger in low inclination stars. 

Some ambiguity is introduced in the Zeeman signatures from meridional field as these 

are symmetric and more difficult to distinguish from radial features. The only difference 

between the radial and meridional field is that the line-of-sight component of the merid

ional field tends to increase in strength when at the limb of the stellar disk. This gets 

increasingly difficult to detect as noise worsens. In order to enable reliable meridional field 

reconstructions, one would need to acquire high S/N data with good phase coverage for 

a low inclination star. In high inclination stars, the meridional contribution to circular 

polarisation profiles is so weak that it would'be difficult to distinguish from radial Stokes 

V signatures. Hence we coniine our reconstructions to radial and azimuthal structure only 

when carrying out ZDI of high inclination stars like AB Dor (see Chapter 6 ).

As with Doppler imaging, high latitude structures cause profile distortions that 

occur over a small range of velocities. On the whole, provided we have data with sufficiently 

good phase coverage and signal-to-noise, the reconstruction of the various vector held 

distribution should be reliable. The reconstruction capabilities of this technique are now 

investigated in more detail.

4.3.3 Reconstructions using synthetic data

An investigation of how the program arrives at reconstructed images for high-quality 

synthetic data allows one to evaluate how accurate images obtained using poorer quality
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Figure 4.11: Greyscale mercator projections of the input magnetic maps for a) radial field 

and b) azimuthal field. The meridional field contribution is set to zero. The greyscale 

represents magnetic flux density (measured in Gauss) which covers the range shown in the 

scale indicators on the right hand side of each map. Peak magnetic flux density values for 

each map are noted in brackets in the titles.

observations with incomplete phase coverage are likely to be. It is also worth investigating 

the effect of using an incorrect model of the input Stokes V line profile on the subsequent 

magnetic flux density reconstructions and so testing our simplified assumptions regarding 

line formation in magnetic fields.

I have reconstructed test magnetic fields for a star inclined at 60°. These tests are 

similar to those carried out by Donati & Brown (1997). Data were generated for an input 

image and then reconstructed using a range of line and stellar parameters. As shown in 

Fig. 4.11, the original image consists of four magnetic spots with strengths of 500 G and 

radii of 10°. Spots are centred at two latitudes (20° and 60°). As discussed previously, 

meridional field is suppressed to such an extent in high inclination stars that its signature 

is expected to be virtually indistinguishable from the radial held. For this reason the 

initial tests are conhned to reconstructing radial and azimuthal hux alone. Meridional 

held effects are considered at the end of this section in more detail. Data of S/N=3 10̂  

were generated using the input image. The Stokes V signatures have been generated as 

before using a Gaussian local line prohle with a monochromatic intensity at 62% of the 

continuum intensity at the core and an EW of 85 mÂ.
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Figure 4.12: Greyscale mercator projections of the reconstructed magnetic maps for (a) 

radial field and (b) azimuthal field in optimal conditions. Magnetic flux values are plotted 

as in Fig. 4.11.
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Figure 4.13: The reconstructed maps in Fig. 4.8 are summed over all latitudes and com

pared to the input image fluxes (Fig. 4.7) for (a) radial field and (b) azimuthal field. The 

solid line shows the input image while the dotted line represents the reconstructed images.
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Optimum conditions

Fig. 4.12 sliows the reconstructed magnetic field images obtained in optimal conditions. 

The spectra are fit to a level of 1.0. As these images show, there is a small amount 

of cross-talk between the radial and azimuthal reconstructed images. This is interesting 

particularly as Donati Sz Brown (1997) found no evidence of cross-talk in their tests. This 

discrepancy may be explained in the diflferent definitions of entropy used in these codes. 

The entropy determines the sharpness of the images produced, where entropy functions 

which decrease sharply with non-zero magnetic fields result in images being produced with 

a smaller degree of smearing. The form of entropy used in our code has been described in 

the previous section and the particular form used by Donati is discussed in more detail in 

Chapter 6.

Due to an increased amount of smearing, the peak levels of reconstructed azimuthal 

flux are low compared to radial (335 G compared to 360 G). We also find that the structure 

is reconstructed differently depending on its position in latitude. Low latitude structure is 

smeared out in the latitudinal direction while higher latitude structure is smeared out in 

longitude. This is because the longitude resolution in the images is worst at high latitudes.

In order to compare the levels of magnetic flux density in these maps and to evaluate 

the degree of smearing, the maps shown in Figs. 4.11 and 4.12 have been collapsed in 

latitude. The resultant plots (see Fig. 4,13) confirm that the total flux reconstructed in 

low latitude spots is higher than that in high latitude spots for both radial and azimuthal 

fields. They also show that the reconstructed peak azimuthal fluxes at both high and low 

latitudes are consistently lower than the radial. Furthermore, there is more smearing in 

longitude in the azimuthal field reconstruction than the radial, especially in high latitude 

regions. This may be due to a combination of projection and limb darkening effects causing 

the total signal from high latitude azimuthal structure to remain suppressed over the 

whole rotation cycle. This would lead to ambiguity when determining the exact position 

in longitude of high latitude azimuthal fields. Another contributing effect might be that 

the weaker contribution from the azimuthal field to the circularly polarized profiles may 

lead to some of the azimuthal signal to be “lost” in the noise. The plots of basis vectors in 

Figs. 4.7 and 4.8 show that the peak magnitude of the projected line-of-sight vector from 

the azimuthal field component is smaller than that from the radial. Hence this smaller 

signal may also contribute to some ambiguity in the reconstruction of azimuthal field.
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Testing the effect of using incorrect input parameters

When reconstructing maps from observed datasets, the line strength is usually estimated 

using the Stokes I (intensity) line profiles of the observed star. EW mismatches of up to 

±5 mÂ, cause little or no difference to the level or pattern of structure in reconstructions 

compared to that shown in Fig 4,12, However, when line EWs are assumed to be greater 

than this, the level of structure simply scales up in size with weaker line profiles and vice 

versa with overestimated line strengths. This is as expected due to our assumption of a 

linear relationship between Stokes V amplitude and both line strength and magnetic field 

strength (see Eqn. 4.8).

If the inclination angle is underestimated by up to 10°, the amount of structure at 

lower latitudes is overestimated by approx 25% (see Fig. 4.14(a)). The amount of cross

talk increases in low latitude regions in radial maps. Conversely if the stellar inclination 

is overestimated, high latitude structure is enhanced. Incorrect assumptions of inclination 

angle affect reconstructed azimuthal field in a similar manner to the radial reconstructions 

but to a greater extent (approx. 40%). This is shown more clearly in Fig 4.15.

Other possible sources of error in ZDI maps could arise from errors in the pro

jected rotational velocity, Ug sin i, and radial velocity, Urod, of the star. ZDI is extremely 

sensitive to these parameters in that for mismatches of over 5 km s"̂  convergence is not 

possible. If the error is ±5 km s“  ̂ in sin i, the images remain almost indistinguishable 

from the maps produced using optimal conditions. Hence ZDI is less sensitive to discrep

ancies in Ve sin i than DI (e.g. see Collier Cameron (1995)) where small deviations from 

the correct value lead to artificial banding in the images. If the error in Vrad is greater 

than 2 km s“ ,̂ however, the amount of cross-talk between the radial and azimuthal maps 

increases. As shown in Fig 4.16, errors in radial velocity will also cause structure to be 

shifted in longitude.

Phase coverage

Poor phase coverage reduces the overall level of structure that can be reconstructed. Do

nati & Brown (1997) find that poor sampling in rotation phase leads to a loss of information 

on some features in the reconstructed images. However, if the overall phase coverage is 

poor but the sampling at the observed phases is regular, the areas that have been observed

8 6
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Figure 4.14: From left to right these are greyscale mercator projections of the input 

magnetic maps for (a) radial field and i =  50°, (b) azimuthal field and i =  50°, (c) radial 

field and i =  70° and (d) azimuthal field and i =  70°. Magnetic flux values are plotted as 

in Fig. 4.11. The inclination angles adopted here are to be compared with i =  60°.
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Figure 4.15: A comparison of maps summed over latitude. The maps produced using erro

neous inclination angles are compared with maps produced using optimum reconstruction 

conditions (Fig. 1.8). The solid line shows the optimum reconstruction collapsed in lat

itude {i =  60°). The dashed line represents the image produced using i = 50° and the 

dotted line represents the magnetic flux density reconstructed for i =  70°.
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Figure 4,16: Comparing maps produced using errors in Vrad with maps produced using 

optimal conditions by summing over latitude. The solid line shows the optimum recon

struction collapsed in latitude (vrad =  Okms~^). The dashed line represents the image 

produced using Vrad =  ~5kms"^ and Vrad =  +5km s”  ̂ in the image shown by the dotted 

line.
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Figure 4.17: Comparing maps produced using poor phase coverage with maps produced 

using optimal conditions by summing over latitude. The solid line shows the optimum 

reconstruction collapsed in latitude {v^ad ~  0 kms“ )̂. The dashed line represents the 

image produced using only 50% phase coverage. Information is missing from O'* to 180®.

are expected to be accurately recreated. The plots in Fig. 4.17 show image reconstructions 

where only 50% of the fuU rotation cycles is mapped. Data from the longitude region of 

0® to 180° is essentially missing, but some contribution from this area is expected in the 

wings of the Zeeman signatures. This is why some held is reconstructed in this area but 

with an increase in the amount of cross-tallc (especially in the azimuthal held map). This 

is to be expected because it is difficult to distinguish a Zeeman signature from a radial 

magnetic feature from that produced by an azimuthal structure if data over a full rotation 

phase is not available.

Meridional held

First I present a test for possible cross-talk between the meridional and other held orien

tations by mapping a held distribution that consists solely of radial and azimuthal held 

distribution using aU three vectors. The images produced (Fig. 4.18) show that the amount 

of cross-talk is not very strong. In fact, the radial and azimuthal maps produced are almost 

identical to those shown in Fig 4.12. The level of meridional held that is reconstructed is 

about 20% of the peak radial structure. Note that the greyscale is over a much smaller 

range in the meridional map in Fig 4.18.



Ill order to test liow weU meridional field can reliably be reconstructed for stars 

with high inclination angles, images allowing all three held orientations were produced. 

The input stellar model used to generate the spectra for this test was identical to that 

used in previous reconstructions regarding radial and azimuthal held distributions. Two 

meridional spots were added to this original input model with held strengths of 500 G 

and radii of 10°. These spots were centred at 105° longitude, 60° latitude and 285° 

longitude, 20° latitude respectively and the reconstructed images are shown in Fig 4.19. 

The reason for meridional held contributions being suppressed in high inclination stars 

has been discussed earlier. The images in Fig. 4.19 show the dramatic effect that this 

suppressed contribution has on reconstructions even in the case of very high S/N data.

As with Fig 4.18, the meridional map in Fig. 4.19 has been plotted on a greyscale 

with a smaller range than the radial and azimuthal maps as the meridional huxes could 

not be resolved otherwise. The radial and azimuthal maps reconstruct the original radial 

and azimuthal huxes to the same extent as the reconstructed image in optimal conditions 

(Figs. 4.12 and 4.13). Some evidence of cross-talk with the meridional image is visible in 

these two images however. In the radial and meridional images, this is especially apparent 

in the case of the high latitude spots. The peak meridional fluxes reconstructed are 

much lower than those mapped in the radial and azimuthal maps (roughly a third), when 

summing over aU latitudes it would appear that the total level of hux is about half of the 

azimuthal flux (which is less than the amount of radial flux). The reconstructed meridional 

structure does reproduce some of the original meridional flux at high latitudes but very 

little is reconstructed at low latitudes. This is to be expected as meridional signals from 

low latitude regions are greatly suppressed at low latitudes (Fig. 4.8) and hence difficult 

to distinguish from noise in the Zeeman signatures.

Reconstructing more complex distributions

Reconstructions of simple images show how the technique reacts to errors in line and stellar 

parameters empirically. In order to test for more systematic effects in the technique, it 

is worth trying to reconstruct complex, more realistic magnetic distributions. Barnes 

and Jardine (private communication) note a systematic relative shift between radial and 

azimuthal reconstructions in ZDI maps. I confirm here that there appears to be a shift 

of the order of 2° in the azimuthal reconstructions compared to the input image. The
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Figure 4.18: Magnetic maps for (a) radial and (b) meridional field. Note the smaller flux 

range used in (b). Magnetic flux values are plotted as in Fig. 4.11.

input radial image used has been taken from Donati et al. (1998). An azimuthal field 

map was computed from this initial radial image by M.M. Jardine using a potential field 

extrapolation code (van Ballegooijen, Cartledge & Priest 1998).

The input images and reconstructed maps are shown in Fig 4.20(a) to (d). These 

images show the peak levels of reconstructed field are weaker than in the input images. 

Structure is more smeared out in the reconstructions, hence while the peak levels are 

reduced the overall strengths should be preserved. However, this is difficult to evaluate 

by summing over all latitudes as in previous cases due to the more complex nature of 

the field distributions. Small regions of opposite polarities can easily cancel out. Cross- 

correlation functions, ccfs, have been computed between the input and reconstructed maps 

and are plotted in Fig. 4.21. These ccfs have been normalised using the peak values of 

auto-correlation functions for both input images at each latitude (Barnes & Jardine 1998). 

They are found to be strongest with a 0° relative shift in the radial maps and a shift of 2° 

in latitude in the azimuthal maps. This suggests that there is a small systematic shift in 

the azimuthal reconstructions. In the case of observed data with the type of uneven phase 

coverage typically acquired, this error in latitude position is of the order of the errors in 

latitude inherent in the data.

An additional test we wanted to carry out is to evaluate the degree of cross-talk 

between radial and azimuthal fields. This is especially important considering the fact that 

very strong azimuthal fields have been mapped on the surfaces of active cool stars (Donati 

et al. 1997). In order to test this, the data generated using the radial and azimuthal maps 

shown in Fig 4.20(a) and (b) were reconstructed allowing only radial field orientations on
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Figure 4.19: The reconstructed images of the radial, azimuthal and meridional fields are 

plotted on the left hand side. Magnetic flux values are plotted as in Fig. 4.11. Note the 

smaller flux range used in the meridional field plot. The input and reconstructed image 

fluxes collapsed in latitude are plotted on the right hand side. The solid line represents 

the input magnetic flux densities while the dashed line represents the reconstructed flux 

strengths for aU three field orientations.
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Figure 4.20: From left to right: input maps for (a) radial held and (b) azimuthal field; 

reconstructed maps for (c) radial field, (d) meridional field and (e) using radial field only. 

Magnetic flux values are plotted as in Fig. 4.11.
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Figure 4.21: CCFs for a) radial and b) azimuthal reconstructed maps with zero shift, c) 

radial and d) azimuthal maps with a latitude shift of 5°.

the stellar surface. The reconstructed radial map is shown in Fig. 4.20(e). This is clearly 

very similar to the radial map produced allowing two held orientations (i.e. Fig 4.20(c)), 

the only difference being in the levels of radial held reconstructed. If the image has been 

constrained to one held orientation, more hux will be needed in the radial image to ht 

the observed dataset to the same level of as would be needed in the radial image if an 

azimuthal held is also allowed. It is encouraging to note that the sole effect of constraining 

the technique to a radial distribution is to increase the strengths of the features and not 

the actual features themselves as this indicates that the amount of cross-talk between 

radial and azimuthal images is minimal.

94

4



4.3.4 Summary and Conclusions

There are several limitations with Zeeman Doppler imaging as with any other technique, 

some of which are outlined here. As with DI, signatures from low latitudes are detected 

in the wings of line profiles while high latitude distortions are confined to the line centre. 

The smaller velocity excursions of high latitude signatures mean that these structures are 

more difficult to resolve. This is confirmed by the reconstructions presented here.

Circular polarisation profiles are sensitive to the line-of-sight component of magnetic 

fields. The radial field vector has been shown to possess the strongest contribution to 

circularly polarized profiles at both high and low inclinations and these signatures are 

found to be the most reliably reconstructed. Of the other field orientations, the azimuthal 

vector contribution is found to be stronger in stars inclined at 60° while meridional fields 

are stronger in lower inclination stars. Because of the reduced contributions from the 

azimuthal field, the reconstructed flux is found to be suppressed relative to the input 

fluxes and considerably more smeared out at high latitudes. This can be explained by 

the combined effects of lower signal from azimuthal fields and poorer resolution at high 

latitudes. The ambiguity introduced by this lack of information leads to a lower amount of 

flux being reconstructed (as in the absence of information the program pushes the image 

to a default null magnetic field).

In reconstructions allowing all three field orientations, very little azimuthal crosstalk 

is found (at most 10% of the input signature). This is due to the distinctive asymmetric 

signature caused by an azimuthal region (an additional factor may be the higher signal 

from the azimuthal field compared to the meridional). In contrast, the amount of crosstalk 

caused by the presence of meridional field in the radial maps is of the order of 25% of the 

input signature.

This amount of cross-talk is still small however, and the presence of meridional field 

is found not to affect radial and azimuthal reconstructions in high inclination stars. The 

majority of the signal from the meridional field is “lost” in noise. On restricting a field 

distribution to radial orientation alone using an input field that contains both radial and 

azimuthal distributions, radial features are found to be strengthened but no new features 

are recovered. This is a particularly important result as it means that the strong azimuthal 

fields observed by Donati (1998a) cannot be explained by purely radial field distributions
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and are actually present on the surfaces of the stars in question (LQ Hya and HR1099).

The robustness of the technique of ZDI against various errors in stellar and line 

paramters has been demonstrated here. For instance, errors in Ug sin i and Vrad either 

lead to non-convergence (if over 5kms~^) or else cause little change to the reconstructed 

maps. This is quite different to what is observed in conventional DI where errors in Ve sin i 

lead to the introduction of latitudinal banding (e.g. Collier Cameron (1995)) Poor phase 

coverage is found to decrease flux levels. This is due to the program pulling the image to 

a zero field in the longitude areas where data is missing.

A shift of -2° in latitude has been found in the azimuthal field maps. However, the 

latitude resolution of the image largely depends on the spectral resolution and phase cov

erage of the dataset. This small discrepancy is thus smaller than the resolution capabilities 

of current datasets.

It should be noted that the flux distributions mapped in this chapter are not sup

posed to represent realistic field distributions on cool stars. In the case of datasets obtained 

from actual cool stars we have to keep in mind that we can only reconstruct the magnetic 

flux density and not the field strength and filling factor. Hence the flux hidden in the 

darker spotted regions of the stellar surface will not be recoverable. This means that we 

lose information from these areas where, if we follow the solar analogy, magnetic fields 

should be strongly concentrated as Saar, Piskunov & Tuominen (1994) state. However, 

provided that we are aware of the limitations and the systematic effects introduced within 

the inversion procedure, ZDI is a powerful tool in measuring the mean field strengths in 

brighter regions. While some information is lost, ZDI can provide some indication of the v

complexity of the magnetic flux density distributions on stellar surfaces.

Further constraints on magnetic flux density distribution on stars could be obtained 

by reconstructing the surface flux maps of a star using all four Stokes parameters simul

taneously. However, in the case of Stokes Q and U parameters we find that we are limited 

by the current detection threshold of spectropolarimeters. Furthermore, as one pole of 

an inclined star is permanently obscured to the observer, the degree to which we can 

reconstruct the total polarity distribution on a stellar surface will remain limited.
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CHAPTER 5

Observations and data  reduction

5.1 Introduction

The procedures by which spectra of AB Dor were secured, extracted and prepared for 

analysis are described here. Telescope time had been awarded as part of a long-term 

study of the magnetic topology of AB Dor in 1995 December, 1996 December and 1998 

January. I actively participated in the observing runs, in 1996 and 1998 but only reduced 

the data taken in 1995 December. The observing procedure and details on the individual 

observing runs are presented in Section 5.2. The techniques used to extract the spectra are 

described in Section 5.3 and the principles behind Least Squares Deconvolution (LSD) are 

described in Section 5.4. Finally, in Section 5.5, I compare deconvolved profiles obtained 

from two independently developed methods of data reduction and two separate LSD codes 

along with a list of the relative gains in S/N achieved through the use of LSD on the spectra 

of AB Dor .

5.2 Observing

5.2.1 Instrumentation

The observing setup at the 3.9m Anglo-Australian telescope in the Siding Spring Obser

vatory has been described in detail in by Donati et al. (1997), Donati &: Collier Cameron 

(1997) and Donati et al. (1998). The basic instrument setup is shown in Figure 5.1,

A polarimeter is mounted at the Cassegrain focus and linked to the u c l e s  spectro-
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circular analyser

calcite image
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waveplate fibres

f/8-f/25 f/2.5 f/80 f/36 (1995 Dec)
f/27 (1996 Dec & 1998 Jan)

Figure 5.1: The basic instrument setup. The beam of radiation is speeded up and slowed 

down depending on the type of operation to be performed on it, the speeds of the beams 

are denoted by the f/ratios at the bottom of the diagram. The images of the right and 

left circularly polarized beams are formed at the entrance of the optical fibres.

graph using two optical fibres. The polarimeter setup is similar to that described in Semel 

(1993). As shown in Fig. 5.1, optics slow the / / 8  Cassegrain beam so that polarimetry can 

be carried out on this slower beam (//2 5 ). The setup includes a circular analyser which 

consists of a quarter-wave plate and a beamsplitter. The quarter-wave plate converts cir

cularly polarized light to linear polarisation. The beamsplitter analyses the light for left 

and right circularly polarisation and converts it to two perpendicular beams of linea.rly 

polarized light. This beamsplitter is made up of two crossed calcite blocks, a combination 

that is found to be aberration-free (Semel 1987).

The two beams of polarized light are then speeded up by attendant optics before 

being fed into two optical fibres. The use of fibres fed from the straight-through Cassegrain 

focal station eliminates the effects of instrumental polarisation which would be otherwise 

incurred using the Coudé optical train.

The beams of linearly polarized light are sent via a focal reducer which slows down 

the beams ( //2 .5  to //8 0 )  to a Bowen-Walraven image slicer. This splits the circular 

image from the end of each fibre before the light enters the spectrograph and stacks 

the slices so that they are aligned on top of each other as they enter the UCL Echelle 

Spectrograph (ucLES). A focal reducer positioned before the spectrograph slit adjusts 

the magnification factor of the light. Optics adjust the speed of the beam in order to
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Figure 5.2: A small section of an echellogram from a stellar exposure taken on 1996 

December 25. The image from each fibre has been split into two half beams, each of which 

is in turn split in two by the image slicer. The polarisation of the beams are exchanged 

with each exposure.

control the magnification of the light as it enters the spectrograph (Donati et al. 1997). 

A dekker can also be used to ensure clean separation of adjacent orders. The detector 

used to record the echellogram in u c l e s  is a charge-coupled device (CCD). CCDs are t w o  

dimensional arrays of individual detectors, each of which stores an electronic charge which 

is proportional to the number of incident photons on it. Within ucLES the 31.6 g/mm  

grating was used with a thinned 1024 x 1024 Tek CCD chip in 1995 December and 1996 

December. In 1998 January, A 4096 x 2120 MIT/LL chip was used. It was windowed to 

2448 X 2068 pixels to allow for as much spectral information as possible. On the CCD, 

the two opposite polarisation signals are stored such that they have a small relative shift 

perpendicular to the wavelength direction (See Fig. 5.2).

This setup allows the acquisition of spectra with high resolution (A/6A % 55000 in 

1995 and A/6A % 65000 in 1996), and good wavelength coverage (from 4700 to 7100 Â in 

1995, and 1996 and 4300 to 7150 Â in 1998).
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5.2.2 Observing procedure

Four “subexposures” are required in order to obtain one Stokes V spectrum (these expo

sures will be referred to as F1-P4). The orientation of the quarter-wave plate is changed 

with respect to the beamsplitter for each set of exposures. The azimuth of the quarter- 

wave plate optical axis is switched between -45° (PI & P4) and -f45° (P2 & P3). The 

polarisations of the two beams are interchanged when the quarter-wave plate position is 

altered. This procedure serves to minimise the sources of error in the polarisation mea

surements (Semel 1993). Some of these errors are due to the throughput varying with 

time. The spectrum is subject to Doppler shifts between exposures caused by radial ve

locity variations of both stellar and terrestrial origin. Additional changing contributions 

can be due to stellar variability asweU as drifts in the spectrograph. Further sources of 

error are introduced through systematic effects in the intrument setup and the differing 

sensitivities of CCD pixels. By spectrum ratioing and exchanging the polarisations of the 

beams in subsequent exposures, the differing pixel responses in the two beam setup is 

accounted for. The four-subexposure sequence is essential in minimising time-dependent 

effects as these become symmetric about the middle two sub exposures. In order to check 

for instrumental circular polarisation we observe the solar spectrum as reflected by the 

Moon. This should show no circular polarisation as the mean solar field is weak. Indeed, 

this is found to be the case down to relative noise levels of about 2 x 10“® (Donati et al. 

1997).

In order to gain access to magnetic information about the star we need to be able 

to extract the two spectra from each fibre separately. The use of a Bowen-Walraven 

image slicer leads to a complicated spatial profile in the recorded spectra (as shown in 

Fig. 5.2). In order to account for the various difficulties in order tracing and to ensure 

as much accuracy as possible in wavelength calibration for the polarisation spectra, a 

dedicated reduction package, ESpRIT, has been developed by Donati et al. (1997). If 

only the intensity spectra is required (e.g. for extracting Ho: line profiles) the photons 

contained in both fibre beams are summed at each wavelength. 1 reduced aU three available 

datasets using ESpRIT to obtain both Stokes V and Stokes 1 spectra of AB Dor. In 

addition to this I used an older dedicated echelle spectra reduction package, e c h o  M O P ,  to 

obtain Ha spectra from 1996 December. The phase coverage obtained for AB Dor in 1998 

January was insufficient to extract detailed Ha information, but intensity spectra have
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been reduced from this observing run in order to compare the results from the two different 

data reduction packages (ESpRIT and E C H O M O P ) .  This is to ensure the consistency and 

reliability of the data reduction packages used as well as in the technique of LSD.

December 1995

As reported in Doiiati & Collier Cameron (1997), spectra with exposure times of 200 

seconds were obtained for AB Dor. This timespan is sufficiently long to obtain good quality 

S/N while still being able to track the rapid variations in the stellar Ha line profiles. The 

photospheric KOV template star, G1 176.3, and the cooler M4V star, G1 367, at the spot 

temperature of AB Dor were also observed on Dec 07 and Dec 11 respectively. In addition 

to these three stars, spectra were taken of the moon (in order to check for instrumental 

polarisation), along with other magnetically active stars (LQ Hya and HR 1099) for a 

concurrent ZDI programme (Donati 1998a). 211 exposures of AB Dor were obtained in 

total from this run. As four exposures make up one polarisation spectrum, this corresponds 

to 51 Stokes V spectra of AB Dor.

December 1996

366 single 200 second exposures were obtained of AB Dor in total over this run making 

this the most succesful AB Dor observing run to date. 20 Stokes V spectra were obtained 

on Dec 23 and 19 on Dec 25. The optical fibre feeding the light into the spectrograph 

broke on the night of Dec 26th. This was replaced and tested before the observing run 

on the following night. 24 Stokes V exposures were obtained on both Dec 27 and Dec 29. 

The journal of observations for this observing run is shown in Table 5.2.

January 1998

Due to poor weather conditions the observing strategy was to obtain a dataset which 

covers as close to one full cycle as is possible over the entire observing run. In total 124 

Stokes I spectra and 30 Stokes V spectra were obtained. The observing journal is shown 

in Table 5.3.
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Object UT Start Exp.time iiexp Cycle

sec 11190+

D ec 07

AB Dor 09:50 200 20/5 3.59-3.97

G1 176.3 11:20 300 1

AB Dor 1D25 200 56/14 4.20-4.27

D ec 10

AB Dor 17:47 200 6/1 10.06-10.10

D ec 11

AB Dor 10:11 200 89/22 11.03-11.06/11.39-11.97

G1 367 17:08 300 1

AB Dor 17:22 200 16/4 11.98-12.03

D ec 12

AB Dor 09:38 200 12/3 13.29-13.35

D ec 13

AB Dor 09:34 200 12/3 14.23-14.29

Table 5.1: Observing journal for 1995 Dec observing
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Object UT Start Exp. time 

sec

Cycle

11930+

D ec 23

AB Dor 11:22 200 51/12 5.77-6.14

G1 176.3 15:48 300 1

AB Dor 15:54 200 16/4 6.14-6.24

G1 367 17:04 300 1

AB Dor 17:14 200 16/4 6.25-6.33

HD 94660 18:27 200 2

D ec 25

HR 1099 09:31 200 4/1

AB Dor 09:50 200 52/13 9.53-9.86

LQ Hya 13:39 200 4/1

AB Dor 13:57 200 26/6 9.87-9.98

D ec 27

HR 1099 09:55 200 4/1

AB Dor 10:14 200 40/10 13.45-13.68

LQ Hya 13:11 200 4/1

AB Dor 13:31 200 12/3 13.71-13.78

HR1099 14:24 200 4/1

AB Dor 14:45 200 36/9 13.81-14.02

LQ Hya 17:24 200 4/1

AB Dor 17:43 200 8/2 14.05-14.09

D ec 29

HR 1099 09:45 200 4/1

AB Dor 10:06 200 44/11 17.32-17.57

LQ Hya 13:18 200 4/1

AB Dor 13:37 200 12/3 17.61-17.67

HR 1099 14:32 200 4/1

AB Dor 14:55 200 28/7 17.71-17.87

LQ Hya 17:00 200 4/1

AB Dor 17:20 200 14/3 17.91-17.95

Table 5.2: Observing log for 1996 Dec observing run.
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Object UT Start Exp. time 

sec

"̂ exp Cycle

12680+

Jan 10

HR1099 12:02 300 4/1

LQ Hya 12:32 300 4/1

HD 94660 12:57 120 4/1

AB Dor 13:13 200 24/6 -0.09-0.06

G1 176.3 15:07 300 1

AB Dor 15:28 200 16/4 0.09-0.19

G1367 16:48 300 1

AB Dor 16:55 200 5/1 0.22-0.23

LQ Hya 17:21 300 5/1

Jan 11

AB Dor 09:40 200 8/2 1.58-1.61

HR 1099 10:24 300 4

AB Dor 10:50 200 36/8 1.66-1.85

HR 1099 13:16 200 4

AB Dor 13:37 200 1/0 l^W

LQ Hya 16:33 300 4

HD 104237 15:40 300 4

Jan 15

AB Dor 09:35 200 8/2 9.36-9.37

HR 1099 10:13 200 4

AB Dor 10:33 200 20/5 9.41-9.52

LQ Hya 12:02 200 4

AB Dor 12:21 200 8/2 9.56-9.60

HR 1099 12:59 200 4

AB Dor 13:17 200 7/1 9.63-9.66

HD 104237 15:40 300 7

LQ Hya 16:10 200 4

HD 104237 16:31 300 4

VXR14 17:00 600 4

HD 104237 17:46 300 8

Table 5.3: Observing log for 1998 Jan observing run.
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5.3 D ata  Reduction

5.3.1 ECHOMOP

A master biasframe is generated to model the electronic offset of the CCD chip. This 

zero level noise is generated due to thermal noise effects as well as other factors such as 

the amount of gain within the CCD. We model the bias level by taking the median of all 

observed biasframes on each night as this eliminates cosmic ray hits during the readout 

process. The overscan region in each exposure encompasses a column roughly 20 pixel- 

wide lying at the edge of the frame. As these pixels are not illuminated they can be used to 

evaluate the bias level (zero offset) of each individual exposure. Bias levels can vary over 

time and so the overscan region in each frame can be used to evaluate this level for each 

individual frame. Prior to data reduction all flat held, stellar and thorium-argon arc hies 

have to be trimmed of the overscan region and bias-subtracted. Flatheld frames allow one 

to measure the variation in pixel response over the CCD to the incident light. In the case 

of these spectra, where light has been fed into the spectrograph using hbres, the standard 

hatheld frame is battened to allow a more accurate evaluation of pixel-to-pixel variations. 

This battened frame is called a balance frame. A median batheld frame is generated 

using aU bias-subtracted batheld frames recorded each night. The balance frame is then 

created by dividing a master batheld which has been smoothed in the horizontal direction 

using a Gaussian with a =  25 with the original master flatheld frame. This provides the 

normalisation factors of each pixel. Each stellar frame is multiplied with the balance frame 

to compensate for uneven pixel response over the echeHogram.

When extracting sht spectra, the telluric standard frame is commonly used in order 

to trace the orders. However, in the case of hbre spectra such as those considered here it is 

necessary to generate a trace frame from the master batheld frame. As Fig 5.3(a) shows, 

the centre of the order proble is at a minimum in the batheld frame. This would be hard 

to trace with standard polynomial htting functions. A trace frame is thus generated by 

cross-correlating (in the vertical direction) the position of a pixel-wide section prohle in 

one order in the batheld frame over the entire batheld frame. This produces a hie tracing 

the centre of each order and hxing a mean value at the peak level (as shown in Fig 5.3(b) ). 

If the section proble has a length of 2n + 1 pixels, each value on the trace frame is thus
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Figure 5.3: Plot to show how the centre of the order profile is traced. These are slices 

perpendicular to the orders showing the spatial profiles of the beams produced by the 

image slicer. (a) flatheld frame showing the two beams of opposite circular polarisations, 

(b) peaks denote the centre of the orders in the trace frame making them much easier to 

locate.

calculated as shown below (Coflier Cameron 1998):

where F̂ j is the trace frame; M{j is the raw flatfleld frame and T/. is the section profile (with 

a width of 2n +  1 pixels), (k and j  run in the vertical direction while i runs horizontally).

All flatfleld, arc and object frames are rotated by 90° before data reduction can 

commence. This is so that the dispersion direction runs horizontally (as required by 

E C H O M O P ) .  E C H O M O P  was developed by Mills (1994) and is specifically designed for echelle 

data reduction. This package is first used to locate the number and centre positions of each 

order along the trace frame. To account for tilted order shapes, each order is individually 

traced using a polynomial of order 6. The width of the dekker, determining the extent of 

the object position at each order, is then set. Scattered light was measured by fitting a 

7th order polynomial to the interorder pixels.

At red wavelengths, the silicon of the CCD becomes transparent leading to thin-fllm 

interference effects. In order to account for this flatfleld frames are extracted as object 

frames using the balance frame as the flatfleld. The resultant extracted echeUogram models 

the interference effects at the red wavelengths and is called the fringe frame. Wavelength 

calibration is carried out using thorium-argon arc lamp exposures. It is possible to do this 

within E C H O M O P  which outputs a list of the corresponding wavelengths for pixel positions 

along each order.
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For eacli order in each object frame the dekker limits are determined interactively. 

This is done in order to define the extent of the object profile and the interorder region (use 

to model the scattered light contribution) along each order perpendicular to the dispersion 

direction. Pixel shifts occur over the course of the night due to a variety of instrumental 

effects hence this process is essential in order to make sure that both the object and the 

scattered light in between each order are modelled accurately. The differing responses of 

each of the CCD pixels are modelled for using the balance frame which was generated 

ear her. Each order is extracted over the limits defining the extent of the stellar profile 

using optimal extraction (Horne 1986). As in previous years, spectra were taken of the 

KO dwarf, G1 176.3, and the M4V star, G1 367, in order to model the photospheric and 

spot temperatures respectively. The telluric standard star HR 3084 was also observed 

(Collier Cameron 1992; Unruh, CoUier Cameron & Cutispoto 1995).

As AB Dor is a rapid rotator its spectral lines tend to be broadened thus leaving 

very few “pure” continuum windows. The standard KOV star, G1 176.3, has been used to 

model the continuum in several AB Dor studies (Collier Cameron & Unruh 1994; Unruh, 

Collier Cameron & Cutispoto 1995). As it is the same spectral type as AB Dor but is 

a slow rotator, its spectra have narrow absorption hues which makes continuum fitting 

easier and more accurate. Prior to fitting the continuum, the G1 176.3 object frame is 

divided by the fringe frame to eliminate interference effects in the red wavelengths. The 

continuum level is fitted using a polynomial of order 7. The extracted object spectra are 

then divided by this fit to correct for the continuum tilt of the spectra. Fig. 5.4 shows a 

region of a sample fit to the continuum of a G1 176.3 exposure.

Extraction of Ha spectra

In order to be able to measure the positions of absorption transients in the Ha profiles of 

AB Dor it is necessary to remove the telluric absorption lines first. This is done using the 

telluric standard star HR 3084. The region of the spectrum containing telluric absorption 

lines between about 5950 Â and 5980 Â is used to evaluate the relative pixel shift (by 

cross-correlation) between the telluric standard exposure and the stellar exposure. The 

wavelength scale of the tehuric standard is then shifted by this amount to align the two 

frames and the strengths of the tellurics in the region between 5950 Â and 5980 Â are scaled 

to match the strengths of the stellar exposure. The stellar exposure is then divided by
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Figure 5.4: The continuum fit to the slow rotator G1176.3 for Dec 1996. This fit is used

to remove the blaze function in extracted AB Dor spectra.
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Figure 5.5: Spectra prior to and after telluric removal in the region of the Ha absorption 

line.

the scaled shifted telluric standard thus removing the tehuric lines. The “cleaned” object 

frame is then scrunched into a single order spectrum. Fig 5.5 shows a stellar spectrum 

prior to and after tehuric hue removal. Cosmic rays are removed interactively using the 

intensities of neighbouring pixels for interpolation purposes. Errors are evaluated using 

photon noise statistics as ECHOMOP does not deal with photon variances accurately. Once 

the spectra have been read into a dynamic spectrum format they are ready to be analysed 

using techniques such as back projection (See Chapter 7).
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5.3.2 ESpRIT

This package has been described in detail by Donati et al. (1997). Before extracting 

the observed stehar spectra, this code first sets up a curvilinear coordinate system which 

assigns an order number to each CCD pixel and then maps it onto a specific wavelength 

and spatial position along the slit direction.

A bias-subtracted flatfield frame is initially used to locate the positions and extent 

of each order perpendicular to the dispersion direction. A first estimate of the location 

and width of centre of the first order (halfway along the CCD in the dispersion direction) 

is provided by the user and used to trace the first order. The first order trace is used to fit 

all successive orders by cross-correlating the first order profile with all subsequent orders 

and simultaneously modelling variations in the trace from one order to the next.

The slit shape (lying perpendicular to the dispersion direction) is then determined 

using a thorium-argon arc lamp exposure as well as to calibrate the correspondence of the 

orders with position on the CCD chip. This is done by cross-correlating arc line spectra 

along the rows at each order thus tracing the arc line shape in the spatial direction. The 

thorium-argon spectrum is then extracted from the frame by collapsing along the slit 

direction. The pixel sampling of the frame refers to the centre trace of all the orders.

Wavelength calibration is carried out using an initial user-provided estimate for 

the initial wavelength and dispersion in any specified order. An initial linear dispersion 

relation fits the arc line spectra to this order and is used to develop a more accurate 

quadratic dispersion polynomial relation. Subsequent orders are fitted using the fit to the 

first echelle order. A final dispersion relation for aU the echelle orders is obtained using a 

2D polynomial fit to the pixel positions and wavelengths of all the arc lines. As before this 

procedure involves fitting each order with a ID dispersion relation while simultaneously 

modelling the variation from order to order using a 12 degree polynomial. Donati et al. 

(1997) have found that this leads to a mean RMS scatter of 3mÂ about the catalogued 

wavelength.

Once the locations of the orders and the wavelength correspondence of the CCD 

positions have been determined, optimal extraction of the stellar spectra can begin. A 

balance frame is used to determine the pixel-to-pixel variations across the CCD. This is 

produced by dividing the observed fiatfield frame by a model mean flatfield. This model
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flatfield is modelled by propagating the central line of the original flatfield along the central 

axis of each order. Each pixel value in the stellar frame is divided by the corresponding 

pixel value in the balance frame. The interorder background is estimated by modelling a 

2D polynomial fit to the minimum level of counts in between the orders. This is subtracted 

from the stellar frame. The optimal extraction scheme used here was originally devised by 

Marsh (1989) to extract the horizontal order sections but has been modified to account 

for tilts in the slit direction for distorted spectral data.

Cosmic rays are removed in a two-part process with high value cosmic rays being 

eliminated by flagging pixel values which deviate from the average intensity in each order. 

A preliminary collapsed spectrum is produced by propagating along the slit direction in 

each order. The amount of flux in each pixel divided by the total flux in the row is 

calculated along each order. Polynomial fits to these fractional fluxes are then computed 

to these values as a function of distance from the central position of each order. The 

remaining cosmic rays are located and removed by measuring deviations from average 

values of fractional flux in each order.

The final extracted spectrum is obtained by calculating the function with which the 

fractional flux distribution needs to be mutliplied in order to produce the observed stellar 

exposure. This is an inverse linear problem, the solution to which can be found by an 

iterative process. For our purposes, however, a single pass is found to be sufficient. The 

output spectrum is calibrated with respect to the central position of each order using the 

files produced in the arc calibration process.

Continuum normalisation is carried out by ID polynomial fitting to continuum 

points over the entire spectrum. Once this is done a low degree 2D polynomial fit is 

used to model the continuum level over the entire exposure simultaneously. Heliocentric 

corrections are apphed to the wavelength points and contributions from both the sky and 

scattered light are neglected in these fibre spectra.

Polarised sjoectra

As stated earlier, four “subexposures” are taken at two different positions of the quarter 

waveplate; at -45° (PI & P4), and at -f45° (P2 & P3) relative to the beamsplitter. All four 

are needed to produce one polarized Stokes V spectrum. The polarisations of the beams
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are interchanged with each rotation of the waveplate. Each stellar exposure contains 

information on two perpendicular states of circularly polarized light. Both polarized beams 

are extracted separately using an equivalent process to that described for intensity spectra 

extraction. The mean intensity from each exposure can be calculated by summing up aU 

the counts over both polarized beams in each individual subexposure. The time resolution 

of the acquired Stokes I spectra is four times higher than that of the Stokes V.

The polarisation of a spectrum is given by (Donati et al. 1997):

P  R - l
I  R P I

( 5 . 1 )

Here R is defined as follows:

R4 = (5.2)

A check can be made for significant polarisation using the following test for a null 

signature. As sub exposures taken with identical positions of the quarter waveplate are used 

in the pair processing, any signal cannot be a result of the polarisation of the incident 

light. The null signature is calculated using Eqn. 5.1, but in this case R is given by:

^2,xA2,j|  ̂ (5.3)

A polarisation spectrum can still be obtained if only two subexposures at different 

settings of the waveplate are available by calculating R as shown in Eqn. 5.4. However, 

this process is more prone to systematic errors as described earlier.

j%2 == ( 5 . 4 )
^2,1/«2,||

5.4 Least Squares Deconvolution: The technique

The observed stellar spectrum is assumed to be an average profile convolved with a line 

list that, within the weak field regime, scales linearly with the central depth of the line, d, 

and Lande ^-factor (Donati et al. 1997).

The following assumptions are found to be valid in the case of rotationally broadened 

profiles:
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- limb-darkening is independent of wavelength.

- All lines have similar local line profile shapes

(i.e. each line profile scales linearly with depth which is true for circularly polarized 

profiles within the weak field regime).

Hence the local Stokes V contribution from an element on the stellar surface, Vioc in 

a magnetically sensitive line, Ao, with line depth, d, and a proportionality constant 

which is the same for aU lines, K b is given by :

Loc(^) = gXodKB(v) (5.5)

Provided strong lines are excluded this is sufficient for rotationally broadened line profiles 

but normally this assumption is only valid for lines formed in the linear part of the curve 

of growth (Donati et al. 1997).

Hence by integrating over each point on the entire stellar surface, ?n, the Stokes

V profile F(v) can be found by integrating over all brightness points, 6̂ %, and the local

Stokes V profile Vioc at the radial velocity point, Vm{t) as follows.

y(i;) = J  J  bmVioc{v -  Vm)dS (5.6)

V{v)  =  g X d J  J  bmKB{v -  Vm)dS (5.7)

y ( v )  =  w Z ( u )  ( 5 . 8 )

Here Z{v)  is the mean Zeeman signature for a constant field line. The 6-function 

pattern is scaled with the weight, w = gXd, of each line (See Fig 5.6).

An alternate way of expressing this process is given by

V  =  M.Z (5.9)

That is, by convolving a mean Zeeman signature Z with the respective scaling factors of 

each spectral line M one can produce the observed Stokes V signature. Hence if we take 

the variances of the Stokes V spectra, S = 1/cr (cr is the error in the Stokes V spectra), 

the mean Zeeman signature, Z is given by:

Z = (*M.S^.M)-^.^M.S^.V (5.10)
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Figure 5.6: (a) An extracted object intensity spectrum and (b) the corresponding template 

mask showing ^-functions which have been scaled according to the weights assigned to each 

line.

Clearly, the assumptions listed above do not specifically apply to intensity spectra. 

A similar process can be carried out on Stokes I spectra, however. The mean line profile 

that is calculated in that case is essentially a cross-correlation function through the selected 

spectrum but with the advantage that the contributions from neighbouring lines and blends 

are reduced thus eliminating sidelobes. In this case line weights are calculated using w = d, 

(i.e. line depth only as shown in Fig 5.6). Fig. 5.7 shows least squares deconvolved Stokes 

I, V and null spectra derived from a set of four subexposures taken on 23 Dec 1996.

5.5 LSD; Observed spectra

5.5.1 Comparison of dataset from 1998

An identical set of spectra have been extracted, reduced and deconvolved using two in

dependent methods. The first set of deconvolved profiles that are presented here have 

been computed using e c h o m o p  and S P D E C O N  (Barnes et al. 1998). The second set are 

produced using ESpRIT and the LSD code described in Donati et al. (1997). I describe 

the different ways in which both sets of data have to be prepared prior to deconvolution
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Figure 5.7: LSD spectra from 23 Dec 1996 : (a) mean Stokes I spectrum, (b) Stokes V 

spectrum, (c) null signature.
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and then present and compare the deconvolved profiles produced using both procedures.

The line masks are computed using line depth values and Lande (/-factors (where 

available) obtained from Kurucz’s atomic database and SYNTHE code Kurucz (1993) for 

a KO dwarf (Tg// = 6000k and log g= 4.5). Lines with depths of greater than 0.4 have 

been selected as the signal from weaker spectral lines will be dominated by spectral noise 

(Donati et al. 1998).

Preparations in SPDECON

Each extracted echeUogram has to be normalised to the continuum level. This is done 

by producing a continuum fit to a standard star of the same spectral type as the stellar 

exposure to be analysed which is produced as described in Section 5.3.1. A temporary 

normalised object frame is produced by dividing the steUar exposure to the stellar contin

uum fit. However, the continuum fit from the standard star wiU have a slightly different 

tilt to that of the steUar exposure so a linear continuum fit is produced to the temporary 

normalised steUar exposure. The normalised spectrum is divided by the lineax continu um 

fit. The final continuum fit for each echeUogram is then obtained by dividing the tempo

rary normalised steUar frame by the Uneaiiy corrected steUar frame. A master continuum 

fit frame is also needed for each night’s observations. This is simply produced by taking 

the mean of aU continuum fit frames to AB Dor exposures taken in one night. It is scaled 

to the same mean level as the star’s individual continuum fit. The inverse variances of 

this continuum (aj)  are then used to construct the vector, S =D iag[l/cr|,..., cr ĵ, which 

computes the weights in the least squares calculation (Barnes et al. 1998; CoUier Cameron, 

Horne & Penny 1999).

S P D E C O N  needs the input of the individual steUar echeUogram, the continuum fit to 

each echeUogram, the master continuum fit for the night and the Une list to calculate the 

relative weights of each part of the input spectrum on the final deconvolved profile and 

the velocity binning parameters, (velocity bin size= 3kms“ )̂.

HeUocentric corrections are appUed separately to deconvolved profiles for each night. 

Errors on the deconvolved profiles have been calculated using the standard deviation in 

the continuum level of the deconvolved Stokes I profiles.
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Figure 5.8: Plots comparing independently reduced and deconvolved datasets from 10 Jan 

1998. The dataset reduced using e c h o m o p  and s p d e c o n  is shown by the solid lines. The 

dataset reduced using e s p r i t  and deconvolved with Donati’s LSD code is represented by 

the error bars.

Donati’s LSD code

The procedure followed here is much less interactive. The main inputs required by this 

code are the extracted stellar spectrum, the line list and the velocity binning specifications. 

Spectra need to have been continuum normalised prior to using this code. Errors are 

calculated directly using the inverse squared variances stored in the diagonal elements of 

the inverse autocorrelation matrix shown in Eqn. 5.10, (i.e. M.S^.M)~^ ) (Press et al.

1992).
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Figure 5.9: Deconvolved intensity spectra from 11 Jan 1998. Plots as before,
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Figure 5.10: Deconvolved intensity spectra from 15 Jan 1998. Plots as before.
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Year No. lines A range (Â) mean g Original S/N (I/V) LSD S/N (I/V)

1995 1655 4605-6857 1.209 100 746/8500

1996 1660 4605-6857 1.209 130 755/10500

1998 2757(2454) 4469-7133 1.210 150 1100/10700

Table 5.4: The year of observations, the number of lines used in LSD process, (in 1998 

the memory available on our computers constrained this number for Donati’s code), the 

wavelength range covered, the mean Lande factor, the S/N of the observed spectra, the 

S/N of the deconvolved profiles.

Results

The plots shown in Figs. 5.8- 5.10 show that the deconvolved profiles produced by the two 

independent processes are indeed very similar. The solid lines display the deconvolved 

profiles obtained using e c h o m o p  and s p d e c o n  while the error bars show the deconvolved 

profiles and variances generated using ESpRIT and Donati’s LSD code. The “ e c h o m o p ” 

profiles are clearly noisier than the ESpRIT profiles. This is partly due to the fact that the 

S/N gain in the second dataset was higher as 300 more lines were used in the deconvolution 

process. However, discrepancies may arise from other sources such as the differences in 

the continuum normalisation processes, different error treatments in the two datasets as 

well as the neglect of scattered light in ESpRIT.

5.5.2 LSD multiplex gains

As shown above, the two different methods for data reduction and deconvolution show very 

little difference within the associated errors of the observations. The final deconvolved 

spectral datasets used for Doppler imaging and Zeeman Doppler imaging in this thesis 

were produced using ESpRIT and Donati’s LSD code. The same line lists were used for 

aU deconvolved profiles presented in Chapter 6. The only differences in the deconvolution 

process from year-to-year depend on the wavelength coverage of the observed spectra and 

the S/N ratio of the original datasets. Multiplex gain is defined as the ratio of S/N in the 

deconvolved profiles to the pealc S/N value in the extracted Stokes V spectra. Table 5.4 

shows the multiplex gains of each dataset.
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CHAPTER 6

Images of AB Dor 1995-1998

6.1 Introduction

I have described the principles behind DI and ZDI in previous chapters. In this chapter 

I discuss what past ZDI studies have revealed about magnetic structure on cool stars, 

and where AB Dor fits in to these findings. I then outline the procedure followed when 

determining basic parameters for stellar objects, a crucial step before carrying out DI.

Doppler and Zeeman Doppler images of AB Dor which have been produced by the version >|

of D O T S  described in the previous chapter are then presented and analyzed. Finally I 

demonstrate that these images show an excellent level of correlation with the images 

published by J.-F. Donati’s independently developed ZDI and DI codes (Donati et al.

1997). This is the first time that DI codes have shown this level of agreement and I argue 

that this points to the fundamental consistency of the technique.

6.1.1 Magnetic fields on cool stars

A Zeeman detection on a star is considered definite if the detection probability in an 

observed Stokes V spectrum is greater than 99.999%. Tliis probability is defined by 

Donati, Semel & Rees (1992) in terms of the number of resolved elements in the spectrum,

V and the % -̂test statistic (where [E(A)/cr]^) as follows:

= (G.l)

P  is the Incomplete Gamma function measuring the probability of the measured statis

tic arising from a null magnetic field. The locations of the spectral lines are determined
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from unpolarized spectra and a false alarm probability (1/p) is calculated from Stokes V 

and Stokes N profiles using statistics from both inside and outside the lines. If the false 

alarm probability is between 10“  ̂ and 10“® for an object at a single phase, a marginal 

Zeeman signature is detected.

Circularly polarized spectra of cool stars at various evolutionary stages have been 

analysed. The results from this programme have been discussed in detail by Donati et al. 

(1997) and their main findings are summarized here. In the cases of stars which have been 

observed with sufficiently good phase coverage, ZDI maps have been reconstructed. The 

main features of these magnetic maps are discussed later.

The youngest objects that have been studied are the T Tauri stars (TTs). The 

spectra of weak-line TTs (wTTs) are thought to be free of stellar accretion discs (Feigelson, 

Giampapa & Vrba 1991). Hence magnetic fields should be easily detected on the surfaces 

of these objects. Indeed Donati et al. (1997) find positive detections on both V410 Tauri 

and HD 283572. On V410 Tauri, there is a definite detection with peak-to-peak amplitudes 

of Zeeman signature in Stokes V of about 0.32% and a false alarm probability of less than 

10“ °̂; while, on HD 283572, the detection is marginal. Through emission and variability 

in its intensity spectra, the classical TTs (cTTs), SU Aur, shows signs of possessing a 

circumstellar accretion disc and winds (Johns & Basri 1995). A marginal detection of a 

magnetic field is reported on this object with a false alarm probability of 2 10“  ̂ (Unruh 

et al. 1998). Donati et cil. (1997) find that as Zeeman signatures must have peak-to-peak 

amplitudes smaller than 0.2%, a relative noise level of 0.033% is required for a magnetic 

field to be detected on FU Ori. This object has a wavelength-dependent spectral type 

which is thought to be produced by a luminous accretion disc causing the contribution 

from the TTs to be obscured (Hartmann & Kenyon 1985).

Donati et al. (1997) report positive detections from five sets of exposures of the 

pre-main sequence close binary HD 155555. Zeeman signatures from the components have 

relative peak-to-peak amplitudes up to 0.26% and 0.15% for the G5IV and the KOIV stars 

respectively.

Rapidly rotating stars that have recently arrived on the main sequence show some of 

the most extreme signs of magnetic activity. Zeeman signatures of the KO dwarf, AB Dor, 

with mean peak amplitudes of 0.13% definitely indicate the presence of a magnetic field. 

Magnetic maps have been derived from these spectra. These are discussed in more detail
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Figure 6.1: LSD polarized profile of AB Dor taken on 1996 Dec 23. The dashed lines mark 

the limits of rotational broadening. The peak-to-peak amphtude of this Zeeman signature 

is about 0.1%.

in Section 6.3. Spectra from another ZAMS star, LQ Hya, show Zeeman signatures with 

peak-to-peak amplitudes of 0.35%.

The LQ Hya data obtained were of sufficiently high S/N to evaluate the tempera

ture of the magnetic regions on the steUar surface. Donati et al. (1997) use differential 

Zeeman analysis for this purpose. This process is based on the principle that equivalent 

width and continuum brightness changes are wavelength dependent. This effectively re

sults in the amplitude of the Stokes V contribution from a cool spot on the stellar surface 

being greater in the red than in the blue. This is partly dependent on the local continuum 

brightness contributions. For example; if we assume that the continuum brightness can 

be calculated using the Planck function: a KOV star a 1500 K temperature deficit in a 

magnetic spot should cause the Stokes V signature in the blue to be 63% smaUer than in 

the red (Donati et al. 1997). Using LSD, two submasks are created for the red and the 

blue ends of the spectrum. The two sets of spectra are then deconvolved and scaled so 

that the overall magnetic sensitivities of the deconvolved profiles are the same. It is then 

possible to measure differences in the sizes of the relative amplitudes of the signatures. On 

LQ Hya, the blue Stokes V deconvolved profile was found to be up to 25% less in ampli

tude than the red deconvolved profile. This indicates that the temperatures in magneliic
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areas can range from photospheric levels down to a maximum of about 1000 K cooler.

From observations of main sequence cool stars, Zeeman detections have been con

firmed for the single-lined spectroscopic binary flare star, CC Eri (K7-9V), with peak-to- 

peak amplitudes of 0.25%. The magnetic field regions are either at the same temperature 

or cooler than the non-magnetic photosphere (as found through Zeeman differential anal

ysis. Donati et al. (1997) find no Zeeman detection down to a noise level of 0.64 10““̂ on 

the FO star, a  Hyi, which shows signs of possessing an active chromosphere (Donati et al. 

1997; Simon & Landsman 1991).

RS CVn stars are rapidly rotating binary stars in which angular momentum is 

thought to be preserved through tidal coupling (Schaiiemann 1982). They are often used 

in DI studies as they show distortions in their photospheric line profiles thought to be 

caused by the presence of starspots (e.g. Vogt & Penrod (1983); Strassmeier (1990); 

Strassmeier (1996). HR 1099 ( = V711 Tauri) is an RS CVn binary with an active 

K1 subgiant component. The Stokes V spectra of this K1 star show Zeeman signatures 

with relative amplitudes 0.25% peak-to-peak. Differential Zeeman analysis indicates that 

the blue signatures are 20% to 40% smaller than the red spectra and hence magnetic 

areas must be cooler or at the same temperature as the photosphere. Other RS CVn 

stars with short periods have been studied. On El Eri (G5IV), magnetic regions produce 

Zeeman signatures with relative peak-to-peak amplitudes of 0.2% and are found to be at 

photospheric temperatures. SZ Psc, TY Pyx, and CF Tuc also shows signs of magnetic 

activity, with Stokes V amphtudes being of the order of 0.07%. Long period RS CVns 

studied aU show definite detections (II Peg, IL Hya, IM Peg) or marginal detections 

(42 Cap). Finally, the FK Com star YY Men, a low mass rapid rotator which may possess 

starspots, shows large peaks up to 0.35% in its Stokes V profiles. These magnetic regions 

are also found to be cooler than the photospheric temperature.

In general therefore, definite or marginal detections are obtained for almost aU active 

cool stars that have been looked at. The only exception to this is the relatively hot star, 

a  Hyi (FOV). Through differential Zeeman analysis the temperatures of many of these 

magnetic spots can be evaluated. AU the magnetic regions detected are either cooler or 

else at the same temperature as the steUar photosphere.
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6.1.2 ZDI of cool stars 

LQ Hya

The available dataset of LQ Hya is sufficiently weU sampled to enable some of the magnetic 

regions to be mapped using ZDI. It is a useful candidate for this as it has a relatively 

short rotation period (P,-ot = 1-6 days). Images of this star are available over a period 

of six years. I summarize a few of the main points regarding general trends in surface 

field evolution from the long-term study conducted by Donati (1998a) on this star in the 

following paragraphs.

Brightness images of LQ Hya consistently show longitude-independent spot regions 

extending from the poles and connecting to equatorial structure. A “typical” set of bright

ness and magnetic images for this star (taken in 1995 December) are shown in Fig. 6.2. 

Azimuthal flux at the stellar surface stayed very strong and mainly negative (clockwise) 

from December 1991 through to December 1995. The reconstructed field occupied vast 

areas from equatorial regions up to about 60°. Between December 1995 and Decem

ber 1996, however, the reconstructed azimuthal field became predominantly positive and 

weaker (approx. 400 G compared to 800 G in previous years). The radial maps show 

flux remaining at roughly the same strength throughout the period of observations, with 

regions of alternating polarities occupying the mid to high-latitude regions. Strengths 

were typically around 800 G. Hardly any meridional field was reconstructed in any of the 

maps. This is not unexpected as LQ Hya has an inclination angle of about 60° and the 

meridional contribution to circularly polarized profiles is found to be greatly suppressed 

in high inclination stars (see Chapter 4).

HR 1099

As well as being the first star to be used in a DI study (Vogt & Penrod 1983), HR 1099 was 

also the first used for ZDI (Donati et al. 1992). This object is a favourable candidate for 

Dl-type studies as it has a relatively short rota.tion period, Prot — 2.8 days. Furthermore, 

as it has a low inclination angle (approx 38°), one would expect a greater meridional 

field contribution to Stokes V profiles than in the case of higher inclination stars such as 

LQ Hya. ZDI maps reconstructing all three field orientations on the surface of the evolved

123



Spot occupancy
0.50

0.750.25

0.00

0.75 ■  o 0.25

Radiol magnetic field
0.50

0.75

0.00

0.25

Azimuthal magnetic field
0.50

0.75 0.25

Meridional magnetic field 
0.50

0.75

0.00 0.00

Figure 6.2: Brightness and magnetic maps of LQ Hya taken in 1995 Dec. The images 

are polar projections extending down to -30° latitude. The radial tick marks around the 

images denote the phases of observations. The maximum entropy fits to the observed 

spectra for Stokes I data (left) and Stokes V (right) respectively. These images have been 

provided courtesy of J.-F. Donati and are taken from Donati (1998a).
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Figure 6.3: As in Fig. 6.2 for data of HR 1099 taken in 1995 Dec.
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component of the binary system have been derived for the active K1 component using a 

dataset spanning over six years (Donati et al. 1992; Donati 1998a).

As in previous studies, the brightness images show high latitude structure near 

the pole connecting to smaller spots near the equator (Vogt & Hatzes 1996). Over this 

time strong azimuthal field was consistently reconstructed, an example of the type of field 

structure can be seen in Fig. 6.3. Low latitudes are occupied by positive azimuthal field 

while negative polarities are found at high latitudes. The strengths of the fluxes were found 

to be slightly weaker than in previous years in December 1996 (about 500 G compared to 

800 G field strengths in previous years). Radial field appears to be increasing in strength 

and appearing closer to the poles. Meridional field either tends to be reconstructed at the 

poles (see Fig. 6.3) indicating the strong tilt of the field near the poles, or else in regions 

occupied by radial field indicating a degree of cross-talk.

Summary

The most remarkable find regarding ZDI on active cool stars is the presence of strong 

azimuthal flux permanently covering the stellar surface. This is unlike anything observed 

on the solar surface and suggests that dynamo mechanisms on rapid rotators are quite 

different to those observed on the Sun. In the solar case emerging flux is found to be 

predominantly radial. Donati (1998a) finds that azimuthal fields tend to be latitude and 

NOT longitude-sensitive for these stars. The preferred latitudes at which they are detected 

remain consistent over a period of years. The presence of strong azimuthal fields would 

suggest that there is large-scale toroidal axisymmetric field structure on these stars. The 

azimuthal structure on HR 1099 is sometimes tilted with respect to the rotational pole. 

This is also mirrored in the brightness images, but not in the poloidal reconstructions. No 

obvious correlation has been observed between the magnetic and brightness maps.

Note that poor phase coverage leads to the overall strength of the reconstructed 

flux being suppressed and increases the amount of cross-talk between meridional, radial 

images and azimuthal and radial images. A set of images based on datasets with much 

better sampling are available for the active KO dwarf, AB Dor. These are analysed and 

discussed in the next section.
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6.1.3 Doppler images of AB Dor

Like LQ Hya, AB Dor is a rapidly rotating ZAMS star that shows strong Li absorption. 

As it has a higher rotation rate than LQ Hya {Prot ^ 0.5day), it is possible to obtain 

better spatial resolution in the resulting Doppler images for this star. Doppler images of 

AB Dor have been obtained dating back to 1989. Kiirster, Schmitt & Cutispoto (1994) 

observed AB Dor when it was at an activity minimum in 1989 and found no evidence of 

a polar cap. Most of the structure was concentrated in the low-mid latitudes, near 25° 

with a lack of spots below 10° and above 70°. Two sets of images are available from 1992 

taken 12 months apart (Collier Cameron & Unruh 1994; Collier Cameron 1995) and one 

set of images from November 1993 (Unruh, Collier Cameron & Cutispoto 1995). These 

images confirm that structure evolves on a timescale of less than a year and that it tends 

to fall in two main latitude bands, one is near the equator (up to 30°) and the other is 

from about 55° to 80°.

Doppler and Zeeman Doppler images are available from 1995 and 1996 (Donati & 

Collier Cameron 1997; Donati et al. 1998). We have re-analysed these datasets along with 

data from an observing run in January 1998 using the magnetic version of D O T S .  The 

maps produced in the AB Dor studies conducted by Donati et al. are compared to our 

sets of images and discussed in more detail later in this chapter.

6.2 Procedure

6.2.1 DI

The code used to reconstruct the images presented in this chapter utilized an evolved ver

sion of the DI code called D O T S .  See Chapter 2 for more detail on the technique and the 

specific code used here. The specific intensity profiles for both the photospheric and spot 

temperatures are generated using the standard KO and M4 dwarfs, G1 176,3 and G1 367 

respectively. This approach is found to be more effective than using LTD hue synthesis 

as it automatically deals with line blends more accurately than is possible given the in

completeness and poorly determined values of atomic parameters in line lists (Unruh & 

Collier Cameron 1995). Three dimensional look up tables storing monochromatic specific 

intensity as a function of velocity, limb darkening and surface temperature are generated
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to be used within the code to calculate photospheric and spot flux contributions.

Mismatches in stellar parameters such as radial velocity, Vq sin(«), and in line param

eters such as line EW, are found to introduce spurious structure into the reconstructed im

ages (Vogt, Penrod & Hatzes 1987; Kiirster 1993; Piskunov k  Rice 1993; Collier Cameron 

k  Unruh 1994; Unruh, Collier Cameron k  Cutispoto 1995). Hence by minimizing the 

total spot area in the reconstructed images for each parameter it is possible to evaluate 

the optimum values of these parameters. As Ug sin(%) and EW have similar effects on the 

reconstructed images, (an overestimated sin(z) and underestimated line EW both result 

in extra high latitude structure being added in the reconstructed image), these parameters 

have to be evaluated simultaneously.

An inchnation angle of AB Dor of 60°±10° has been used in previous DI studies 

using photometry and evaluations of its distance and evolutionary status (Collier Cameron 

k  Foing 1997) and is adopted here. This has been supported through light curve modelling 

techniques where a preferred inclination of 65° is found for AB Dor (Banks 1991; Banks, 

Kilmartin k  Budding 1991).

6.2.2 ZDI

As with DI, look up tables storing the monochromatic Stokes V intensity contributions 

as a function of velocity, limb darkening and magnetic field strength are used to model 

the observed disk integrated flux profile. These look up tables are computed using the 

following procedure. A Gaussian profile with the same EW and line depth as the template 

star, G1 176.3 (KOV), is used to represent the local unpolarized intensity contribution 

(Stokes I). The flux measured at the stellar surface is allowed to vary between ±5kG (the 

equipartition value for KO stars (Saar 1996)). The Gaussian unpolarized intensity line 

profile is used to model both the right-hand (RH) and left-hand (LH) polarized intensity 

contributions for the input values of magnetic field values (these RH and LH profiles are 

thus identical in all respects except for a velocity shift which depends on the magnetic 

field strength). Within the weak field regime, the local Stokes V intensity contribution 

is generated by calculating the diflFerence between the RH and LH circularly polarized 

spectra for the maximum and minimum values of the magnetic field. Stokes V intensity 

profiles are calculated over a range of limb darkening values and velocities and stored in 

a look up table.
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Figure 6.4: Deconvolved spectra for the G1 176.3 (solid line) and G1 367 (dotted line) 

template stars. The dotted line is the G1 367 profile once it has been scaled to the same 

strength as the G1 176.3 line profile. Except for the wings of the line profiles, the shapes 

of both template profiles are clearly very similar.

The intrinsic line profile is assumed to remain constant everywhere on the stellar 

surface. It is true that the spot template profile does not differ in shape from the 

photospheric profile (see Fig. 6.4). Particularly in the case of rotationally broadened 

stars, where Zeeman broadening is much less than Doppler broadening, the exact shape 

of the line profile is found to be unimportant (Donati & CoUier Cameron 1997). This can 

also be seen in Fig. 6.5 where the deconvolved profile from the KO dwarf G1 176.3 has 

been spun-up to match AB Dor’s rapid rotation. While the two template profiles are very 

similar, they do not fit the observed AB Dor spectrum well. The presence of cool high 

latitude spots on the surface of AB Dor are thought to lead to broadening in the core 

of the line profile. The residual plot (Fig. 6.5(b)) shows that the greatest discrepancy is 

about 0.05% of the continuum level at its worst.

The mean Lande factor and central wavelength of the deconvolved profile for the KO 

star are used to generate a specific intensity look up table. This stores Stokes V intensity 

profiles with the mean magnetic sensitivity of the deconvolved profile as a function of 

velocity and limb darkening for a magnetic field at a maximum equipartition strength of

129



Rotationally  b roadened  profiles Residual profile
.00121.005

.00 1 0
1.000

.0 0 0 8

.0 0 0 6.9 9 5

t .0 0 0 4
g .9 9 0

.0 0 0 2

I
.9 8 0

.0 0 0 4

- .0 0 0 6.9 7 5

- .0 0 0 8
.9 7 0

- . 0 0 1 2.9 6 5
100 1400 20 600 80 60 100 140- 8 0  - 4 0

Velocity k m /s Velocity k m /s

Figure 6.5: Plots comparing template spectra, (a) Tire solid line is a mean spectrum of 

AB Dor from 23 Dec 1996, the dashed line is a spun-up and limb-darkened template spec

trum of G1176.3 and the dotted line is a spun-up Gaussian with the same line parameters 

as G1 176.3 (used to generate the Stokes V intensity spectra), (b) This is a plot showing 

the residual line profile produced when subtracting the G1 176.3 profile from the Gaussian 

line profile. The greatest difference is about 0.05% of the continuum level (at the wings 

of the line profile).

5000 G. This is stiU within the weak field approximation as AB Dor has a Ve sin i of about 

91 km/s and the Zeeman broadening for a 5000 G field is of the order of 4.6 km8"%i.e. 

VD >  vb ).

As there is no contribution from the continuum to the Stokes V profiles, it is also 

necessary to input a look up table of specific intensity profiles (also modelled by Gaussians ) 

to allow continuum renormalization. The continuum level of the disk integrated Stokes I 

profiles are then renormalized to a level of unity in the code. The scaling factors used for 

the intensity normalization are also simultaneously used to normalize the Stokes V flux at 

each phase.

Maximum entropy in Donati’s code

The basic principles on which Donati’s ZDI code operates have already been outhned in 

Chapter 4. The detailed workings of the code have been described in Brown et al. (1991a) 

and Donati & Brown (1997). The most significant difference in this code is that Donati
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Figure 6.6: Plot showing how entropy varies with magnetic flux. The solid line represents 

the entropy as defined in our code while the dashed line represents Donati’s code.

et al. do not use the filling factor model which has been implemented in the ZDI code 

developed in this thesis. The form of entropy used by Donati (1998b) is as follows:

S{ f )  =  -  rui -  filog <Pi + fi 
2m;

(6 .2)

where

4>i =  +

In this case f; is the magnetic flux density value of each image pixel, i and m; =  lOG. As 

with the form of entropy used in this thesis (see Eqn. 4.14) the penalty function S(f) pulls 

equally in both directions to zero field images. Fig. 6.6 shows this clearly. This gradient of 

this form of entropy can be adjusted by changing the value of the default image (m;). By 

increasing the value of the slope of the penalty function becomes shallower and closer 

to that found in Fig. 4.6. Donati (1998b) uses small values of m; and hence reconstructions 

wifi be pulled to stronger magnetic flux density values than is expected in our code. This 

is reflected in the relative sharpness of the reconstructed images presented in this chapter.
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regions on rapid rotators. They state that the lower latitude spots on these stars indicate
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6.3 Maps of AB Dor

In this section we present and describe the brightness and magnetic maps of AB Dor. 

The optimum line EW, heliocentric and Ve sin i have been determined using image

optimization (as described in Collier Cameron (1995)). Donati’s images have all been fitted 

to a reduced of 1,0. The d o t s  brightness and magnetic maps are fitted to reduced 

levels of 0.4 and 1.0 respectively.

These maps provide information about the magnetic topology of the star’s surface 

and how it has evolved over a time-span of three years. Both our maps and those produced 

by Donati’s code are plotted here to allow easy comparison. A detailed analysis of how 

these two sets of images compare is presented in the next section.

6.3.1 1995 December 1

There is a gap in the phase coverage from the Dec 07 dataset corresponding to 

about 120° in longitude (from 150° to 270°) . The phase coverage was also incomplete 

on Dec 11, hence spectra taken on Dec 12 and Dec 13 were used in conjunction with this 

dataset in order to contribute information to a region spanning an extra 43° longitude.

This combined dataset was used to produce the images presented in Fig. 6.8. I
I

The brightness images show similar structure to those produced in previous years. 1

Spots are concentrated in both a high latitude band extending down to about 65° from |
ithe pole and a lower latitude band (from the equatorial region up to 30°). Schiissler i
i

et al. (1996) investigated the emergence of magnetic flux density in rapidly rotating stars 4

assuming solar-type models. They And that Coriolis forces dominate over buoyancy forces ‘

in rapid rotators causing flux tubes to rise parallel to the rotation axis and to emerge 

at mid to high latitudes. Equatorial structure is hard to reconstruct and their models 

do not adequately explain the presence of the lower latitude active belt that we have 

observed on Doppler images of AB Dor, HR 1099 and LQ Hya over several years. Using 

a different approach and more thorough investigation of how different parameters (e.g. |

rotation period and injection latitude at the bottom of the convective zone) affect the j

emerging flux at the surfaces of G-type stars, De Luca, Fan & Saar (1997) concur with f
4the earlier study. Magnetic flux would be expected to be concentrated in high latitude |



07  Dec 1995: Brightness im age (JFD) 07 Dec 1995: Brightness im age
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07  Dec 1995: Radiol flux (JFD) 07 Dec 1995: Radial flux
11 11111111

30 60 90 120 150 180 210 240 270 300 330 360 0 30 60 90 120 150 180 210 240 270 300 330 360
longitude longitude

07  Dec 1995: Azimuthal flux (JFD) 07 Dec 1995: Azimuthal flux
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Figure 6.7: The maps produced by the DI and ZDI codes described in this thesis are on the 

left hand side of this series of plots while Donati’s brightness and magnetic images can be 

seen on the right hand side. The images shown here of AB Dor have been reconstructed 

using spectra taken on 1995 Dec 07. From left to right they are: (a), (b) brightness 

maps; (c), (d) radial maps; (e), (f) azimuthal maps of AB Dor for 1995 Dec 07. The 

greyscales show spot filling factor, ranging from 0.0, representing complete spot coverage 

(Tspot = 3500 K), to 1.0, representing unspotted photosphere (Tp^^  ̂ = 5000 K), in 

the case of the brightness images. With the magnetic images, the greyscales represent 

magnetic flux density levels ranging from -500 G to +500 G.
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1 1 -1 3  Dec 1995: Brightness im age (JFD) 1 1 -1 3  Dec 1995: Brightness im age
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longitude longitude
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Figure 6.8: Same as Fig. 6.7 for 1995 Dec 11-13.
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that the original toroidal belt giving rise to the observed flux may be closer to the surface 

in fast rotators than in the solar model.

In contrast, as Figs. 6.7 & 6.8 show, radial flux does not extend to as high latitudes 

as the dark starspots do. This may be due to the brightness of the polar regions being 

suppressed and hence any contribution to the Stokes V profiles from these magnetic regions 

wiU be much reduced. Radial flux regions of alternating polarities are found in the mid

latitude range of between 30° to 60°. The peak flux densities of the azimuthal field regions 

are slightly weaker than the radial. At high latitudes a negative polarity region has been 

reconstructed at about 80°. At lower latitudes the dominant polarity in the azimuthal 

maps is positive. In reality, the azimuthal regions are probably of similar strengths as 

the radial. As described in Chapter 4, we find that reconstructed azimuthal flux is always 

weaker than the amount present in the actual object. This effect is due to ambiguity caused 

by the competing eflfects of vector projection and hmb darkening leading to the azimuthal 

component being suppressed when it should be strongest. This overall suppression of the 

signal may lead to a smearing of the field over a larger region in the reconstructed maps.

The strong magnetic fields that we observe on the surface of AB Dor have similar

ities with magnetic field images that have been obtained for the evolved K1 component 

of the RS CVn binary, HR 1099, in the sense that the strong azimuthal field found at 

high latitudes is predominantly negative while positive azimuthal flux is concentrated in 

the mid-to-low latitude regions. We find that strong radial flux is associated with the 

azimuthal field on AB Dor and this indicates that the field is not as horizontal as that 

measured on HR 1099 and LQ Hya. The strong azimuthal field measured at the poles is 

a puzzle. From the reliability tests carried out in the previous chapter, we would expect 

considerable smearing in the reconstructed azimuthal field, so the strong field measured 

here may actually be confined to a smaller area. Very little radial flux is measured at 

these latitudes which indicates that the flux emerging here is almost purely horizontal.

If we compare how the images have evolved over the two nights concerned, we can 

see that the high-latitude structure does not show much change. There is more rapid 

evolution at lower latitudes however, and this is an indicator of differential rotation. In 

fact, by cross-correlating constant latitude slices from the brightness and radial images 

from the two datasets shown here (Figs 6.7(b) and 6.8(b) ), Donati & Collier Cameron 

(1997) find that the equator laps the pole once every 110 days. This measure of differential
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rotation is surprising as it is very similar to the solar value (where the equator has a lap 

time of 120 days) even though AB Dor rotates at almost 50 times the solar rate. This is 

contrary to the findings of Rudiger et al. (1998) where differential rotation is expected to 

decrease in rapid rotators. However, on the basis of most dynamo theories, rapid rotators 

are also expected to have longer activity cycles. AB Dor’s activity cycle is thought to be 

of the order of 20 years.

6.3.2 1996 December

The maps from the combined dataset taken on 1996 December 23-25 have the most com

plete phase coverage for AB Dor to date. Data from Dec 25 contributed information to 

the 83°—170° longitude region. Due to differential rotation, we may expect this to be 

partly shifted. The structure is pretty consistent from night-to-night, especially in the 

brightness images. As with the Doppler images from 1995, the lower latitude structure 

appears to be changing faster than that in the poles. This is due to differential rotation, 

Donati et al. (1998) confirmed the differential rotation measurement from 1995 using the 

1996 Dec dataset.

The brightness images (Figs. 6.13 a& b to 6.15a & b) show that the structure is 

concentrated in the same two main active latitude belts that have been reconstructed in 

Doppler images from previous years. The structure has however evolved significantly over 

a period of twelve months, and Donati et al. (1998) confirm that there is little correlation 

between the 1995 and 1996 Doppler images. This is not unexpected given the differential 

rotation rate for AB Dor. Further evidence for short times cales of spot evolution comes 

from a DI study on G dwarfs, where Barnes et al. (1998), find that starspots evolve on a 

timescale of less than one month.

The magnetic maps show regions of radial flux of alternating polarity with strengths 

of up to 700 G (peak strengths are over IkG in Donati’s radial maps). Strong negative 

azimuthal flux is recovered at high latitudes (from 65° up to the pole). In the mid

latitude region ( from about 30° to just over 60°), positive polarity dominates although 

weaker regions of negative polarity are also recovered. At lower latitudes we find regions 

of alternating azimuthal polarity.

These maps are very similar to those reconstructed in 1995, except that only weak
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azimuthal field was recovered in the 1995 maps. This is probably due to the fact that 

we obtained better phase coverage with this dataset and it was also of higher S/N due to 

improvements in the throughput of the instrument setup. As mentioned in Chapter 4, a 

gap in phase coverage reduces the overall amount of flux reconstructed in the unobserved 

longitude range. In addition, if data is of higher S/N, flux can be mapped more reliably 

and hence a higher overall level of flux is produced. This is because magnetic features 

are only reconstructed to satisfy the data at a fixed level of As the S/N is reduced 

therefore, features do not have to fit the data so precisely. This results in the reconstructed 

features being less well-defined and the entropy constraint will pull the image to a zero 

magnetic field in the absence of additional information. On the whole therefore, these 

images are consistent with the maps from 1995.

6.3.3 1998 January 10-15

Due to bad observing conditions data from three separate nights were combined to produce 

these images. The brightness image. Fig. 6.22 (a), shows similar structure to that recovered 

in previous years.

The magnetic maps (Fig. 6.22 (c) and (e)), on the other hand, are substantially 

different from those observed in previous years. A region of strong negative radial flux 

has been recovered for the first time at a latitude of over 70°. The radial spot is partly 

associated with a strong negative azimuthal region, indicating that the edge of the region 

is tilted. At lower latitudes, however, radial structure is very similar to that observed in 

previous years. The azimuthal map is also quite different to that measured in previous 

years in that strong negative polarity field which has been confined to high-latitudes 

extends down to mid-latitude regions (to about 40°) from the pole. This means that, 

unlike previous years, there is no dominant polarity at mid-latitudes. As in the radial 

maps, lower latitude azimuthal field also remains similar to that in 1996. We observe 

regions of alternating polarity extending down to equatorial regions.

An interesting feature in the azimuthal map is the strong area of positive flux 

reconstructed right at the pole (between 210° and 280° longitude). This only ties in with 

a much weaker feature in the toroidal map produced by Donati. Donati’s azimuthal map, 

Fig. 6.22(e), shows a feature with a much weaker region of positive polarity with a peak 

that is shifted about 30° in longitude relative to our map. However, as we have established
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1995 December 07: Stokes

0.6947 0.70690.6770 0.68870.66360.6518

0.7477 0.75940.7302 0.74190.7127 0.7244

0.8156 0.82150.7866 0.80400.78070.7653

0.88540.87380.8506 0.85650.8331 0.8389

0.9263 0.93850.9088 0.92040.90300.8913

0.98610.98030.96280.95010.9443

0.0328 0.25500.02110.0036 0.01530.9978

0.31290.2724 0.2841 0.29570.2608

0.32460.3187

Figure 6.9: Fits to the Stokes I spectra = 0.4). The flux scale ranges from 1.0 (at the

continuum) to 0.96 (at the line core).
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Der 07: Stokes V1995 Decern

0.75580.6851 0.7092 0.73250.6600

0.88190.8 2 0.8354 0.85870.7888

0.9524 0.9767 0.00000.9052 0.9285

0.2630 0.2863 0.31520.0234

Figure 6.10: Fits to the Stokes V spectra = 1.0). The flux scale ranges from ±1.0610

that accuracy is reduced in azimuthal reconstructions especially in the circumpolar regions, 

this shift is not signiflcant. Additionally the presence of this feature coincides with a gap in 

the phase coverage which may have introduced further inaccuracy in the resulting images.

In comparison with the images from previous years, the magnetic structure appears 

to be changing. Radial flux is emerging closer to the pole and the azimuthal field in the 

mid-latitude regions appears to be reversed in direction from about 180° longitude.

6.4 Com parison w ith D onati’s images

The images presented here allow us to test thoroughly the consistency and reliability of 

DI techniques. Surface images for identical datasets of the RS CVn binary, El Eri, derived 

using three different DI codes have been compared qualitatively in the past (Strassmeier 

et al. 1991). However, the DI codes used in the study were all mapping slightly differ

ent parameters, (two-temperature covering fraction, temperature and brightness distribu

tions). While the resulting images showed some similarities, it was difiicult to compare
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1995 December 11—13: Stokes I

0.70980.6806 0.69810.3388 0,35050.3272

0.7973 0.81490.7447 0.7623 0.77980.7272

0.90840.8734 0.89090.86180.85590.8324

0.9669 0.97860.9434 0.9609

0.09620.0376 0.0611 0.07870.02000.0141

0.1795 0.1971 0.22040.1441 0.16200.1021

0,3036 0.31530.2861 0.29200.2628

0.52720.62540.59040.5788

0.5621 0.57960.55050.5388

Figure 6.11: Fits to the Stokes I spectra = 0.4). The flux scale ranges from 1.0 (at

the continuum) to 0.95 (at the hue core).
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1995 December 11—13: Stokes V

0.78210.7353 0.75870.71210.6887

0.8757 0.89900.85230.8054 0.8289

0.02230.9457 0.9691 0.99890.9223

0.1522 0.17600.09260.0457 0.0692

0.31750.29420.2226 0.27090.1994

0.52370.6103 0.63350.58680.3411

0.57020.5469

Figure 6.12: Fits to the Stokes V spectra = 1.0). The flux scale ranges from ±1.3310'
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Figure 6.13: Same as Fig. 6.7 for 1996 Dec 23-25.
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27 Dec 1996: Brightness image (JFD) 27  Dec 1996: B rightness im age
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Figure 6.14: Same as Fig. 6.7 for 1996 Dec 27.
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29 Dec 1996: Brightness image (JFD) 29 Dec 1996: Brightness image

120 150 180 210 240 270 300 330 360 120 150 180 210 240 270 300 330 360
longitude longitude

29 Dec 1996: Radiol flux (JFD) 29 Dec 1996: Radial flux
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longitude longitude
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Figure 6.15: Same as Fig. 6.7 for 1996 Dec 29.
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1996 December 2 3 —25: Stokes I

Figure 6.16: Fits to the Stokes I spectra = 0.4). The flux scale ranges from 1.0 (at

the continuum) to 0.96 (at the line core).
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)er 2 3 - 2 5 :  Stokes V1996 Decern

0.9271 0.95090.8798 0.90350.7866

0.07350.9983 0.0218 0.04580.9747

0.20040.0971 0.1207 0.1538 0.1773

0.3088 0.33230.2247 0.2618 0.2853

0.64120.5706 0.6941 0.61750.5471

0.75830.7116 0.73500.6648 0.6882

0.83050.7815 0.8060

Figure 6.17: Fits to the Stokes V spectra =  1.0). The flux scale ranges from ±0,8810
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1996 December 27: Stokes I

Figure 6.18: Fits to the Stokes I spectra = 0.4). The flux scale ranges from 1.0 (at

the continuum) to 0.96 (at the line core).
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Der 27: Stokes V1996 Decern

0.7637 0.78690.7171 0.74050.6936

0.8337 0.8568 0.8802 0.90340.8106

0.08460.0070 0.06120.9608 0.9837

0.20130.1545 0.17810.1080 0.1312

0.2477 0.3003 0.32400.2245

Figure 6.19: Fits to the Stokes V spectra (%̂  = 1.0). The flux scale ranges from ±0.9210'
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1996 December 29: Stokes I

0.73330.6067 0.7099 0.72140.69030.6751

0.80340.77990.7565 0.7682 0.79170,7449

0.87310.8499 0.86160.8265 0.83820.8149

0.97130.95970.8964 0.92530.90800.8849

0.0088 0.0262 0.07810.9944 0.00020.9829

0.1247 0.14790.13630.1015 0.11310.0898

0.21470.1710 0.1912 0.20310.18260.1594

0.30780.2846 0.29620.2615 0.27300.2263

0.33680.3194

Figure 6.20: Fits to the Stokes I spectra — 0.4), The flux scale ranges from 1.0 (at

the continuum) to 0.96 (at the line core).
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1996 December 29: Stokes V

"

0.7764

0.19350.16750.1212 0.14440.0980

J

0.3159 0.33330.2695 0.29270.2169

Figure 6.21: Fits to the Stokes V spectra =  1.0). The flux scale ranges from ±0.8810 - 3
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1 0 -1 5  Jan 1998: Brightness image (JFD) 10 -15  Jan 1998: Brightness image
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Figure 6.22: Same as Fig. 6.7 for 1998 Jan 10-15
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1998 January 10—15: Stokes

0.00910.9671 0.98420.9400 0.95430.9281

0.1099 0.12180.07480.05660.0328 0.04470.0211

0.1902 0.20200.17520.16920.1456 0.15740.1337

0.61890.5950 0.60680.24620.2283 0.24020.2080

0.73780,7139 0.72600.70210.6784 0.69020.6249

0.82110.7855 0.7973 0.80920.7617 0.77360.7496

0.38950.9033 0.37770.8453 0.86310.85710.8330

0.4847 0.49660.46100.43730.4254 0.4492

0.59580.57150.5205 0.53820.53230.5087

0.6702 0.68200.6137 0.65840.64660.6077

Figure 6.23: Fits to the Stokes I spectra = 0.4). The flux scale ranges from 1.0 (at

the continuum) to 0.95 (at the line core).

152



1998 January 1 0 - 1 5 :  Stokes V

0.04100.9933 0.01740.96350.9364

0.59140.1182 0.1420 0.19840.0651

0.7341 0.75810.6866 0.71020.6153

0.3558 0,43370.8055 0.82940.7818

0,60410.52860.4811 0.50500.4574

0.67840.6548

Figure 6.24: Fits to the Stokes V spectra (%̂  = 1.0). The flux scale ranges from ±1.0510'
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them quantitatively. Using the maps plotted here, we can compare images produced using 

two independently derived codes but which map the same parameters.

It is apparent just from inspecting the plots in the previous section by eye that 

the images produced from the two codes show a high level of agreement. A quantitative 

analysis comparing the images derived using d o t s  with those produced by Doiiati can 

also be carried out. Due to computer memory constraints, our images have been produced 

with a coarser surface resolution (2® resolution at the equator) than the images produced 

by Donati (1998b) (approx. 1.4®) This means that the flux we are measuring is averaged 

over a larger area when producing our images. This will result in some dilution of the 

peak levels of flux measured.

6.4.1 Quantitative comparisons of images

We can compare the overall level of structure as well as the correlation in position of 

magnetic spots in our brightness and magnetic maps with those produced by Donati in 

several ways. By summing up the greyscale maps over all longitudes and normalizing for 

the pixel areas, it is possible to evaluate the degree of latitudinal smearing in both D1 

codes. Cross-correlations of constant-latitude slices in each of these images indicate how 

well the images compare at each latitude. The levels of flue structure in the equatorial 

regions can be compared by summing up flux contributions in the mercator maps over 

isolated latitude bands; over the equatorial region (from -30® to +30®) and over the polar 

region (by collapsing the latitude bands from 60® to 90®).

Brightness maps

Fig 6.25 shows the spot coverage summed up over all longitudes for a sample of 

images. The relative pixel areas have been normalized by taking the stellar equatorial 

radius as unity. A noticeable systematic difi’erence between our brightness images and 

those produced by Donati is in the polar regions. Here we consistently recover a lower 

level of spot coverage. Not only is there a discrepancy in the level of structure, but the 

peaks of the spotted bands are clearly displaced relative to each other at high latitudes 

(with the majority of spots in the D O T S  code being reconstructed about 5° nearer the pole 

than in Donati’s code). At lower latitudes, however, the d o t s  images contain more spots
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23-25 Dec 1996: Brightness distribution07  D ec 1995: Brightness distribution
0,60

o  0.30I
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Figure 6.25: Images summed over longitude to compare how spot coverage varies over 

latitude in both sets of images. The sohd line is our image and the dashed line is Donati’s 

image. The filling factor represents the percentage of pixel area covered by spots, with a 

zero filling factor indicating the immaculate photosphere.

than in the images by Donati (by up to 40%). The peaks of these spotted bands lie at 

about the same point. The d o t s  code leads to low latitude structure being pushed to 

slightly higher latitudes due to the weights assigned to the pixels near the equator.

This discrepancy is a classic indicator of differences in the values of the line EW 

used to model the intrinsic line profile contribution from the immaculate photosphere. As 

Unruh (1996) reports, polar structure is strengthened if too high a value of EW is used 

and lower latitude structure is strengthened if too low a value is implemented. As the 

value of EW to be used when reconstructing the maps shown, both using Donati’s code 

and the images derived using D O T S  is determined by minimizing the spot area obtained 

at a fixed level of it is not clear exactly how this discrepancy arose. The differences 

may be due to the combined effect of slight mismatches both in the value of line EW a.iid 

in limb darkening prescriptions in both codes.

Cross-correlation functions (ccfs) have been produced by cross-correlating bright

ness maps at each latitude. The ccfs have been normalized using the mean of the peak 

values of auto-correlation functions for both images at each latitude (Barnes & Jardine 

1998). Typical ccfs from the Doppler images are shown in Fig. 6.26. The smeared out 

cross-correlation peaks at high latitudes (greater than 70°) indicate that, while the cor

relation is still good, the polar spots are so large that they only have a weak longitude 

dependence. Furthermore, mercator projection of the maps lead to the polar regions being 

over-emphasised.

In order to compare fine structure over specific regions, the maps have been collapsed
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Figure 6.26; The ccfs shown are of our brightness maps against Donati’s maps. The 

greyscale represents the strength of the ccf peaks, the areas with the strongest correlation 

are black and the areas showing no correlation are white.

23-25 Dec 1996: Brightness maps- equatorial07 Dec 1995: Brightness maps- equatorial

Ii

_U’
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Figure 6.27: Brightness maps collapsed in between -30° to 4-30° latitude. Solid and dashed 

lines are as described in Fig. 6.25.

23-25 Dec 1996: Brightness maps - polar07 Dec 1995: Brightness maps - polar

§I I

100300100
Longitude

Figure 6.28: Brightness maps collapsed in between 60° to 90° latitude. Solid and dashed 

lines are as described in Fig. 6.25.
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07  D ec 1995: Radial flux 23-25 D ec 1996; Radial flux

a
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Figure 6.29; Slices for radial maps collapsed in longitude, a) for image with worst phase 

coverage and b) for the image with the best phase coverage. The solid line and dashed line 

represents our image and Donati’s image respectively . The flux plotted here represents 

the magnetic flux normalized by the relative pixel areas at each latitude band (measured 

in G).

in the equatorial region and are plotted in Fig. 6.27. The relative pixel areas have been 

normalized such that the stellar equatorial radius is one as before. By summing up these 

weighted fluxes over the lower latitudes, from -30°to +30°, the brightness images show 

an excellent correlation between both sets of images. The agreement for 1996 Dec 23-25 is 

better than that for 1995 Dec 07, where we consistently reconstruct more spots compared 

to Donati’s image. This confirms the pattern seen in Fig. 6.25.

The structure in the high latitude regions has been summed over latitude bands 

between 60°and 90°in Fig 6.28. These plots confirm that Donati’s maps systematically 

reconstruct a higher level of spot coverage. While high-latitude structure definitely ex

ists on AB Dor, the extent to which it covers the pole is determined by fine-tuning line 

parameters. The most likely explanation for this discrepancy results from differences in 

the values of the line EW used to model the intrinsic line profile contribution from the 

immaculate photosphere. This combined with different weighting schemes could lead to 

discrepancies in the reconstructed images.

Magnetic maps

a) Radial maps

Radial maps collapsed in longitude (Fig. 6.29) show that the actual positions of 

the summed magnetic regions at each latitude band are reconstructed very well in the
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Figure 6.30: Cross-correlation functions for the radial maps. Greyscale as in Fig. 6.26
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Figure 6.31: Radial maps collapsed between 30° to -t-30° latitude. The flux is calculated 

and plotted as described in Fig. 6.29

magnetic images even with poor phase coverage (as with the 1995 Dec 07 dataset). The 

relative strength of the magnetic flux at each latitude does not match so well, however. 

This is probably due to the combined effect of different amounts of smearing in both 

programs and the presence of alternating polarities in radial fleld maps at each latitude 

causing cancelling out to different extents in both images.

By cross-correlating constant-latitude slices, we can evaluate how the consistency 

of the maps varies with latitude thus avoiding the effects of opposite polarities cancelling 

out. They are centred around a shift of 0° showing excellent agreement in the maps. 

The increased smearing in the ccf peak observed for 1995 Dec 07 is due to the radial flux 

distribution being less longitude-dependent at this epoch. The increased smearing of the 

ccf at high latitudes is less than that for the brightness maps (see Fig. 6.26), but also 

reflects that the pattern at higher latitudes is increasingly longitude-independent.

If we compare fine structure at low-latitudes, we can see that the radial maps show 

excellent agreement in both position and level of reconstructed flux (Fig 6.31). The sizes
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Figure 6.32: Radial maps collapsed in between 60° to 90° latitude. Solid and dashed lines 

are as described in Fig. 6.29.

of these magnetic spots are found to vary from about 10° (about the limit of resolution 

in these reconstructions) up to 30°. In contrast to the brightness images, the radial maps 

show an excellent level of agreement at high latitudes, regarding both the positions and 

the overall levels of fluxes (as illustrated in Fig. 6.32). The average size of these regions 

ranges from 20° up to over 50° in longitude.

b) Azimuthal maps

Since the azimuthal field is often unipolar over a large range of longitudes at each latitude, 

one would expect these images to be less subject to cancelling out effect than the radial 

images when summing over aU longitudes. Indeed, as Fig. 6.33 shows, there is more 

agreement between the two sets of images than that found in Fig. 6.29.

In general, the correlation between the positions and flux densities of the azimuthal 

field is best up to about 50°. The smeared out ccf peak at higher latitudes reflects the 

poorer longitude-dependence of azimuthal structure (clearly seen in the large monopolar 

fields stretching from 65° to 80° in the azimuthal maps in Figs 6.7 & 6.13. This is further 

confirmed by comparing the auto-correlation functions (acfs) for the d o t s  1995 Dec 07 

radial and azimuthal flux maps (Fig. 6.35). The acf for the radial map (Fig. 6.7c) is clearly 

narrower than that for the corresponding azimuthal map at latitudes higher than aboul 

50°.

As with the radial maps, the azimuthal flux levels are in good agreement at low- 

latitudes. The angular sizes of the magnetic spots are similar to those observed for the 

radial maps at low-latitude (Fig. 6.31). At high latitudes Fig. 6.37 shows that while the
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Figure 6.33: Slices for azimuthal maps collapsed in longitude. The flux is calculated and 

plotted as described in Fig. 6.29
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Figure 6.34: Cross-correlation functions for azimuthal maps. Greyscale as in Fig. 6.26.

R a d ia l  c c f Azimuthal acf

Figure 6.35: Auto-correlation functions for radial and azimuthal maps from 1995 Dec 07. 

Greyscale as in Fig. 6.26.
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Figure 6.36: Azimuthal maps collapsed in between -30° to -+-30° latitude. The flux is 

calculated and plotted as described in Fig. 6.29
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Figure 6.37: Azimuthal maps collapsed in between 60° to 90° latitude. The flux is calcu

lated and plotted as described in Fig. 6.29

positions of the magnetic structures are in agreement, the levels of flux may differ. Unlike 

the plots which are collapsed over each latitude, (Fig. 6.33), these plots are more sensitive 

to cancellations of different polarities when summing over latitudes. Additionally, there 

is a slight difference in the two sets of magnetic maps maps in that Donati’s images have 

been reconstructed allowing three vector fields to be mapped (including meridional) while 

the D O T S  images have been reconstructed using only the radial and azimuthal vectors. 

While the meridional contribution from circularly polarized spectra is greatly reduced in 

high inclination stars (Donati & Brown 1997), a small amount of meridional field has been 

recovered at high latitudes.
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6 .5  S t im m a r y

6.5.1 AB Dor

lu the Sun, the toroidal flux is confined to an overshoot layer at the bottom of the convec

tive zone, as in the model by Rudiger k  Brandenburg (1995). Buoyancy ensures that the 

flux is predominantly radial when it emerges at the stellar surface. Using solar models, 

both Schüssler et al. (1996) and De Luca, Fan k  Saar (1997) find that flux tends to be 

confined to high latitudes on rapid rotators. The low-latitude band of cool structure re

constructed in AB Dor’s brightness images is not easily explained using the above theories 

and may be indicative of some non-solar dynamo process talong place in rapid rotators. 

Another possibility is that what we observe may be caused by meridional flows in the 

convective zone which have been found to push toroidal field belts towards the equator 

(Choudhuri, Schuessler k  Dikpati 1995)

Strong azimuthal flux is measured at the surfaces of AB Dor, LQ Hya and HR 1099. 

In rapid rotators there must be a component of the toroidal flux much closer to the surface 

so that the horizontal component of the flux remains strong when it emerges at the surface. 

This may be evidence of a strong azimuthal field component residing near the surface in 

the stellar convective zone.

The fact that the strength and polarity of azimuthal flux on AB Dor appears to 

be consistent over a period of years indicates that they are affected by the action of the 

stellar dynamo. One would expect the polarity of these toroidal fields to evolve on a 

time-scale of a stellar activity cycle (about 20 years for AB Dor). In 1998 we detect high 

latitude radial field for the first time. Additionally, positive flux is no longer dominant in 

the mid-latitude region of the azimuthal map. This may be indicative of the underlying 

parent toroidal fleld evolving over AB Dor’s activity cycle.

6.5.2 Comparisons

From the maps presented here we can conclude that neither the DI or the ZDI codes are 

sensitive to poor phase coverage provided the data is of sufficiently good quality. The same 

line parameters are used to model the local Stokes I and Stokes V intensity contributions 

for both the brightness and magnetic maps. DI appears to be more sensitive to incorrect
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line modelling than ZDI. Azimuthal flux appears to be the least longitude dependent 

structure on these maps (as shown by the smeared out correlation peaks at mid to high 

latitudes).

We find that even the fine structure in the maps obtained using both sets of DI 

codes shows a high level of agreement. In the case of DI, line parameters are the hardest 

to model accurately. Both codes reconstruct high latitude structure in the brightness maps 

but the extent to which the polar region is covered in spots depends on the photospheric 

line EW used. The magnetic maps are much less sensitive to incorrect line parameter 

modelling. In general our magnetic maps are more smeared out than Donati’s. This is 

due to the different definitions of maximum entropy causing a difference in the sharpness 

of the resultant images. However, this difference is mostly cosmetic.

In conclusion we have demonstrated that both magnetic and brightness maps ob

tained using DI techniques are consistently reconstructed using two independently devel

oped codes. This taken together with previous studies such as that of Unruh & Col

lier Cameron (1995) indicates that the cool polar spot that has been found in all maps of 

AB Dor in datasets since 1992 Dec is almost certainly real. However, it may not neces

sarily be as extensive as in the maps presented in previous papers. While there may be 

some ambiguity in the location of the strong bands of azimuthal field at high latitudes, 

the strengths of the reconstructed fluxes agree very well for all magnetic maps regardless 

of the quality of phase coverage in the datasets available. We believe that these maps 

provide evidence for the consistency and stability of DI and ZDI techniques.
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CHAPTER 7

Stellar prominences

111 this chapter I present a snmmation of the stellar prominence phenomenon. Following 

this introduction, the techniques used to measure the positions of prominences using the 

Ha absorption line are described. Back-projected maps of observations taken over a period 

spanning a week in 1996 December are presented. During this time, the best-sampled 

spectral dataset of AB Dor was taken. Finally I conclude by discussing the significance of 

our results, particularly when taken in conjunction with surface brightness and magnetic 

images obtained from this dataset.

7.1 Introduction

CoUier Cameron et al. (1988) report coronal temperatures of the order of 10̂  K for 

AB Dor through X-ray observations. X-ray emission measurements taken over a period 

of five years show evidence of short term variability. Due to systematic effects caused by 

gaps in phase coverage, only a small percentage of these variations can be attributed to 

rotational modulation (Kiirster et al. 1997). However, this does provide evidence of a 

small degree of inhomogeneity in the stellar corona. Kfirster et al. (1997) find no trends 

in the X-ray observations in terms of long-term activity cycle variations thus supporting 

the theory of active stars possessing “saturated” coronae.

The Ha absorption fine is filled almost to the continuum level by chromospheric 

emission in the spectra of the active KO dwarf, AB Dor (Collier 1982; Vilhu k  Walter 

1987). Robinson k  Collier Cameron (1986) reported the presence of fast moving absorption 

transients in the Ha spectra of AB Dor. The narrow absorption transients observed in 

the Ha profiles of AB Dor all have the following characteristics:
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- T h e  stru ctu res a lw ays m ove from  th e  b lue to  red.

- E ach  ab sorp tion  fea tu re  sh ow s varia tion  in  its  E W  as it  crosses th e  lin e  profile.

- T h e  drift ra te  differs in  each  o f  th e  ob served  even ts.

- T h e  t im e  in  w hich  th e  tra n sien t crosses th e  en tire H a  profile varies b u t it  is a lw ays o f  

th e  order o f  on e to  tw o  hours (com p ared  to  tran sit t im e s  for su rface fea tu res w hich  

ta k e  a b o u t s ix  h ou rs).

- B o th  th e  d ep th  an d  th e  E W  o f  th e  tra n sien ts  vary w ith  t im e  reach in g a  m a x im u m  

near th e  m id -even t ( th e  m id -p o in t b etw een  th e  b lue-w ard  an d  red-w ard  fim it over  

w hich  it  is ob served ).

- T h e  m id -even t o f  each  crossin g  d oes n o t n ecessar ily  co in cid e w ith  th e  cen tre  o f  th e  

H a  lin e profile.

T h e  m o st lik ely  h y p o th e s is  to  exp la in  aU th e  ab ove ch aracter istics is fou n d  to  be  

th e  p resen ce o f  cloud s o f  co o l m a ter ia l, su sp en d ed  ab ove th e  ch rom osp h ere , w hich  sc a tter  

ch rom osp h eric H a  p h o to n s  o u t o f  th e  lin e o f  sigh t (C ollier C am eron  k  R ob in son  1 989a). 

T h e  ra te  at w hich  an  a b sorp tion  tran sien t drifts across th e  H a  profile in d ica tes  th e  d is

ta n c e  o f  th e  cloud  from  th e  s ta r ’s ro ta tio n  axis (see  F ig . 7 .1 ). W h en  th e  cloud  b eg in s to  

tra n s it  th e  ste llar  lim b , a  flu x  deficit a t a  p o sitio n  corresp on d in g  to  U g s in ic o s /  is fou n d  

in  th e  H a  lin e profile (w h ere I is th e  ste llar  la t itu d e ). A s m ore o f  th e  cloud r o ta te s  in to  

th e  lin e  o f  s ig h t, th e  am ou n t o f  ab sorp tion  wiU in crease up  to  a  m a x im u m  lev e l, w h en  

th e  en tire  cloud  is ob scu rin g  th e  ste llar  d isc. T h e  eq u ivalent w id th  an d  d ep th  o f  th e  flu x  

d eficit wiU th e n  rem ain  co n sta n t u n til th e  cloud  b egin s to  sp in  o u t o f  v iew  aga in .

T h e  ta n g e n tia l v e lo c ity  o f  th e  cloud  varies accord in g  to:

Vc{t) — sin  i  cos Z sin  (7 .1 )

H ere ^  is th e  a x ia l d ista n ce  o f  th e  cloud  in  u n its o f stellar rad ii, i© is th e  t im e  o f  crossin g  

at th e  ob server’s m erid ian  an d  P  is th e  p eriod  o f  th e  star .

T h e  d istan ces o f  th e  cloud  com p lexes from  th e  stellar r o ta t io n  ax is can  b e  ca lcu 

la ted  u sin g  th e  v e lo c ity  varia tion s o f  th e  ab sorp tion  tra n sien ts . In  A B  D or, m o st o f  th e  

p rom in en ces are fou n d  to  lie  b ey o n d  th e  s ta r ’s K eplerian  co r o ta tio n  rad ius (a t  2 .6  R *)
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F igu re 7.1: T h is p lo t illu stra tes  how  th e  ra te  at w hich an a b sorp tion  tran sien t crosses th e  

H a  profile is d ep en d en t on  th e  d ista n ce  o f  th e  ab sorb ing  cloud  from  th e  ro ta tio n  ax is. T h e  

d iagram  has b een  tak en  from  C ollier C am eron  (1 9 9 6 ).

an d  are th o u g h t to  be anchored  to  th e  stellar surface by m a g n etic  loop s as in th e  case  

o f  q u iescen t solar p rom inences (C ollier C am eron  & R ob in son  198 9 a ). N o te  th a t  th e se  

p rom in en ces are m uch furth er ou t th a n  in th e  solar p rom in en ce case  and h en ce a d irect 

com p arison  m ay b e so m ew h a t m islead in g . Further su p p ort w as g iven  to  th is th eo ry  w hen  

C ollier C am eron  h  R ob inson  (1 9 8 9 b ) observed  A B  D or over co n secu tiv e  ro ta tion  cycles  

w ith  b e tte r  p h ase coverage. T h ey  report m easu rin g  ab sorp tion  tra n sien ts  w hich  recur at 

th e  sam e p h ases in su ccessive  ro ta tio n  cyc les. T h is in d icates th a t  th e se  n eu tra l h ydrogen  

clou d s are held  in rigid ro ta tio n  w ith  th e  surface. T h e  m o st p rob ab le  ex p la n a tio n  is th a t  

th e se  p ro m in en ce-ty p e  com p lexes form  from  flow s in closed  lo o p s o u ts id e  th e  co ro ta tio n  

rad iu s. T h e field geo m etry  o f  th e  loop  leads to  a p o te n tia l w ell form in g  at th e  su m m it  

o f  th e  closed  lo o p s w hich  is w here th e  prom inence w ill form . T h e  m ater ia l at th e  loop  

su m m it coo ls due to  rad ia tive  lo sses cau sed  by th e  en h an ced  p la sm a  d ensity .

C ollier C am eron  & R ob in son  (1 9 8 9 b ) a lso  n o te  th e  form ation  o f  new  cloud com p lexes  

w ith in  a day ( i.e . tw o  ro ta tio n  p eriod s) as w ell as th e  s tren g th en in g  o f com p lexes in th e  

sam e p o sitio n  on  su ccessive  n igh ts . T h is ra te o f  evo lu tion  is less th an  th e  life tim es o f  

q u iescen t p rom in en ces on  th e  Sun (w h ich  are o f  th e order o f  m o n th s)  and slow er th an  

th e  solar a c tiv e  region  p rom in en ces w hich  la st for a few  h ours. Ferreira & Jard in e (1 9 9 5 )  

find th a t  th e  loss o f  eq u ilibrium  o f  stellar prom inences w ill d ep en d  on th e  b ase p ressure.

166



tem p era tu re  an d  fo o tp o in t sep ara tion  o f  th e  lo o p s. N ow  th a t  th e  su rface d ifferen tia l 

ro ta tio n  ra te  o f  A B  D or h as b een  d eterm in ed  it  sh ould  b e  p o ssib le  to  ev a lu a te  if  su rface  

sh ear a ffects th e  t im esca le  over w hich  p rom in en ces evolve.

S im ilar a b sorp tion  tra n sien ts  to  th o se  foun d  at H a  are fou n d  in  all b righ t ch rom o

sp heric lines for A B  D or (C ollier C am eron  et al. 1 990 ). From  H a  m ea su rem en ts  a lon e  

it  is d ifficult to  p lace con stra in ts  on  th e  m a sses o f  th e  p rom in en ce com p lexes. T h e  E W  

o f th e  H a  a b sorp tion  tra n sien ts  d ep en d  on  th ree factors: th e  to ta l  co lum n  d en sity; th e  

d egree o f  ex c ita tio n  an d  io n iza tio n  o f  H in  th e  cloud  in  q u estion  an d  th e  a m p litu d e  o f  tu r 

b u len t ran d om  m o tio n s  in  th e  cloud . T h e  C a  i i  II & K  and  M g ii li & k  in d ices are m ore  

re liab ly  u sed  to  eva lu a te  th e  d en sity  o f  th e  p rom in en ce-typ e  com p lexes as th ey  are m ore  

se n sitiv e  to  th e  co lum n  d en sity  an d  th e  tu rb u len t m o tio n s w hereas H a  is m ore sen sitiv e  

to  th e  tem p era tu re  o f  th e  cloud . W h ile  th e  clouds are o p tic a lly  th ick , ra d ia tiv e  s c a t

ter in g  d o m in a tes th e  sou rce fu n ctio n  lead in g  to  all lin e  p h o to n s  b ein g  re -em itted  in  th e  

sa m e lin e, ev en tu a lly  escap in g  from  th e  cloud  in  a  ran d om  d irection . T h ere is lit t le  co u 

p lin g  b etw een  th e  th erm a l p rop erties o f  th e  cloud  and th e  ra d ia tio n  field in  th e  H a  line. 

U sin g  s im u ltan eou s o p tica l and  u ltrav io le t ob serva tion s, C ollier C am eron  e t  al. (1 9 9 0 )  

con clu d e th a t  th e  m asses o f  th e  co o l clouds are o f th e  order o f  2-6  10^4cg and  th a t  th e y  

ty p ic a lly  cover 0 .1 5  to  0 .20  o f  th e  p ro jec ted  area  o f th e  ste llar  d isk . T h ey  a lso  m easu red  

w eak  “p e d e sta l” em iss ion , p eak in g  a  d ista n ce  o f  ab ou t 3ug sin  i. A ll cloud s p resen t in  th e  

coron a  co n tr ib u te  to  th is . T h e  to ta l  sca ttered  flu x  is foun d  to  b e  a b o u t 3% o f  th e  to ta l  

ch rom osp h eric em ission . T h ey  con clu d ed  th a t  w hile th ere  w ere s ix  to  ten  tra n sien ts , th e  

to ta l  num ber o f  clou d s a ctu a lly  p resen t cou ld  b e  up to  20 w ith  to ta l  m a sses reach in g  up 

to  lO^^kg. C loud  tem p era tu res are fou n d  to  b e  in  th e  region  o f  8 000  to  9000  K.

S ince th e  d e tec tio n  o f  fa st m o v in g  H a  ab sorp tion  tra n sien ts  on  A B  D or, p rom in en ce- 

ty p e  com p lexes h ave b een  fou n d  to  ex ist arou n d  eigh t o th er  a c tiv e  co o l sta rs (B a rn es e t al. 

1998; B yrn e, E lb e  & H oliest on  1996; Jeffries 1993; C ollier C am eron  &: W ood s 1992; D oy le  

& C ollier C am eron  1 9 90 ). In  th e  case  o f  th e  G d w arf H e 699 B arn es e t al. (1 9 9 8 ) find  th a t  

a b sorp tion  m ay  or ig in a te  on  or near th e  p h otosp h ere. B yrn e, E ib e & H olies ton ( 1996) 

a lso  find  th a t  m a n y  o f  th e  p rom in en ces on  th e  M dw arf, HK A q r, lie  b elow  th e  co ro ta tio n  

rad iu s an d  con clu d e th a t  a  p rom in en ce can  form  w hen  a  lo o p  b eco m e ste llar  s ized  and  

h ea tin g  m ech an ism s b eco m e inefficient resu ltin g  in  a tem p era tu re  m in im u m  at th e  loop  

a p ex . P rom in en ces on  th e  o th er co o l stars have b een  foun d  to  lie  e ith er a t or b eyon d  

th e  co ro ta tio n  rad ius. Jeffries (1 9 9 3 ) n o te s  th e  p resen ce o f  em ission  tra n sien ts  e ith er
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p reced in g  or fo llow in g  a b sorp tion  fea tu res on  H D  197890 . H e a ttr ib u tes  th e se  e ith er  

to  su rface a ctiv ity , or p o te n tia l flare a c t iv ity  cau sed  b y  th e  m o v em en t o f  p rom in en ces  

(crea tin g  stresses  in  th e  coron a l m a g n e tic  field  th u s tr iggerin g  flare a c t iv ity ) . D o n a ti & 

C ollier C am eron  (1 9 9 7 ) a lso  n o te  sim ilar fea tu res in  b o th  H a  an d  H ^  profiles for A B  D or  

tak en  in  1995  D ecem b er, b u t th e se  sam e em ission  fea tu res w ere n o t recovered  eigh t cycles  

la ter  in  a  su b seq u en t set o f  ob servation s.

D esp ite  b e in g  chrom osphericaU y a ctiv e , n o  H a  tra n sien ts  a t aU h ave  b een  fou n d  

in  th e  sp ec tr a  o f  th e  K d w arf B D  + 2 2 °  44-09 (Jeffries e t al. 1 9 9 4 ). T h is m ay  b e  d ue to  

th e  com b ined  effects o f  th e  s ta r ’s low  in c lin a tio n  an gle, 5 0 ° ± 1 0 °  an d  th e  f la tte n in g  o f  th e  

p rom in en ces in  th e  eq u ator ia l p la n e  d ue to  centrifu gal forces. H en ce i f  p rom in en ces w ere  

p resen t th e y  w ere to o  far ou t to  tra n sit  th e  p ro jected  ste llar  d isk . R ecen tly , E ib e  e t  al. 

(1 9 9 9 ) fou n d  th a t  w h ile  n o tra n sien ts  are ob served  in  th e  H a  profile for th is  s ta r , th e  

H a  profile ap p ears to  b e  d isp laced  to  th e  b lu e com p ared  to  o th er  a b sorp tion  lin es. T h e  

a b sorp tion  on  th e  b lu e  w in g  in d ica tes  an inflow  o f n eu tra l h yd rogen  fo llow in g  th e  large  

sca le  g lo b a l field  o n ce released  from  m a g n e tic  con finem ent in  th e  ste llar  corona.

7.2 M easuring prominences

7.2.1 Back-proj action

A  m od ified  version  o f  th e  b a ck -p ro jection  tech n iq u e d escrib ed  b y  C ollier C am eron  & 

R ob in son  (1 9 8 9 a ) w as used  to  m easu re  th e  p h ase , 0, and  d is ta n c e , n7, o f  each  p rom i

n en ce  co m p lex  ob served  from  th e  ste llar  ro ta tio n  axis for sp e c tr a  tak en  a t th e  A A T  in  

1996 D ecem b er. T h e  H a  sp ec tr a  p resen ted  here w ere redu ced  an d  e x tr a c te d  as d escrib ed  

in  C h ap ter 5. A s th e  d yn am ic  H a  sp ec tr a  clearly  sh ow , (F ig s . 7 .4&  7 .5 ) severa l cloud  

com p lexes w ere presen t around  A B  D or during th is  period .

C lou ds at an a x ia l d ista n ce , cc?, crossin g  th e  m erid ian  a t a  t im e , to, co n tr ib u te  to  

a  sp ecific  v e lo c ity  sh ift an d  p h ase  in  th e  ob served  d yn am ic sp ec tr a . T h e  tra jec to r y  th e  

ab sorb ed  co m p o n en t in  th e  H a  profile fo llow s over th e  ro ta tio n  cyc le  is a  sin u so id  cen tred  

on  th e  cen tre  o f  m ass v e lo c ity  o f  th e  star . T o m ap  th e  p rom in en ces, th e  flux co n tr ib u tio n s  

for th e  sp ecific tra jec to r y  fo llow ed  b y a  cloud  a t a  d istan ce , w ,  an d  p h a se , 9, are averaged  

over th e  t im e  series sp ec tr a  o f  th e  star  w ith in  + %  sin  i. T h is is d on e for p rom in en ces a t a
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ran ge o f  vo an d  0. E ach  average flu x  valu e is w ritten  to  a rectan gu lar  array e lem en t which  

corresp ond s to  th e  relevant w  an d  9, H ence th e se  rectan gu lar b a ck -p ro jected  m ap s in d ica te  

th e  flu x  deficit due to  cloud  a b sorp tion  as a  fu n ctio n  o f  r o ta tio n  p h a se  and d is ta n c e , w .

In order to  m a x im ize  th e  con tr ib u tion  o f  sharp a b sorp tion  cores in  th e  lin e profiles, 

th e  sp ec tr a  are “u n sh arp -m ask ed ” prior to  b ack -p rojection  (C ollier  C am eron  & R o b in 

son  198 9 a ). T h e  p rocess o f  u n sh arp -m ask in g  in vo lves p rod u cin g  a  version  o f  th e  orig inal 

d y n a m ic  sp ectru m  w hich  h as b een  G a u ssia n -sm o o th ed , u sin g  a  cr-width o f  14 p ixels (or  

a b o u t 0 .6 Â ) in  th e  w a v elen g th  d irection . T h is value is d eterm in ed  by th e  sp ec tra l reso

lu tio n  o f  th e  d a ta se t. T h is  is th e n  su b tra c ted  from  th e  orig in a l d y n a m ic  sp ec tru m  and  

resu lts  in  th e  rem oval o f  lo w -co n tra st n o ise  in  th e  ob served  sp ec tra . F igs. 7 .6  & 7 .7  show  

b a ck -p ro jectio n s o f  u n sh arp -m ask ed  sp ectra .

S lices o f  th e  b ack -p ro jected  im a g e  are taken  at th e  d ista n ce  w h ere th e  a b sorp tion  

core for each  p rom in en ce is s tro n g est . P rom in en ce p h ases are m easu red  by ev a lu a tin g  at 

w hich  p h a se  th e  cloud  core crosses th e  ob serv er’s m erid ian  in  v e lo c ity  sp ace . D u e  to  th e  

lack  o f  p h ase  coverage and  n o ise  in  th e  ob served  sp ectra , w e find  th a t  th e  recovered  clou d 

like fea tu res are d iffuse an d  sh ow  a  w eak  correlation  w ith  a x ia l d istan ce . L ine b isec to r  

a n a ly sis  is u sed  to  m easu re th e  p h ases a t w hich  th e  p rom in en ces cross th e  p ro jec te d  d isc.

7.2.2 Measuring absorption transient centroids

In cases w here a  co m p lete  tra n sit  h as b een  ob served  o f  a  n arrow  ab sorp tion  fea tu re , 

th e  a x ia l d ista n ce  can  b e  m easu red  d irectly . T h is  is d on e b y  ex p a n d in g  th e  exp ression  

in  E q n . 7 .1  for sm all values o f  2 7 rt/P . T h e  velocities o f  th e  clou d s can  b e  m easu red  

m ore a ccu ra te ly  b y  co m p u tin g  th e  t im e  derivatives ( to  first ord er) o f  th e  m o n o ch ro m a tic  

in te n s ity  profiles (F ig s . 7 .4  to  7 .5 ). T h is  is d on e by sh iftin g  th e  d y n a m ic  sp ec tr a  by ±A 4>  

an d  th e n  ca lcu la tin g  th e  d ifference b etw een  th e se  tw o  se ts  o f  sp ec tra . If th e  cen tre o f  th e  

ab sorb in g  co lu m n  varies in  w a v elen g th  as A(<;6/27r), th e  d ista n c e  o f  th e  cloud  is m easu red  

by eva lu atin g:

A(<̂ /2?r +  A $) -  A(<̂ /2?r -  A $).
d{(j)/2Tr)

T h e  value o f  A $  d ep en d s on  th e  t im e  reso lu tion  o f  th e  im a g es. S om e ty p ic a l fits to  th e  

w a v elen g th  at w hich  th e  d erivative  is zero at each  t im e  seg m en t are sh ow n  in  F ig . 7 .2 . 

M easu rem en ts o f  p rom in en ce d istan ces ca lcu la ted  u sing  th is  tech n iq u e are com p ared  to
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F igu re  7.2: F its  to  th e  cen tro id s o f  tra n sits  on  1996 D ecem b er 23 an d  2 7 th  resp ective ly , 

d ista n ces ev a lu a ted  u sin g  th e  b a ck p ro jected  m ap s in  T ab le 7 .1 .

7.3 Results

T h e error a sso c ia ted  w ith  th e  b ack -p ro jected  d ista n ce  m ea su rem en ts  is an error 

reflec tin g  th e  precision  o f  th e  m ea su rem en ts o f  th e  stro n g est a b so rp tio n  lin e  core in  th e  

b ack -p ro jec ted  m a p s. A s F ig . 7 .3  sh ow s, th e  stro n g est reg ion s in  th e  p rom in en ce to m o 

gram s are d ifficult to  d eterm in e accurately . T h is is b eca u se  th e  a b sorp tion  tra n sien ts  are  

o fte n  to o  d iffuse an d  co m p lex  to  b e  tracked  back  to  on e d iscrete  va lu e o f  d ista n ce . T h e  

errors o n  th e  d irect m ea su rem en ts o f  co m p lete  tra n sits  are m u ch  easier to  ev a lu a te  i f  on e  

u ses th e  sc a tter  on  th e  stra igh t lin e  fits  to  th e  v e lo c ity  varia tion s o f  th e  cen tro id  (a s sh ow n  

b y  th e  fits  in  F ig . 7 .2 ) . If  th e  ab sorp tion  tra n sien t is d iffuse m ak in g  th e  centre h ard  to  tra ce  

or th e  record  o f  th e  tra n sit  in co m p lete , th e  in creased  u n certa in ty  on  th e  m ea su rem en ts is 

reflected  b y  th e  sc a tter  on  th e  stra ig h t fine fit  (as in  th e  case o f  P ro m in en ce  I ) .  T h e se  di

rect m ea su rem en ts differ su b sta n tia lly  from  th e  b ack -p ro jected  m ea su rem en ts. T h e  errors 

o b ta in ed  u sin g  th e  m eth o d  w hich  d irectly  m easu res th e  p o sitio n s  o f  th e  tra n sien t cen tro id s  

p rov id e a  m ore accu ra te  e s t im a te  o f  th e  precision  o f  th e  b ack -p ro jected  m ea su rem en ts. In  

cases w h ere th e  en tire  tra n sit  is su ffic ien tly  w ell recorded, th e  d irect cen tro id  track in g  

m e th o d  is th e  m ore reliab le an d  accu ra te  techn iqu e.

T h e  p o s it io n  o f  each  cloud  co m p lex  for th is  set o f  d a ta  is g iven  in  T ab le 7 .1 . W e 

o b serve clou d s at a  ran ge o f  d istan ces from  th e  stellar ro ta tio n  a x is  (2 .1  to  4 .5  R *).
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T ab le  7.1: Id en tifica tio n  and lo c a tio n  o f  H a - ab sorb ing  cloud s. T h e  p h a ses o f  th e  tra n 

s ien ts are m easu red  in  r o ta tio n  cyc le  num ber. T h e  d ista n ce  o f  th e  cloud s m easu red  u sin g  

b a ck -p ro jection  m ap s are g iven  in  th e  th ird  colum n. T h e  d ista n ces o f  clou d s m easu red  

b y th e  d irect cen tro id  track in g  tech n iq u e describ ed  ab ove are g iven  in  th e  fou rth  co lu m n . 

F in a lly , th e  ro ta tio n  p eriod s o f  p rom in en ces w hich  h ave b een  recovered  m ore th a n  o n ce  

are g iv en  in  th e  fifth  co lum n.

Ident P h a se w i / R * 572/ R* P er iod  /  d

Aa 1 1 9 3 5 .9 2 4  ± 0 .0 0 2 3 .0  ± 0 . 2

Ab 11935 .941  ± 0 .0 0 2 4 .5  ±  0 .2

B 1 1936 .001  ± 0 .0 0 2 4 .7  ±  0 .2 3.9 ± 0 .4

C 1 193 6 .1 2 9  ± 0 .0 0 2 3 .2  ± 0 . 2

D a 11939 .541  ± 0 .0 0 2 4 .2  ± 0 . 2 4 .8  ± 0 . 9

Db 1 193 9 .5 8 3  ± 0 .0 0 2 4 .2  ± 0 . 2 4.8 ±  0.8

E 1 193 9 .7 0 2  ± 0 .0 0 2 3 .1  ± 0 . 3

F 1 1 939 .753  ±  0 .002 3 .4  ± 0 . 2

G ( G 6 ) 1 1 939 .870  ± 0 .0 0 2 3 .5  ± 0 . 2 4 .9  ± 0 . 7  (20  ± 3 )

Aa'l 1 1939 .923  ±  0 .002 2 .7  ± 0 . 2 0 .5 1 4 7  ± 0 .0 0 0 6

A6? 1 193 9 .9 3 7  ± 0 .0 0 2 4 .5  ± 0 . 2 0 .5 1 4 3  ±  0 .0 0 1 0

H 1 1 9 4 3 .4 5 4  ± 0 .0 0 2 3 .7  ±  0 .2 3 .8  ± 0 . 6

I 1 194 3 .5 0 5  ± 0 .0 0 2 4 .5  ± 0 . 2 6 .2  ±  1.6

J 1 1 943 .732  ±  0 .002 4.5 ±  0.8

K 1 194 3 .7 9 2  ± 0 .0 0 2 3 .2  ±  0 .2

G? 119 4 3 .8 6 7  ± 0 .0 0 2 3 .8  ± 0 . 2 0.5140 ±  0 .0 0 0 8

L 1 1 9 4 3 .9 4 4  ± 0 .0 0 2 2 .5  ± 0 . 2 0.5158 ±0.0002

M 1 1 947 .346  ± 0 .0 0 2 2.8 ± 0 .2

ATa/F? 1 1 9 4 7 .5 1 2  ± 0 .0 0 2 3 .8  ± 0 . 2 0 .5 1 5 6  ± 0 .0 0 0 4

Nh 1 1 9 4 7 .5 5 4  ± 0 .0 0 2 4.5 ±  0.2

0 1194 7 .6 9 0  ± 0 .0 0 2 3 .5  ± 0 . 2 3 .1  ± 0 . 2

P 1194 7 .7 6 5  ± 0 .0 0 2 3.8 ± 0 .2

Q IV - 11 9 4 7 .9 4  ± 0 .0 1
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F igu re 7.3: C ro ss-sec tio n s o f  b a ck -p ro jec tio n s  for p rom in en ces D a  an d  Dh  a t in creasin g  

ax ia l d ista n ces (w ith  b lack , red , green  and  b lu e rep resen tin g  a x ia l d istan ces o f  4 . 2 R *, 

4 .6  R *, 5 .0  R* and  5 .4 R* r e sp ec tiv e ly ) .

T h e  m a jo r ity  o f  p rom in en ces ap p ear t o  lie  a t d ista n ces ran g in g  from  2 .5  to  4 .7  R *w hich  

is  fu rth er o u t th a n  th o se  m ea su red  tw e lv e  m o n th s  p rev iou sly  (2 .1  to  a b o u t 3 R * (D o n a ti & 

CoUier C am eron  1 9 9 7 )). S evera l stru ctu res ap p ear to  b e  p resen t a t th e  sam e p o s it io n s  on  

m ore th a n  o n e  n ig h t. It is p o ss ib le  th a t  lo c a l sh earing  a t th e  fo o tp o in ts  o f  th e  m a g n e tic  

stru ctu res w ou ld  cau se th e  c lou d s to  drift in  lo n g itu d e  over t im e . A ltern a tiv e ly , th e  p h a ses  

a t w h ich  w e m easu re th e  fea tu res  m a y  corresp on d  to  th e  preferred  lo n g itu d es  a t  w hich  

p rom in en ces form .

L ook in g  a t F ig s . 7 .6  & 7 .7  in  d e ta il w e find  th a t  A a , A 6 , G  an d  I  are fea tu res  

th a t  h a v e  b een  recovered  m ore th a n  o n ce  (a s  in  T ab le 7 .1 ). F ig .7 .8  sh ow s th e  p h a se  d elays  

b etw e en  cloud  co m p lex es from  n igh t to  n ig h t. T h ere  ap p ear to  h ave  b een  clou d s at rou gh ly  

th e  sam e p o sit io n  as th e  su b co m p o n en t Ah (a t  ab o u t p h ase  0 .9 4 )  on  aU four n igh ts.

O f th e  o th e r  p rom in en ces w h ich  h a v e  b een  m easu red  m ore  th a n  o n ce , th e  fea tu res  

A a , G , an d  I  la s t  over 4  cyc les w ith  p er io d s o f  0 .5 1 4 7 , 0 .5 1 4 4  an d  0 .5 1 5 6  d ays resp ec tiv e ly  

(D o n a ti h  CoUier C am eron  (1 9 9 7 )  rep ort an  eq u ator ia l r o ta tio n  p er iod  o f  0 .5 1 3 2  d ays for 

A B  D or an d  its  accep ted  p h o to m e tr ic  p er iod  is 0 .5 1 4 7 9  d ays (Inn is e t al. 1 9 8 8 )). S horter  

Uved fea tu res (e .g . Z), JT, an d  K )  h a v e  U fetim es o f  u nd er 4  cy c les . T h e  accu racy  w ith
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H alpha:  Cycle  1 1 9 3 5  + H alpha:  Cycle  1 1 9 3 9  +
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F igu re 7.4: D y n a m ic  sp ec tra  o f  th e  H a  profile o f  A B  D or for d a ta  se ts  from  1996 D ecem 

ber 23 and  25 resp ective ly . G reysca le  levels cod e re la tive in te n s ities  (n orm alised  to  th e  

con tin u u m  level) ran gin g  from  0 .75  (b lack ) and 0 .9  (w h ite ) .
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H alpha:  Cycle  1 1 9 4 3  + H alpha:  Cycle  1 1 9 4 7  +
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F igu re 7.5: D y n a m ic  sp ec tra  o f  th e  H a  profile o f A B  D or for d a ta  se ts  from  1996 D ecem ber  

27 and 29 resp ective ly . G reysca le  levels as for F ig . 7 .4 .
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H alpha:  Cycle  1 1 9 3 5  + H alpha:  Cycle  1 1 9 3 9  +
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Axial d i s t a n c e  R*
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F igu re 7.6: B a ck -p ro jected  m ap s o f  th e  H a  prom inence a b sorp tion  fea tu res for d a ta  se ts  

from  1996 D ecem b er 23 and 25. G reysca le  levels cod e p a th -averaged  in te n s ity  ran g in g  

from  0 .001  (w h ite )  to  -0 .0 2  (b lack ).
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F igu re 7.7: B ack -p ro jected  m ap s o f  th e  H a  prom inence a b sorp tion  fea tu res for d a ta  se ts  

from  1996 D ecem b er 27 and 29. G reysca le  levels as for F ig . 7 .6 .
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F igu re 7.8; S lices th ro u g h  th e  b ack -p ro jected  m aps o f  d a ta  se ts  for a ll 4 n ig h ts  sh ow in g  

th e  p h a se  d elays for p rom in en ces A a , F, I  and  L.  T h e  la b e ls  sh ow  w h ich  n igh t is  

p lo tte d  in  th e  fu ll lin e , th e  su b seq u en t n igh t is represen ted  b y  th e  d o tte d  line.

w h ich  th e  p eriod s o f  p rom in en ce com p lexes can  b e d eterm in ed  d ep en d s on  th e  re la tiv e  

size  o f  th e  p rom in en ce com p lex  on  su b seq u en t n igh ts . For in sta n c e , th e  co m p lex  Ab a t  

1 1 9 3 9 .9 3 7  is  con sid erab ly  narrow er th a n  th a t  at 11935 .941  h en ce it  is d ifficult to  d eterm in e  

th e  re la tiv e  sh ift b etw een  th e  tw o  com p lexes w ith  p recision . A s Ab lies fu rth er o u t th a n  

co m p lex  T , it  has p rob ab ly  b een  ejected  b etw een  D ecem b er 2 5 th  an d  D ecem b er 27 , w ith  

th e  cloud  L form in g  a t th e  sam e lo n g itu d e  in th e  in terim .

W e d etec t flares on  3 o u t o f  4  o f  th e  n igh ts ob served , aU o f  w h ich  m ay  h ave life tim es  

o f  over 4  cyc les. T h ese  are fou n d  a t 1 1 9 3 6 .2 4 , 11943 .61  and 1 1 9 4 7 .2 9 . T h e  flare m easu red  

a t p h a se  0 .61  on  D ecem b er 27 la s ts  over 4 cycles as sh ow n  by th e  sm aller em ission  fea tu re  

in  th e  sp ec tra l tim e-ser ies  for cy c le  11947  in  F ig . 7 .5 .

P rom in en ce  G  is a sso c ia ted  w ith  a  rap id ly  r o ta tin g  ab so rp tio n  fea tu re  a t 11939 .87  

w hich  ex te n d s from  -180  k m s" ^  to  4-160 k m s “ ^. T h is rap id ly  m o v in g  fea tu r e  tak es  

ap p ro x im a te ly  0 .0 2 4  p h a se  to  cross th e  ste llar  disk.
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7.4 Discussion

C lou d s ap pear to  h ave form ed  furth er from  A B  D o r’s su rface in  th is  d a ta se t  com p ared  

to  th o se  ob served  in  1995 D ecem b er. P rom in en ces w ere a t an average d ista n ce  o f  2 .5  R* 

in  1995  (up  to  a  m ax . a t 3 .3 R * (D o n a t i & C ollier C am eron  1 9 9 7 )). W e find several 

p rom in en ce com p lexes a t a x ia l d ista n ces o f  a b o u t 4 .0  R* (up  to  a  m a x . a t 4 .7  R *). O nly  

four stru ctu res h ave b een  recovered  m ore th a n  on ce over th e  four n igh ts  (com p ared  to  

th r ee  p rom in en ces in  th e  tw o  n ig h ts ’ d a ta se t  tak en  in  1995 ). H ow ever, it  rem ain s u nclear  

w h eth er  th e se  w ere a ctu a lly  th e  sam e p rom in en ces or u n rela ted  p rom in en ces form in g  at 

th e  sam e s ites .

T h e  fa st  m ov in g  tra n sien t a sso c ia ted  w ith  p rom inence G  is sim ilar to  a  stru ctu re  

o b served  b y  C ollier C am eron  & R ob in son  (1 9 8 9 b ). T h is fea tu re  covered  a  v e lo c ity  ran ge  

from  a p p ro x im a te ly  -300  km  s"^ to  -100  km  s"^. T h ey  p o s tu la te  th a t  th e  tra n sien t fea tu re  

w as cau sed  b y a cloud  a t ab o u t 2 0 R *  m ov in g  ou tw ard  a t a b o u t 2 0 0 km s" ^  w h ile  still 

lock ed  in  co ro ta tio n  w ith  th e  su rface. T h e  fea tu re  w e ob serve near p h a se  11 9 3 9 .8 7  m ay  b e  

a n oth er  ex a m p le  o f  th is  k ind  o f  stru ctu re . M easu rem en ts o f  th e  ra te  a t w hich  th is  cloud  

(ca lled  Gh in  T able 7 ,1 ) crosses th e  d isk  in d ica te  th a t it lies o u t a t 20  R*. A s th e  tra n sit  

t im e  o f  a  cloud  a t th is  d ista n ce  is  so  sh ort th is  w ould  exp la in  th e  in freq uent ob serva tion s  

o f  th e se  m ore d ista n t lo o p s . F urth erm ore, th e  lik elihood  o f  a  cloud  ob scu rin g  th e  star  at 

th a t  d ista n c e  is very  low .

T ak in g  th e  m easu rem en ts o f  th e  lon ger-lived  p rom in en ces in  con ju n ction  w ith  th e  

d ifferen tia l r o ta tio n  m easu rem en t for th e  surface o f A B  D or (F ig  7 ,9 ) ,  w e find th a t  th e  

c lou d s are an ch ored  a t sp ec ific  la t itu d es  (5 3 ° , 4 3 ° , 3 6 ° ± 1 0 °  for p rom in en ces A a , A 6, an d  G  

an d  9 0 ° ± 2 0 °  for p rom in en ce N ) .  T h e  la t itu d e  p o sitio n s o f  th e  p rom in en ce fo o tp o in ts  cover  

a  w id er ran ge th a n  th o se  m o n ito red  in  1995 (w h ich  ran ged  b etw een  60° to  70° in  la t itu d e ) .  

H ow ever, th is  m a y  b e  d ue to  th is  d a ta se t  b ein g  m ore co m p lete  th a n  th a t  o b ta in ed  in  1995  

D ecem b er.

It w ould  ap pear th a t  th ere  is  n o  lo n g itu d e  a t w hich  p rom in en ces do n o t form . T h e  

d a ta se t  u sed  for th e se  m ea su rem en ts  tracked  th e  m o st co m p lete  fraction  o f  A B  D o r ’s 

coron a  to  d a te , D o n a ti e t al. (1 9 9 8 )  find  no ob v iou s corresp on d en ce b etw een  th e  p o sit io n s  

o f  th e  p rom in en ces an d  p o la r ity  in version  lin es on  th e  ste llar  su rface unlike th e  so lar case. 

H ow ever, th ere  are tw o  p o in ts  w orth  n o tin g  here. F irstly , it  is n o t clear w h eth er or n ot
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F igu re 7.9: A  p lo t to  sh ow  h ow  th e  la titu d e s  o f  th e  p rom in en ces can  b e  eva lu a ted  u sin g  

th e  sin^ d ifferen tia l ro ta tio n  re la tio n  m easu red  b y  D o n a ti an d  C ollier C am eron  (1 9 9 7 )

th e se  com p lexes are rea lly  an a logou s to  th e  solar p rom in en ces. T h ey  ap p ear to  b e m ore  

diffuse and  lie a t m uch fu rth er d istan ces com pared  to  th e  solar fea tu res. S econ d ly , th e  

m a g n e tic  m ap s w e o b ta in  th ro u g h  Z D I on ly  represent th e  flu x  averaged  over large areas  

an d  th e  rea l p o la r ity  in version  lin es m a y  a ctu a lly  lie a t d ifferent p o sit io n s  from  th o se  

es tim a te d  u sin g  our m a g n e tic  flu x  d en sity  m ap s. B earin g  th is  in  m in d , it  m ay  s till be  

p o ssib le  to  ev a lu a te  th e  fo o tp o in ts  an d  life tim es o f  th e se  p rom in en ces m ore a ccu ra te ly  

u sin g  b e tte r  sam p led  ob serva tion s traced  over sm aller gap s in  th e  s ta r ’s ro ta tio n  cyc le .

T h e  m a jo r ity  o f  p rom in en ce sign atu res in  th is  d a ta se t  are o n ly  ob served  o n ce. T h is  

m ean s th a t  th e y  o n ly  h ave  life tim es o f  a t m o st th ree  or four r o ta t io n  cyc les w hich  is m uch  

sh orter  th a n  th e  tim e sc a le  over w hich  su rface fea tu res evo lve. T h is  w ou ld  su g g est  th a t  th e  

coron a  h as a  very  co m p lex  to p o lo g y  w hich  evo lves m uch  fa ster  th a n  th e  su rface m a g n e tic  

d istr ib u tio n s. T h is m ay  in d ica te  th a t  d ifferentia l ro ta tio n  a t th e  ste llar  su rface d oes n ot  

ap p ear to  affect th e  life tim es o f  th e  p rom in en ces. A ltern a tiv e ly , sm a ll a m o u n ts o f  sh ear  

a t th e  p h o to sp h er ic  lev e l m a y  trigger th e  m ore rap id  ev o lu tio n  ob served  in  th e  coronal 

to p o lo g y  th u s exp la in in g  th e  sh ort t im esca les  over w hich  p rom in en ces are form ed  and  

ejected .
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CHAPTER 8

Sum m ary and Conclusions

H igh  reso lu tio n  sp ec tra , o b ta in ed  as p art o f  a  lon g -term  s tu d y  o f  th e  a ctiv e  coo l pre-M S  

sta r  A B  D or, form  th e  b asis o f  th is  stu d y . W ith  th e  a id  o f  th e se  sp ec tr a  th e  re liab ility  

an d  co n sis ten cy  o f  tw o  d a ta  red u ction  p ackages and LSD  cod es h ave  b een  te s te d . T h e  

h igh  reso lu tio n  sp ec tro sco p ic  an a lysis  tech n iq u es o f  D I, Z D I an d  b a ck -p ro jec tio n  have  

b een  eva lu a ted . O n th e  w h o le , th e y  are fou n d  to  b e  rob u st p rov id ed  th e  d a ta  o b ta in ed  

are o f  su ffic ien tly  g o o d  quality. B a s ic  requ irem en ts in clu d e g o o d  p h a se  coverage , S /N  o f  

over 100 in  th e  ex tr a c te d  sp ec tra  and sp ec tra l reso lu tion  o f  over 5 0 ,0 0 0 . A n a ly ses  o f  th e  

ob served  sp ec tr a  u sin g  in d ep en d en tly  d evelop ed  D I and Z D I cod es confirm  th e  p resen ce o f  

stro n g  m a g n e tic  flu x  on  th e  surface o f  A B  D or as rep orted  by D o n a ti & C ollier C am eron  

(1 9 9 7 ) an d  D o n a ti e t al. (1 9 9 8 ). T h e  excellen t agreem en t b etw een  th e  tw o  se ts  o f  im a g es  

is en cou rag in g  as th is  is th e  first t im e  th a t  tw o  in d ep en d en t D I cod es h ave y ie ld ed  such  

sim ilar resu lts . T h e  resu lts  o f  b o th  th e  te s ts  on  th e  tech n iq u es are p resen ted  in  th e  

fo llow in g  p aragrap h s a lon g  w ith  a  d iscu ssion  o f  w h at th e se  tech n iq u es revea l a b o u t th e  

m a g n e tic  to p o lo g y  around  A B  D or.

8.1 The techniques

8.1.1 Data reduction and LSD

S p ectra  o b ta in ed  over th ree  ob serv in g  runs h ave b een  redu ced  and d econ volved  u sin g  th e  

tech n iq u e o f  L S D , resu ltin g  in  ty p ic a l S /N  gain s o f  a  factor o f  7 in  S tok es I sp ec tr a  and o f  

over 80 in  S tok es V . W e h ave  d em o n stra ted  th a t  th e  d a ta  red u ctio n  pack ages, E C H O M O P  

an d  E S p R I T , and th e  L SD  cod es d evelop ed  by J .-F . D o n a ti an d  J .R . B arn es ( s p d e c o n )
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p rod u ce sim ilar resu lts . T h e  m ain  d iscrep an cy  b etw een  th e  tw o  se ts  o f  d econ vo lved  profiles  

o b ta in ed  b y  th e  different p rocedu res can  b e  exp la in ed  due to  d ifferences in  S /N  an d  in  th e  

con tin u u m  n orm a lisa tio n  procedu res u sed .

8.1.2 Doppler imaging

A ssu m in g  L T E , th e  Li l 6708  Â  lin e p rod u ces im ages com p arab le  to  th o se  o b ta in ed  w h en  

u sin g  th e  m a p p in g  lin es C a r 6439  Â  & 6718  Â  and Fe i 6663  Â . T h is  is d esp ite  th e  Li 

lin e  b e in g  su b jec t to  N L T E  effects an d  en h an cem en t at cooler tem p era tu res . T h e  m ain  

differences fou n d  b etw een  th e  u se  o f  th e  Li m ap p in g  lin e and th e  m ore co n v en tio n a l C a  

an d  Fe lin es can  b e  exp la in ed  b y  th e  low er S /N  in  th e  Li d a ta  th a n  in  th e  im a g e  p rod u ced  

u sin g  th e  com b ined  sign a ls from  th ree C a  and Fe m ap p in g  lin es. T h is  resu lt h as sin ce  

rece ived  fu rth er su p p ort b y  a s tu d y  m ap p in g  th e  stron g  N a  D  d ou b let a t 5 890  Â  and  

5 896  Â  (U n ru h  & C ollier C am eron  1 9 9 7 ). T h is su g g ests  th a t  th e  ex a c t sh a p e  o f  th e  lin e  

p rofile in  rap id  ro ta to rs  is re la tiv e ly  u n im p o rta n t provid ed  su ffic ien t S /N  is availab le in 

th e  m a p p in g  lin e  to  trace  th e  v e lo c ity  varia tion s o f  s ta rsp o t b u m p s in  th e  ab so rp tio n  lin e  

p rofiles.

M easu rem en ts o f  th e  Li ab u n d an ce  o b ta in ed  u sin g  th e  sta r sp o t  coverage m in im iza 

tio n  m e th o d  agree w ell w ith  p rev iou s m easu rem en ts for A B  D or. T h is  in d ica tes  th a t  th e  

sp o t m in im iza tio n  p roced u re is a  valid  tech n iq u e for “fin e -tu n in g ” o p tim u m  p a ra m eters  

n ecessary  in  order to  ca lib rate  th e  sp ec ific  in te n s ity  con tr ib u tion s from  sp o t an d  p h oto -  

sp h eric  reg ion s.

It is  n o t ea sy  to  ev a lu a te  a t w hich  s ta g e  th e  level o f  redu ced  b ecom es su ch  th a t  

th e  n o ise  in  th e  sp ec tr a  is f itte d  w h en  p rod u cin g  D I. It can  b e  a  su b jec tiv e  p roced u re b u t  

lo n g -term  p h o to m e tr y  m ay  p rov id e a  low er lim it on  th e  am ou n t o f  sp o ts  th a t  are required  

to  cover th e  ste llar  su rface th u s red u cin g  th e  b righ tn ess. T h e  b rig h tn ess  level o f  A B  D or in  

1978 w as u sed  to  ca lib ra te  th e  p h o to m e tr ic  lev e l o f  th e  im m a c u la te  p h o to sp h ere . H ow ever, 

it  is p o ssib le  th a t  th e  ste llar  su rface w as still u n iform ly covered  in  co o l sp o ts  w h ich  are to o  

sm all to  reso lve. T h e  im a g es p resen ted  h ere represent a  low er lim it o f  th e  sp o t coverage  

th a t  is n ecessary  to  m o d e l th e  b r igh tn ess lev e l o f  th e  star  in  1993 N ovem b er.
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8.1.3 Zeeman Doppler imaging

A  Z D I co d e  which, w as d evelop ed  from  th e  D I cod e, D O T S  (C ollier  C am eron  1 9 97) is 

p resen ted  here. T h e  te s ts  in  C h ap ters 4 an d  6 sh ow  th a t ZD I h as p articu lar ch a ra c le r is lii h 

as d escrib ed  b elow . A s w ith  D I, sig n a tu res from  th e  low  la t itu d e  reg ion s “m o v e” o u t to  

th e  w in gs o f  th e  lin e  profile w ith  ro ta t io n  w hile  h igh  la t itu d e  s tru ctu re  s ig n a tu res are  

con fined  to  th e  lin e  profile core. T h e  accu ra te  recon stru ction  o f  h igh er la t itu d e  stru ctu re  

is th u s fou n d  to  b e  m ore d ifficu lt. P articu lar ly  in  th e  case  o f  Z D I, w e find  th a t  it  is m ore  

difficu lt to  d istin gu ish  field  o r ien ta tio n  a t h igh  la titu d es  as th e  sig n a tu re  reversa ls w hich  

d istin g u ish  a z im u th a l stru ctu re  from  rad ia l are w eaker an d  th u s harder to  d e tec t.

A t a ll ob servab le la t itu d e s , m a g n e tic  fields w ith  rad ia l v ecto r  o r ien ta tio n  h ave  th e  

s tro n g est  co n tr ib u tio n  to  circularly  p o larized  profiles in  b o th  h igh  an d  low  in c lin a tio n  

sta rs . R eco n stru ctio n s confirm  th a t  th is  p rop erty  en sures th a t  rad ia lly  orien ted  m a g n e tic  

fields are th e  m o st reliab ly  reco n stru cted . A z im u th a l m a g n e tic  fields h ave a  stron ger sign al 

in  h igh  in c lin a tio n  stars (i py 60 °) w h ile  m erid ional fields p rod u ce stron ger  co n tr ib u tio n s to  

circularly  p o larized  profiles w h en  i «  30°. S im u lated  field  m ap s p rove th a t  a z im u th a l field  

is  reco n stru cted  m ore reliab ly  th a n  m erid ion a l provid ed  g o o d  p h ase  coverage is availab le  

as a z im u th a l fields p rod u ce d ist in c tiv e  s ig n a tu re  reversals on  crossin g  th e  m erid ian .

M a g n etic  m ap s are sh ow n  to  b e  q u ite  rob u st w ith in  th e  lim its  o f  o b serv a tio n a l errors 

in  in p u t ste llar  p aram eters. U n certa in ties  in  Ug sin  i or Vrad resu lt in  n on -con vergen ce  for  

ex tr em e  cases or else th e y  p rod u ce f itt le  ch an ge in  th e  reco n stru cted  m a g n e tic  to p o lo g y . 

Errors in  ste llar  in c lin a tio n  an g le  o f  ±  10° resu lt in  th e  red istr ib u tio n  o f  flu x  to  preferred  

la t itu d e s . P o o r  p h a se  coverage in creases th e  am ou n t o f  cross-ta lk  b etw een  d ifferent field  

co m p o n en ts . A d d ition a lly , as th e  overall sign a l is redu ced  from  certa in  reg ion s th is  resu lts  

in  an  effec tive  d ecrease in  S /N  in  th e  sp ec tra l con trib u tion  from  th e se  reg ion s. T h is  is  

reflected  in  th e  m a g n e tic  m a p s as th e  a m ou n t o f  overall flu x  reco n stru cted  from  reg ion s  

w ith  in co m p lete  p h a se  coverage is su p p ressed . T h e  en trop y  cr iter ion  en su res th a t  ZD I  

p ulls m a g n e tic  m ap s to  a  d efau lt zero m a g n e tic  field w h en  in fo rm a tio n  is d ecreased .

M a g n etic  m ap s p rod u ced  w h en  restr ic ted  to  purely  rad ia l an d  a z im u th a l field  ori

en ta tio n s  differ lit t le  from  th o se  p rod u ced  a llow in g  all th ree  field  co m p o n en ts  in  h igh  in 

clin a tio n  sta rs . T h is  d em o n stra tes  th a t ,  even  in  th e  case  o f  d a ta  w ith  h igh  S /N  (10^), the  

m erid ion a l v ecto r  sign a l is s ign ifican tly  su pp ressed . T h is m ean s th a t  cross-ta lk  b etw een
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th e  rad ia l and m erid ion a l field  m ap s is m in im al. S im ilarly  w h en  restr ic tin g  reco n stru ctio n s  

o f  s tro n g  rad ia l an d  a z im u th a l fields to  p u rely  rad ial o r ien ta tio n s w e find  n o  n ew  stru ctu re  

is  ad d ed  to  th e  m ap s. It  is  th u s im p o ssib le  to  fit a z im u th a l s tru ctu r e  w ith  p u rely  rad ia l 

field s. T h e  m ain  effect o f  su p p ressin g  azim u th a l field  reco n stru ctio n  is th e  sca lin g  up o f  

th e  am ou n t o f  rad ia l f lu x  recon stru cted .

8.1.4 Comparison of DI techniques

R esu lts  p o in tin g  to  th e  fu n d a m en ta l re liab ility  o f  D I m eth o d s are p resen ted  in  C h ap ter 6.

E ven  th e  fine stru ctu re  in  th e  se ts  o f  im a g es prod uced  by th e  in d ep en d en tly  cod ed  D I  

p rogram s are rem arkably  sim ilar. T h e  g rea test d iscrep ancies are fou n d  at h igh  la t itu d e s  

an d  in  im a g es  o b ta in ed  u sin g  p oor  p h ase  coverage (e .g . 1995 D ecem b er 0 7 ). T h e  reason s  

for am b igu ities  under th e se  con d ition s h ave b een  ou tlin ed  ab ove. T h e  g re a test  sy s te m a tic  

difference in  th e  b righ tn ess im a g es w as th e  liigher level o f  sp o t coverage a t h igh  la t itu d e s  

reco n stru cted  by J .-F . D o n a ti. T h is  m ay  b e  as a  resu lt o f  d ifferences in  th e  in tr in sic  

lin e  profiles m od ellin g  th e  sp o t co n tr ib u tio n . T h e  use o f  a  sm aller sp o t lin e E W  lea d s to  

in creased  a m ou n t o f  sp o t coverage. D esp ite  th is  how ever, th e  p o s it io n  o f  th e  s tru ctu re  is 

very  co n sis te n t.

8.2 AB Dor

8.2.1 Photospheric structure

T h e  Li ab u n d an ce o f  A B  D or, lo g  N (L i) = 2 .9 ± 0 .3 ,  is m easu red  u sin g  D op p ler  im a g in g  and  

is  fou n d  to  agree w ith  p rev iou s m ea su rem en ts . In  C h ap ter 3 , w e in v e st ig a te  th e  lik elih ood  

o f th e  p resen ce o f  s ta rsp o ts  cau sin g  th e  en h an cem en t o f  Li a b u n d an ces in  y o u n g  a ctiv e  

sta rs hke A B  D or. N o  ev id en ce  o f  r o ta tio n a l m o d u la tio n  is fou n d  in  th e  E W  o f  Li l 6708  

fine profiles and  w e con clu d e th a t  it  is u nh kely  th a t  s ta rsp o ts  ca u se  th e  Li en h a n cem en t

ob served  in  y o u n g  a c tiv e  stars. A lth o u g h  L T E  w as a ssu m ed  for a  “str o n g ” lin e w h o se  core I
I

is argu ab le  form ed  in  th e  ch rom osp here in  th is  an a lysis , su b seq u en t N L T E  stu d ies  carried  

o u t b y  S tu ik , B ruls & R u tten  (1 9 9 7 ) su p p ort th is  find ing. T h e y  rep ort th a t  th e  am ou n t  

o f  sp o t coverage n ecessary  to  exp la in  th e  ty p e  o f  spread  in  Li ab u n d a n ce  ob served  in  th e  

y o u n g  a c tiv e  coo l stars in  th e  P le ia d es w ould  redden  th e  star  con sid erab ly , n eed in g  up
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to  a b o u t 50% sp o t coverage in  som e cases. T h is is con sid erab ly  h igher th an  th e  ty p ica l, 

a lb eit  con serva tive , e s t im a te  o f  7-10%  sp o t coverage w e o b ta in  for A B  D or.

A s rep orted  p reviou sly , stro n g  a z im u th a l iiu x  is recovered  on  A B  D o r ’s su rface  

on  aU th ree  years for w hich  circularly  p o larized  in form ation  is  availab le (D o n a t i & C ol

lier C am eron  1997; D o n a ti e t al. 1 9 9 8 ). A s d iscu ssed  ab o v e , th e  stro n g  a z im u th a l fields  

p rod u ce ch aracter istic  S tok es V  sign a tu res th a t  can n ot b e  exp la in ed  u sin g  rad ial field  

o rien ta tio n s a lone. A s th e  te s t  recon stru ction s sh ow , a z im u th a l stru ctu re  at h igh  la t i

tu d es  ten d s to  b e  m ore sm eared  ou t in  lo n g itu d e  w hen  reco n stru cted . H en ce th e  a ctu a l 

stre n g th s  o f  a z im u th a l fluxes on  A B  D or m a y  b e  stron ger an d  m ore  loca lized  th a n  in  th e  

m a p s p resen ted  here.

8.2.2 Coronal condensations

In 1996 D ecem b er th e  p rom in en ces form  furth er ou t th a n  in  1995 D ecem b er T h e y  also  

ap pear m ore sh o rt-liv ed , w ith  m ore com p lexes la stin g  under four r o ta tio n  cyc les. U sin g  th e  

si'n? d ifferen tia l ro ta tio n  law  for A B  D or w hich  is rep orted  b y  D o n a ti & C ollier C am eron  

(1 9 9 7 ) , th e  p rom in en ces m easu red  a t th is  ep och  are fou n d  to  b e p o sitio n ed  at a  w ider  

ran ge  o f  la t itu d e s  th a n  in  th e  p rev iou s year. H ow ever, due to  th e  sm a ll p rop ortion  o f  th e  

ste lla r  coron a  th a t  can  b e  m a p p ed  b y m easu rin g  H a  a b sorp tion  tra n sien ts , th is  is n o t a  

sign ifican t d ep artu re from  th e  p rop erties o f  th e  coo l p rom in en ce com p lexes m easu red  in  

p rev iou s years.

N o  ob v iou s corre la tion  is fou n d  b etw een  th e  p o sit io n s  o f  th e se  coo l c lou d s and  

th e  m a g n e tic  flu x  d istr ib u tion s m a p p ed  a t th e  p h otosp h er ic  lev e l. T h is  su g g ests  th a t  th e  

m a g n e tic  to p o lo g y  in  th e  coron a l region s is to o  com p lex  to  b e  ab le  to  b e  d irectly  re la ted  to  

th e  p h o to sp h er ic  stru ctu re . It m ay  b e  th e  case th a t  sh earing  a t th e  ste llar  su rface caused  

b y d ifferen tia l r o ta tio n  resu lts  in  m uch  m ore large sca le  red istr ib u tio n s in  th e  coronal 

m a g n e tic  field .

8.3 Future work

It is w orth  k eep in g  in  m in d  th a t  w e still do n o t k now  w h eth er  or n o t th e se  sp o ts  are 

large sp o ts  or m a n y  sm all sp o ts . S om e in sigh t m igh t b e  ga in ed  b y  m easu rin g  th e  life tim es
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o f  th e se  sp o ts . E v id en ce  o b ta in ed  from  D I o f  activ e  G dw arfs b y  B arn es e t al. (1 9 9 8 )  

su g g e sts  th a t  sp o ts  on  co o l stars m ay  h ave ty p ic a l life tim es o f  less th a n  on e m o n th . Further  

m ea su rem en ts are required  to  confirm  th is  h y p o th esis .

S tellar p rom in en ce com p lexes h ave  life tim es th a t  lie  in  b etw een  life tim es o f  th e  

tw o  com m on  ty p e s  o f  so lar p rom in en ces. H ence th e  ex a c t m ech an ism s con tro llin g  th eir  

fo rm a tio n  an d  ejectio n  are s t ill u nclear. B y  ob serv in g  th e  star every  tw o  r o ta tio n  cyc les ( i.e. 

every  n ig h t)  it  sh ou ld  b e p o ssib le  to  eva lu a te  th e  p rom inence p o s it io n s  m ore accu rately . If  

th e  sta r sp o t  life tim es cou ld  a lso  b e  d eterm in ed  (th o u g h t to  b e  o f  th e  order o f  w eeks (B a rn es  

e t  al. 1 9 9 8 )) it  w ill b e  p o ssib le  to  m o n ito r  th e  level o f  in tera c tio n  b etw een  p h o to sp h er ic  

and  coron a l m a g n e tic  fields. In  a d d itio n , it  w ou ld  b e  in terestin g  to  see i f  th e  a x ia l d ista n ces  

(a n d  life tim es) o f  th e se  ab sorb in g  com p lexes p rom inences d ep en d  on  th e  s ta g e  o f  th e  ste llar  

a c t iv ity  cycle.

M a g n etic  field  to p o lo g ies  on  ste llar  surfaces are p rob ab ly  m uch  m ore co m p lex  th a n  

th o se  reco n stru cted  u sin g  th e  tech n iq u es describ ed  here. T h e  m a g n e tic  field  m a p s p ro

d u ced  in  th is  th esis  m a y  b e  th e  resu lt o f  co m p lex  sm all-sca le  m a g n e tic  fea tu res in teg ra ted  

over large areas an d  n o t rep resen ta tiv e  o f  th e  a ctu a l lo c a l d istr ib u tio n  o f  m a g n e tic  flux  

as it  em erges from  th e  co n v ec tiv e  zon e. T h e  techn iqu es o f  L SD  an d  Z D I cou ld  b o th  b e  

te s te d  s im u lta n eo u sly  u sin g  a  p o larized  sp ectru m  covering a  ran ge o f  w a v e len g th s o f  a  

so lar m a g n e tic  fea tu re . If th e  reso lu tion  w as degrad ed  su ffic ien tly  for ste llar  q u a lity  and  

th e n  d econ vo lved  u sin g  L S D , it  w ou ld  b e  in stru ctiv e  to  m ap  th is  sp ec tru m  and eva lu a te  

h ow  th e  d egrad ed  in teg ra ted  fea tu re  ap p ears. T h is  w ou ld  p rov id e a  b asis w ith  w hich  to  

in terp ret th e  fea tu res rep rod u ced  u sin g  th e  Z eem an  D opp ler im a g es.

W ith  th e  tech n iq u es p resen ted  h ere w e h ave th e  m ean s to  u n d erstan d  m ore ab ou t  

th e  m an n er in  w hich  flu x  em erges and  evo lves on  rapid  ro ta to rs . T h is  can  b e  d on e b o th  

by o b ta in in g  Z eem an  D op p ler  im ages o f  rap id  ro ta to rs a t vary in g  s ta g es  o f  ev o lu tio n  and  

b y  m o n ito r in g  p ossib le  ch an ges in  m a g n e tic  flu x  d istr ib u tion s for sta rs  lik e A B  D or over a  

p eriod  o f  years. It rem ains u nclear w h eth er  A B  D or is fo llow in g  a  regular a c t iv ity  cycle . 

In d eed , recen t p h o to m e tr ic  ev id en ce  w ou ld  su ggest o th erw ise . F u tu re m o n ito r in g  o f  th e  

b righ tn ess levels  sh ou ld  en ab le  us to  e s ta b lish  w h a t ty p e  o f  a c t iv ity  A B  D or ex h ib its . 

M easu rem en ts o f  th e  p h o to m e tr ic  p eriod  o f  th e  star over th e  years tak en  in con ju n ction  

w ith  th e  m easu red  diflfereiitial ro ta tio n  ra te  m ay  also help  us to  m o n ito r  for p o ssib le  drifts  

in  la t itu d e  o f  a c tiv e  region s (a s  ob served  on  th e  S un ).
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