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ABSTRACT

Since the discovery of 51 Pegasi b in 1995, continued observations have indirectly 
identified over 110 planetary objects. These Jupiter-mass objects cause their host star 
to “wobble” slightly about the common centre-of-mass of the system, which is detectable 
as radial motion in high-precision Doppler spectroscopy. Of the known planets, approxi
mately 20% are found to orbit within 0.1 AU of the star, whilst the transit of HD209458 
has inferred the gas-giant nature of these close-in extrasolar giant planets (CEGPs). The 
discovery of CEGPs has produced a wave of speculative theory as to the exact nature of 
these objects, and how they came to exist so close to their parent star. Our spectroscopic 
technique provides a method of achieving the direct detection of a CEGP atmosphere, the 
results of which will allow us to test emerging models that aim to predict the atmospheric 
nature of CEGPs and may provide additional information on the orbital inclination and 
mass of the planet.

We start with a historical review of the field of extrasolar planets, followed by an 
introduction to the fundamental concepts which underpin the reflection of starlight from 
a planet’s surface. We then investigate the prospects of detecting such a reflection, before 
detailing the technique we have devised and applied here to two known CEGP hosts.

In the first instance, r  Bootis, we combined observations at the 4.2-m William 
Herschel telescope in 1998, 1999 and 2000. The dataset comprised 893 high-resolution 
échelle spectra with a total integration time of 75^^32*"*" spanning 17 nights. We establish 
an upper limit on the planet’s geometric albedo p < 0.39 (at the 99.9% significance level) 
at the most probable orbital inclination i 36°, assuming a grey albedo, a Venus-like 
phase function and a planetary radius Rp — 1.2Rjup. Although a weak candidate signal 
appears near to the most probable radial velocity amplitude, its statistical significance 
is insufficient for us to claim a detection with any confidence. In the second instance, 
HD75289, 4 nights of VLT(UT2)/UVES observations were secured in 2003 Jan, yielding 
684 high-resolution spectra with a total integration time of 26 hours. We establish an 
upper limit on the planet’s geometric albedo p < 0.12 (to the 99.9% significance level) at 
the most probable orbital inclination i ~  60°, assuming a grey albedo, a Venus-like phase 
function and a planetary radius Rp =  1.6i2j.«p. In both cases, we are able to rule out some 
combinations of the predicted planetary radius and atmospheric albedo models with high, 
reflective cloud decks.

Ill
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C H A PTER 1

Introduction

1.1 Introduction

The concept that worlds exist, other than our own, is not a new one. The ancient Greeks 

mooted the idea of other worlds in the context of their philosophy on an infinite Universe. 

Indeed, well into the 20th century, the reality of extrasolar planets existed only in the 

minds of philosophers and theoreticians. It was only in the final decade of the last century 

that technology had advanced sufficiently to allow the detection of these distant worlds. 

We now live in an exciting and dynamic age of discovery, where information from the 

stars will help us to refine theories about the formation of our own solar system and may 

lead to our ultimate goal of discovering a terrestrial planet, much like our own, capable of 

sustaining life.

In the remainder of this chapter, we set the stage for the work that follows. Chap

ter 1.2 details some of the more significant events in the search for extrasolar planets from 

their conception to their discovery and beyond. In Chapter 1.3, we summarise the mod

ern view for the formation of stars and planets, whilst Chapter 1.4 discusses the many 

detection techniques currently being employed in the ongoing planet searches.

1.2 A review of the history of extrasolar planets

The first person accredited with the concept of “other worlds” is thought to be Anaximan

der of Miletus (c. 610-546 BC), who taffied about the boundless nature of the heavens and 

the worlds within them. Anaximander was a student of Thales, who is considered to be



the first true astronomer, and taught that the stars and the Earth were composed of the 

same material. The Greeks believed that the Universe was infinite, an idea which influ

enced many of their early thoughts about its nature. When the famous Greek philosopher 

Epicurus (c. 341-271 BC) wrote of his ideas, it was based on this notion. In a letter he 

wrote;

“ There is an infinite number of worlds, some like this world, others unlike 
i t  For the atoms being infinite in number are borne ever further in their 
course. For the atoms out of which a world might arise, or by which a world 
might be formed, have not all been expended on one world or a finite number of 
worlds, whether like or unlike this one. Hence there will be nothing to hinder 
an infinity of worlds. ”

In later years, however, there came a shift towards Aristotle’s (c. 384-322 BC) vision 

of a geocentric solar system. These ideas were embodied in the writings of St. Thomas 

Aquinas, which became the foundation of Church doctrine and university teaching during 

medieval times, stifling debate on the issue for many centuries. Indeed, daring to argue 

against the doctrine of the Church was generally punishable by death, as was the case for 

Fillipo Bruno (c. 1548 - 1600 AD) of Naples who was burnt at the stake, in part due to 

his work “On the Infinite Universe and Worlds” in which he wrote;

“ Innumerable suns exist; innumerable earths revolve around these suns in 
a manner similar to the way the planets revolve around our sun. Living beings 
inhabit these worlds. ”

However, Bruno lived in an age of monumental change following the publication, 

by Copernicus in 1543, of a book entitled “On the Revolutions of the Celestial Orbs” , in 

which he set out the case for a heliocentric system. This work, together with the discovery 

by Galileo Galilei (c. 1564-1642 AD) of moons around Jupiter, led to a fundamental shift 

back to the ideas of earth existing within an infinite Universe. It is said that this shift 

heralded the birth of modern astronomy and led in part to the foundation of the physical 

laws of Johannes Kepler (1571-1630) and Isaac Newton (1642-1727), which we still use to 

this day.

In 1686, Bernard de Fontenelle published his book “Conversations on the Plurality 

of the Worlds” in which he used the scientific knowledge of the time to put forward his view 

that other planets orbited other stars. Immanuel Kant, in his 1781 book “The Critique of 

Pure Reason” expressed his philosophical viewpoint on the habitation of other worlds by 

stating;



“ I  should not hesitate to stake my all on the truth of the proposition - if 
there were any possibility of bringing it to the test of experience - that at least 
some of the other planets which we see are inhabited. Hence I  say that I  have 
not merely the opinion, but the strong belief that there are inhabitants in other 
worlds. ”

W ithout any real chance of detecting extrasolar planets, hereafter ESPs, the best the 

astronomers of the time could do was to express their philosophical views on the existence 

or otherwise of other worlds. It was not until the 20th Century, with the continuing 

advances in astronomical instrumentation, that this expression of belief gradually moved 

into the scientific arena.

The first reports for the detection of an ESP came in the 1930s and 1940s, from ob

servers using astrometric methods (see Chapter 1.4.1) to determine the orbital parameters 

of binary star systems. On occasion, these astronomers invoked additional planetary mass 

objects (Reuyl & Holmberg 1943; Strand 1943) to explain the stellar motions apparent in 

their results. None of these detections, however, were ever confirmed, with a more likely 

explanation for the unusual motion resting with the self-declared uncertainties in their 

measurements.

One of the more notable reports of an ESP came in the mid-twentieth century when 

van de Kamp (1969) analysed 30 years of photographic plates to chart the proper motion 

of Barnard’s Star. By monitoring the astrometric progress of the star he identified a slight 

wobble in its path. After further calculations, he concluded that the wobble was caused 

by a planet of around 1.6 times the mass of Jupiter in an eccentric orbit. Over the next 

12 years van de Kamp refined his calculations such that, by 1982 (van de Kamp 1982), 

he was convinced of the presence of two planets in circular orbits around Barnard’s Star 

with masses 0.7 and 0.5 that of Jupiter (Mj^p). Although many astronomers have tried 

to verify his work, none were ever able to confirm the detection (Gatewood & Eichhorn 

1973; Harrington & Harrington 1987) with some citing discrepancies in the observational 

method over the years (Hershey 1973). Peter van de Kamp died in 1995 firm in his belief 

that the planets were genuine. However, more recent astrometric observations by Benedict 

et al. (1999) using the fine guiding sensors on the Hubble Space Telescope (HST), and by 

Kuerster et al. (2003) with high-precision radial velocity measurements on the VLT, have 

once again failed to obtain any detections.



Figure 1.1: Original Smith & Terrile (1984) observations (left) and more recent VLT 

observations (Mouillet et al. 1997) of the circumstellar disk surrounding j3 Pictoris.

A fundamental step in the search for distant worlds came with the discovery by 

Smith & Terrile (1984) of a circumstellar disk around the nearby A5V star (3 Pictoris. To 

this point, we only had indirect evidence for the existence of ESPs, in the form of the 

nine solar planets. With the infrared observations of Pictoris, shown at Fig. 1.1, we had 

the first unambiguous proof that flattened disks of material exist around stars other than 

our sun. The disk appears to be a young proto-planetary system, lending support to the 

standard model of solar system formation where planets emerge from a disk of dust and 

gas surrounding a new star.

Since stars and giant planets are thought to accrete gas in much the same way, the 

question arises as to the exact definition of a planet. We define a planet as an object that 

has formed within the circumstellar disk of its host star, however, if that object accretes 

enough mass then it moves into the realm of existing as a ‘Brown Dwarf’. A brown dwarf 

is a failed star where the core temperatures and pressures were not sufficient for hydrogen 

thermonuclear reactions to begin. Spectroscopic observations (Geballe et al. 1996; Saumon 

et al. 1996b) of the famous Gliese 229 brown dwarf suggest they are very similar in nature 

to our own gas-giant planets, but exhibit stronger emission in the infrared through heat 

generated during their gravitational collapse. Therefore to distinguish between planets 

and brown dwarfs for the purposes of this thesis, I adopt an upper limit to the mass of an 

ESP at Mp ~  12 Mjup, the point at which deuterium burning within its core is predicted 

to become important (Milsom & Burrows 2002).



The first true discovery of an ESP came from an unexpected source in 1992, when 

Wolszczan & Frail (1992) announced the discovery of terrestrial mass objects orbiting the

6.2 ms pulsar PSR B1257+12. Small periodic variations (±  3 ps) in the pulse arrival 

times suggested the existence of at least two planets, of mass ~  3 times that of Earth, 

in circular orbits with periods of 66 and 98 days. The origin of objects in such a hostile 

environment remains a matter of much debate, but it was not long before the significance 

of these discoveries was overshadowed by the emerging radial velocity searches of the early 

1990s, directed towards nearby stars similar to the Sun.

The most significant discovery in the history of ESPs came with the identification 

by Mayor & Queloz (1995) of a Jupiter-mass object in orbit around the solar-type star 

51 Pegasi. The planet was identified using radial velocity techniques, as described in 

Chapter 1.4.1, and found to orbit surprisingly close to its stellar host, at an orbital distance 

only one-tenth that of Mercury. Within weeks the discovery was confirmed by Marcy 

& Butler (1995) who were conducting a similar radial velocity search, but had failed to 

appreciate that planets might be found with such short orbital periods (~  3.5 days). In the 

months following there was a burst of planetary detections (Marcy & Butler 1996; Butler & 

Marcy 1996; Butler et al. 1997) as groups re-analysed their datasets. The announcements 

have continued at a steady rate ever since, with well over 100 ESPs now known from radial 

velocity studies. COPS (2003) and Schneider (2003) both maintain up-to-date catalogues 

of the known ESPs together with basic parameters determined by radial velocity and 

transit observations. Within this crop there are a number of interesting discoveries worthy 

of further note.

In 1997, Butler et al. (1997) announced the discovery of a planet orbiting v  An

dromedae. The data revealed a planet orbiting only 0.059 AU from the host star with 

approximately three-quarters the mass of Jupiter. Follow-up observations (Butler et al. 

1999) showed an unusual amount of scatter in the radial velocity profile, which after much 

investigation was attributed to the presence of two additional planets orbiting at 0.83 and

2.5 AU. The discovery suggested that planetary systems may form easily and are more 

commonplace than one might expect. Subsequent multiple system identifications have 

followed and we currently know of 13 such systems besides our own.

The next significant event represented a major step forward in our understanding 

of ESPs. In late 1999, the STARE transit search group started observing the GOV star
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Figure 1.2: Shown (left) are the photometric time series for the Gharbonneau et al. (2000) 

observations plotted as a function of time from the centre of tranist Tc and (right) are the 

data binned into 5 minute averages. The slope of the transit ingress is a function of the 

finite size of the planet, thus yielding an estimate of its radius.

HD209458 on the suggestion of Mazeh et al. (2000), who had recently identified a new 

close-orbiting 51 Pegasi type planet. On analysing their September data, the team identi

fied a characteristic dimming of the light that co-incided exactly with the inferior transit 

times predicted by the radial velocity (RV) results. Gharbonneau et al. (2000) formally 

announced their transit detection in January 2000, which was confirmed simultaneously by 

Henry et al. (2000b) following independent observations in November 1999. The combined 

RV and transit results suggested a planet of mass Mp = 0.62 Mjup in an 3.52 day (0.047 

AU) edge-on orbit {i ~  87°). The depth and shape of the transit suggested the intervening 

object had a radius Rp 1.3 Rjup- This larger than expected size suggested an object of 

lower density than Jupiter and provided the first direct evidence for the gas-giant nature 

of these close-orbiting ESPs, hereafter “Pegasi planets” . The recent detection of a second 

transiting planet about the star OGLE-TR-56 by Konacki et al. (2003) reinforces this 

idea with a 0.9 Mjup, 1.3 Rjup planet in a blisteringly close 1.2 day orbit.

This is a brief review of the history of extrasolar planets, which aims to cover the 

majority of the important steps achieved in the field. The searches continue apace, and 

should unearth many more interesting discoveries on the road towards the discovery of a 

terrestrial earth-like planet. A target which will hopefully be realised within our lifetime.



1.3 Star and Planet Formation

In the 18th Century, German philosopher Immanuel Kant and French scientist Pierre- 

Simon de Laplace independently suggested that the motion of the planets in the same 

direction and plane could not be coincidence. They both suggested that the entire solar 

system formed out of a vast rotating dust cloud or ‘solar nebula’. This formed the basis 

for the modern theory (or paradigm) for the formation of the solar system, where mutual 

gravitation within the nebula caused material to contract towards and accrete onto a 

central proto-sun. Through the gravitational contraction of gas, the proto-sun begins 

to heat up until eventually nuclear reactions begin, forming the new star. The slowly 

rotating disk of gas now has a chance to accrete, delivering material that evolves into the 

solar system we see today. Here we detail many ideas which contribute to the emerging 

consensus on the formation of planets around solar-type stars, although the picture is far 

from being complete with many aspects still the topic of much debate.

1.3.1 S tar Form ation

In the standard model of star formation, density perturbations within regions of interstel

lar gas and dust clouds cause the gravitational binding energy of that region to exceed 

its thermal energy, whereupon we see the onset of contraction (Shu, Adams & Lizano 

1987; Boss 1988). The more massive stars evolve quickly and create newer and heavier 

elements through nucleosynthesis. These elements are subsequently dispersed into the 

surrounding vicinity by way of stellar outflows and supernovae. Some of the chemically 

enriched material remains in gaseous form, whilst some condenses into solid dust grains. 

Together these provide the building blocks for subsequent generations of star and planet 

formation.

Where the collapsing cloud possesses some initial rotation, the conservation of an

gular momentum requires that the gravitational collapse will lead to a flattened system, 

with a high proportion of binary and multiple star systems arising from the fragmenta

tion process (Nelson et al. 1992). The formation of a single star is thought to evolve 

through three distinct stages, the natural consequence of which appears to be a flattened 

circumstellar disk.
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Figure 1.3: Hubble Space Telescope (HST) images of proto-planetary disks surrounding 

young stars in the Orion nebula, located some 450 parsecs away.

1. Collapse, under self-gravity, of an extended cloud of gas and dust composed of hy

drogen and helium remaining from the early Universe, together with the debris of 

processed stars. This material quickly accumulates towards a central proto-star but 

maintains enough residual motion to prevent total inward collapse. The average an

gular momentum of the contracting region defines the rotation axis of the resulting 

circumstellar disk. After a period of about 10  ̂ — 10  ̂ years following the onset of 

gravitational collapse, we see the formation of a relatively stable disk extending out 

to about 1000 AU. Such a circumstellar disk has been observed around /3 Pictoris 

(Fig 1.1) with more identified by McCaughrean &: O’dell (1996) around a number of 

proto-stars within the Orion Nebula (Fig 1.3).

2. The inflow of gas and dust from the disk onto the central object by self-gravitation, 

compressing and thus heating the centrally condensed object until temperatures in 

the core of the proto-star become hot enough to trigger nucleosynthesis.

3. Through the redistribution of mass and angular momentum within the disk, a cen- 

trifugally supported stellar nebula is formed containing the material that accumu

lates over time to form planets. Residual gas in the nebula dissipates slowly, either 

by accretion onto the central star or by escaping into interstellar space with the help 

of stellar outflows.



1.3.2 P lanet Form ation

The most widely held theory on planet formation follows on directly from the star forma

tion process, with the agglomeration of residual material to form a proto-planetary disk, as 

seen clearly around /3 Pictoris. In this view, planetary formation proceeds through several 

sub-stages of evolution, each involving a different form of particle interaction (Safronov 

1969; Lissauer 1993; Lissauer 1995). First, dust grains within the stellar nebula settle 

into a dense layer in the mid-plane of the disk and begin to stick together as they collide, 

forming macroscopic objects with sizes of order 0.01 - 10 m. Over the following 10  ̂ — 10  ̂

years, the second stage of evolution sees further collisions, leading to the formation of plan- 

etesimal objects of up to a km or so in size. Driven by gravitational interactions between 

each other and the parent proto-star, concentrations of objects form in particular resonant 

orbits with nearly empty gaps between. Subsequent stages of gravitational interaction see 

mutual collisions and mergers between these planetesimals and the runaway growth of 

the resultant planetary embryos, with terrestrial size planets forming over timescales of 

between 10  ̂ to a few times 10® years (Wetherill 1990). These mergers continue until the 

spacing of planetary orbits becomes large enough that the configuration of the system is 

stable in the long term.

W ithin the solar system, a few rocky cores in the outer parts of the proto-solar 

disk became massive enough (> 15 M@, i.e. Earth masses) to slowly accrete residual 

H and He, thus giving rise to the gas giants. The generalised version of Jovian planet 

formation pictures gas accretion (Pollock 1984; Boss 1995) far from the central proto-star, 

where temperatures are cool enough to allow the formation of an ‘ice’ (water, methane 

and ammonia in solid or Uquid form) core. Today our solar system continues to evolve in 

a slower and more stable manner, with meteoroids and comets thought to be the remnant 

planetesimals and collisional debris from a more active period in our history.

1.3.3 P lanetary  Dynamics

The discovery of Pegasi planets in such close proximity to their stellar hosts requires 

us to invoke some mechanism that allows gas-giants to form beyond the “iceline” (Boss 

1995), and then ‘migrate’ inward to arrive in the hotter regions where they are found 

today. Here we detail some of the ideas put forward to explain the mechanisms behind



this orbital migration and the subsequent halt adjacent to the star.

P lanet-disk interactions

Interactions between the planet and the gas disk from which it is forming, provide one 

of the more commonly held viewpoints on planetary migration. Initially suggested by 

Goldreich & Tremaine (1980) well before the discovery of 51 Pegasi b, the idea has been 

further extended by Lin & Papaloizou (1986); Ward & Hourigan (1989); Lin, Bodenheimer 

& Richardson (1996). In short, the presence of the newly forming planet within the 

proto-planetary disk generates spiral density waves and triggers a tidal coupling with the 

resulting Lindblad resonances. The planet gains angular momentum from interactions 

with the inner disk, whilst imparting angular momentum to the outer disk. The exchange 

of angular momentum leads to the possibility of the planet undergoing orbital migration 

if an imbalance exists between the torques exerted by the inner and outer disks. The 

migration that results may be described by one of two mechanisms, depending on whether 

the disk response is linear or non-linear (Nelson et al. 2000).

In Type I migration, smaller proto-planets (< 15  M®) evoke a linear disk response 

where the outer disk torques dominate those of the inner disk and result in the rapid 

inward migration of the planet, independent of disk movement. Ward (1997) calculated 

that for 1 and 10 proto-planets, initially at 5 AU, migration would occur over 10® 

and lO'̂  years respectively. Proto-planet embryos large enough to precipitate the onset of 

gas accretion are thought to undergo Type II migration. Here the disk response becomes 

non-linear and a clear gap is formed around the vicinity of the planet. Provided the planet 

mass is less than or comparable to the local disk mass, the migration occurs on the viscous 

evolution time-scale of the disk (Lin &; Papaloizou 1986; Trilling et al. 1998). Where the 

mass of the planet exceeds the local disk mass, the inertia of the planet sets the migration 

rate. Both Type I and Type II migration are thought to be important at different stages 

of the planet-formation process. For example, a small core may undergo Type I migration 

until it accretes enough solid material to initiate gas accretion. Type II processes then 

ensue with the continued formation of a gas-giant at radii closer than 4 AU (Papaloizou 

& Terquem 1999), possibly in situ close to the central star. Trilling et al. (1998) explored 

mechanisms for halting migration near the central star, such as the existence of an outward 

torque due to mass transfer from the planet to the star via Roche lobe overflow. They used
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Figure 1.4: Time-sequence of Nelson et al. (2000) showing the surface density of a young 

circumstellar disk in which a proto-planet is forming. The circle around the proto-planet 

in each case has a radius equal to the Roche radius.

numerical simulations to show that Jupiter-mass planets can stably arrive and survive at 

small heliocentric distances.

Nelson et al. (2000) used simulations to investigate the tidal interaction between 

the planet and disk, with the consequent gap formation and orbital migration of the proto

planet. They found that the direction of the orbital migration is always inwards, indepen

dent of whether the proto-planet is allowed to accrete or not, such that the proto-planet 

reaches the central star in a near-circular orbit after a characteristic viscous time-scale of 

~  104 initial orbital periods (Fig. 1.4). Inward migration is helped by the disappearance 

of the inner disk, and therefore the positive torque it would exert, because of accretion 

on to the central star. They place an upper limit on the masses of close-orbiting Pegasi 

planets at ~  bMjup, assuming they originate in proto-planetary disks similar to the solar 

nebula.
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Planet-planetesim al interactions

An alternative approach has been proposed by Murray et al. (1998), who suggest that in

ward migration may occur as the result of gravitational interaction with a disk of planetes- 

imals. Resonant interactions between the planet and planetesimals act to remove angular 

momentum from the planetesimals. As a result, the planetesimals orbit with increased 

eccentricity and are subsequently ejected by or collide with the planet. The transfer of 

momentum works to reduce the semimajor axis of the planet, although to achieve migra

tion over large distances by this process would require a very massive planetesimal disk 

{Mdisk > 0.3 M q). Migration stops when attrition of the local planetesimal population 

removes the energy available to the planet. Del Popolo, Ye§ilyurt & Ercan (2003) contend 

that large migrations in the orbital distance, due to dynamical friction with planetesimals, 

can be achieved with a significantly smaller disk mass, 10“  ̂M© < M^isk < 10“  ̂M©.

Planet-p lanet interactions

In a system containing two Jupiter-like planets, Rasio & Ford (1996) identify the possibility 

that a dynamical instability may develop, which subsequently leads to the ejection of one 

planet while the other is left in a smaller, eccentric orbit. In extreme cases, the peri- 

astron distance of the eccentric orbit may be small enough that the planet circularises to 

a short-period orbit through tidal dissipation with the central star.

Stellar consum ption of planets

Whilst the migration scenario is becoming more widely accepted, many astronomers be

lieve that the halting mechanisms are too inefficient, and that many of the observed Pegasi 

planets are en route to being consumed by their stellar host. Trilling, Lunine & Benz (2002) 

modelled the evolution of giant planet orbits under the influence of disk, stellar, and mass 

loss torques. Although their results suggested the formation efficiency of giant planets was 

high, the majority migrated too fast and were destroyed via mass transfer onto the cen

tral star. Sandquist et al. (1998) investigated whether the consumption of planets could 

be responsible for the increased metallicity observed in the parent stars of known BSPs. 

Fi'om 3D hydrodynamical simulations, they concluded that the partial or total dissolution 

of giant planets, due to the impact of stellar matter, can result in significant enhance
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ments in the metallicity of host stars with masses in the range l.OM© < M* < 1.3M©. In 

later work, Sandquist et al. (2002) found that heated giant planets would be efficiently 

destroyed near the surface of the star. They suggest that while tidal interaction between 

proto-planets and their nascent disks may have led them to the proximity of their host 

stars, post-formation star-planet interaction can lead to orbital decay or the tidal dis

ruption of the planet, and subsequent accretion of its material. The stellar enrichment 

argument is one disputed by Hole et al. (2001), whose model was unable to reproduce the 

observed distribution of metallicity enhancement seen in ESP host stars.

The planet attrition scenario is one supported by Armitage et al. (2002), although 

they believe the stellar consumption of small terrestrial planets is likely to be more signif

icant than that of gas-giants. It is also suggested (Armitage 2003) that the migration of 

giant planets through the inner orbits causes a reduction in the density of solid material 

(by ejection or consumption) and with it, the probability of forming terrestrial planets at 

radii of order ^  1 AU. As a result, terrestrial planets may exist only in a modest frac

tion of systems, where a single generation of massive planets formed and did not migrate 

significantly.

Whatever the tru th  behind the formation processes and dynamical interactions of 

ESPs, the fact remains that they do exist, and have been found to orbit incredibly close 

to their stellar hosts. We now turn our attention to the detail of known detections and 

how science has helped to shed new light on these previously unseen objects.

1.4 Methods of planet detection

In general, we can separate planetary detection methods into three broad categories, those 

looking for the dynamical influence of the planet on its stellar host, those looking for some 

form of attenuation to the photometric signal and finally those looking for anomalies 

in microlensing events. To date, nearly all of the planetary systems known have been 

detected via high-precision radial velocity observations. However, the information radial 

velocity studies provide on the physical properties of any particular object is limited to 

its minimum mass Mpsini, and the ellipticity, period and radius of its orbit. Alternative 

methods of detection that currently exist, or are in the process of being developed, will 

allow us to determine many additional properties for each system. W ith time they will
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provide us with a much clearer picture as to the nature of these previously unseen worlds.

1.4.1 Dynamical Effects

The circular motion of a planet around its stellar host causes the star to undergo a rota

tional reflex motion or “wobble” about the centre-of-mass (Barycentre) of the star-planet 

system. This results in the periodic variation of three observable parameters, namely the 

radial velocity of the star, its angular or astrometric position and in the arrival time of 

some periodic reference signal.

Radial Velocity

Radial velocity searches use very slight shifts in the spectrum of a star to determine that 

it is under the influence of an orbiting planet. The technique has so far discovered the 

vast majority of ESPs around typical main-sequence stars, starting with the discovery of 

the planet around 51 Pegasi by Mayor & Queloz (1995). The reflex velocity amplitude, 

AT*, of a star of mass M* due to a planetary companion of mass Mp sin i (minimum mass 

due to an unknown orbital inclination) is given by

_  f2irGŷ  ̂ M pSini 1
* \P ^J  (JWp +  M.)2/3 (1 -  e2)i/2  ̂ '

where Porb is the orbital period of the planet and e its eccentricity. The effect of a typical 

Jovian system is in the region of jR* c± 12.5 m s“ ,̂ whereas a close-in Jovian planet in a 

3 day orbit results in ~  115 m s“ .̂

Many large-scale radial velocity surveys, such as the California & Carnegie (Marcy 

& Butler 1993) and Coralie (Queloz et al. 2000b) projects, continue to systematically 

monitor bright stars (typically less than 9*̂  magnitude due to signal-to-noise limitations) 

at accuracies close to 3 m s“ .̂ Such accuracies are achieved using a simultaneous wave

length calibration approach to superimpose high-resolution reference spectra onto the 

target spectrum, thereby negating the effects of instrumental shifts over the course of the 

observation. A Thorium (Th) spectrum is used in the case of the Coralie search, whereas 

the California & Carnegie team use an Iodine (I) cell. New technology enhancements, 

such as HARPS (Pepe et al. 2000) on the 3.6m telescope at La Silla, combines the siting 

of optical instrumentation within a vacuum chamber with the availability of both Th or
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Figure 1.5; Detecting the wobble of the parent star about the barycentre.

I reference spectra, and is already yielding accuracies close to 1 m s"^. As the amplitude 

of the radial velocity variation scales with the mass of the planetary companion, a i m  

s~^ precision will allow the detection of very “light” giant planets (mass a few tenths that 

of Saturn), although terrestrial planets will unfortunately stay beyond reach. At present 

there are no plans to conduct high-precision radial velocity measurements from space.

A strom etric Position

In addition to being detected radially, the barycentric motion of a star can appear as a 

transverse photometric displacement on the plane of the sky. Once allowances have been 

made for proper and parallax motion, small variations in the path traced out by the host 

star can be attributed to the presence of an orbiting planet, according to

where a  is the displacement in arcseconds, a the orbital distance (AU) and d is in parsecs, 

Jupiter viewed from a distance of 10 parsecs would result in a solar astrometric displace

ment amplitude of 500 microarcsecs, whilst the reflex motion of a close-in gas giant would 

produce signatures of no more than a few milliarcsecs. The requirement for such precise 

positional measurements is incredibly challenging for ground based optical observations, 

although current plans to construct working interferometers on the VLT and Keck tele

scopes within the next few years should see resolutions brought down to the 1 milliarcsec 

domain; an astrometric resolution comparable to that currently being achieved using the 

fine guiding sensors on the HST (Benedict et al. 1999). In the long term the launch of
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the Space Interferometry Mission (SIM) and GAIA (ESO) will push those resolutions to

wards rsv 1 microarcsec, which should allow the detection of gas giants and large terrestrial 

planets orbiting nearby solar-type stars.

Although no confirmed detections have yet been observed using this technique, it 

does have the dividend that if a, d and M* are known from spectroscopic measurements, 

parallax motion and spectral models, then the astrometric displacement yields Mp directly 

rather than Mp sin i.

Event Tim ing

This method takes advantage of the extremely accurate radio emission frequency of mil

lisecond pulsars to provide a reference for detecting periodic changes in pulse arrival times, 

due to reflex motion in the system caused by orbiting planets. Radio pulsars are rapidly 

spinning, highly magnetised neutron stars, formed from the collapsed cores of massive 

stars (8 — 20Mq ) following a supernova explosion. Due to a misalignment in their mag

netic and spin axes, these objects emit intense beams of radio photons parallel to the 

magnetic dipole axis that, if the geometry is right, can appear as periodic radio pulses at 

the rotational firequency of the pulsar.

For a circular, edge-on orbit around a standard 1.35 mass pulsar, the amplitude 

of timing residuals due to planetary motion is given by the expression

The accuracy of pulsar timing, with typical spin down rates as low as 10“ ®̂ s s“  ̂ should 

theoretically allow the detection of orbiting bodies smaller than Mercury around millisec

ond pulsars. Indeed the first detection of an extrasolar planet is credited as that by 

Wolszczan & Frail (1992) around the 6.2 ms pulsar PSR 12574-12 at a distance of ~  500 

pc.

Whilst the search for habitable planets may not focus on pulsar systems, they do 

offer interesting ground with regard to models for the existence and stability of planets in 

such a hostile environment.
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1.4.2 Photom etric Signal

In order to obtain a direct planetary detection, we aim to employ spectral or photometric 

techniques to separate photons coming from the surface of the orbiting planet and those 

coming directly from the stellar host.

D irect Imaging

Direct imaging techniques aim to identify a resolved image of the planet as illuminated 

by the light from its parent star. The ratio of the brightness of the planet to that of the 

star depends on the planets size, its orbital phase, its inclination, and on the scattering 

properties of the planet’s atmosphere. The exact nature of this relationship is discussed 

in more detail in Chapter 2.3. The technique of direct imaging suffers from two major 

problems:

1. The inherently small planet/star flux ratios involved (typically 10~®, if we were to 

image Jupiter from the nearest star) make it difficult to obtain a direct image of the 

planet without saturation of the detector by its stellar host.

2. The small angular planet-star separations (1 arcsec for Jupiter viewed from 5 parsecs) 

involved suggest that in most cases the planet signal would be lost within the stellar 

‘seeing’ profile of ground-based images, due to atmospheric refraction. Even when 

seeing is not a factor, most objects would still be immersed in the photon noise of a 

given telescopes diffraction profile (A/D ~  0.05 arcsecs at 500 nm for HST).

In order to successfully image ESPs directly we need to develop instrumentation and 

techniques which aim to achieve the following:

• Enhancment of the contrast between planet and star by (i) the use of a coronagraph 

or apodised aperture to mask out the light from the stellar host and (ii) conducting 

observations at infrared wavelengths that are more favourable to the detection of 

the planet’s thermal emission.

• Minimisation of the effects of atmospheric turbulence by the use of adaptive optics 

technology with ground-based telescopes, or through conducting observations from 

a space-based platform.
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• Improvment of the angular image resolution of the star-planet system by increasing 

the diameter of the observing platform or through the use of optical interferometry.

Although coronagraphic instruments such as Subaru/CIAO (Tamura et al. 2001) 

and on NASA’s Infrared Telescope Facility (IRTF) are currently in use, recent surveys of 

stars with known extrasolar giant planets (Trilling et al. 2001) have failed to achieve the 

necessary contrast to confirm the existence of extrasolar planets. Over the next decade, we 

should see the launch of a number of space-based platforms, such as the DARWIN infrared 

space interferometer (ESO), the Jovian Planet Finder coronagraph (Clampin et al. 2001), 

infrared coronagraphs on the James Webb Space Telescope (successor to HST) and the 

Terrestrial Planet Finder optical/infrared interferometer (NASA). Such a sophisticated 

arsenal of observational platforms undoubtedly shows mankind’s strength of commitment 

towards the detection of ESPs and the desire to discover worlds similar to our own. Given 

time we may be fortunate enough to see that commitment pay off.

Spectroscopic reflected light

Spectroscopic reflected-light searches offer an alternative method of achieving a direct 

planetary detection by aiming to isolate the reflected component of the stellar spectrum, 

Doppler-shifted due to the planet’s orbital motion and modulated in phase strength. The 

strong dependence on the amount of light intercepted with orbital distance limits this 

technique to the unexpected class of close-orbiting Pegasi planets. Although we are yet to 

see a photometric detection, spectroscopic methods are believed to hold the key to the first 

direct planetary detection from the ground (Charbonneau et al. 1999; Collier Cameron 

et al. 1999). As this technique is the basis of this thesis, it is described in much greater 

detail in the course of the following chapters.

P lanetary  Transits

The idea of detecting companion objects through transits is not a new one, having been 

applied to eclipsing binary systems for many years. Given a suitable geometric alignment, 

the photometric signature or light-curve of the stellar host should see a characteristic dip 

as the planet passes in front, with the effect repeating at the orbital period of the system. 

For a 8un-Jupiter system at a distance of 10 pc, the resultant flux change is of the order
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Figure 1.6: Effect of a planetary transit on the photometric lightcurve from a star.

2% or 0.02 magnitudes. However, given the large range of orbital inclinations possible 

and the typical planet-star separations, the chances of observing an eclipse are very small. 

Nevertheless, when considering large sky surveys, this method provides the most promising 

technique currently available for detecting planets with masses significantly below that of 

Jupiter.

Under the assumption of uniform surface brightness, the flux dip for the ideal geo

metric alignment approximates to

In a more exact analysis the effects of limb darkening would need to be considered, which 

in the best case could add 25% to the flux reduction. Knowing the radius of the star 

from spectral classification allows us to estimate Rp, whilst prior knowledge of Prot and 

M* allows us to calculate the orbital radius, a, using Kepler’s laws. Values of AL/L* for 

the Earth, Mars and Jupiter transits of the Sun yield 8.4 x 10“ ,̂ 3 x 10“  ̂ and 1.1 x 10“  ̂

respectively.

Over 20 transit surveys are believed to be in in current operation, including WASP 

(Street et al. 2003), STARE (Brown &: Charbonneau 1999), EXPLORE (Malien-Ornelas 

et al. 2003), VULCAN (Borucki et al. 2001) and STEPSS (Gaudi et al. 2002). Whilst 

these surveys have identified a number of potential targets, only one, OGLE-TR-56b, has 

tentatively been confirmed by radial velocity measurements (Konacki et al. 2003). At 

present, ground based photometry can achieve accuracies down to ~  3 millimags, thus
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Figure 1.7: Appearance of fine Structure in a gravitational lensing event

targeting the larger gas giants. It is expected that the detection of terrestrial planet 

transits will only be achievable from space. Future prospects for more accurate wide-field 

transit surveys include the NASA Kepler Mission (Borucki et al. 1997) and ESA Eddington 

Project (Roxburgh, Christensen-Dalsgarrd Sz Favata 2000), both due for launch within the 

next 5 years, although some doubt has recently surfaced with regard to the latter. Both 

telescopes would involve a 1 m^ collecting area with 6 and 12 square-degree fields of view 

respectively, observing between 40,000 and 80,000 stars over several months down to a 

AZ//L* close to 10“®. Estimates for each field of observation see the detection of 480 

Earth-like planets, 160 inner orbit planets and 24 outer orbit giant planets.

1.4.3 G ravitational Microlensing

In the general sense, gravitational lensing occurs where the light from a distant object is 

focused and thus amplified by an intervening object of some mass. The ideas surrounding 

gravitational lensing were first mooted by Einstein (1936) in his “General Theory of Rel

ativity” , but were confirmed more recently by the first double image observations of the 

distant quasar 0957+561 (Walsh, Carswell & Weyrnann 1979). Relative motion between 

the bright background source, the intervening object and the observer cause an apparent 

brightening and dimming of the resulting image, with changes occurring over the timescale 

of hours up to many days. Microlensing in the planet search sense looks for detectable 

fine structure in the photometric signal of the background object due to planets orbiting 

the lensing star (Mao & Paczynski 1991).

The fine structure or microlensing anomalies present themselves as departures from 

or sharp peaks within the predicted and observed smooth symmetric light curves, as shown
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in Fig. 1.7. Gould & Loeb (1992) found that given the right observing strategy, the prob

ability of finding such fine structure is about 17% for a Jupiter-like planet at 5 AU from 

the host star, whereas for a Saturn-like system it is about 3%. These relatively high prob

abilities occur where the planet appears within the lensing zone, a region corresponding 

to 0.6 - 1.6 R ei where R e  is the Einstein Ring Radius given by

=  (1,5)

Here M e is the mass of the lensing object, whereas D l and D s  are the distances to 

the lens and source. Fortunately these distances correspond to star-planet separations of 

a few AU, and hence orbital radii in the region of the habitable zone. Whilst microlensing 

provides a highly sensitive method of detecting planetary objects out to large distances, it 

does have the disadvantage that detections cannot yet be predicted for these outer planets, 

and once detected, will not reoccur during the same lensing event. Subsequent lensing of 

the same system is unlikely to occur for another ~  10® years.
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C H A PTER  2

The Nature of Extrasolar planets

2.1 Physical properties of the known planets

Our entire knowledge of planets, prior to 1990, came from studies of our own solar system 

and it was this knowledge which guided initial theories on planet formation. The discovery 

of 51 Pegasi b in 1995 (Mayor & Queloz 1995) signalled a revolution in planetary science 

and gave us the first indication that our system may well be atypical. The ball, set in 

motion 8 years ago, continues rolling to this day and has provided a wealth of information 

that has required us to rethink many fundamental aspects of astronomy. In this chapter 

we investigate what the various methods of detection tell us about the extrasolar planets 

and the systems they occupy. We also investigate how theory combines this information 

with the science of matter to generate evolutionary and atmospheric models, which may 

assist observers towards the next elusive step of securing a direct detection of light from 

one of these distant objects.

2.1.1 Results of radial velocity studies

In their most basic form, radial velocity studies look for small spectral shifts in the stellar 

absorption features as the host star “wobbles” about the centre-of-gravity of the star- 

planet system. As the results of radial velocity measurements are crucial to the reflected- 

light observations presented in this thesis, it is important that we detail the origin of 

the orbital parameters that ensue. Before doing so, we need to introduce a number of 

physical quantities that play a major role in the equations that follow. The radial velocity 

amplitudes of the star and planet are denoted by and Kp, with their respective masses
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referred to as M* and Mp. By convention, M* is given in solar units M q  and Mp in units 

of Jupiter’s mass Mjup- The same holds for the stellar radius, i?*, and the planetary 

radius, Rp.
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Figure 2.1: Radial velocity measurements for v Andromedae (HR 458) secured between 

Aug 1995 and Jan 1996 by Butler et al. (1997). The best-fit curve (solid line) to the 

velocity measurements yield: AT* =  74 m s " \  P =  4.61 days and e =  0.11.

Keplerian fits to the radial velocity (RV) observations are normally displayed in the 

form of a RV curve, from which and the orbital period P  can be determined directly. 

Fig. 2.1 shows the RV curve and derived parameters for v Andromedae, as determined 

by Butler et al. (1997). Any significant deviation from a sinusoidal shape to the curve 

would indicate an elliptical component to the orbit and/or the presence of an additional 

gravitational influence, i.e. another star or planet. For a more detailed discussion of 

determining accurate fits to RV measurements, I would refer the reader to the work of 

groups involved in RV searches (for example see Mayor & Queloz 1995; Butler et al. 

1997; Udry et al. 2000; Marcy et al. 2001). Suffice to say that correct fits to the RV 

profile can yield the eccentricity, e, of the orbit.

Once P  is established, we can rearrange the Newtonian form of Kepler’s third law 

to give the planet/ star orbital distance a, where

(2 . 1)

and M* is determined from the comparison of luminosity/log.g/TEff measurements to 

theoretical evolutionary models, or alternatively is estimated from spectral classification.
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If we consider the motion of the planet about a common centre-of-mass, we can evaluate 

a term known as the mass function, with

The sm i  term arises from the inability of RV measurements to establish any component 

of motion normal to our line of sight. If we assume Mp <C M*, we can rearrange to yield 

the minimum mass of the planet,

M p S i n i - (2,3)

where the orbital inclination i is, according to the usual convention, the angle between 

the orbital angular momentum vector and our line of sight. Hence, by conducting RV 

measurements on a star which has been found to wobble, we can identify AT*, P , e, 

a and Mps'mi. These parameters, for each of the known extrasolar planets, are listed 

and regularly updated on the “Extrasolar Planets Encyclopaedia” (Schneider 2003) and 

“California & Carnegie Planet Search” (CCPS 2003) internet sites.

L im itations of RV searches

Although RV searches have heralded a new dawn in the domain of planetary science, there 

are a number of issues we need to bear in mind. The first arises from the inherently biased 

nature of the technique. FVom Eqns. 2.1 and 2.3, we find A7* oc Mp and JK* oc Thus

the closer and more massive a planet, the greater the dynamical influence it has on the 

parent star, and the easier it is to detect. If we combine this with the efficiency at which 

we can secure high-quality spectra for nearby bright stars, then it is no surprise that the 

early planet discoveries identified relatively heavy planets in very close orbits about local 

neighbourhood stars.

An additional bias arises from the relatively recent introduction of RV searches. To 

determine the orbital parameters for a system, we need to observe a full orbit. This limits 

detections to planets with periods less than the amount of time observations have been 

conducted on a particular target. As the years pass, we should benefit not only from con

tinued sampling of the more distant planets, but from ongoing advances in observational 

technology and methods. Improvements toward the 1 m s“  ̂ velocity precision demon

strated by the HARPS instrument (Pepe et al. 2000), should see a significant increase in
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the discovery of smaller mass planets that may have been missed by previous observations 

conducted using the present 3 m s“  ̂ precision.

2.1.2 Results of transit detections

The fundamental result of a transit detection comes from tying the orbital plane to a 

near edge-on inclination. If we conduct a closer inspection of the photometric light curve 

(Fig. 1.2) as the planet moves across the face of the star, we can measure the time between 

the start of transit and the point of maximum eclipse. This allows us to establish the size 

of the intervening object. If we assume the star has a uniform surface brightness, then the 

depth of brightness drop A L  and the stars brightness T* are approximately related to the 

radii of the star and planet by

I” '
The exact shape of the eclipse profile depends primarily on the planet/star size ratio and 

stellar latitude of the transit however, it is further compounded by limb darkening 

on the stellar surface. If the correct models are applied, and we know R* from spectral 

classification, we can recover a good estimate for the planet’s radius. Results for the two 

planets known to transit, namely HD209458b (Charbonneau et al. 2000) and OGLE- 

TR-56b (Konacki et al. 2003), suggest radii of 1.27 ±  0.02 Rjup and 1.30 ±  0.15 Rjup 

respectively, which, as we mentioned previously, provide strong confirmation of the gas 

giant nature of both Pegasi planets. If we know P  and a from RV results, then an accurate 

record of the duration of the transit allows us to establish the latitude ô of the transit, 

since

. (2.5)
7T V a )

This information can subsequently be used to derive the inclination of the system using 

simple trigonometry, since

C08% =  & ^ .  (2.6)

Finally, by combining this result with Eqn. 2.3, we are able to determine the true mass of 

the planetary companion.
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Lim itations of transit searches

If we consider all possible orientations in the orbital plane of the star-planet system, there 

is a very low likelihood that any particular star will exhibit a transit. Borucki et al. (2001) 

estimate that the probability of a close-orbiting (3 to 6 day period) Pegasi planet transiting 

a typical dwarf star is approximately 1 in 1500. Of course, the actual chance of detection 

is highly dependent on the target selected and the observing strategy employed. However, 

given the large number of stars in our galaxy, it is highly likely that many such transits are 

visible. To offer the best probability of securing a transit detection, the current strategy 

of ground-based transit searches is to photometrically monitor tens of thousands of stars 

at the same time using a wide-held detector. Borucki et al. (2001) believe that, given 6 

weeks to observe a typical transiting Pegasi planet, you have an 80% chance of detecting 

it in winter, whereas with the onset of summer, this figure drops to 65%.

As with RV searches, we find an inherent bias in transit searches towards the de

tection of large close-orbiting planets, for the following main reasons:

• As with HD209458b, if the orbital plane of the system is not quite edge-on, only

very close objects will pass between the star and our line of sight.

• The sensitivity of ground-based transit searches is generally accurate enough to 

identify the 1 to 2 % photometric drop associated with the passage of Jovian size 

gas-giants. The detection of smaller planets is, however, likely to be much more 

problematic.

• If we suspect a transit, we would generally need confirmation to be sure. This is 

more likely to occur in the timescale of observations if the planet has a short period 

orbit. For Jovian-like systems, this confirmation may be many years in coming and

would only then be seen again as a result of constant monitoring.

• To ensure a transit is the result of a planet, and not the glancing transit of a brown 

dwarf or cool companion star, we need final confirmation from RV measurements 

which, by their nature, are subject to the same biases.

The predisposition towards the detection of large, close-orbiting objects has so far 

been borne out by the gas-giant transits of HD209458 and OGLE-TR-56.
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Figure 2.2: Histogram detailing the orbital distance (a) distribution, using the results of 

RV measurements sourced from CCPS (2003).

2.1.3 S tatistical Analysis

In addition to determining their existence, radial velocity and transit studies have provided 

important orbital information for the known extrasolar planets, which, as of Sep 2003, 

number 110. The basic orbital parameters we use here, are sourced from the “Almanac of 

Planets” (CCPS 2003), although we omit four ESPs that are listed with a minimum mass 

greater than our upper mass limit of l2Mjup. In looking at the parameters, we are able to 

conduct a basic statistical analysis, although it is of some debate whether the size of our 

sample, at this time, will allow us to attach any great significance to the findings. Further 

caution comes, as we have seen, from the statistically biased nature of the RV/transit 

studies, in that they preferentially detect closer and more massive objects.

Mass, period and ellipticity histogram s

If we plot the orbital distance {a) distribution in the form of a histogram, as at Fig. 2.2, we 

immediately see the biased nature of RV studies, and their preference for close ESPs. The 

peak of the minimum mass (Mpsini) distribution, as at Fig. 2.3, appears to reside close 

to the Jovian-mass domain, however, in not knowing the orbital inclinations of systems, 

one suspects that the true mass distribution would peak somewhat higher.
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Figure 2.3: Histogram detailing the minimum mass (Mp sin i) distribution, using the re

sults of RV measurements sourced from CCPS (2003).

As the search continues, these histograms should incorporate a higher proportion 

of less massive planets as the accuracy of RV observations improve, and of more distant 

planets as longer timescale observations are able to sample their entire orbits.

Mass-period relation

An alternate statistical approach is to investigate whether any correlation exists between 

the different parameters attached to the systems. If we plot MpS'mi against a log scale 

plot of the orbital periods P , as at Pig. 2.4, we start to get the general impression that 

the more massive ESPs do not tend to occupy short orbital periods, i.e. close-in orbits.

It was Zucker & Mazeh (2002) who first investigated this trend, and by doing so 

identified a substantial deficit of massive planets with short orbital periods. They further 

argued that the evolution and formation of planets around host stars in binary systems was 

likely to differ from single-star systems, and could thus be analysed separately. In doing 

so, they established a positive correlation for ESPs around single-stars, as seen in Fig. 2.5, 

and a tentative negative correlation in the binary case, i.e. that more massive planets 

appear in smaller orbits. Theoretical support for their single-star correlation appears to 

come from a number of sources, for example -

28



Comparison of Minimum Mass with Orbital Period

o ° o '' = o
% o o O o

Ora P. . . I_______ . .o .  P.O.
100

Orbital Period (Days)

Figure 2.4; Comparison to see if any correlation exists between the minimum mass Mp sin? 

and orbital period P  of the current ESP sample, as listed at CCPS (2003).
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Figure 2.5: Minimum mass vs period of the extrasolar planets around (a) binary star sys

tems and (b) non-binaries. The dashed lines here represent limits imposed and explained 

in more detail by Zucker & Mazeh (2002).
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• On migration, the more massive planets open up gaps in the protoplanetary disks, 

which subsequently slow their migration rate, such that they don’t tend to stray too 

far from their formation orbit (Ward 1997; Trilling et al. 1998; Nelson et al. 2000).

• It has been suggested (Trilling et al. 1998) that when planets get too close to their 

parent stars, they lose most of their mass through Roche lobe overflow.

• Migration mechanisms which invoke gravitational planet-disk (i.e. Lin, Bodenheimer 

& Richardson 1996), planet-planetesimal (i.e. Nelson et al. 2000) or even planet- 

planet (Rasio & Ford 1996) interactions to drive planets into close orbits, will be 

much less effective on massive planets.

Any of these explanations could easily be used to explain the apparent mass-period cor

relation, however, there remains some doubt as to whether the small numbers involved in 

the Zucker & Mazeh (2002) comparison can be classed as statistically significant.

Period-eccentricity relation

A brief look at the eccentricity distribution. Fig. 2.6, shows a broad range throughout 

most of the sample, although as Fig. 2.7 clearly demonstrates, closer planets appear to 

have less eccentric orbits. This would concur with the orbital circularisation experienced 

by short-period orbits due to tidal dissipation with the stellar host (Rasio & Ford 1996).

Spectral type and m etallicity of the stellar hosts

Although it is interesting to investigate the types of stars found to host planets, we again 

have to caution against the potential bias of observers towards solar-type stars. The bias 

of our ESP host distribution toward G type stars, as seen in the histogram at Fig. 2.8, 

may well, in part, reflect a general desire to discover planetary systems, much like our 

own, and capable of supporting life. Other compounding factors include the much greater 

prevalence of low mass stars with, in particular, a balance being struck between the more 

numerous sub-solar stars and our ability to more easily analyse brighter stars. Further

more, the relatively few spectral absorption features seen in early-type stars preclude the 

measurement of radial velocities to the precision required.
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Figure 2.6: Histogram detailing the eccentricity distribution of known ESPs, as listed at 

CCPS (2003).
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Figure 2.7: Comparison to see if any correlation exists between the orbital eccentricity 

and orbital period P  of the current ESP sample, as listed at CCPS (2003). The log scale 

plot appears to show that close-in ESPs do not exhibit overly eccentric orbits.
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Figure 2.8: Histogram detailing the spectral type distribution for stars known to harbour 

companion ESPs. The data, for the 106 planets we have included in this analysis, is 

sourced from CCPS (2003).

Early investigations (Gonzalez 1998; Santos, Israelian & Mayor 2000; Gonzalez et al. 

2001) following the discovery of ESPs, seemed to indicate that host stars were metal-rich 

when compared to dwarf stars in the solar neighbourhood. The discovery of a high- 

metallicity bias generated two main explanations. The first suggested that a high metal 

content in the primordial cloud, and consequently in the resulting proto-planetary disk, 

provided material for the rapid formation of planetesimals and subsequent larger planets. 

The second idea proposed that the observed metallicity “excess” was due to “pollution” of 

the convective envelope of the star by the infall of planets and/or planetesimals (Laugh- 

liri & Adams 1997; Gonzalez 1998; Laughlin 2000; Gonzalez et al. 2001). Alternative 

pollution mechanisms invoked have included the transfer of material from the disk as a re

sult of planetary migration (Goldreich Sz Tremaine 1980; Lin, Bodenheimer & Richardson 

1996), and the break-up and subsequent infall of close-orbiting planets due to gravitational 

interactions with other companions (Rasio & Ford 1996).

In the early years, comparisons involved small numbers of ESPs and any available 

metallicity studies of dwarf-stars, which were generally sampled from unrelated regions.
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Concerned that such comparisons could introduce a bias, Santos, Israelian & Mayor (2001) 

conducted the first spectroscopic study of stars in a volume-limited region, in addition to 43 

known ESPs. Their results. Fig. 2.9, confirmed that stars with planets are substantially 

metal-rich when compared to lone dwarf stars. The correlation is further strengthened 

when restricting the comparison to stars located within the same volume sample.
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Figure 2.9: Metallicity distribution (a) of known stars with planets (filled histogram) 

compared to the distribution for a volume-limited sample of field dwarf-stars (empty his

togram), and (b) stars with planets found only within the volume-limited sample.

In more recent work, Fischer Sz Valenti (2003) have investigated the iron content, 

relative to the Sun, of 754 solar-type stars in the local neighbourhood. Radial velocity 

measurements were subsequently carried out to confirm that 61 of these indicated the 

presence of a planetary companion. By comparing the two groups (Fig. 2.10), they have 

clearly established a direct correlation between the iron content of a star and its likelihood 

of hosting a planet. Their results show that solar-type stars, whose metal content is typical 

of neighbourhood stars, have a 5 to 10 percent chance of having a detectable planet, 

whereas stars with 3 times the solar metallicity have a 20 percent chance. Crucially, they 

found that the 29 most metal-poor stars in the sample, all with less than 1/3 of the Sun’s 

metal abundance, had no planets.

It has been demonstrated (see Santos, Israelian Sz Mayor 2000) that the abundance 

of iron in the outer layers of a star bears a strong relation to the abundance of many other 

elements - from nickel to silicon. With such varied chemical compositions, the question 

arises as to whether orbiting planets exhibit similar chemical abundances to their stellar
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Figure 2.10: The percentage of stars with planets in relation to the iron abundance, 

relative to the Sun. The sample of 754 solar-type stars show a clear correlation, with stars 

of higher iron content being more likely to harbour planets.

hosts. We know from the measurements of HD209458b and our knowledge of Jupiter and 

Saturn, that gas-giants are primarily made of hydrogen (H) and helium (He); elements we 

would expect to occur in roughly the same proportions as in HD209458. Although we may 

assume the same to be true for additional metallicity, the case of our own solar system 

shows that metals heavier than H/He are an order of magnitude more prevalent in Jupiter 

and Saturn, than they are in the Sun (Saumon et al. 1996a), albeit concentrated towards 

their centre. This is a further indication that the atmospheres of ESPs may require an 

altogether different approach than has been applied to the formation and characteristics 

of brown-dwarf and low-mass stars.

2.2 Planetary Atmospheres

The atmospheric nature of ESPs is one characteristic that RV and transit studies are 

poorly placed to address, but it is of crucial importance in our attempts to detect starlight 

reflected from a planet’s surface. The theoretical study of planetary atmospheres started 

well before the discovery of 51 Pegasi b. Early work investigated evolutionary models for 

Jupiter and Saturn (Graboske et al. 1975; Hubbard 1977), whereas Grossman & Graboske
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(1973) and Black (1980) approached the issue from their studies of low-mass brown dwarf 

evolution. It was Burrows et al. (1995) and then Saumon et al. (1996a) who first extended 

this knowledge to present a suite of models for extrasolar giant planets (EGPs), ranging 

in mass from 0.3 - 12 Mj^p. As here, they adopted 12 Mjup as an upper limit to the mass 

of a planet, as it represents the point at which core temperatures and pressures become 

high enough for deuterium fusion to begin. Although these early models assumed simple 

physical relations and wavelength dependencies, they did represent an initial salvo into 

what has turned out to be an intriguing and complex field. Over the intervening eight 

years, theoreticians have continued to modify and enhance their models, giving a clearer 

but generalised idea of what we may expect to find, although true confirmation of the 

atmospheric properties of EGPs will only come with direct observation.

2.2.1 Evolution and Radius

Soon after submission of the Saumon et al. (1996a) work, came the landmark discovery 

of the Jupiter mass planet, 51 Pegasi b (Mayor & Queloz 1995), in an orbit surprisingly 

close to its stellar host (< 0.05 AU). Although they were careful not to rule out a giant 

terrestrial planet, Guillot et al. (1996) argued, contrary to conventional wisdom (Boss 

1995), that gas giant planets could survive in such close proximity, although it required 

their formation beyond the ice point, and subsequent mechanisms for spiralling into and 

then halting at their current orbit (Lin, Bodenheimer & Richardson 1996).

Previous theory (Saumon et al. 1996a; Burrows et al. 1995) held that EGPs would 

have fully convective atmospheres, but Guillot et al. (1996) extended this idea to suggest 

that strong external heating produced by a central star would inhibit convection and result 

in the creation of an outer radiative zone. In devising a more sophisticated approach to 

atmospheric modelling, they calculated mass-radius relations for different planetary com

positions (Fig. 2.11). Whilst their results restrict the radius of a terrestrial planet to < 

0.35 Rjup-) they suggest that if 51 Pegasi b were a gas giant, the stellar irradiation could 

maintain the planet’s radius at a value 20% - 80% larger than that of Jupiter. Confirmation 

of this prediction came with the discovery of the transiting planet HD209458b (Charbon

neau et al. 2000), with observations by Henry et al. (2000a) and Mazeh et al. (2000) 

putting its radius close to 1.4 Rjup- Given a mass close to 0.7 Mjup^ HD209458b’s large 

radius implies an atmosphere much less dense than that of Jupiter, providing indisputable
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Figure 2.11; Variation of radius as a function of composition, calculated by Guillot 

et al. (1996) for giant planets in the mass range suggested for 51 Pegasi b by Mayor 

& Queloz (1995); namely 0.5 - 2.0 Mjup- From top to bottom, the curves represent a 

fully convective gas-giant, a more realistic radiative/ convective gas-giant, a pure helium 

radiative/convective gas-giant, a zero-temperature planet composed of pure water and a 

zero-temperature olivine (Mg2Si0 4 ) model to represent a rocky terrestrial planet.

evidence of its gaseous nature.

Burrows et al. (2000) agreed that rather than being a result of thermal expansion in 

the upper atmosphere, the large radius of HD209458b was a consequence of the prevention, 

by stellar irradiation, of the otherwise natural cooling from the convective core of the 

planet. In isolation, giant planets would cool through radiation from their surfaces and 

shrink accordingly, in the same way brown dwarfs and protostars do via Kelvin-Helmholtz 

contraction. The outgoing thermal radiation (flux) would set the temperature profile 

through the convective core, thus controlling the rate of core entropy and radius decrease. 

Saumon et al. (1996a) and Burrows et al. (1997) suggest that EGPs in isolation shrink 

rapidly, with a 1 Mjup planet reaching 2 Rjup within 10® years. However, Burrows et al. 

(2000) argue that if the planet were to migrate to within 0.1 AU of its host, the resulting 

increase in stellar irradiation would significantly affect the temperature-pressure profile 

of the planet’s atmosphere. In eflfect, the irradiation flattens the temperature profile at 

the outer edge of the convective region, thereby creating an outer radiative zone. This
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zone acts as a barrier to the outgoing core flux, thereby reducing the rate of core entropy 

change (energy loss) and impairing the contraction of the planet.

This theory of EGP evolution provides a basic but logical explanation for the size of 

Pegasi planets, however, it was soon suggested that it wasn’t quite enough to explain the 

observed radius of HD209458b. Bodenheimer, Lin & Mardling (2001), Guillot & Showman 

(2002) and Baraffe et al. (2003) argue that the large radius can only be produced by the 

injection of additional energy (~  1% of incident stellar flux) into the deeper atmosphere, 

creating a hotter environment than was previously suggested (Goukenleuque et al. 2000). 

The exact origin of this additional energy remains a matter of debate, with Bodenheimer, 

Hubickyi & Lissauer (2000) suggesting tidal heating from orbital circularization, whilst 

Guillot & Showman (2002) believe stellar flux is transformed to kinetic energy within the 

atmosphere, which is subsequently converted to thermal energy via dynamical processes. 

Although the requirement for an additional energy source is not universally held (Bur

rows, Sudarsky & Hubbard 2003), it does highlight the potential limitations of standard 

evolutionary models.

In truth, we expect the atmospheric nature of EGPs, with Pegasi planets in partic

ular, to be a highly complex function of planetary mass, composition, orbital distance and 

stellar type. In particular, many uncertainties remain over the exact nature and eflect of 

clouds and dust within the atmosphere, and indeed, from our limited understanding of 

the underlying equations of state and opacities (Guillot 1999).

The primary aim of this thesis is the “Detection and Characterisation of Extrasolar 

Planets”, and as such, it is useful to try and predict how incident stellar flux may interact 

with the atmosphere of an EGP, and whether we can use it to our advantage. Essentially, 

to obtain a detection we aim to observe scattered starlight from the surface/atmosphere of 

the planet. Since we believe that EGPs offer the best chance of securing such a detection, 

the remainder of this work will continue to focus on the characteristics of these Jovian-like 

planets.

2 .2.2 Composition and Albedo Spectra

In EGPs, it is the composition of the outer atmosphere, rather than its temperature- 

pressure profile, that is of primary importance when trying to model the scattering prop
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erties of a planet. The first broad study of EGP spectra was put forward by Saumon 

et al. (1996a), who modelled the reflected component of the spectra as a greybody (i.e. 

no wavelength dependence) reflection of incident blackbody radiation. However, as they 

themselves recognised, this basic approach overestimated the reflected flux from Jupiter by 

up to 2 orders of magnitude. The next step required a more accurate non-grey treatment 

of the problem, taking into account the chemical composition and abundances expected 

within the atmosphere.

The measurements of HD209458b, together with our knowledge of Jupiter and Sat

urn, tell us that gas-giants are primarily made of hydrogen and helium; elements we would 

expect to occur in roughly the same proportions as in HD209458. Although we might pre

dict the same to be true for additional metallicity, the case of our own solar system shows 

that metals heavier than H/He are an order of magnitude more prevalent in Jupiter and 

Saturn, than they are in the Sun (Saumon et al. 1996a), albeit concentrated towards their 

centres.

Further progress came from Burrows et al. (1997), who modelled solar composi

tion objects to generate thermal emission spectra for planets with effective temperatures 

ranging from 128 to 1200 K. Although they ignored the influence of incident starlight, 

they found that the flux emerging from such objects deviated significantly from that of a 

blackbody with the same effective temperature.

Seager & Sasselov (1998) used a detailed radiative transfer model to investigate the 

influence of strong irradiation on Pegasi planets of solar metallicity. Their results indicate 

that, in comparison to an isolated planet, strong incident radiation radically affects the 

temperature structure within the atmosphere. In the blue part of the spectrum (< 3930 Â), 

Rayleigh scattering exceeds the total emitted flux (thermal) by a few orders of magnitude 

and acts to exactly reflect the spectral features of the host star. The inclusion of dust to the 

model further increases the flux reflected in the blue. In the optical and near-infrared, they 

found that thermal emission would gradually take over, with typical absorption features 

being significantly altered by the irradiation. In a similar study. Barman, Hauschildt 

& Allard (2001) confirmed the importance of including the effect of strong irradiation, 

especially for the case of close-orbiting Pegasi planets.

The first comprehensive study of the theoretical albedo and reflection spectra of 

EGPs was presented by Marley, Gelino & Stephens (1999), and incorporated a more
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thorough analysis of Rayleigh and Raman scattering, molecular abundances and the first 

examination of the effect of condensation clouds (see later). They found that the reflected 

spectra are primarily influenced by Rayleigh scattering, molecular absorption and atmo

spheric condensates. In brief, their models predict that planets reflect most efficiently 

shortward of about 6000 Â, where photons undergo Rayleigh scattering before being ab

sorbed. At progressively longer wavelengths, EGPs become darker as Rayleigh scattering 

gives way to molecular absorption. In the presence of clouds, the planets would appear 

brighter in the red and infrared, however, they suggest this effect would only be significant 

in planets cooler than ~  400 K where water clouds could form. The smaller abundances 

of typical condensates in warmer planets would result in relatively low albedos.

The next stage in the development saw a recognition from Sudarsky, Burrows & 

Pinto (2000) that with current theory, one could easily get bogged down in generating 

endless model albedo spectra, based on numerous combinations of EGP masses, ages, or

bital distances, elemental abundances etc. They believed that the key to establishing a 

general understanding of the albedo and reflection spectra of EGPs over the full range of ef

fective temperatures, was to classify EGPs into composition classes. Because of similarities 

in the composition and spectra of objects within each of five broad effective temperature 

regimes, they thought it only natural to establish a set of representative EGP albedo 

classes. The Sudarsky, Burrows & Pinto (2000) models, as described in Chapter 2.2.4, 

offer a very robust and understandable approach to the nature of planetary atmospheres. 

They provide us with a useful guide to planning our observational strategy and against 

which we can compare the results of any data we secure.

2.2.3 Effect of Clouds

The importance of clouds within the atmosphere of an EGP, was recognised very early on 

(Saumon et al. 1996a). In general, models (Marley, Gelino & Stephens 1999; Sudarsky, 

Burrows & Pinto 2000; Sudarsky, Burrows & Hubeny 2003) suggest that atmospheric 

pressure (P) and temperature (T) decrease with height. If the resulting T-P drop is steep 

enough to cross the condensation curve of a particular molecule present within the at

mosphere of the planet, then clouds will form (see Pig. 2.12). For earth, the dominant 

cloud-forming molecule is water, whereas typical temperatures and pressures in the upper 

atmospheres of Jupiter and Saturn see the existence of ammonia (NH3) clouds. Clouds
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act to reflect incident photons before they are absorbed by molecules present deep within 

the atmosphere. As a result of clouds, Jupiter and Saturn appear quite bright, whereas 

Uranus and Neptune, with relatively few clouds in their upper atmosphere, see most of the 

incident red light being absorbed deep in their atmospheres, hence their bluish appearence. 

The same is thought true of all EGPs, although the range of possible temperatures and 

pressures mean that the dominant molecular species in each case will be different. For ex

ample, the temperature of close-orbiting EGPs such as 51 Pegasi b, is thought to be so high 

that the dominant cloud-forming species will be silicates of magnesium, such as enstatite 

(MgSiOa), or even iron (Fe). At present, the general consensus holds that atmospheres 

in which high-level clouds are present, of whatever chemical species, appear brighter than 

gaseous (cloud-free) atmospheres where most of the incident light is absorbed.
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Figure 2.12: Pressure-Temperature profiles for the five EGP composition classes of Su

darsky, Burrows & Pinto (2000). Both isolated and modified (accounting for stellar irradi

ation) profiles are shown for classes I - IV, whereas for class V, only the modified profile is 

shown. Also shown (dotted) are the condensation curves for some principle condensates, 

together with (dashed) abudance equilibrium curves for NH3/N 2 and CH4/CO. Where the 

T-P profile crosses a condensation curve, clouds of that species are expected to form.

Barman, Hauschildt &; Allard (2001), however, argue that the reverse is true. In 

analysing the effects of strong irradiation on cloudy and clear (gaseous) atmospheres, 

they find that, in the absence of dust opacity, impinging radiation significantly alters the
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innermost layers of an EGP atmosphere, such that it appears brighter in the optical. For 

both cloud and cloud-free models, their results indicate a planet/star brightness ratio of 

less than 1 x 10“ .̂

Whatever case holds true, the atmospheric nature of EGPs is, as we have stated, 

likely to be a highly complex function of many variables about which we remain uncertain. 

Current models are still very much in their infancy and will no doubt evolve and improve 

with time. In the here and now, however, we can still look to the predictions of theory to 

forge observational strategy and hopefully, when the time comes, to act as comparisons 

for future detections. In this respect, we believe that Sudarsky, Burrows & Pinto (2000) 

and Sudarsky, Burrows & Hubeny (2003) offer a useful set of models which can be easily 

adapted to these purposes.

2.2.4 Albedo and reflection spectra - Sudarsky Models

In introducing a set of EGP composition classes, Sudarsky, Burrows & Pinto (2000) sought 

to establish a general understanding of albedo and reflection spectra. Due to similarities in 

the resulting composition and spectra of their model EGPs, they decided to establish five 

representative albedo classes that encompassed general characteristics found in planets 

with atmospheres at broadly the same effective temperatures. The following represents a 

summary of the salient features found within the predicted albedo spectra of the five EGP 

classes.

Class I - Jovian class

The Jovian class I albedo spectra are found to orbit at a few AU, where effective temper

atures are low (Teaf < 150 K), and are characterised by the presence of high-level (tro

pospheric) reflective ammonia (NHg) clouds above molecular absorption bands of gaseous 

methane (CH4). The clouds prevent most of the incoming starlight from reaching the 

deeper layers and so act to maintain the geometric albedo fairly high throughout most 

of the visible spectrum, as shown by Fig. 2.13. Rayleigh scattering is found to dominate 

in the very blue, but as we move towards the IR, the gaseous absorption cross-sections 

tend to increase, with photons more likely to be absorbed above the layers of cloud. This 

results in an albedo lower than that in the optical regions.
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Figure 2.13: Predicted geometric albedo models for the class I, II and III EGP models of 

Sudarsky, Burrows & Pinto (2000).

Class II - W ater class

Found to occupy slightly warmer (150 K < Tes < 250 K) orbits, 1 - 2  AU from their 

stellar hosts, class II EGPs are primarily affected by highly-reflective tropospheric layers 

of water (HgO) cloud. Strong reflection throughout the visible and near-IR slowly gives 

way to strong absorption, dominated by H2O, NH3 and CH4 features. Overall, class II 

objects are expected to have the highest visible albedos of any class.

Class III - Gaseous class

Orbiting at less than 1 AU, class III planets have effective temperatures of between 350 and 

800 K. The lack of principal condensates in the upper atmosphere results in very strong 

absorption by alkali metals present in the troposphere; in particular from the sodium (Na) 

and potassium (K) resonance lines at ~  0.6 and 0.77 /im. Moving from the UV/blue 

spectral region, where Rayleigh scattering cross-sections remain large, the alkali metal 

absorption soon reduces the red albedo to below 0.1 (Fig. 2.13). Strong CH4 and H2O 

absorption beyond means the contribution to albedo in the near-IR is effectively negligible. 

Although silicate cloud layers are thought to exist very deep within the atmosphere, the 

upper atmosphere, where most photon interactions occur, is effectively clear or “gaseous” .
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Class IV - Roaster

The hot (900 K < Tgff < 1500 K) or “Roaster” class of EGPs are found to orbit just 

0.1 - 0.2 AU from their parent stars. Although silcate cloud decks are thought to exist 

at moderate levels, the abundance of alkali metals higher in the atmosphere is predicted 

to increase substantially. The resulting albedo spectra is expected to exhibit features 

predominantly of Na and K, but strongly pressure broadened where photons have been 

relatively unimpeded in their progress to deeper high-pressure levels. Apart from a short 

wavelength contribution from Rayleigh scattering, the alkali metal absorption, combined 

with rovibrational molecular absorption, would result in a very low albedo throughout 

almost the entire visible and near-infrared wavelength region (see Fig 2.14).

C lass V0,4
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Figure 2.14: Predicted geometric albedo models for the class IV and V EGP models of 

Sudarsky, Burrows & Pinto (2000). Models were calculated using T-P profiles modified to 

include the effects of stellar irradiation from the central star.

Class V - Hot Roasters

W ith orbits less than 0.1 AU, the very hot (Teff > 1500 K) class V roasters (Pegasi 

planets) have silicate cloud decks located much higher in the atmosphere than class IV 

EGPS, resulting in a substantial reduction in alkali metal and molecular absorption. The 

presence in the outer atmosphere of Na and K, together with molecules of carbon monoxide 

(CO) and H2O, generate the pattern of absorption features seen in Fig. 2.14 towards 

longer wavelengths. Sudarsky, Burrows & Pinto (2000) note that low mass roasters, such 

as HD209458b, are expected to yield significantly larger radii (Burrows et al. 2000) than 

similar mass objects that form in isolation. Such low surface-gravity objects see silicate
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layers forming higher in the atmosphere, even when Tgff < 1500 K. In such cases, the 

lower TEs limit of a class V EGP is relaxed.

Sudarsky, Burrows & Hubeny (2003) have since updated their models, primarily to 

move from presenting results as albedo reflection spectra, to presenting the EGP signal 

contribution in terms of the total emergent flux. By effecting this change, their models 

now account for both the reflection of starlight, and thermal emission due to internal 

energy sources. Although the original Sudarsky, Burrows & Pinto (2000) composition 

classes remain largely intact, the analysis has shifted to include a more detailed analysis 

of longer wavelengths. As our analysis is designed to observe at optical wavelengths, the 

updated models are far less suited to our needs, thus it is the original Sudarsky, Burrows 

& Pinto (2000) albedo models to which we shall refer.

2.2.5 Effect of particle size

The typical size of condensate particles within EGP atmospheres add yet another di

mension, which some (Seager, Whitney Sz Sasselov 2000; Sudarsky, Burrows Sz Pinto 

2000; Cooper et al. 2003) believe may substantially affect the behaviour of incident 

starlight, and in doing so, add to the complex network of atmospheric inter-dependencies.

Seager, Whitney & Sasselov (2000) investigated the effect on Pegasi planet reflection 

spectra and light curves (at 5500 Â) of altering the condensate mix and size distribution, 

and in doing so found a very strong dependence. They suggest that clouds dominated by 

highly-absorbing Fe particles with sizes approaching 0.01 fim might reflect less than 1% of 

the incident starlight, whereas clouds containing an equal mix of MgSiOs, Fe and AI2O3 

10 /um particles act to back scatter 40% of the light.

In determining their composition classes, Sudarsky, Burrows Sz Pinto (2000) also 

looked at differences in the particle size distributions of principal condensates, and found 

that there could be large quantitative and qualitative effects on the resulting albedo spec

tra. In general, they found that less condensation, larger particle sizes, and wider size 

distributions would result in lower albedos.

More recent work by Cooper et al. (2003) has concluded that when modelling sub- 

stellar mass objects, it was unrealistic to apply a single particle size distribution to an 

entire class of objects. Their models suggest that particle sizes vary significantly, not only



with surface gravity, but also with effective temperature. Add to this the churning effect of 

stellar radiation, gravitation and rotationally driven weather systems and you are looking 

at an atmosphere incorporating a whole assortment of different particle sizes.

2.2.6 Recent advances - Atmospheres

There is little doubt that the atmospheric modelling of EGPs has advanced over the years, 

however, far from painting us a clearer picture, a fair proportion of recent work has acted 

more to complicate the issue. It is very much akin to the early days of anatomy, in that 

the more one looks at the inner workings of the human body, the more difficult it becomes 

to understand. Here we briefly summarise some of the recent work, which continues to 

drive the evolution of our knowledge and understanding.

Following discovery of the HD209458b transit (Charbonneau et al. 2000), Brown 

et al. (2001) obtained high-quality EST transit lightcurves to both confirm, and improve 

on estimates for the radius, orbital inclination and mass of the planet. Charbonneau 

et al. (2002) used the same observations to argue that light passing through the planet’s 

atmosphere indicates Na to be less abundant than predicted by theory (Seager, Whitney & 

Sasselov 2000; Brown et al. 2001; Hubbard et al. 2001). To date, a number of explanations 

have been put forward to explain this apparent deficiency (Charbonneau et al. 2002; 

Barman et al. 2002; Fortney et al. 2003). Nevertheless, this first direct evidence from the 

atmosphere of an EGP does highlight the limitations of current theory in an increasingly 

complex field.

A further complication comes in the form of atmospheric tides, first mooted by 

Guillot et al. (1996) but investigated in more depth by Showman & Guillot (2002). They 

used simple arguments to suggest that day-night temperature differences could generate 

strong zonal weather patterns that could wreak havoc, not only to the chemical equilib

rium within the atmosphere, but also to the existence and homogeneity of cloud layers. 

Furthermore they argued that such strong atmospheric circulation could potentially render 

redundant any atmospheric predictions calculated using models that assumed homogenous 

conditions. Oho et al. (2003) extend this idea of circulatory patterns by suggesting that 

hot and cold spots (vortices) could develop, inducing spatio-temporal variability. They 

argue that potential observables, such as absorption levels, albedo, effective temperature, 

cloud presence and height etc. could differ substantially between spots, thereby producing
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significant, and possibly detectable fluctuations in observable signatures.

It is perhaps a little unfair to highlight the potential failures of current theory, but 

we do so only to emphasise the difficulty in trying to predict the atmospheric nature of 

EGPs. This is a highly complex field, still very much in its infancy, with little direct 

evidence to go on besides what we know of our own Solar system. Theoretical predictions 

remain an important and useful tool, however, the best that observers can currently hope 

to achieve is to indentify the gross nature of an atmosphere. To that extent, theory should 

be seen as an interpretive, rather than a predictive tool.

2.3 The scattering of starlight

As the planet orbits its host star, some of the starlight incident upon its surface is reflected 

towards us, producing a detectable signature within the observed spectra of the star. This 

signature takes the form of faint copies of the stellar absorption lines, Doppler shifted due 

to the planet’s orbital motion and greatly reduced in intensity (~  10“^) due to the small 

fraction of starlight the planet intercepts and reflects back into space. Here we investigate 

the likely form of the signature and how the physical nature of the orbital motion should 

drive variations in the strength and spectral shift of the reflected starlight.

2.3.1 Photom etric variations

In deriving the first fundamental equation of our analysis, we consider a host star emitting 

as a monochromatic light source toward a planet at opposition to us, the observer. The 

stellar flux incident at the surface of the planet, a distance a away, is

If we assume the illuminated face of the planet will behave like a perfect Lambert disk 

of area Triîp, then the total amount of energy received and reflected as luminosity by the 

planet will be

Lp =  ‘ïï'Rpfinc- (2.8)

Lambert’s law of reflection states that each surface element of the disk reflects the light 

incident upon it uniformly back into the local half-sky directly overhead. Thus the energy
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is re-emitted into tt steradians, with the flux from the planet received by the observer, at 

a distance D, given by

Here we define the quantity e as the ratio of flux the observer receives from the planet /p, 

relative to that received from the star, Given that the stellar flux is L*/47rD^, we can 

rewrite this planet/star flux ratio as

,= ff-=(?A\  (2.10)
/* \  /

Of course, the reality of the situation dictates that (1) the photons are not all perfectly re

emitted, but are subject to the wavelength dependent albedo of the planet’s atmosphere, 

and (2) the observer does not always see the fully illuminated face of the planet. Rather, 

they experience varying degrees of illumination, dependent on the orbital phase, in much 

the same way as one experiences different phases of the moon.

Geometric Albedo

The geometric albedo, denoted by p, is defined as the observed flux from the planet, seen 

fully illuminated, divided by the flux that would be measured from a planar Lambert law 

disk of the same radius, orientated normal to the direction of the stellar host, and located 

at the same position and distance of the planet. To first order, the value of p depends 

on the amplitude and angular dependence of the various scattering sources within the 

planet’s atmosphere, integrated over the visible hemeisphere. For a Lambert law sphere, p 

=  0.67, whereas at 4800 Â, the geometric albedos of Jupiter, Saturn, Uranus and Neptune 

are 0.46, 0.39, 0.60 and 0.58 respectively (Karkoschka 1994).

In practice, the geometric albedo is likely to exhibit a strong dependence on the 

wavelength at which we observe, as discussed previously in Chapter 2.2.4. Such a p(A) 

dependence is seen clearly with the strikingly blue appearence of Uranus and Neptune, 

where atmospheric temperature, pressure and molecular abundances combine to absorb 

a greater proportion of red light. Whilst, our technique (see later) will be unable to 

determine the true albedo spectrum of a distant planet, it may be possible, given a strong 

detection, to assign some basic linear wavelength dependence.
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Phase Function

The phase function g{4>) describes the variation in the received flux with orbital phase <j6, 

and is a consequence of two competing factors. The first involves the scattering properties 

of particles within the atmosphere of the planet, in particular, the direction in which 

incident photons are preferentially scattered. Typically this depends on the size and shape 

of particles and not the chemical composition of the atmosphere, as is the case for the 

geometric albedo. The second and most significant factor relates to the varying degrees 

of surface illumination during the planet’s orbit about the stellar host.

Where the orbital plane of a system is inclined to our line of sight, there exists an 

additional component to the angle of starlight reflection. To account for this we define 

the phase angle a , as the angle between a line joining the observer, planet and the star. 

a  depends on the orbital inclination i and the orbital phase (f) (measured from transit or 

inferior conjunction) according to

coscK =  — sin 2 cos (̂ . (2.11)

As with p(A), the phase function g(o. A) is also expected to exhibit a wavelength depen

dence, primarily as a result of interactions with atmospheric particles, such as Rayleigh 

scattering. When constructing any phase function we normalize it to ^(0, A) =  1.

It was realised early on that the orbit of a close-EGP may generate a detectable 

variation in the observed photometric signal. Shortly after the discovery of a planet 

surrounding r  Bootis (Butler et al. 1997), Baliunas et al. (1997) searched for a flux 

variation caused by gf(o:, A). Assuming a highly reflective Jovian-like companion, they 

predicted a variation of ~  0.1 millimag, however, were only able to exclude peak-to-peak 

amplitude changes greater than 0.4 millimag. Subsequent work by Henry et al. (2000a) 

further reduced this upper limit, but failed to make any detection. Future photometric 

satellite missions, MOST (Matthews, Kuschnig & Shkolnik 2001) and COROT (Bordé, 

Rouan & Léger 2003) are expected to achieve time stable precisions of ~  10 //mags and 

should therefore measure the flux modulation with comparative ease. However, until 

the time we are able to determine planet-specific phase functions, we need a realistic 

alternative.

If we are to adopt a phase function there are two natural choices. The first is that of 

a Lambert sphere (Sobolev 1975), which assumes that the planetary atmosphere scatters
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Figure 2.15: Comparisons of flux variation with orbital phase, seen in model planets which 

assume a Venus-like phase function (dashed) or a Lambert sphere (solid) for orbit inclina

tions i — 0,45,90°. In both cases, flux is measured relative to the value for illumination 

phase angle a  =  0. The horizontal lines show the î =  0° case, while i — 90° gives the 

greatest amplitude.

light isotropically into 27T steradians. As such,

g (a) = (sin o; - f  ( t t  — a )  cos a ) / t t . (2.12)

Observations (Harris 1961) suggest that the phase functions of gas giants in our solar 

system can be described as Lambert spheres to within an accuracy of 10%.

As our second option, it may be more realistic to adopt a phase function that 

resembles those for the cloud-covered surfaces of planets in our own solar system. Jupiter 

and Venus appear to have phase functions that are more strongly back-scattering than a 

Lambert sphere. Photometric studies of Jupiter at large phase angles from the Pioneer and 

subsequent missions have shown that the phase function for Jupiter is very similar to that 

of Venus (Hovenier 1989). As a plausible alternative to the Lambert sphere formulation, 

we can use a polynomial approximation to the empirically determined phase function for 

Venus (Hilton 1992). The phase-dependent correction to the planet’s visual magnitude is 

approximated by

A m (a) =  0.09(a/100°) +  2.39(a/100°)^ -  0.65(0/100°)^ (2.13)
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such that

5 (a) =  (2.14)

Both Venus-like and Lambert sphere expressions yield phase-dependent flux correction 

factors, which have been plotted for comparison in Fig. 2.15.

Seager, Whitney & Sasselov (2000) presented photometric light-curve predictions for 

CEGPs at 5500 Â, taking into account many factors including the atmospheric density, 

condensates, particle size, chemical abundances and stellar irradiation. Their predictions 

appear to suggest that starlight may be more strongly back-scattered than inferred by 

either the Lambert sphere or Venus-like phase functions, being strongest within 30 degrees 

of the posterior transit of the planet, i.e. 0.42 < ^ < 0.58. However, they accept that 

many unknowns remain that could result in substantially different photometric variations, 

and that the shape of any orbital light-curve will only be determined through direct 

observation. In that sense, they also conclude that theory should be used as an interpretive 

rather than a predictive tool.

F irst observable quantity  - to

If we incorporate the wavelength and phase dependencies of the geometric albedo p(A) 

and phase function g{a, A), the planet/star flux ratio defined in Eqn. 2.10 becomes

e(a. A) =  ^)- (2.15)

Observations can measure e(cK, A) over some range of orbital phases (j) and hence phase 

angles a. However, the signal-to-noise ratio (S;N) and orbital phase coverage of our obser

vations are not yet adequate enough to deflne the shape of the phase function. Accordingly, 

current practice is to adopt a specific phase function in order to express the results in terms 

of the planet/star flux ratio that would be seen at phase angle zero. In doing so, we obtain 

our first observable quantity.

60(A) — p(A)—y. (2.16)a

2.3.2 Spectroscopic variations

Our second fundamental observable results when absorption lines within the reflected 

component of the stellar spectrum are Doppler shifted by the orbital motion. When we
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measure the radial velocity “wobble” of the host star, we find a JC* sin 27r<̂  modulation. 

For a near circular orbit, the planet behaves in much the same way, i.e.

Vp{<f>) — /<'psin27rc/). (2.17)

If we consider the motion of star and planet about a common centre-ol-mass, we find that 

their RVs are related by

(2.18)

where the mass ratio q = Mp /M* is given by

g ÜT* f
1 + q sin « 27ra 

From this we can define our second observable quantity, namely

(2.19)

which, as we see, retains the dependence on orbital inclination. If we know a from Eqn. 2.1 

and P  from RV studies, then Kp follows. As one might expect, Vp{<p,i) has a maximum 

radial velocity when i = 90° and (j) = ttf  2 or ~ tt/2. We can compare this value to the 

Kp,max obtained through any detection, and thus determine the inclination of the system. 

Take, for example, the planet orbiting v  Andromedae. From stellar and RV parameters 

given at Appendices A .l and A.2, we calculate t)p(7r/2,90°) =  139 km s~^. If our analysis 

detects a feature orbiting at a maximum value of, say 90 km s“ ,̂ then we have an orbital 

inclination i = sin~^ 90/139 cr: 40°.

In this section, we have described the observable behaviour of starlight, reflected 

(scattered) towards us by the atmosphere of an orbiting planet. In particular, we have in

troduced the two main observable quantities, eo and Kp, which we would hope to determine 

from observations. In Chapter 4, we introduce the method by which these observations 

are secured, and the subsequent processing designed to extract the faint planet signal from 

observations of the stellar host. Before that, we investigate how the known stellar and 

planetary parameters of each system can help us to make predictions for €o and Kp.
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CH A PTER 3

Prospects for Spectroscopic Reflected-light searches

This chapter summarises the contents of a paper, authored by myself and recently pub

lished in MNRAS (Leigh et al. 2003b), presenting work carried out in conjunction with 

Andrew Collier Cameron and Tristan Guillot, both of whom were cited as co-authors.

3.1 Introduction

Spectral models of close-orbiting EGPs (Seager & Sasselov 1998; Marley, Gelino & Stephens 

1999; Goukenleuque et al. 2000; Sudarsky, Burrows & Pinto 2000; Barman, Hauschildt 

& Allard 2001) show that scattered starlight dominates over thermal emission at optical 

wavelengths, but the albedo is very sensitive to the depth of cloud formation. Sudarsky, 

Burrows & Pinto (2000) find that the relatively low surface gravities of planets such as 

V And b, HD75289b and HD209458b may favour the formation of relatively bright, high- 

altitude silicate cloud decks (cf. class V model). On higher-gravity objects such as r  Bootis 

b, however, the same models predict a much deeper cloud deck (cf. class IV model). In this 

case, much of the optical spectrum is absorbed by the resonance lines of the alkali metals. 

The Na I D lines in particular are strongly broadened by collisions with %  molecules.

In reality, however, the atmospheric structure of close-orbiting Pegasi planets is 

expected to be more complex, with strong winds and horizontal temperature variations 

(Showman &; Guillot 2002), and possible temporal variations (Cho et al. 2003). The 

combined atmospheric circulation and temperature variations are likely to yield a disequi

librium chemical composition. Furthermore, the location and characteristics of any cloud 

decks cannot be predicted to any great precision with present theoretical knowledge. The 

next logical step towards understanding the properties and evolution of these objects will
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be to test these emerging models by measuring the albedos of these Pegasi planets directly.

We found in Chapter 2.3 that a planet of radius Rp, orbiting a distance a from a star, 

intercepts a fraction {Rpj2aŸ of the stellar luminosity. The proximity of Pegasi planets 

to their parent stars make them excellent prospects for reflected-light searches. At optical 

wavelengths, starlight scattered off the planet’s atmosphere is expected to dominate over 

thermal emission. The planet/star flux ratio

e(a. A) =  =  p(A) p (a, A) (3.1)

is therefore expected to vary with the star-planet-observer illumination angle a , giving 

a small periodic modulation to the system brightness in the form of the phase function 

g{a, A). The amplitude of optical flux variability for the system is expected to be

^  < 8.3 X 10-^ ( ^ )  ( ^ o . O ^ i y )

for a typical Pegasi planet. Future space-based photometry missions are expected to be 

able to detect and measure this modulation with ease. However, the orbital inclination 

(and hence planet’s mass) cannot be determined directly from the light-curve, since the 

form of the phase function g(a, A) is unknown.

Starlight reflected from a planet’s atmosphere contains copies of all the thousands 

of photospheric stellar absorption lines, Doppler-shifted by the planet’s orbital motion and 

modulated in strength by the phase function g{a, A). By detecting and characterising the 

planetary reflected-light signature we observe the planet/ star flux ratio as a function of 

orbital phase and wavelength. The information we aim to obtain (in order of increasing 

difficulty) comprises:

• Kp, the planet’s projected orbital velocity, from which we obtain the orbital inclina

tion of the system, i. This allows us to determine the planet mass Mp, since Mp sin% 

is known from the star’s Doppler wobble.

• eo, the maximum strength of the reflected starlight that would be seen if the planet 

were viewed fully illuminated.

• p(A), the albedo spectrum, which depends on the composition and structure of the 

planet’s atmosphere.

• g{a. A), the phase function describing the dependence of the amount of light reflected 

toward the observer by the star-planet-observer angle a.
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3.2 System Param eters

The known stellar parameters for six bright stars known (from Doppler wobble studies) to 

harbour Pegasi planets are set out in Appendix A.I. Fits to the radial velocity data have 

provided us with orbital periods for the planets, together with the stellar reflex velocity 

of each star about the common centre-of-mass of the system. Both parameters are 

set out in Appendix A.2 alongside calculated values for the orbital radius of the system 

(from Kepler’s Laws) and the minimum planet mass. In addition, we provide theoreti

cal estimates for the effective temperature and upper limit on the radius of the planet 

(for edge-on orbits), assuming both “Hot” and “Cold/Dissipative” atmospheric structure 

models, as described in more detail by Showman & Guillot (2002) and summarised in 

Chapter 3.2.2.

3.2.1 P lanetary  mass estim ates

Among the known Pegasi planets there are several promising candidates for future spec

troscopic reflected-light searches. The main selection criteria are that the host star must 

be bright, and that the planet/star flux ratio near superior conjunction must be high. 

Given spectroscopic and/or photometric estimates of the stellar radius R*, the projected 

rotation speed asin« and rotation period Prot  ̂ we estimate

(3,3)

This makes the assumption that the stellar rotation axis and the orbital plane are close to 

perpendicular, as was determined for HD209458 by Queloz et al. (2000a). The mass ratio, 

q =  Mp/M^, follows from the observed orbital period Pgrb and the stellar reflex velocity, 

AT*, with

 ̂ _  K^Porb
1 4- g 27ru sin%

This then provides us with the planet’s projected orbital velocity amplitude {Kp =  K^fq)  

in addition to the planet mass {Mp =  qM^).
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Figure 3.1: Evolutionary radius models for the planets surrounding v And, r  Bootis, 51 

Pegasi, HD179949, HD75289 and HD209458. The evolutionary tracks show the “Hot” and 

“Cold/Dissipative” models for orbital inclinations of sinz =  0.5 and sinz =  1.0. Being a 

known transiting planet, HD209458b is shown solely for sinz =  1.0.
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3.2.2 P lanetary  radius estim ates

Assuming a known mass, the radius of a gaseous planet is governed by its Kelvin-Helmholtz 

contraction, and the following factors, in order of significance: (1) its composition; (2) its 

atmospheric temperature; (3) possible additional energy sources; and (4) its age. Uncer

tainties also stem from our limited understanding of the underlying physics: equations of 

state, opacities (see Guillot 1999).

Transit measurements of the radius of HD209458b (Charbonneau et al. 2000; Henry 

et al. 2000a; Brown et al. 2001) show that the planet is essentially made of hydrogen and 

helium (Guillot et al. 1996; Burrows et al. 2000), thus addressing the first source of 

uncertainty concerning the radii of Pegasi planets. However, it was later shown that the 

radius of HD209458b is too large to be explained by standard evolution models using 

realistic atmospheric boundary conditions (Bodenheimer, Lin & Mardling 2001; Guillot 

& Showman 2002; Baraffe et al. 2003). Instead, Bodenheimer, Lin & Mardling (2001) 

proposed that HD209458b may be kept inflated by the dissipation of tides through the 

circularization of its orbit. Due to the very small eccentricity of the orbit (consistent 

with 0.0), Showman & Guillot (2002) proposed two alternative explanations: either the 

atmosphere is relatively cold, as predicted by radiative transfer calculations, and kinetic 

energy generated in the atmosphere is dissipated relatively deep in the interior (e.g. by 

tides due to a slightly asynchronous rotation of the interior), or the atmosphere is warmer 

than calculated, for example because shear instabilities force it into a quasi-adiabatic state. 

We therefore calculate the radii of other Pegasi planets on the following basis:

• All Pegasi planets have approximately the same composition, being made mostly of 

hydrogen and helium.

• Their atmospheres are either “hot” or “cold”, the temperature at a given level (10 

bars) being calculated as a function of the effective temperature and gravity, as 

described in Guillot & Showman (2002), assuming a bond albedo equal to 0.4.

• In the “cold” case, an additional energy flux is deposited at the centre of the planet. 

This flux is set equal to 8 x 10“  ̂ times the absorbed stellar luminosity (i.e. between 

1.2 and 3.1 x 10̂ ® erg s~^). This corresponds to the energy flux necessary to reproduce 

the radius of HD209458b with “cold” boundary conditions (Guillot & Showman 

2002).
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Of course, a number of unknowns remain. Most importantly, both the composition, bond 

albedo and the energy flux dissipated in the planet are likely to be complex functions of 

the planetary mass, orbital distance and even stellar type. However, this is likely to be 

a second order effect because structure calculations take advantage of the known radius 

of HD209458b. It is interesting to see that even though the parameters of the models 

have been set by the constraint on HD209458b, the “hot” and “cold” scenarios shown in 

Fig. 3.1 yield significantly different radii for the other planets. This is due to the fact that 

energy dissipation (in the “cold” case) has a greater impact on planets of smaller mass, 

and that the “hot” boundary condition yields a planetary radius that is more sensitive to 

the orbital distance.

As a corollary, this shows that observations of the reflected light from these planets 

can provide critical information for deciding between these models.

3.2.3 Flux ratio  estim ates

For a Lambert-sphere phase function g{a) we can compute the maximum expected p lanet/star 

flux ratio near to superior conjunction,

ifp/f*)max = Pg(7r/2 -  i) (3.5)

The value p = 0.4 assumed for the grey geometric albedo is plausible for the case of a 

high, reflective silicate cloud deck with little overlying absorption, as in the class V models 

of Sudarsky, Burrows & Pinto (2000). Other models in which cloud layers are deeper, or 

even absent, produce lower optical albedos; thus the flux ratios we compute here should 

be treated as upper limits on the plausible planet/star flux ratio.

3.3 Prior probability distributions

We derive the prior probability distributions for the observable quantities Kp and [fp/ f^)max 

by drawing randomly from the uncertainty distributions (assumed gaussian) for the ob

served quantities FT*, M*, i?*, Prou Age and usini. The values of these quantities, for six 

of the brightest stars known to harbour Pegasi planets with orbital periods of less than 5 

days, are given at Appendix A .l and A.2. In order to provide a radius estimate for each 

planet, we use our sin i estimate to conduct a log Rp — log Mp linear interpolation (for a
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selected age) between the sinz =  1.0 and sinz =  0.5 evolutionary models. In each case we 

performed 1,000,000 random Monte Carlo trials to compute Kp and log(/p//=,=)max- The 

resulting joint probability distributions for the planet/star flux ratio and projected orbital 

velocity amplitude are presented in Fig. 3.2.

The maps are calculated for an evolutionary radius model that exhibits a “Hot” 

atmospheric structure, although maximum likelihood values for both the “Hot” and “Cold” 

scenarios are shown at Table 3.1. Trials in which the orbital inclination was high enough 

to cross the observer’s line of sight to the stellar disc were rejected for all cases bar 

HD209458b, since none of these other systems has been seen to exhibit transits (Henry 

et al. 2000a; Tinney et al. 2001). For the transiting planet, its known inclination and 

mass act to constrain the projected radial velocity amplitude.

In the case of r  Bootis, an additional constraint was applied. Since the rotation of 

the primary appears to have become synchronised with the planet’s orbit (Baliunas et al. 

1997; Collier Cameron et al. 1999; Henry et al. 2000a), the planet must have been massive 

enough to have synchronised the star’s spin within its own main sequence lifetime. For 

each trial we computed both the main sequence lifetime and the synchronisation timescale. 

Trials in which the latter exceeded the former were rejected. This, in conjunction with the 

well determined fs inz  value, leads to a fairly tight constraint on the system inclination 

and hence Kp.

3.4 Discussion

The maximum observable planet/star flux ratio for a planet depends strongly on the 

inclination of its orbit to our line of sight, and on the distance of the planet from the star. 

The statistical analyses presented here provide estimates of the planet/star flux ratio, 

derived from the best data currently available on six bright stars harbouring planets with 

orbital periods of less than 5 days. These estimates are model-dependent, in that we have 

made theoretical assumptions about each planet’s radius, the inclination of each orbital 

plane to the stellar rotation axis and used a Lambert-sphere phase function to describe 

the atmospheric scattering properties. In addition, we have adopted a grey geometric 

albedo {p ~  0.4) that corresponds roughly to the reflective, high-level silicate cloud decks 

predicted by the class V spectral models of Sudarsky, Burrows & Pinto (2000).
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Figure 3.2: Prior probability density maps for the planet/ star flux ratio near superior 

conjunction, as a function of the planet’s projected radial velocity amplitude for an 

assumed geometric albedo p = 0.4. The maps are calculated for an evolutionary radius 

model that exhibits a “Hot” atmospheric structure, although maximum likelihood values 

for both the “Hot” and “Cold” scenarios are shown at Table 3.1.
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Planet Kp

(km s“ )̂

Inclination

(Degrees)

Mp/ Mjup {fp/f*)max

Hot model

{fp/f*)max

Cold Model

V And b 133 78 0.760 4.88 X 10-^ 4.53 X 10-5

r  Boo b 95 37 6.813 4.18 X 10-^ 3.22 X 10-5

51 Peg b 117 63 0.523 4.81 X 10-s 4.46 X 10-5

HD 179949 b 135 60 0.945 6.44 X 10-^ 5.34 X 10-5

HD 75289 b 141 75 0.498 7.38 X 10"^ 9.17 X 10-5

HD 209458 b 144 87 0.620 7.18 X 10-5 7.17 X 10-5

Table 3.1: Maximum likelihood statistics for the parameter distributions returned by the 

Monte Carlo trials, given what we already know about the system from observation. In 

adopting a grey albedo of p = 0.4 for our trials, similar to that of the class V models of 

Sudarsky, Burrows & Pinto (2000), we expect the /p //*  results to reflect an upper limit 

to the expected brightness of the planet.
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Target m y

(Mags)

{ fp/ f*)max

Hot model {i — 90°)

4m-class

telescopes

8m-class

telescopes

V And 4.09 4.88 X 10-5 20.0 hrs 5.0 hrs

T Boo 4.50 4.18 X 10-5 39.8 hrs 9.9 hrs

51 Peg 5.46 4.81 X 10-5 72.7 hrs 18.2 hrs

HD 179949 6j& 6.44 X 10-5 84.0 hrs 21.0 hrs

HD 75289 6.35 7 j# x lO -5 70.1 hrs 17.5 hrs

HD 209458 7.65 7.18 X 10-5 245 hrs 61.3 hrs

Table 3.2: Exposure time predictor to compare benefits of observing different star and 

telescope class combinations. We take 4m-class observations on v  And as our standard, 

with an exposure time benchmark of 20.0 hrs required to reach the predicted { fp/ f*)max  

signal levels. In deriving these estimates we assume that all other variables are equal, such 

as overall instrument efficiency, observing strategy and weather conditions.

A recent spectroscopic search for the relected-light signature from v  And b (Col

lier Cameron et al. 2002), has already reached detection limits comparable to the signal 

levels predicted here, using an échelle spectrograph on a 4m-class telescope. We find the 

total number of photons that must be collected scales with the square of the planet/star 

flux ratio, whilst the length of time required to collect this number of photons with a given 

telescope scales with the flux received from the star. If we adopt 4m-class observations of 

V And as our benchmark (20.0 hrs) to reach the [ fpff^)max  signal levels predicted, then 

Table 3.2 details the relative exposure times for each planetary system, given access to 

both 4m and 8m-class telescope facilities. Given that it has been possible to probe to 

these deep signal levels for v  And in only a few nights on a 4m-class telescope, the re

maining five stars are clearly viable and compelling targets for future studies with existing 

high-throughput spectrographs on 8m-class telescopes. Future instruments that are also 

likely to be useful in this respect include the high-efficiency fibre-fed échelle spectrograph 

ESPADONS, which is to be commissioned on CFHT during 2003.
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C H A PTER 4

The Search for a Planetary Reflection

4.1 Introduction

The primary aim of our technique is the direct detection of starlight reflected from the 

surface of a close-orbiting Pegasi planet. In conducting ground-based observations, we 

believe Echelle spectroscopy offers the best chance of overcoming the main obstacle to 

achieving a direct detection, namely the separation of the planet signal from that of the 

star. As the planet orbits its stellar host, it reflects a faint copy of the stellar spectrum, 

Doppler shifted due to the orbital motion and much reduced in intensity due to the small 

fraction of starlight its surface intercepts and scatters toward our line of sight. The Monte 

Carlo simulations conducted in Chapter 3 suggest that the flux of the scattered starlight 

is likely to be no more than one part in ~  10'̂  of the flux received from the star itself. 

In the remainder of this chapter, we detail how the high resolution and broad wavelength 

coverage obtained using Echelle spectroscopy should help us to separate and extract a 

planet signal from observations of its stellar host.

It is the spectral nature of the observation that is key to achieving signal separation. 

However, in order to successfully disentangle the distinct radial-velocity signature of the 

planet, we must first overcome the weak nature of the planet’s signal in comparison to that 

of its host. In conducting stellar observations, we invariably see the appearance of noise 

and systematic errors from the usual sources, i.e. readout noise, photon statistics, sky 

background, telluric absorption and instrumental flexure. The small planet/star flux ratio 

expected (< 10"" )̂ suggests that even with the high signal-to-noise ratios (S:N) achievable 

with 8m and lOm-class telescopes (typical S:N ~  1000), we would still expect any planet 

signal to be deeply buried in noise. In Chapter 4.5 we review the spectral deconvolution
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process used to substantially boost the S:N achieved during observation, but in the data 

acquisition stage, we still aim to maximise the accumulated S:N. In basic terms, this 

necessitates observing nearby bright stars that are known to host Pegasi planets, whilst 

maximising the number of photons collected, through use of a large collecting surface 

and/or a high-efficiency spectrograph.

4.2 High-resolution Spectroscopy

In traditional spectrographs a dispersing element (typically a prism or diffraction grating) 

is used to produce the image of a single-order spectrum, in which the range of wavelengths 

recordable is limited by the size of the imaging device. The raw CCD image of a typical 

spectrum shows that much of the detector area away from the spectrum itself is unused. 

Echelle spectroscopy provides a method of optimising the use of the available detector 

area whilst maintaining spectral resolution.

Cbttectot
EHat IWittor

Slit

Figure 4.1: Simple diagram to show the typical setup within an échelle spectrograph.

An échelle is a diffraction grating where the rulings are much further apart than 

usual. This results in a number of short wavelength-range orders of very high spectral dis

persion, but which tend to overlap each other. To overcome this effect, a cross-dispersing 

element is used to spatially separate the orders at the detector. Fig. 4.6 shows a raw 

échelle spectrum for the star HD75289, recorded using the UV-Visual Échelle Spectro
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graph (UVES) on the VLT(UT2) telescope. The spectrum contains 25 orders running 

from left to right across the image at a slight angle, with each containing a number of 

prominent absorption features. Astronomical échelle spectrographs are designed so that 

the wavelength coverage in one order will overlap the coverage of the adjacent orders. Note 

that in describing the techniques involved here, we shall demonstrate using the HD75289 

data secured on 2003 Jan 13. A detailed description of the HD75289 analysis and results 

is set out in Chapter 6.

Figure 4.2: Raw échelle spectra of the star HD75289. The images were obtained on 2003 

Jan 13 using the UVES instrument, mounted on the ESO VLT(UT2) telescope at the 

Paranal Observatory in Chile.

As we don’t have space to tackle a detailed description of the internal working of an 

échelle spectrograph, I would refer the reader to descriptions provided by instruments in 

current use, i.e. VLT/UVES (ESO 2003), KECK/HIRES (Keck 2003), TNG/SARG (IAC 

2003) and AAT/UCLES (AAO 2003). For the remainder of this chapter, it is assumed 

that the reader understands the rudiments of observational spectroscopy.

4.2.1 D ata Acquisition

In conducting observations on our target object, the primary aim is to accumulate as many 

photons as possible whilst sampling a range of orbital phases with the planet at different 

Doppler shifts. Maximising the acquired S:N requires an observing strategy that monitors
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and varies exposure times through the night, such that the CCD pixels are ideally exposed 

to within 15% of their saturation level. Typically, we aim for S:N in the range 600 - 1000 

for the brightest orders in any single exposure, although this very much depends on the 

length of exposure, brightness of object and prevailing observing conditions. Observational 

overheads (CCD readout time/preparation) act to reduce the time spent collecting data, 

but with careful handling observing efficiencies of 80 - 90% can be achieved.

In order to remove detector-related effects we need to obtain a complete set of bias 

and hat-ffeld frames taken at the start and end of each night. These allow us to characterise 

and correct for variations in the instrumental response, as detected at the CCD. In order 

to accurately correct for pixel sensitivities, without degrading the data significantly, it is 

important to collect at least as many photons in the master flat-field as were accumulated 

in all the object spectra. This requires summing ~  100-200 flat-held exposures, obtained 

during daylight hours, using tungsten lamps designed for the purpose. The master flat-held 

is then used to construct a balance-factor frame to be applied during the spectral extraction 

process. Additional calibration frames required include trace frames and Arc (Thorium- 

Argon) frames for wavelength calibration, although these will shortly be discussed in more 

detail.

4.2.2 Spectral Extraction

The extraction of échelle spectra to 2-D images is similar, in principle, to the extraction of 

a single-order spectrum, but presents a few additional considerations. The main problem 

is that the orders have a more complex spectral proflle than seen with a single-order 

instrument. Additional difficulties arise in flat-helding the data and require that we take 

a careful approach. Fortunately, there are several dedicated software packages available 

which address these specihc features of échelle data reduction. In this analysis we have 

chosen to extract the raw data using automated pipeline reduction scripts built around 

the Star link BCHOMOP and FIGARO packages.

D ata  Preparation

Prior to attempting the extraction, it is essential to prepare the data carefully. After 

subtraction of the median bias frame (~  40 of which are obtained each night), each object
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and Arc frame is cropped to remove the overscan regions and rough edges of the CCD, 

which can sometimes confuse the algorithms in the échelle data reduction engine. The 

final step involves rotating and orientating the frames to meet the criteria expected by 

ECHOMOP, i.e. orders run roughly horizontal with wavelength increasing from left to 

right. Once the set of Arc and object images have been prepared in this way the extraction 

process can begin.

ECHOM OP - Échelle D ata  Reduction Package

The initial identification and tracing of the échelle orders on the CCD frames is performed 

manually using a dedicated narrow-order trace frame. In the absence of a specific frame 

for this task, one can trace using the spectrum of a hotter B star that has relatively few 

absorption features, or in some cases the spectrum of the target star itself.

Profile of order 13 fo r a ll-o rd e r  Object/SKy deiermlnoUon
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Figure 4.3: Spatial profile of the central order of the spectrum for HD75289. Its extent 

determines which parts of the profile contain the spectral information and which can be 

used to calculate the sky background.

Once the location and path of the orders has been determined from fits to the trace, 

a lateral (or spatial) cut is taken to manually identify their profile and extent (Fig 4.3). 

Regions beyond the wings of the spatial profile in each order are used to model a linear 

fit to the scattered-light (or sky) background, which is subsequently removed from all 

frames. Flat-field balance factors are applied at this point to correct for the pixel-to-pixel
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variations in the instrumental response seen at the detector. After modelling the object 

profile across all orders, the process performs an optimal (profile and inverse-variance 

weighted) extraction of the orders across the full spatial extent of the object region. W ith 

the extraction of both object and Arc frames, comes the time consuming and much loved 

process of wavelength calibration. The location of emission line features within the Arc 

frame is followed by a manual process to identify them (see Fig. 4.4) from a reference list 

of known Thorium-Argon features.

Identified features In order 1 [*—Imports, t<—Keep]

s

4070 4090 4100 4110 4120

W avelength

Figure 4.4: Wavelength calibration and extraction of a typical spectra using ECHOMOP. 

The screenshot shows the identification of emission features within the first spectral order 

of the Arc (Th-Ar lamp) frame.

The results of the wavelength calibration are attached to the extracted object frame, 

with both written to a 2-D échellogram in Starlink NDF format, suitable for subse

quent processing. The remaining object frames are then extracted automatically using 

parameters set in this first manual extraction. Fig. 4.5 shows a full 2-D échellogram 

of the star HD75289, as extracted from a raw échelle spectrum (Fig. 4.2) secured on 

VLT(UT2)/UVES. The échellogram represents 25 high-resolution single-order spectra, 

similar to that in Fig. 4.6a, stacked to form a single object with complete wavelength cov

erage from 4000 - 5200 Â. The overlap of adjacent orders in the spectral direction results 

in roughly 2400 images of the ~  1800 absorption features detected within the spectrum. A 

well-known feature of échelle spectroscopy is that the spectral sensitivity in a given order 

decreases toward the wings. This characteristic is known as the “blaze function” and arises
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from the manner in which light is reflected by the échelle grating. The presence of such a 

strong continuum profile, shown clearly in Figs. 4.5 and 4.6, requires careful handling in 

subsequent processing, especially when dealing with the associated errors.

Figure 4.5: The resulting reduced échellogram following ECHOMOP extraction. The form 

of the continuum profile and resultant dimming towards the wings of the orders results 

from the blaze function.

4.3 Separating the Planet Signal

The next stage in the process requires us to accurately model and remove the intrinsic 

spectrum of the star to leave the planetary reflection, which at this stage is still buried 

deeply in the noise. In modelling the star, we create a stellar template from the co-aligned 

sum of all the spectra secured on each night of observation. As the planet’s Doppler shift 

changes through the night, the summation allows us to average out any refiected-light 

contribution present in the data, such that subtraction of the template from individual 

spectra does not remove too much of the planetary signal.

We begin by removing cosmic-rays from the individual frames. To achieve this 

we divide each target spectrum by its predecessor, with the result smoothed using a 

median box filter covering 21 pixels in the dispersion direction and 5 adjacent orders. The 

smoothed frame is used to scale the predecessor frame, which is then subtracted from the
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target frame. The resulting difference frame is divided by the square root of the target 

frame to yield deviates in units of the local Poissonian noise amplitude. All pixels whose 

deviates are more than 7 sigma in excess of their counterparts in the scaled predecessor 

frame are assumed to be cosmic ray hits and are replaced with the corresponding pixel 

value from the scaled predecessor frame. The cleaned target frames are then shifted 

linearly (if required) to co-align the stellar absorption lines to the nearest integer pixel. 

Such a shift is not generally required with stable platforms such as VLT(UT2)/UVES, 

however, with WHT/UES, one finds that the spectral image moves across the detector 

during the night, resulting in significant misalignments between frames taken at the start 

and end of observation. Once aligned, the frames are then summed to create the stellar 

template.

The next stage involves scaling, shifting and de-blurring the stellar template prior 

to subtraction from the individual spectra. The first two derivatives of the template frame 

are calculated from the template values tj in each order, as a function of pixel number Xj 

in the dispersion (spectral) direction:

=  , (4.1)

and

t". =  2 ( ^ J + 1  -  4 ) / k + i  -  ^ j )  -  ( 4  -  -  X j - i )  M  2 )

The third and fourth derivatives are calculated by performing the same operations on 

t", and are used to correct frame-to-frame variations in the higher moments of the Point 

Spread Function (PSF) and seeing profile.

We then model the vector f  of all observed spectrum values within each extracted 

échelle order, by scaling the template t  along each order. The scale factors vary as a 

function of position æ, and are approximated by a 34-knot least-squares spline. We need 

such a high-order spline to tackle the vignetting near the edges of each order, which 

produces abrupt and time-variable changes in the slope of the stellar continuum. The 

derivative frames were scaled in a similar fashion, using 6-knot splines to define the scale 

factors. A further 6-knot spline was calculated to provide a smooth background correction

for any inconsistencies in the scattered-light subtraction during the extraction process.

The scaled, aligned and de-blurred template spectrum thus has the form

9j ~  oijtj + Pjtj 4- 'Yjtj +  Ôjtj' H- €jt'-" +  r)j (4.3)
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where aj  is the value at xj  of a 34-knot spline and /3j, 7 ,̂ ôj  ̂ ej and are the values of the 

corresponding 6-knot splines used to scale the derivatives and correct for the background. 

The knot values for the various splines were determined by the method of least squares 

using singular-value decomposition to ensure that spurious fluctuations were suppressed 

in those parts of the spectrum where few lines were present.

The best-fit stellar template g is then subtracted from the observed spectrum f  to 

leave a residual spectrum r  composed mainly of noise. If the planet velocity is sufficient 

that absorption lines in the reflected starlight are shifted clear of those in the direct 

starlight, then the residual spectrum is expected to retain the reflected starlight signal 

buried deeply in Poissonian noise. The next step is to pull this signal out of the noise, 

but before that we need to investigate and remove any fixed-pattern noise in the residual 

spectrum.
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Axis 1 pixel

Axis 1 pixel

Figure 4.6: (a) Single order of a typical stellar spectrum above (b), the resulting residual 

spectrum following subtraction of the scaled, aligned and de-blurred stellar template. We 

note a residual rms scatter of ~  600, which when compared to maximum stellar photon 

flux of ~  2.5 X 10^, suggests a S:N ~  400 for the brightest parts of this image.
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4.4 Principal Component Analysis

When the aligned stellar template is subtracted from the direct starlight, we find that 

the residual spectra exhibit a spatially fixed but time variable pattern of ripples. Closer 

inspection suggests that the ripple pattern is attributable to a combination of time depen

dent changes in the sensitivity of the detector, thermal flexure in the spectrograph and 

changes in the strength of telluric-line absorption features in some of the orders.

The significance of this fixed-pattern noise was first investigated by Collier Cameron 

et al. (2002) who used a Principal Component Analysis (PCA) technique to isolate and 

compensate for its effects. They compared the scatter of pixel values in each residual 

spectrum with what might be expected from photon statistics alone. By dividing each 

object spectrum by the square root of its computed variance, they found several hundred 

outliers in the distribution of pixel deviates, caused mostly by systematic errors in the 

polynomial fits to half a dozen regions affected by defects on the CCD. Despite clipping 

at ±4 times the expected local root-mean-square (rms) photon noise amplitude, they 

found a Gaussian distribution in the remaining values, with an rms error ~  1.5 times the 

expected value. In addition, there was a significant correlation between pixel values in 

successive residual frames, indicating that some fixed-pattern noise sources had not been 

fully eliminated by the template alignment and subtraction. The residuals in pairs of 

frames taken several hours apart or on different nights were also found to be correlated, 

though in some instances the slope of the correlation was reduced or even reversed.

We can map and correct for these spatially fixed but time-varying patterns by use 

of a technique involving principal component analysis. PCA is a statistical method widely 

used in data analysis and compression. It involves the linear transform of a number of (pos

sibly) correlated pixel-values into a number of uncorrelated pixel-values called principal 

components. The first principal component accounts for the majority of the commonality 

in the data, with each successive component containing the remaining variance in the data 

but increasingly less commonality. By subtracting the first two principal components from 

a temporally-varying stack of residual spectra we should, in theory, remove most of the 

fixed-pattern noise.

Traditionally, PCA is performed on a square symmetric matrix. If we take a set of M  

spectra, each of length N  pixels, then the «th spectrum has elements Si = {sü , • • • , Si^}
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and associated variances cr^i =  , cr?^}. The covariance matrix of the temporal

variations in the individual spectral bins of this set of spectra is a real symmetric matrix 

of dimensions N  x N ,  whose elements are given by:

Y  . (4,4)

Note that we subtract the inverse variance weighted mean spectrum § before computing 

the covariance matrix. The j th  spectral bin of s is given by:

.  =  (4.5)

The eigenvalues and eigenvectors of the covariance matrix are determined using 

Jacobi’s method (Press et al. 1992), although this requires that we process the spectra in 

wavelength segments of length ~  100 pixels to keep the computer processing time down. 

The eigenvector associated with the largest eigenvalue has the same direction as the first 

principal component. In a statistical sense the principal components are those eigenvectors 

of the covariance matrix accounting for the largest fraction of the variance.

Collier Cameron et al. (2002) found that most of the unwanted additional variance 

in their v  And spectra was contained in the first two principal components, suggesting 

two independent sources of fixed-pattern noise. The first principal component contained 

a spatially fixed but temporally-varying pattern of ripples affecting all orders. This they 

attributed to a slow drift in the sensitivity pattern of the fiat field. The second principal 

component consisted mainly of imperfectly-subtracted telluric absorption features that 

appeared at variable strengths in some of the orders.

Once the degree of the fixed-pattern noise contribution for each exposure is estab

lished using PCA, it can be subtracted from the residual frame. The method effectively 

removes any correlation between successive frames, and has been found to reduce the RMS 

scatter in the pixel values to within ± 10% of the value expected from photon statistics 

alone. The planet signature should not be affected by this procedure any more than it is 

affected by the template subtraction because, unlike the fixed-pattern noise, it is smeared 

out by orbital motion. Nonetheless, it is important for the subsequent matched-filter anal

ysis (Chapter 4.6), to investigate and quantify any signal loss. This can be achieved by 

monitoring the progress of a simulated planet signal through each of the processing steps, 

as detailed in Chapter 4.8.
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4.5 Least Squares Deconvolution

Once the fixed-pattern noise has been removed from the data, we extract the reflected-light 

signature from the residual frames using a weighted least-squares deconvolution (LSD) 

technique, described initially by Donati et al. (1997), In brief, the method involves taking 

a list of photospheric absorption lines for a given stellar type and calculating a “mean” line 

profile which, when convolved with the line list, gives an optimal match to the observed 

spectrum. The deconvolved line profile thus incorporates an average broadening function 

that is representative of all the lines recorded in the spectrum. Since we expect the planet 

to reflect the same pattern of absorption-lines as the host star, the technique of LSD should 

prove an effective way of measuring the average line profile of any faint planet signature 

within the residual spectrum (from which the stellar signal has been removed).

4.5.1 M athem atical description of the LSD

In order to apply our technique we first need a line list. The list details the wavelength 

of each absorption line, together with its relative weighting (defined as the depth of the 

unbroadened absorption lines) within a normalised spectrum. A set of line-lists were 

generated by Donati et al. (1997) for a number of different stellar types, using the model 

atmospheres of Kurucz (1993). W ith the majority of Pegasi planet hosts having a spectral- 

type close to that of the Sun, we believe the model line-list for a G2V star with solar 

metallicity should provide good results for all our target stars. Note, that we do not 

benefit significantly from the inclusion of weak lines, and thus concentrate our analysis on 

lines where the central depth exceeds 0.4 normalised units.

The predicted residual spectrum p  is the convolution of a “mean” line profile % with 

the line-list of weighted delta functions a  (see Fig. 4.7), according to

Pj = Y . ^ j k ^ k  (4.6)
k

where j  is the spectral element (pixel) and k an element (bin) of the deconvolved profile. 

The profile is defined on a linear velocity scale for the projected orbital velocity Kp, and is 

determined from the average velocity change per pixel shift in the extracted spectra, Av.  

This value is instrument dependent, but for the WHT/UES configuration, the resolution 

and pixel size combine to give A v  = 3 km s“  ̂ per pixel bin, whereas for VLT/UVES,
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A v  =  1.5 km s  ̂ pixel The Nj  x Nk elements of the convolution matrix, a ,  are defined 

in terms of line weights W{ and the triangular interpolation function A (a;), where

ttjA: =  ^üîA(.T) (4.7)
i

and

in which,

Wi = weighting (depth) of line i

Xi =  wavelength of line i

Xj = wavelength of spectrum pixel j

Vk = radial velocity of deconvolved profile bin k

A v  = velocity increment per pixel within the deconvolved profile

The triangular function K{x) is defined such that

A(a;) =  l +  rr for — 1 < z < 0

=  1 — æ for 0 < æ < 1

=  0 elsewhere

In this way, the elements of the convolution matrix otjk are calculated by summing, over

all spectral lines %, the contribution of the deconvolved profile element at velocity 

to the corresponding data pixel at wavelength \ j  when the centre of the deconvolved 

profile is shifted to the wavelength Xi of each line in turn. The a  matrix is effectively 

a weighting mask that only includes regions of the spectrum covering the deconvolution 

range of wavelength/velocity space.

Our next step is to determine the unknown deconvolved profile Zk for the observed 

data. We use the function to obtain the inverse variance weighted fit of the convolved 

line-list and deconvolved profile, to the normalised residual spectrum

x ' =  E  ~ ^  '  (4.9)
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where Oj represents the observational errors associated with the individual spectral bins 

and therefore weights the fit optimally with respect to the photon counts in the spectrum. 

The equation is minimised by solving for

^  =  0 (4.10)

to obtain an expression in which Zk is the only unknown,

Z  A  E  E  =  E  A*") Z  (4.11)
j  k I j  ^ 3  k

If the inverse variances 1/cr^ are assigned to the diagonal matrix V, and the residual 

spectrum elements r j  to vector R,  then the equation can be written in the same matrix 

format as Eqn. 4 in Donati et al. (1997), namely

z =  (4.12)

where o F . V . R  represents the cross-correlation of the residual spectrum with the line 

weighting matrix or mask. However, unlike standard cross-correlation techniques, the 

solution gives a flat deconvolved profile outside the regions occupied by the residual stellar 

spectrum . As a result the procedure compensates for the effect of spectral line blends and 

leaves the profile free of the resulting side-lobes. Since the square matrix o t^ .V .ol is 

symmetric and positive-definite, the least-squares problem can be solved using efficient 

methods such as Cholesky decomposition (Press et al. 1992).

The formal errors on the N  points of the deconvolved profile z  are obtained in the 

usual way from the diagonal elements of the N  x N  covariance matrix

C  = ( a ^ .V .a ) - i  (4.13)

The deconvolution process is conducted using a purpose built fortran routine called 

SPDECON (Barnes et al. 1998). The result is a deconvolved profile, similar to that at 

Pig. 4.8, expressed in units of the weighted mean continuum level of the observed object 

spectrum. The deconvolved profile typically extends from -200 to ±200 km s“ ^, to take in 

regions of velocity space that the Doppler shifted planet is expected to occupy. As such, 

the extent of the profile is driven by the orbital nature of the planetary system.
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Figure 4.7: By deconvolving a stellar spectrum (upper panel) with a close spectral-type 

line-list of weighted delta functions (middle), we obtain a “mean” line profile (lower panel) 

that exhibits the average broadening function of all absorption lines within the wavelength 

range in question. Here the line profile shows the broadening function seen in all 25 orders 

of a single HD75289 spectrum . It allows us to estimate the i;sin« of the star at ~  5 km 

s“ ,̂ which is in reasonable agreement with the value of 4.4 ±  1.0 km s“  ̂ obtained by Benz 

& Mayor (1984). The profile also suggests that, at the time of observation, HD75289 had 

a relative velocity of 1.7 km s“ ,̂ which has to be corrected for in the residual profiles.
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Figure 4.8: The same deconvolution as in Fig. 4.7, but this time conducted on the residual 

profile (stellar template removed). The profile is defined in terms of the projected orbital 

velocity Kp of the companion object, and is given in units of the mean weighted continuum 

level, so as to indicate its relative brightness. The strength of any planet signal present 

in the data is expected to be approximately the same as the scatter in the noise. The 

distortions seen in the centre of the line profile are artefacts from high-order mismatches 

in the stellar template subtraction procedure (see later).
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4.5.2 Quantifying the S:N gain

In terms of noise reduction (or signal enhancement), LSD effectively aligns and averages 

the profiles of all photospheric absorption lines that appear in the échellogram and are 

included on the line list. As each individual absorption line can appear in adjacent échelle 

orders, we have more images of lines than are listed in the observed wavelength range. If 

the continuum signal were constant across the whole frame and the strength of all lines 

equal, then the S:N of the deconvolved profile would be proportional to the square root 

of the number of line images processed. For example, a spectrum in which there were 

6000 images of 3300 listed spectral lines, would see a theoretical S:N improvement of

V60Ô0 75. In practice, the continuum is subject to the blaze function and there is a

wide variation in line depths.

S;N Gain from Deconvolution
20000

15000

>  10000 +-Ç

5000

0 100 200 300 400 500 600
S:N In residual spectra

Figure 4.9: We plot the signal-to-noise (S:N) ratio seen in the deconvolved profiles against 

that seen in the residual spectra, to assess the gain in S:N from the LSD technique. A 

linear fit to the HD75289 data secured on 2003 Jan 13 yields a S:N gain close to 32.

We investigated the efficiency in the S:N gain generated by SPDECON, by analysing 

HD75289 data secured on 2003 Jan 13 using VLT(UT2)/UVES. Once again, full details 

of the acquisition and processing of the HD75289 spectra are set out in Chapter 6. We 

define the S:N gain as the ratio of the S:N seen in the deconvolved line profile, to that seen 

in the orders of the residual spectra prior to deconvolution. To overcome the variation
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in signal intensity (and hence S:N) across the blazed orders, the input S:N we calculate 

is the ratio of the average signal strength across the extracted spectrum to the scatter 

observed in the residual spectrum, i.e. {S)/{a). The S:N values for the HD75289 data, 

as determined by the FIGARO ISTAT package, were found to vary between 260 and 440 

depending on the time of exposure. As SPDECON normalises the deconvolved profile 

to unity, the deconvolved S:N is determined directly as the inverse of the scatter in the 

continuum beyond the wings of the deconvolved profile (Fig. 4.8). We measure within the 

continuum of the profile for two reasons, first, because it avoids the absorption line profile 

of the star where mismatches during stellar template subtraction can cause anomalies, and 

second, because the continuum is where we expect to detect any planet signal, at times 

when it is Doppler shifted well clear of the stellar signature.

Fig. 4.9 shows the input S:N values plotted against the S:N seen in the deconvolved 

profiles of the HD75289 spectra. A linear fit to the resulting distribution suggests a mean 

multiplex gain of ~  32, which compares well with the maximum theoretical gain (c± 48.5) 

possible from the 1744 absorption lines listed within the observed wavelength range, of 

which there are 2360 images.

Least-squares deconvolution reduces noise in the deconvolved profiles to ~  10“ “̂ 

times the signal strength in the extracted object spectra, and puts us in the right ballpark 

for attempting the detection of any refiected-light signature within the data.

4.6 Matched Filter Analysis

We expect the radial velocity of the Pegasi planet to vary sinusodally with the orbital 

phase, as all the absorption features attributable to the reflection are periodically Doppler 

shifted to longer then shorter wavelengths. If the intrinsic widths of the line profiles in 

the reflected starlight are similar to those in the direct light, then our work in Chapter 3 

suggests the central depth of any planetary absorption feature should lie between 10“  ̂and 

10“ '̂  (normalised units) when viewed at zero phase angle. In practice, the depth of the 

feature will be less than this, since the planet signature is only separable from the stellar 

profile when its phase angle is more than 20° away from superior conjunction. The ampli

tude is further diluted during the construction of the stellar template spectrum, where the 

planet signal from individual images will combine to generate a smeared planetary con
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tribution. This additional contribution will be particularly strong near quadrature (see 

later). All told, we still expect the central depth of the planetary signature within each 

image to be comparable with the RMS noise amplitude in the individual profile bins, as 

seen in Fig. 4.8. Thus no single profile is expected to yield a significant detection. To 

improve our chances of detection we must investigate the signal contribution of the planet 

at many different orbital phases.

Given an assumed orbital inclination, we can calculate the sinusoidal path the planet 

should follow through velocity space, together with the corresponding variations in sig

nal strength. In order to search for a pattern of faint features displaying the expected 

behaviour, we construct a set of matched filters that can be shifted and scaled to fit the 

data. Our first task in looking for the planet signal is to stack each deconvolved profile 

into a phased time series. This is achieved by comparing the time of exposure with the 

orbital ephemeris (time of inferior conjunction) and period obtained from the radial veloc

ity studies, as determined by Udry et al. (2000) for the case of HD75289. In doing so we 

construct a phased deconvolved profile, as shown at Fig. 4.10, with 500 phase bins used to 

cover the entire orbit. Note that the phase binning is used for display purposes only and 

that subsequent matched-filter operations are conducted on the original unbinned time 

series.

Our next step is to model the refiected-light signal by a sequence of gaussians with 

the appropriate velocities and relative amplitudes:

X exp
1 j V — Kpsiui
2 I Avp (4.14)

The amplitude Kp of the sinusoidal velocity variation is determined by the system 

inclination and stellar mass according to Eqn. 2.20. The orbital phase ^ is known to high 

precision from the ephemeris for times of transit derived from the radial-velocity curve 

and shown at Appendix A.2. The phase angle a  can be determined at any orbital phase 

from Eqn. 2.11. W* is the integrated area of the deconvolved stellar line profile, and Avp 

is the characteristic width of the planet’s refiected-light profile. The phase function i) 

is given by Eqn. 2.12 or 2.14.

Fig. 4.11 uses a simulated planet signal to demonstrate the trail we would expect
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to see in the presence of a genuine refiected-light detection. By adding a simulated planet 

signal to the observed spectra, we can test to see whether a faint planetary signal would 

survive through the sequence of operations described here, in the presence of realistic 

noise levels. The purpose of the matched-filter analysis is to generate a model which best 

matches any such trail.

The weakening of the signature near quadrature (phase 0.25 and 0.75) is primarily a 

result of the phase function, but can in some circumstances be exacerbated by the way in 

which we construct the stellar template. Because the radial velocity of the planet changes 

very little close to quadrature, summation of object frames at these phases will create a 

significant planetary contribution within the resulting stellar template, signal which will 

be lost in the subsequent subtraction. In generating refiected-light models to match the 

data, we first need to address issues surrounding this signal loss.
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P h a s e d  dynamic  s p e c t r u m
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Figure 4.10; This velocity-phase map stacks the deconvolved residual profiles according to 

the orbital phase at time of exposure. Here we adopt a hypothetical orbital solution (for 

demonstration purposes) for the 4 nights of VLT(UT2) data secured in 2003 Jan. Any 

planet signature is expected to resemble a travelling Gaussian of characteristic width Avp, 

whose velocity varies sinusoidally around the orbit and whose strength is modulated by 

the phase function No such trail is obvious here.
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Figure 4.11: As for Fig 4.10 but with the addition of a simulated planet signal at an 

inclination of 80°. The planetary signature appears as a dark sinusoidal feature crossing 

from right to left as phase increases and centred on phase 0.5. Note, that the dates of 

observation are chosen to maximise the observable refiected-light obtained as the planet 

passes behind its stellar host. Ideally we aim to target gibbous phases 0.33 < 4> < 0.47 and 

0.53 < (j) < 0.67 where it is possible to disentangle the planet spectrum from the direct 

stellar spectrum.
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4.6.1 A ttenuation by Stellar Tem plate

The stellar template we previously subtracted from each object spectrum will have con

tained a blurred contribution from any planet signal present, which, as we have just stated, 

is most prominent near quadrature. To ensure that the matched filter accurately mimics 

the effects of subtracting the template, we subtract the inverse variance-weighted aver

age of the travelling gaussian. If afj is the variance of the %th velocity bin in the j t h  

deconvolved profile, then the attenuated basis function becomes:

= G(vi,4,j,K^) -  (4.15)
A j  ^l^ij

In short, the procedure mimics the attenuation of the planet signal which results 

when the stellar template spectrum is subtracted from the individual spectra. To al

low for any systematic errors in the continuum level following template subtraction and 

deconvolution, we next subtract the inverse variance-weighted mean value of the decon

volved profiles at each orbital phase. If dij is the original data value in the time-series of 

deconvolved profiles, then

D i j  =  di j  -  - (4 .16)

gives the resulting orthogonalised data pixel value, with the matched filter Hij orthogono- 

lised in the same way.

In searching for a match, we exclude all pixels within ~  30 km s“  ̂ of the core of 

the stellar absorption line. In doing so we hope to eliminate spurious effects arising from 

the strong “Barber’s Pole” pattern of distortions seen at low velocities in the time-series 

of deconvolved profiles. The pattern appears to be an artefact of high order mismatches 

in the stellar template subtraction procedure. As they vary too rapidly to be caused by 

stellar surface features (starspots, faculae), the more likely explanation rests with nightly 

variations in the orientation of the line profile, possibly as a result of rotation of the stellar 

image, or sub-pixel shifts across the spectral-axis of the detector due to flexure of the 

telescope. Fortunately they only affect a range of velocities at which the planet signature 

would in any case be indistinguishable from that of the star.
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4.6.2 Scaling the m atched filter

We generate a sequence of models, for difierent values of Kp, which we use as matched 

filters to measure the strengths and velocity amplitudes of any weak signals (of the ex

pected form) that appear within the data. For each trial we construct a model basis 

function H{v,4>,Kp), which is scaled to give an optimal fit to the data values Dij in the 

velocity-phase map. The basis function is normalised prior to scaling such that the scaling 

factor we return is eo, i.e. the planet/star flux ratio at a  =  0 as defined in Eqn. 2.16. 

Formally we have

D i j K p ) / crfj

and

Var(eo) E  (4-18)

where Var(eo) represents the uncertainty in the scaling factor.

4.7 Probability Maps

The results of the matched-filter analysis are displayed in greyscale form as a function 

of the projected orbital velocity Kp, and the relative strength of the reflected signal, i.e. 

log(eo) =  log(/p//*) =  log{p{Rp/a)'^). The relative probabilities of the fits to the data for 

different values of the free parameters Rp/a  and Kp are given by

P{Kp, Rp/a) oc exp(-x^/2), (4.19)

where

^2 _  ^  ( D j j  ~ { R p i o ) ’̂ H{v i , ( f ) j ,Kp ) ) '^

The probabilities are normalised to the most likely value in the map, such that the greyscale 

denotes the probability relative to the best-fit model, increasing from 0 (white) to 1 (black). 

A typical probability map is shown at Fig. 4.12, and demonstrates the recovery of a

simulated planet signal. The maps are of similar content and form to the prior probability

maps generated in Chapter 3.3.
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Figure 4.12: Relative probability map of model parameters Kp and log(eo) =  \og{p{Rp/ a)"̂ ) 

for a simulated planet signature input into the HD75289 data (Fig. 4.11) so as to return 

an unambiguous detection. In this case the planet was assigned a grey albedo p = 0.4, 

radius Rp = l.Q Rjup and an orbital inclination of 80 °.

The synthetic planet signal appears as a compact, dark feature at Kp = 147 km s~  ̂

and log(eo) =  —4.22, i.e. eo =  6 x 10“ .̂ Given the assigned input parameters, we would 

expect the feature to be recovered at log(eo) =  —4.02. The fact that it doesn’t indicates 

that the result needs to be calibrated correctly, as detailed later in Chapter 4.8, but before 

that we must assess how confident we are of the detection.

Confidence of detection

The matched-filter analysis tells us that the most probable combination of orbital velocity 

and planet radius yields an improvement = 40.4 with respect to the value obtained 

assuming no planet is present. To set an upper limit on the strength of the planet signal, 

or to assess the likelihood that a candidate detection is spurious, we need to compute the 

probability of obtaining such an improvement in by chance alone. In principle this
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could be done using the distribution for 2 degrees of freedom. In practice, however, the 

distribution of pixel values in the deconvolved residual profiles has extended non-gaussian 

tails that demand a more cautious approach.

Rather than relying solely on formal variances derived from photon statistics, we use 

a “bootstrap” procedure to construct empirical distributions for confidence testing, using 

the data themselves. In each of 3000 trials, we randomize the order in which different 

nights of observation were secured, we then randomise the order in which the observations 

were secured within each night. The re-ordered observations are then associated with the 

original sequence of dates and times. This ensures that any contiguous blocks of spectra 

containing similar systematic errors remain together, but appear at a new phase. Any 

genuine planet signal present in the data is, however, completely scrambled in phase. The 

re-ordered data are therefore as capable as the original data of producing spurious detec

tions through chance alignments of blocks of systematic errors along a single sinusoidal 

path through the data. We record the least-squares estimates of log(eo) and the associated 

values of as functions of Kp in each trial.

The percentage points of the resulting bootstrap distributions are shown as contours 

in Fig. 4.13. From bottom to top, these contours give the 68.4% 95.4% 99.0% and 99.9% 

bootstrap upper limits on the strength of the planet signal, subject to calibration (see 

below). The 99.9% contour, for example, represents the value of log(eo) that was only 

exceeded in 3 of the 3000 trials at each Kp.

4.8 Calibrating the matched-filter analysis

The purpose of incorporating a simulated planet signature into our analysis is two-fold. 

First, it allows us to ensure that any planetary signal, real or simulated, is maintained 

through the template subtraction and deconvolution procedures and can be recovered 

during the subsequent matched-filter analysis. In doing so we can measure the degree to 

which any simulated signal is attenuated and infer that any real planetary signal would 

suffer a similar fate. Second, by using a suitable calibration factor, we can ensure that the 

matched-filter detection for the simulated planet, appears at the expected position in the 

resulting log(eo) vs. Kp probability map. Thus any potential detections within the real 

data would be suitably compensated for losses imposed by the full extraction and analysis
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Figure 4.13: As for Fig. 4.12, but with the results of the bootstrap trials expressed as 

confidence levels at which candidate detections can be ruled out as being caused by spu

rious alignments of non-Gaussian noise features. From top to bottom, they show the 

99.9%, 99.0%, 95.4% and 68.4% confidence limits. The simulated planet signature in this 

example, is detected well above the 99.9% confidence level.

process. As a consequence, it must be noted that any required correction would reduce 

the confidence to which we can apply upper limits on the strength of signal, since these 

are directly linked to any potential loss through the analysis.

Choice of planetary tem plate

The choice of stellar spectrum to mimic the reflected-light signal depends on the orbital 

parameters of the target system. As the planet is in motion around its host, the spectral 

line broadening it sees is different to that we would observe. For example, a planet whose 

orbital period is tidally locked to the rotation of the star would not see that rotation, 

and broadening of the spectral lines would therefore be dominated by convective motions 

on the star’s surface. As a result, we would need to use a star with a lower n sin 2 than
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the host star to mimic the reflected component from the surface of the planet. We can 

however, make an prior estimate of the reflected v sin 2, using the known parameters of the 

target system (Appendix A.l) to conduct Monte Carlo trials similar to those detailed in 

Chapter 3. Civen the stellar vsmi^  orbital period, and assuming the stellar rotation axis 

is perpendicular to the orbital plane, the trials identify the most likely line-width of the 

reflected spectrum. This prediction is then used to choose an additional stellar target to 

observe, which has a spectral type similar to that of the planet’s host but exhibits a more 

appropriate vsini.  The spectrum of that star will then be used to construct the planet 

template, as described in Chapter 4.8.1.

We mentioned earlier that the reflected-light signal is modelled as a time sequence 

of Caussians with appropriate velocities and relative amplitudes according to Eqn. 4.14. 

The variable factor we use to calibrate the strength of the detected signal is the equivalent 

width (W*) of the stellar component of the composite line profile. By deconvolving the 

planet template spectrum with a list of the relative strengths of its spectral lines, we obtain 

a composite line profile exhibiting a broadening function that is representative of all the 

lines recorded in the spectrum. By fixing the known v sin 2 of the planetary template, IT* 

controls the effective depth of the Caussian model and can be varied to match the data. 

In effect, this allows us to control the relative brightness of any detection and ensure that 

simulated planet signals appear at the expected level. Any reduction in the strength of 

the simulated signal during the various processes would manifest itself as a reduction in 

the log(eo) scaling factor, and appear fainter than expected. In the subsequent analyses 

of r  Bootis and HD75289, we find a 10 - 15% signal loss, primarily as a result of the 

PC A noise-reduction. Once the sources of signal loss have been identified and quantified, 

we can apply the correction to W* and re-run the matched-filter analysis. We make the 

assumption that any genuine reflected-light signal would undergo a similar loss, thus in 

calibrating the simulated planet we can be sure that any genuine detection in the real data 

will appear at the correct relative brightness.

4.8.1 Construction of the simulated planet signature

The simulation procedure simply consists of shifting and scaling the spectrum of the planet 

template according to the orbit and phase function, co-multiplying it by an appropriate 

geometric albedo spectrum, and adding it to the observed data. We try to ensure a strong
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signal by adopting geometric albedo and planetary radius values greater than expected 

by theory, in order to generate an input signal strong enough to return an unambiguous 

detection. As we found in Fig. 4.11, the synthetic signal appears in the resulting time-series 

of deconvolved line profiles as a dark sinusoidal feature crossing from right to left between 

phases 0.25 and 0.75. The feature is detected by the matched-filter analysis and recovered 

within the relative probability map of model parameters Kp and log (eg) =  logp{Rp/a)‘̂  ̂

as shown at Fig. 4.13.

If we combine the recovered Kp with the results of radial velocity studies, we obtain 

the inclination of the system and hence the true mass of the planet. Furthermore, once 

calibrated to the correct level, the eo of any detection will allow us to constrain the p \/R ^  

measure of the orbiting planet. Given a theoretical radius, we can use the location of any 

feature or a given confidence level to identify the corresponding grey geometric albedo. 

Alternatively, given a geometric albedo model, we can identify the corresponding radius.

4.8.2 C alibrating non-grey albedo models

The meaning of eo is straight forward with a grey albedo spectrum, however, problems 

arise when we wish to test how well a given non-grey albedo spectrum fits the data, such 

as the Sudarsky, Burrows k, Pinto (2000) models discussed in Chapter 2.2.4. In this 

situation, the weighting factors (w$) used to attenuate the lines in the deconvolution mask 

(Eqn. 4.7) are modified to reflect the wavelength dependence of the chosen albedo model. 

As we have now chosen to fix p(A), we can replace eo with {Rp/aŸ  as the scaling factor 

in Eqn. 4.17. An accurate calibration also requires that we apply the same wavelength 

dependence to the spectrum of the fake planet template that is added prior to processing 

the data. The basis function G is rescaled to become O' =  pG, where p is an appropriately 

weighted geometric albedo, and is attenuated as before, using Eqn. 4.15.

After injecting the desired artificial planet signal into the data, we are then in a 

position to deconvolve the synthetic data with a modified line-list, weighted by the same 

albedo model as the planet template. We then conduct a matched-filter analysis on the 

simulated data, to identify the correct IT* (Eqn. 4.14) that recovers the expected value of 

Rpfa  at the appropriate Kp. W ith the geometric albedo fixed, the probability maps allow 

us to place upper limits on the radius of the planet in question.
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4.8.3 False alarm  probabilities

It is important to note that the bootstrap contours only give the false-alarm probability 

(FAP) if the value of Kp is known in advance, which is generally not the case. The true 

false-alarm probability is greater, being the fraction of the 3000 bootstrap trials where 

spurious peaks at any possible value of Kp can exceed the of the candidate. Typically, 

the range of Kp investigated spans from 30 km s~^ (lower limit to matched-filter analysis) 

to Vp, where Vp is the orbital velocity of the planet as determined from RV measurements.

In practice, however, we are more likely to believe that a feature detected near the 

peak of the prior probability distribution for Kp is genuine, than if the feature appeared at 

a velocity that was physically implausible given our existing knowledge of the system pa

rameters. We are therefore able use our prior estimates of Ap, as determined in Chapter 3, 

to weight the FAP using the following Bayesian approach.

Once the data are calibrated, the bootstrap contours give the conditional likelihood 

of obtaining the data D at a given Kp,  i.e. P{D\Kp). We use the prior probability 

distributions for Kp to determine the joint (weighted) probability,

P{D ,K p)  = P{D\Kp)P{Kp). (4.21)

We calculate P{D,K p) ,  for the 3000 bootstrap trials, by selecting the maximum value 

from each trial of the quantity

A~v̂
ln f(D ,A p ) =  In f(A p) -F (4.22)

with the resulting trial distribution allowing us to calculate the weighted (posterior) FAPs.

4.9 Summary

Spectroscopic refected-light studies offer a unique route to achieving the first direct detec

tion of an extrasolar planet. Due to the small separation and high contrast between the 

planet and its stellar host, we have had to develop sophisticated routines to carefully ex

tract and identify any reflected-light signature present. In this chapter, we have described 

in some detail the steps required to help us achieve a successful detection. As this detail 

has been quite extended, and as many of the ideas are a little complex, we have provided
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a graphical overview of the processes involved, Fig. 4.14, in the hope that it might pull 

together the preceeding discussion.

The survival of simulated planet signals through the process suggests that, in theory, 

we should be able to detect the reflection of starlight from the surface of a Pegasi planet. 

That is, assuming the atmosphere surrounding the planet behaves in a similar way to 

the planets in our own Solar system. The existence of these objects was unexpected by 

conventional theories of planet formation, and their atmospheric nature may prove equally 

unexpected. Nevertheless, the results of previous reflected-light studies (Collier Cameron 

et al. 2002), combined with the following studies of r  Bootis and HD75289, should act to 

improve our knowledge of these close-orbiting planets, about which very little is currently 

known.
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C H A PTER 5

A new upper limit on the reflected starlight from r  Bootis b

This chapter summarises the contents of a paper, authored by myself and recently pub

lished in MNRAS (Leigh et al. 2003a), presenting work carried out in conjunction with 

Andrew Collier Cameron, Keith Horne, Alan Penny and David James, all of whom were 

cited as co-authors.

5.1 Introduction

Two years after the discovery of a planetary companion to 51 Pegasi by Mayor & Queloz 

(1995) came the identification of a similar object orbiting the F7V star r  Bootis (Butler 

et al. 1997). The discovery of objects with extremely short orbital periods (< 5 days) was 

wholly unexpected, but with 19 of the 110 known extrasolar planets orbiting at less than 

0.1 AU from their parent stars, these Pegasi planets make up a significant proportion of 

the current sample.

Shortly after the r  Bootis b detection, two teams (Charbonneau et al. 1999; Col

lier Cameron et al. 1999) initiated a spectroscopic search for the reflected light component 

of the orbiting planet. Charbonneau et al. (1999) conducted 3 nights observation in March 

1997 using the HIRES échelle spectrograph mounted on the KeckI 10m telescope on Mauna 

Kea, Hawaii. Although the restricted spectral range 465.8 - 498.7 nm provided a non detec

tion, the signal-to-noise ratio (S:N ~  1500) was sufficient to impose a relative reflected flux 

limit /p //*  < 8 X 10~^ for a planet of inclination i > 10°, assuming a grey albedo reflection 

of the stellar spectrum. This implies a geometric albedo limit p < 0.3 over the spectral 

range investigated, assuming a planetary radius of 1.2 Rjup- Collier Cameron et al. (1999) 

obtained 10 nights of data during 1998 and 1999, with the Utrecht Échelle Spectrograph
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(UES) on the 4.2 m William Herschel telescope (WHT). By using a least-squares decon

volution (LSD) technique (Donati et al. 1997) on ~  2300 spectral lines in the range 385 

- 611 nm, they identified a probable reflected-light feature with /p //*  ~  7.8 x 10"" .̂ This 

detection indicated an orbital velocity amplitude Ap =  74 ±  3 km s“  ̂ which, when com

bined with the planet’s orbital velocity Vp ~  152 km s~b suggested an inclination for the 

system i = 29° and a radius Ap =  1.8 Rjup-, assuming a grey geometric albedo p = 0.55. 

A bootstrap Monte Carlo analysis gave a 5% probability that the feature was an artefact 

of noise. Subsequent observations over 7 nights in March-May 2000, however, failed to 

confirm the detection (Collier Cameron et al. 2001).

Here we report the results of a new, deep search for the reflected light signal from r  

Bootis b, using the techniques described in Chapter 4 to conduct a full re-analysis of the 

WHT data, combining all 17 nights of échelle spectra obtained during the 1998, 1999 and 

2000 observing seasons.

5.2 System Param eters

T Bootis (HD 120136, HR 5185) is a late-F main sequence star with parameters as listed 

in Appendix A.I. High precision radial velocity measurements over a period of 9 years 

were used to identify a planetary companion (Butler et al. 1997) whose properties (as 

determined directly from the radial velocity studies or inferred using the estimated stellar 

parameters) are summarised in Appendix A.2.

5.2.1 Rotational broadening

The rotational broadening of the direct starlight and chromospheric Ca II H &: K emission 

flux suggest that the star’s rotation appears to be synchronised with the orbit of the planet 

(Baliunas et al. 1997; Henry et al. 2000a). In a tidally locked system there is no relative 

motion between the surface of the planet and the surface of the star, so the planet will 

reflect a non-rotationally broadened stellar spectrum, with typical line widths dominated 

by turbulent velocity fields in the stellar photosphere. These motions were estimated by 

Baliunas et al. (1997) to be of the order ~  4 km s“ .̂ Any absorption lines attributed to 

the planet’s atmosphere are thus likely to be much narrower than the stellar lines.
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5.2.2 O rbital Inclination

In the first instance we can rule out inclinations i > 80° due to the absence of transits 

in high-precision photometry (Henry et al. 2000b). Furthermore, we found in Chapter 3 

that if we assume the star’s rotation to be tidally locked to the planet’s orbit, and that the 

stellar rotation axis is perpendicular to the orbital plane, then we can use the projected 

equatorial rotation speed of the host star v sini =  14.9 ±  0.5 km (Henry et al. 2000b) 

and its rotation period to loosely constrain the orbital inclination to î ~  40°. We would 

thus expect a projected orbital velocity amplitude close to Kp ~  100 km s“ .̂

5.3 Observations

We observed r  Bootis during 1998, 1999 and 2000 using the Utrecht Échelle Spectrograph 

on the 4.2 m William Herschel Telescope at the Roque de los Muchachos Observatory on 

La Palma. The detector was a single SITe 1 CCD array containing some 2048 x 2048 

13.5-/xm pixels. The CCD was centred at 459.6 nm in order 124 of the 31 g mm“  ̂ échelle 

grating, giving complete wavelength coverage from 407.4 nm to 649.0 nm with minimal 

vignetting. The average pixel spacing was close to 3.0 km s"b  and the full width at half 

maximum intensity of the thorium-argon arc calibration spectra was 3.5 pixels, giving an 

effective resolving power R  = 53000.

Table 5.1 lists the journal of observations for the 17 nights of data which contribute 

to the analysis presented here. In the first year (1998) the stellar spectra were exposed 

between 100 and 200 seconds. For 1999 and 2000, the stellar spectra were exposed for 

between 300 and 500 seconds, depending upon seeing, in order to expose the CCD to a peak 

count of 40000 ADU per pixel in the brightest parts of the image. Following extraction, 

with a gain of 1.92, a 450s exposure yielded about 1.2 x 10*̂  electrons per pixel step in 

wavelength in the brightest orders in typical (1 arcsec) seeing. We achieved this with 

the help of an autoguider procedure, which improves efficiency in good seeing by trailing 

the stellar image up and down the slit by ± 2  arcsec during the exposure to accumulate 

the maximum S:N per frame attainable without risk of saturation. Note that the 450s 

exposure time compared favourably with the 53s readout time for the SITe 1 CCD in 

terms of observing efficiency, with the fraction of the time spent collecting photons above 

90%. Following extraction, the S:N in the continuum of the brightest orders was typically
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UTC start Phase UTC End Phase Exposures

1998 Apr 09 22:09:43 

1998 Apr 10 22:04:40 

1998 Apr 11 22:09:28

1998 Apr 13 23:02:54 0.644

1999 Apr 02 22:06:45 0.493

1999 Apr 25 21:43:17 0.441

0.425 1998 Apr 10 05:37:05 0.519 107

0.726 1998 Apr 11 06:20:54 0.830 113

0.029 1998 Apr 12 05:58:44 0.127 81

0.644 1998 Apr 14 05:37:05 0.733 33

0.493 1999 Apr 03 06:08:47 0.594 25

0.441 1999 Apr 26 05:31:59 0.539 40

0.463 1999 May 06 04:51:57 0.550 60

0JW8 1999 May 26 03:56:18 0.576 51

0.390 1999 May 29 03:04:35 0.467 47

0.497 1999 Jun 05 00:07:23 0.548 23

0.271 2000 Mar 15 06:54:52 0.366 48

0.567 2000 Mar 16 06:49:04 0.669 45

0.278 2000 Mar 25 06:47:50 0.385 34

0.311 2000 Apr 24 05:07:31 0.420 45

0.619 2000 Apr 25 05:14:11 0.724 57

0.349 2000 May 14 03:12:08 0.434 41

0.557 2000 May 18 03:52:37 0.649 43

1999 Jun 04 20:22:34

2000 Mar 14 23:14:49 

2000 Mar 15 22:51:55 

2000 Mar 24 22:21:55 

2000 Apr 23 20:38:59 

2000 Apr 24 20:58:32 

2000 May 13 20:47:01 

2000 May 17 20:24:14

Table 5.1: Journal of observations. The UTC mid-times and orbital phases are shown for 

the first and last spectral exposures secured on each night of observation. The number of 

exposures is given in the final column.
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1000 per pixel step in wavelength.

5.4 D ata Analysis

One-dimensional spectra were extracted from the CCD frames using an automated pipeline 

reduction system built around the Starlink ECHOMOP and FIGARO packages, described 

in more detail in Chapter 4.2.

The initial tracing of the échelle orders on the CCD frames was performed manually 

on the spectrum of r  Bootis itself, using exposures taken for this purpose without dithering 

the star up and down the slit. The automated extraction procedure then subtracted 

the bias from each frame, cropped the frame, determined the form and location of the 

stellar profile on each image relative to the trace, subtracted a linear fit to the scattered- 

light background across the spatial profile, and performed an optimal (profile and inverse 

variance-weighted) extraction of the orders across the full spatial extent of the object-Fsky 

region. Nightly flat-field balance factors were applied in the process using the 50 to 100 

frames obtained at the start and end of each night of observations, using an algorithm 

that identified and rejected cosmic rays and other non-repeatable defects by comparing 

successive frames. Due to physical movement of the chip mounting between and during 

observation runs, it was found that the level of noise was reduced by the use of nightly 

flat-fields rather than master flat-fields for the entire years’ observation. In all, 55 orders 

(orders 88 to 142) were extracted from each exposure, giving full spectral coverage from

407.4 to 649.1 nm with good overlap.

For a bright, cloudy model planet with p  =  0.4 and Rp =  1.2 Rjup, we expect 

the flux of starlight scattered from the planet to be no more than one part in 18000 of 

the flux received directly from r  Bootis itself, even at opposition (a =  0). In order to 

detect the planet signal, we first subtract the direct stellar component from the observed 

spectrum, leaving the planet signal embedded in the residual noise pattern. A detailed 

description of this procedure was given in Chapter 4.3. The planet signal consists of 

faint Doppler-shifted copies of each of the stellar absorption lines. After cleaning up any 

correlated fixed-pattern noise remaining in the difference spectra (see Chapter 4.4), we 

then create a composite residual line profile, by fitting to the thousands of lines recorded 

in each échellogram (Chapter 4.5). Finally we use a matched-filter analysis (Chapter 4.6)
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to search for features in the time-series of composite residual profiles whose temporal 

variations in brightness and radial velocity resemble those of the expected reflected-light 

signature. For an assumed albedo spectrum p(A) and orbital velocity amplitude Kp, the 

fit of the matched-filter to the data yields a measure of {RpjaŸ.

5.4.1 Analysis changes

In this new analysis of the r  Bootis data, I have made the following significant changes to 

the processing undertaken for the original Collier Cameron et al. (1999) paper -

(i) The inclusion of the year 2000 data, which adds seven night’s data taken at 

optimally-illuminated orbital phases to the analysis.

(ii) Full re-extraction of all three year’s data, again using optimal methods, and 

providing an increase in the spectral range by two échelle orders or ~  15 nm.

(iii) The use of nightly flat-field frames in the extraction routine, rather than the 

previous whole year flat-fields. Post extraction analysis shows a ~  4% reduction in noise.

(iv) Increases in computational processing power over the intervening years has 

allowed the analysis to be conducted on individual échelle frames, rather than having to 

co-add the spectra into groups of 4 prior to the deconvolution and matched-filter analysis.

(v) The inclusion of a Principal Component Analysis routine (PCA), as detailed in 

Chapter 4.4, to remove correlated fixed-pattern noise that was appearing in the difference 

spectra (i.e. the stellar template subtracted frames).

(vi) The use of a more stringent calibration technique, to quantify and correct for 

the fraction of the planetary signal lost during the stellar subtraction, deconvolution and 

PCA routines. W ith this we find shallower but more realistic upper limits than were stated 

by Collier Cameron et al. (2001), who assumed no loss of signal.

5.5 Calibrating the process

We verified that a faint planetary signal is preserved through the signal extraction process 

in the presence of realistic noise levels, by adding a simulated planetary signal to the
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Figure 5.1: Time series of deconvolved profiles derived from the original WHT spectra, 

and secured over 17 night’s observation in 1998, 1999 and 2000, but with the addition of 

a simulated planet signal at an inclination of 60°. The injected signal is that of a planet 

with geometric albedo p = 0.5, radius 1.4 Rjup and appears as a dark sinusoidal feature 

crossing from right to left as phase increases and centred on the superior conjunction at 

phase 0.5.
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1%

- 2 0 0  - 1 0 0  0 100

V e l o c i t y  k m /s

200

Figure 5.2: Time series of deconvolved profiles derived from the original WHT spectra, 

and secured over 17 night’s observation in 1998, 1999 and 2000. The observations assume 

a grey albedo spectrum without the addition of a synthetic planet signal. The greyscale 

runs from black at —10“ “̂ times the mean stellar continuum level, to white at +10~"^. The 

velocity scale is in the reference frame of the stellar host.
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observed spectra. We also use the simulated signal to calibrate the strength of any detected 

signal in the original data (see Chapter 4.8). The simulations were based on the assumption 

that the planet’s rotation is close to being tidally locked, always keeping the same face 

towards the star. The resulting broadening of the spectral lines is therefore dominated by 

convective motions on the star’s surface, estimated at ~  4 km s“  ̂ (Baliunas et al. 1997). 

For our simulations we chose to use the slowly rotating giant star HR5694, observed 

on several nights in 1999. HR5694 is a F7III spectral type of similar temperature and 

elemental abundance to t  Bootis, but with an estimated v sin? ~  6.4±  1 km s~^ (Baliunas 

et al. 1997), making it well suited to represent the reflected starlight. ^

For any assumed axial inclination, the phase angle and line-of-sight velocity are 

known at all times. The simulation procedure simply consists of shifting and scaling the 

spectrum of HR5694 according to the orbit and phase function, co-multiplying it by an 

appropriate geometric albedo spectrum, and adding it to the observed data. To ensure a 

strong signal we used a simulated planet of radius 1.4 Rjup and wavelength-independent 

geometric albedo p — 0.5, which when viewed at zero phase angle should give a p lanet/star 

flux ratio eo =  fp/ f* = 0.98 x 10“ “̂. We have chosen a planetary radius greater than that 

expected by theory so as to provide a simulated input signal strong enough to return an 

unambiguous detection.

The resulting time series of deconvolved line profiles, shown in Fig. 5.1, demon

strates how the simulated planet signal is recovered after the extraction process, with 

the planetary signal clearly visible as a dark sinusoidal feature crossing from right to left 

between phases 0.25 and 0.75. The weakening of the simulated planetary signature near 

quadrature is caused mainly by the phase function. The signal is further attenuated near 

quadrature by the way in which the templates are computed: since the planet signature is 

nearly stationary in this part of the orbit, some of the signal will be removed along with 

the stellar profile if many observations are made in this part of the orbit.

Figs. 5.1 and 5.2 both show a “barber-pole” pattern of distortions in the residual 

stellar profiles at low velocities. The phase variation in these undulations appears consis

tent with sub-pixel shifts in the position of the spectra with respect to the detector over 

the course of the night. Fortunately they only affect a range of velocities at which the 

planet signature would in any case be indistinguishable from that of the star.

The signal of the synthetic planet is recovered, as in Fig. 5.3, as a dark compact
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Figure 5.3: Relative probability map of model parameters Kp and log(eo) = \ogp{Rp/a)^ 

for a simulated planet signature with grey albedo p = 0.5, Rp = 1.4 Rjup and orbital 

inclination of 60 °. The contours show the confidence levels at which candidate detections 

can be ruled out as being caused by spurious alignments of non-Gaussian noise features. 

From top to bottom, they show the 99.9%, 99.0%, 95.4% and 68.4% confidence limits. 

The synthetic planet signature is detected well above the 99.9% confidence limit.
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Upper limits
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Figure 5.4: Relative probability map of model parameters Kp and log(eo) =  logp(Rp/a)^, 

derived from the WHT/UES observations of r  Bootis, assuming a grey albedo spectrum. 

The greyscale denotes the probability relative to the best-fit model, increasing from 0 for 

white to 1 for black. A broad candidate feature appears close to the 99.0% confidence 

contour, with projected orbital velocity amplitude Kp = 97 km s“ b

105



feature at Kp =  139 km s~^ and log(eo) =  —4.01, i.e. eo =  0.98 x 10“ .̂ This most probable 

combination of orbital velocity and planet radius yields an improvement =  84.6

with respect to the value obtained assuming no planet is present (Fig. 5.5). We used the 

“bootstrap” procedure described in Chapter 4.7 to assess the likelihood that the candidate 

detection was spurious, by computing the probability of obtaining such an improvement 

in by chance alone. In each of 3000 trials, the 893 spectra obtained over 17 nights were 

randomly re-ordered within the original sequence of dates and times. W ith any genuine 

planet signal now completely scrambled in phase, the re-ordered data are therefore as 

capable as the original data of producing spurious detections through chance alignments 

of blocks of systematic errors along a single sinusoidal path through the data. We record 

the least-squares estimates of log(eo) =  \ogp{Rp/a)'^ and the associated values of as 

functions of Kp in each trial.

The percentage points of the resulting bootstrap distribution are shown as contours 

in Figs. 5.3 and 5.4. The 99.9% contour, for example, represents the value of log(eo) that 

was only exceeded in 3 of the 3000 trials at each Kp.

5.6 Results

The results of this analysis appear on the relative probability map of model parameters 

Kp and log(eo) — logp(i7p/a)^, shown at Fig. 5.4. The calibrated confidence levels allow 

us to achieve our primary aim of constraining the P\/Rp measure of the planet. However, 

there exists a significant candidate feature close to the 99% level that requires further 

investigation. In the subsequent discussion, we therefore also explore the possibility that 

this feature could represent a genuine planetary detection.

If the feature were genuine, its projected orbital velocity amplitude Kp ~  97 (±10) 

km s“  ̂ yields an orbital inclination of 37 (±5)°. This would be consistent with the star’s 

rotation being tidally locked to the planet’s orbit and implies a mass for r  Bootis b of 

Mp =  7.28(±0.83)

We emphasise that, although the feature appears very close to the peak of the prior 

probability distribution projected onto i^p, shown in Fig. 3.2, there remains a distinct 

possibility that the candidate detection is a consequence of spurious noise and as such we 

should proceed with caution.
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Figure 5.5: The upper panel shows the optimal scaling factor (Rp jaY  plotted against 

orbital velocity amplitude JTp, assuming a grey albedo spectrum for the simulated planet 

data. The lower panel shows the associated reduction =  84.6, measured relative to 

the fit obtained in the absence of any planet signal i.e. for {Rp/aY = 0. Note that only 

positive values of (Rp/a)^ are physically plausible.
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T

60 ICO 180 20080 120 140
Kp k m /s

Variation of C h i-sq u a re d  with P ro jected  Orbital Velocity

60 80 100 120 180 200140 160
K k m /s

Figure 5.6: As for Fig. 5.5 but assuming a grey albedo spectrum for the original data 

without a simulated planet signal. The lower panel shows the associated reduction in 

=  8.324, measured relative to the fit obtained in the absence of any planet signal. 

The weak improvement in at Kp =  60 km s“  ̂ corresponds to a negative value of 

{Rp/aŸ  and is therefore physically implausible.
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False Alarm Probability eo = p{Rp/aŸ  Upper Albedo Limit (p)

0.1 % 0.561 E-04 0.39

1.0 % 0.403 E-04 0.28

4.6 % 0.305 E-04 0.21

Table 5.2: Upper limits on the grey albedo for the atmosphere of r  Bootis b assuming a 

radius of 1.2 Rjup- The upper limits are quoted for an assumed Kp ~  94 km s " \  at the 

peak of the prior probability distribution for Kp determined in Chapter 3.

5.6.1 Upper lim its on grey albedo

The grey albedo model assumes that at all times the planet/star flux ratio is independent 

of wavelength. For an assumed planetary radius we can thus use Eqn. 2.16 to constrain 

the geometric albedo. Table 5.2 lists the upper limits on the albedo at various levels 

of significance, for the planetary radius Rp =  1.2 Rjup predicted by current theoretical 

models (Guillot et al. 1996; Burrows et al. 2000).

The contours in Fig. 5.4 produced by the bootstrap simulation constrain the maxi

mum reflected flux ratio at opposition to eo < 0.561 x 10“  ̂ at the 99.9 % confidence level, 

assuming a projected orbital velocity Kp at the peak of the prior probability distribution,

i.e. Kp ~  94 km s“ .̂ This would limit the geometric albedo of the planet to p < 0.39. 

We note that this is a similar result to that obtained by Charbonneau et al. (1999) at 

the same inclination. Both studies assume a grey albedo, Rp =  1.2 Rjup^ synchronous 

rotation of the star and hence a reflected version of the stellar spectrum with no rotational 

broadening. The candidate feature that appears in Fig. 5.4 would, if genuine, yield a grey 

geometric albedo of p =  0.32 (±0.13) for a planet of this radius.
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5.6.2 Upper limits on radius

Here we investigate how atmospheric albedo models can be incorporated into the signal 

analysis to place upper limits on the size of the planet. A non-grey albedo model is built 

into the formation of the least-squares deconvolved profile, by scaling the strengths of the 

lines in the deconvolution mask by a factor equal to the geometric albedo at each line’s 

wavelength. The scale factor produced by the matched-filter analysis is then directly 

proportional to [RpfaŸ  (see Eqn. 2.16) and is calibrated by injecting the signature of a 

planet of known radius with the specified albedo spectrum into the data. The method is 

described in detail in Chapter 4.8.

The theoretical models we consider here are those proposed by Sudarsky, Burrows 

& Pinto (2000) for a range of extrasolar giant planets, as described in Chapter 2.2.4.

Grey albedo model

At the most probable values in the prior distribution {Kp 94 km s“ ^), assuming a grey 

albedo model of p =  0.3, the 0.1%, 1.0% and 4.6% upper limits on the planet/star flux 

ratio €o correspond to upper limits on the planet radius, as detailed in Table 5.3. W ith a 

higher assumed geometric albedo, the planet’s radius is more strongly constrained.

Our candidate planet signal yields an improvement A%  ̂ — 8.324 over the model fit 

obtained assuming no planet signal is present (Fig. 5.6). We used the bootstrap simulations 

to determine the probability that a spurious feature with A%  ̂ > 8.324 could be produced 

by a chance alignment of noise features in the absence of a genuine planet signal. As we 

discussed in the last chapter, the bootstrap contours only give the false-alarm probability 

if the value of Kp is known in advance, which is not the case here. The true false-alarm 

probability is greater, being the fraction of bootstrap trials where spurious peaks at any 

plausible value of Kp can exceed the A%  ̂ of the candidate. If we assume that all values 

of Kp are equally likely in the range 50 km s“  ̂ < Kp < 162 km s"^, the false-alarm 

probability is found to be 14.7%.

In practice, however, we are more likely to believe that a feature detected near the 

peak of the prior probability distribution for Kp is genuine, than if the feature appeared 

at a velocity that was physically implausible given our existing knowledge of the system
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Albedo Model False Alarm (Rp/o)2 Rp/ Rjup

Probability Upper Limit

Grey 0 .1% 1.87 E-04 1.37

(p =  0.3) 1.0% 1.34 E-04 1.16

4.6% 1.02 E-04 1.01

Class V 0.19% 1.16 E-04 1.08

1.0% 0.91 E-04 0.95

4.6% 0.63 E-04 0.79

Class IV 0.19% 1.50 E-04 lj%

(Isolated) 1.09% 1.13 E-04 1.06

4.6% 0.87 E-04 0.93

Table 5,3: Upper limits on planet radius for various albedo models. The limits are quoted 

for an assumed Kp ~  94 km s~^, at the peak of the prior probability distribution for Kp^ 

as determined in Chapter 3. Note that the results for the grey albedo model are given 

for a geometric albedo of p = 0.3. Radii for other grey model albedos can be obtained by

dividing Column 4 by >/p/0.3
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Albedo Model Kp Rp/Rjup  FAP FAP

(km s~^) (Uniform Weight) {Kp Prior)

Grey (p =  0.3) 97 (± 8) 1.24 ±0.25 8.324 0.147 0.036

Class V 95 (± 8) 1.08 ±  0.19 12.06 0.032 0.003

Class IV 90 (± 8) 1.18 ±0.20 9.227 0.092 0.032

Table 5.4: Projected orbital velocity peak, planet radius, A%  ̂ and false-alarm probabili

ties (FAP) for the candidate feature, on the basis that it represents a genuine detection. 

The second FAP weights Kp in proportion to the prior probability density distribution 

(Fig. 3.2).

parameters. We can therefore use our prior estimation of Kp (see Chapter 3) to weight 

the false-alarm probabilty using the Bayesian approach described in Chapter 4.8.3. We 

find, as detailed in Table 5.4, that the false-alarm probability drops to 3.6% when prior 

knowledge of Kp is accounted for. For comparison, we find that a matched-filter analysis 

of the simulated planet data sees an improvement of A%  ̂ =  84.6 above the value obtained 

assuming no planet signal is present. This is far greater than the A%  ̂ =  42.3 produced at 

any Kp in the bootstrap trials. The false-alarm probability is therefore substantially less 

than one part in 3000, and as such the “detection” of the simulated signal is secure.

Class V model

The “Class V roaster” is the most highly reflective of the models published by Sudarsky, 

Burrows & Pinto (2000). It is characteristic of planets with Tejf > 1500 K and/or surface 

gravities lower than 10 m s“ ,̂ and as such is associated with lower mass planets, such as 

V And b. The model predicts a silicate cloud deck located high enough in the atmosphere 

that the overlying column density of gaseous alkali metals is low, allowing a substantial
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Figure 5.7: Relative probability map of model parameters Kp and log(i?p/a)^, derived 

from the WHT/UES observations of r  Bootis, assuming the albedo spectrum to be that 

of a class V roaster. The greyscale and contours are defined as in Fig. 5.3.
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Figure 5.8: As for Fig. 5.5 but assuming a class V spectrum for the original data without 

a simulated planet signal.The lower panel shows the associated reduction in A%  ̂ of 12.06, 

measured relative to the fit obtained in the absence of any planet signal.
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fraction of incoming photons at most optical wavelengths to be scattered back into space. 

There remains, however, a substantial absorption feature around the Na I D lines, as 

shown in Fig. 2.14.

We carried out the deconvolution using the same line list as for the grey model, but 

with the line strengths attenuated using the class V albedo spectrum (see Chapter 4.5). 

We calibrated the signal strength, as described in Chapter 4.8.2, by injecting an artificial 

planet signature consisting of the spectrum of HR5694, attenuated by the class V albedo 

spectrum and scaled to the signal strength expected for a planet with jRp — 1.4 Rjup-

The form of the class V probability map, as shown in Fig. 5.7 is similar to that 

encountered for the grey albedo spectrum. The resulting upper limits on the planet 

radius are detailed at Table 5.3, with the corresponding false-alarm probabilities listed in 

Table 5.4. We find the feature produces a local probability maximum near Kp =  95 km s“ ,̂ 

with an improvement in over the grey albedo model of 12.06, as shown in Fig. 5.8. 

This improvement translates to a reduced FAP (unweighted) of 3.2%, however, the position 

of the best-fitting Kp matches the prior probability maximum of Kp =  94 km s~ ̂  so closely 

that the overall FAP is 0.3%, substantially lower than that obtained for the grey albedo 

case. This suggests strongly that the features in the data that give rise to this signal 

originate predominantly at blue wavelengths. If the candidate feature we observe were 

genuine, it would indicate a class V planet of radius 1.08 (±0.19) Rjup^ which is in line 

with current theory (Guillot et al. 1996; Burrows et al. 2000).

Isolated class IV model

The “Class IV” models of Sudarsky, Burrows & Pinto (2000) have a more deeply-buried 

cloud deck than the class V models and are probably more closely applicable to r  Boo b 

given its relatively high surface gravity. The resonance lines of Na I and K I are strongly 

saturated, with broad damping wings due to collisions with Hg extending over much of 

the optical spectrum (Fig. 2.14).

We used the procedures described in Chapter 4 to deconvolve and back-project the 

data assuming an isolated class IV albedo spectrum. Although this model does not take 

full account of the effects of irradiation on the atmospheric temperature-pressure structure, 

it is a useful compromise between the class V models and the very low albedos found with
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Figure 5.9; Relative probability map of model parameters Kp and log(Rp/a)^, derived 

from the WHT/UES observations of r  Bootis, assuming the albedo spectrum to be that 

of an “isolated” class IV gas giant. The candidate feature, if genuine, corresponds to 

the detection of a 1.18(±0.20) Rjup planet. The greyscale and contours are defined as in 

Fig. 5.3.
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Figure 5.10: As for Fig. 5.5 but assuming a class IV “isolated” spectrum for the original 

data without a simulated planet signal. The lower panel shows the associated reduction 

in A%  ̂ of 9.227, measured relative to the fit obtained in the absence of any planet signal.
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irradiated class IV models. The resulting time-series of deconvolved spectra is noisier than 

the class V and grey-albedo versions, because lines redward of 500 nm contribute little to 

the deconvolution.

The probability map (Fig. 5.9) derived from the bootstrap matched-filter analysis 

again shows a marginally significant candidate reflected-light feature, but for this albedo 

model the peak of the distribution is shifted to Kp = 90 km s” .̂ The fit to the data is 

slightly better than in the grey albedo case, giving an improvement of =  9.227 over 

the no-planet hypothesis (see Fig. 5.10). The bootstrap analysis returns an unweighted 

false-alarm probability of 9.2%, but the displacement of the most probable value of Kp 

(90 km s~^) away from the prior probability maximum at Kp = 94 km s” ,̂ means the 

overall Bayesian FAP is 3.2%, slightly lower than in the grey albedo case.

The increase in noise associated with the extraction of the class IV simulation pro

duces more loosely constrained upper limits on the planetary radius, as set out in Table 5.3. 

We note that if the candidate feature were genuine, it would indicate a class IV planet of 

radius 1.18(±0.20) Rjup, still in line with current expectations (Guillot et al. 1996; Bur

rows et al. 2000).

5.7 Conclusion

We have re-analysed the WHT échelle spectra obtained for the F7V star r  Bootis during 

1998, 1999 and 2000. By assuming that

(i) the rotation of r  Bootis is tidally locked to the orbit of the planetary companion, 

suggesting an orbital inclination of î ~  40°, and

(ii) the planet radius Rp ~  1.2 Mjup, in accordance with the general theoretical 

predictions of Guillot et al. (1996) and Burrows et al. (2000), and with observations of 

the planetary transits across HD209458 (Charbonneau et al. 2000),

we are able to rule out a reflective planet with a grey albedo greater than p =  0.39 to the 

99.9% confidence level. The alternative approach of adopting the specific grey (p =  0.3), 

class V and class IV albedo models of Sudarsky, Burrows & Pinto (2000) places model- 

dependent upper limits on the planetary radius. The results indicate to 99.9% confidence 

that the upper limits are 1.37 Rjup, 1-08 Rjup and 1.22 Rjup respectively for the three
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albedo models considered.

Our analysis reveals a candidate signal of marginal significance with a projected 

orbital velocity amplitude of Kp =  97 km s " \  assuming a grey albedo spectrum. If 

genuine, this would suggest an orbital inclination close to ~  37°, a planet mass Mp — 

7.28 (±0.83) Mjup and a grey geometric albedo of p =  0.32 (±0.13), assuming Rp =

1.2 Rjup- If we feign complete ignorance of the value of Kp, our bootstrap Monte Carlo 

simulations give a probability ranging from 3 to 15% that the detected feature is a conse

quence of spurious noise from the analysis. When taking into account our prior knowledge 

of the system these false alarm probabilities drop to below 3%.

In particular, the class V albedo model, in which only the spectrum shortward of 

550 nm is unaffected by Na I D absorption, returns a false-alarm probability of only 0.3% 

when the prior probability distribution for Kp is taken into account using Bayes’ theorem. 

However, we consider there is still too much uncertainty for us to claim a bona fide 

detection. Our simulations show that a statistically unassailable detection should produce 

a clearly visible, dark streak along the planet’s trajectory in the trailed spectrogram, and 

no such streak is apparent even for the class V model.

The observations in the 2000 season were conducted at orbital phases optimised to 

produce the strongest possible signal at a star-planet separation in velocity space suffi

cient to avoid blending problems. By adopting similar observing strategies on 8m-class 

telescopes, future reflected light searches of r  Bootis should be able to double the effec

tive planetary signal contained in the WHT data described here, in only a small fraction 

of the 17 nights devoted to this search. Indeed, 2 optimally-phased clear nights on the 

Keckl/HIRES combination should be able to reproduce our results, whilst the increased 

efficiency of the HDS spectrograph would allow Subaru to achieve very close to this depth 

of search over the same timescale. With this in mind, we believe that r  Bootis remains a 

suitable target for future reflected light searches on 8m-class telescopes.
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C H A PTER 6

A search for the starlight reflected from HD 75289 b

This chapter summarises the contents of a paper, authored by myself and recently pub

lished in MNRAS (Leigh et al. 2003b), presenting work carried out in conjunction with An

drew Collier Cameron, Stéphane Udry, Jean-François Donati, Keith Horne, David James 

and Alan Penny, all of whom were cited as co-authors.

6.1 Introduction

The existence of a close planetary companion to the COV star HD75289 was first reported 

by Udry et al. (2000), and in common with 19 of the 110 extrasolar planets known, 

HD75289b is found to orbit within 0.1 AU of the parent star. Confirmation of the gas- 

giant nature of HD209458b (Charbonneau et al. 2000; Henry et al. 2000b) and OCLE- 

TR-56b (Konacki et al. 2003) suggests that HD75289b may also be large enough to 

reflect a detectable amount of starlight. Sudarsky, Burrows & Hubeny (2003) suggest the 

high effective temperature and relatively low surface gravity of HD75289b may favour the 

formation of relatively bright, high-altitude silicate cloud decks. As described in Chapter 

2.2.3, these clouds act to scatter starlight back into space before it is strongly absorbed 

by alkali metals in the deeper atmosphere.

In this chapter, we report the results of observations, conducted over 4 nights in 

January 2003 on VLT(UT2)/UVES échelle spectrograph, aimed at detecting the signature 

of starlight reflected from the planet orbiting HD75289.
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6.2 System Param eters

HD75289 (HIP43177) is an GO main sequence star with parameters listed in Appendix 

A.I. High-precision radial-velocity measurements obtained between Nov 1998 and Oct 

1999 (Udry et al. 2000) were used to identify a planetary companion, HD75289b, whose 

properties (as determined directly from radial-velocity studies or inferred using the esti

mated stellar par ameters) are summarised in Appendix A.2 . Since the planet publication 

(Udry et al. 2000), the orbital solution has been updated with new Coralie RV measure

ments using a weighted cross-correlation scheme (Pepe et al. 2002) with an appropriate 

template.

6.2.1 Rotational broadening

The rotational broadening of the direct starlight and low chromospheric Ca II H & K 

emission flux suggest that the orbital period of the planet is much less than the stellar 

rotation period. As a consequence of the relative motion between the surface of the 

planet and the surface of the star, the planet will reflect a rotationally broadened stellar 

spectrum. Using Monte Carlo trials, similar to those conducted in Chapter 3, we estimate 

from the known stellar parameters that absorption lines attributed to the reflection from 

the planet’s atmosphere are likely to be much broader, with typical line widths approaching 

13 km s~^.

6.3 Observations

We observed HD75289 during Jan 2003 using the blue arm of the UV-Visual Échelle 

Spectrograph (UVES), mounted on the 8.0m VLT/UT2 (Kueyen) telescope at the Paranal 

Observatory in the Atacama Desert, Chile. The detector was a single EEV CCD-44 array 

containing some 2048 x 3000 15.0-//m pixels. The CCD was centred at 475.8 nm in order 

102 of the 41.6 g mm“  ̂ échelle grating, giving complete wavelength coverage from 406.5 

nm to 522.0 nm with minimal vignetting. The average pixel spacing was close to 1.5 km 

s~^, and the full width at half maximum intensity in the centre of the thorium-argon arc 

calibration spectra was 4.5 pixels, giving an effective resolving power oî R  = 43000.
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UTC start Phase UTC End Phase Exposu

2003 Jan 14 01:00:04 0.318 2003 Jan 14 09:29:44 0.420 188

2003 Jan 15 00:56:42 0.605 2003 Jan 15 09:21:32 0.706 173

2003 Jan 21 02:40:18 0.340 2003 Jan 21 09:34:54 0.422 183

2003 Jan 22 03:35:30 0.597 2003 Jan 22 09:41:01 0.707 140

Table 6.1: Journal of observations. The UTC mid-times and orbital phases are shown for 

the first and last spectral exposures secured on each night of observation. The number of 

exposures is given in the final column.

Table 6.1 details the 4 nights of observation that contribute to the analysis presented 

here. The stellar spectra were each exposed for between 100s and 300s, depending upon 

the seeing, in order to expose the CCD to a peak count of 40000 ADU per pixel in the 

brightest parts of the image. A typical exposure in average seeing (0.8 arcsec) yielded 

~  4 X 10® electrons per pixel step in wavelength in the brightest orders after extraction. 

Overall, the CCD’s 7s fast-readout time allowed an observing efficiency > 90%, whilst 

yielding a gain close to 2.4 and readout noise of ~  6e“ . Following extraction, the S:N in 

the continuum of the brightest orders was typically 650 per pixel.

6.4 D ata Analysis

In common with the analysis conducted on r  Bootis in the previous chapter, single dimen

sion spectra were extracted from the raw images using an automated pipeline reduction 

system built around the Star link ECHOMOP and FIGARO packages.

As described in Chapter 4.2.2, the initial tracing of the échelle orders on the CCD 

frames was performed manually using calibration exposures taken specifically for the pur

pose. The automated extraction procedure then subtracted the bias from each frame, 

cropped it, determined the form and location of the stellar profile on each image relative 

to the trace, subtracted a linear fit to the scattered-light+sky background across the spa
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tial profile, and performed an optimal (profile and inverse variance-weighted) extraction 

of the orders across the full spatial extent of the object+sky region.

Flat-held balance factors were applied prior to the extraction process by way of 

nightly templates summed from the 50 to 100 flat-held frames taken at the start and end 

of each observing session. The summation used an algorithm to identify and reject cosmic 

rays and other non-repeatable defects by comparing successive frames (see Chapter 4.3). 

Although the UVES instrument was very stable between observations, it was found that 

the level of noise wa^ slightly reduced (̂  ̂ 2%) by the use of nightly flat-fields rather than 

master flat-fields combining all 4 night’s data.

In all, 25 orders (numbers 90 - 114) were extracted from each exposure, giving full 

spectral coverage from 406.5 to 522.0 nm with good overlap.

6.4.1 Extracting the planet signal

The first step in extracting the reflected component is to subtract the direct stellar com

ponent from the observed spectrum (Chapter 4.3). The planet signal should then consist 

of faint Doppler-shifted copies of each of the stellar absorption lines, at this stage buried 

deeply in the noise. After cleaning up any correlated fixed-pattern noise remaining in the 

difference spectra (see Chapter 4.4), we create a composite residual line profile, by decon

volving each residual spectra with a list of stellar absorption line strengths (Chapter 4.5). 

The composite line profiles are then stacked by phase to display temporal variations in 

brightness and radial velocity, as at Fig. 6 .2 . Any planet signal, if present, would appear 

as a dark sinusoidal feature crossing from right to left as phase increases and centred on 

the superior conjunction at phase 0.5. Such a trail can be seen with the addition of a 

simulated planet signal, as Fig. 6.1 demonstrates.

Ideally, we would have aimed to target gibbous phases 0.33 < <j> < 0.47 and

0.53 < (f) < 0.67 to give us the best chance of disentangling the planet spectrum from 

the direct stellar spectrum. However, differences between the most recent ephemeris up

date (supplied Apr 2003 by Stéphane Udry) and the original Udry et al. (2000) values 

on which we planned our observing proposal, have resulted in our targeting slightly less 

optimal but still workable phases.

The central pattern of distortions in both Pigs. 6.1 and 6.2 is again consistent with
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sub-pixel shifts in the position of the stellar spectra with respect to the detector over the 

course of the night. Fortunately they only affect a range of velocities at which the planet 

signature would in any case be indistinguishable from that of the star.

6.4.2 Simulated planet signatures

We verified that a planetary signal is preserved through the above sequence of operations, 

in the presence of realistic noise levels, by adding a simulated planetary signal to the ob

served spectra. The fake signal also acts to calibrate the strength of any genuine detection, 

as well as the confidence contours associated with the data. Detailed explanations of the 

simulated planet calibration can be found in Chapter 4.8.

In order to correctly mimic the reflected starlight, we broadened the spectral lines 

of the star HD1461 to give typical line widths of ~  13 km s“ ,̂ in line with our estimates, 

from known stellar parameters, for rotational broadening due to relative motion between 

the surface of the planet and that of the star. HR146I is a GOV star of similar temperature 

and elemental abundance to HD75289, but with a,vsmi  we calculate at 8.8 ±  0.3 km s“ .̂ 

To ensure a strong signal we used a simulated planet of radius 1.6 Rjup^ and a wavelength- 

independent geometric albedo p — 0.4, which when viewed at zero phase angle should give 

a p lanet/star flux ratio eo =  fp/ f* =  9.71 x 10"®.

6.4.3 Matched Filter Analysis

The next step involved a matched-filter analysis, as described by Chapter 4.6, to search 

for features in the time-series of composite residual profiles whose temporal variations in 

brightness and radial velocity resemble those of the expected reflected-light signature.

The relative probabilities of the fits to the data for different values of the free 

parameters Rp/a and Kp are again displayed in greyscale form as a function of Kp and 

log(eo) =  logp{Rp/a)‘̂ . Figs. 6.3 and 6.4 detail the probability maps for the simulated 

and original observations respectively, normalised to the most probable value.

To set an upper limit on the strength of any planet signal, or to assess the likelihood 

that any signal detection is spurious, we need to compute the probability of obtaining sim

ilar improvements in by chance alone. We achieve this using the “bootstrap” procedure
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Figure 6.1: Time series of deconvolved profiles derived from the original VLT(UT2)/UVES 

data secured over 4 nights in Jan 2003, but with the addition of a simulated planet signal 

at an inclination of 80°. The injected signal is that of a planet with geometric albedo 

p = 0.4 and radius 1.6 Rjup and appears as a dark sinusoidal feature crossing from right 

to left as phase increases and centred on the superior conjunction at phase 0 .5 .
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Figure 6.2: Time series of deconvolved profiles derived from the original VLT(UT2)/UVES 

spectra, secured over 4 nights observation in Jan 2003. The greyscale runs from black at 

— 10“  ̂ times the mean stellar continuum level, to white at +10"^. The velocity scale is in 

the reference frame of the star.
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described in Chapter 4.8 to construct empirical distributions for confidence testing, using 

the data themselves. In 3000 trials, we randomized the order in which the 684 observations 

were secured, but associated them with the original sequence of dates and times. Genuine 

signals are scrambled in phase, but re-ordered data are as capable as the original data 

of producing spurious detections through chance alignments of systematic errors along a 

sinusoidal path through the data. We record the least-squares estimates of log(eo) and 

the associated as functions of Kp in each trial. The percentage points of the resulting 

bootstrap distribution are shown as contours in Figs. 6.3 and 6.4. From bottom to top, 

these contours give the 68.4%, 95.4%, 99.0% and 99.9% bootstrap upper limits on the 

strength of the planet signal.

6.5 Results

The results of this analysis appear in the form of a relative probability map of model 

parameters Kp and log(eo) =  logp(i?p/a)^, shown at Fig. 6.4. The plot indicates that 

there is no significant evidence to support the existence of a reflected-light signature, but 

the calibrated confidence contoms do allow us to apply constraints to the geometric albedo 

of the planet, given certain theoretical assumptions about the system.

6.5.1 Upper limits on grey albedo

The grey albedo model makes the unlikely assumption that the planet/star flux ratio 

remains independent of wavelength. By adopting a theoretical radius for the planet we 

can use Bqn. 2.16 to constrain its geometric albedo. Fig. 6.5 details the upper limits on 

the albedo at the 99.9% level of significance, for a range of possible radii. Each theoretical 

radius we investigate is represented by an upper confidence contour that spans orbital 

inclinations from 30° to 80°.

We find that the albedo limits are less strongly constrained with low inclination 

systems. This is partly a consequence of the matched-filter analysis, where fitting such 

models incorporate more pixels close to the noisier ripples in the central stellar region of 

the deconvolved profile. In addition, we find the choice of phase function acts to weaken 

the signals at low inclination, thus introducing greater uncertainty to the model fitting in
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Figure 6.3; Relative probability map of model parameters Kp and log(eo) =  \ogp{Rp/ aŸ  

for a simulated planet signature with grey albedo p =  0.4, Rp =  1.6 Rjup and orbital 

inclination of 80°. The contours show the confidence levels at which spurious detections 

due to non-Gaussian noise can be ruled out. From top to bottom, they show the 99.9%, 

99.0%, 95.4% and 68.4% confidence limits. The synthetic planet signature is detected well 

above the 99.9% confidence limit.

128



U p p e r  l i m i t s

ro
I

cnO

m

100 150 200

Kp k m / s e c

Figure 6.4: Relative probability map of model parameters Kp and log(eo) = \ogp[Rp/aŸ^ 

derived from the VLT(UT2)/UVES observations of HD75289, assuming a grey albedo 

spectrum . The greyscale denotes the probability relative to the best-fit model, increasing 

from 0 for white to 1 for black. Unfortunately, the results of the processing show little 

evidence to support the existence of a close-orbiting planet. Once again, it is important 

to note that the contours only give the probability of a false detection if the value of 

Kp is known in advance, which is not the case here. The slightly increased probability 

density seen close to Kp =  110 km s“  ̂ (within the Kp distribution predicted in Chap

ter 3) returns a large false-alarm probability of 32% when considering all plausible values 

35 < Kp < 147 km s ~ /  which is far too uncertain to claim as genuine.
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Upper Limits on Grey Geometric Albedo - 99.9%  confidence
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Figure 6.5: Upper geometric albedo limits to the 99.9% confidence level, assuming the 

atmosphere of the planet imposes no wavelength dependence on reflected light, i.e. a 

grey albedo model. The contours, from top to bottom, represent upper limits assuming 

theoretical radii for the orbiting planet of 1.0, 1.2, 1.4 and 1.6 Rjupt covering orbital 

inclinations of 30° < i < 80°. Thus, for a predicted radius 1.6 Rjup at the most probable 

inclination i = 75° (Leigh, Collier Cameron & Guillot 2003), our observations suggest we 

can be 99.9% confident of a grey geometric albedo p < 0.12.

the matched-filter analysis.

If we adopt the theoretical radius for HD75289b, as predicted in Chapter 3, of 

Rp = 1.6 Rjup-, and assume a Venus-like phase function, we find the planet/star flux ratio, 

at the most probable Kp ~  127 km s“ ,̂ is constrained to /p //*  < 4.18 x 10~^ at the 

99.9% level, i.e. a geometric albedo less than 0.12. This would strongly rule out albedo 

models which incorporate high-altitude, reflective cloud decks such as the class V model 

of Sudarsky, Burrows & Pinto (2000).
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6.6 Conclusion

We have observed HD75289 over 4 nights in Jan 2003, using the VLT(UT2)/UVES instru

ment, in an attempt to detect starlight reflected by the known close-orbiting planetary 

companion. The excellent stability of the spectrograph, combined with the reasonable 

conditions encountered, have enabled us to produce deep upper limits on the geometric 

albedo of the planet. In truth, with our knowledge of the system and current theoretical 

predictions, we would have expected to detect the planet. However, we find very little 

evidence to suggest its presence. Possible reasons for the discrepancy are,

(i) The inclination of the system is such {i < 20°) that the spectral features of 

the planet do not cleanly separate from the stellar features, i.e. the maximum Doppler 

shift is not sufficient to disentangle the planet’s signal. However, the work conducted in 

Chapter 3, suggests an inclination well in excess of 20°.

(ii) Our choice of phase function g{a, A) is wrong. It may be that close-orbiting 

Pegasi planets are less prone to back-scatter incoming starlight than we see with Jupiter 

or Venus (Hovenier 1989; Seager, Whitney & Sasselov 2000).

(iii) Although the two transiting planets (Charbonneau et al. 2000; Konacki et al. 

2003) have indicated the presence of gas giants, it may be HD75289b is a more compact 

terrestrial planet reflecting substantially less starlight (see Guillot et al. 1996).

(iv) It could simply be that, as with the Sudarsky, Burrows & Pinto (2000) predic

tions for a class IV CEGP, the geometric albedo is inherently low, with starlight being 

absorbed deep in the atmosphere of the planet where no high-level clouds are present to 

reflect the incident light.

Whatever the cause, these observations provide a strong test for developing theoret

ical models which aim to predict the atmospheric nature of these objects. This is a field 

which desperately needs continued observations on the brightest of these Pegasi planets, 

as were detailed in Chapter 3.
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CH A PTER 7

Summary and Conclusions

Since the most significant discovery of an extrasolar planet in 1995 (Mayor & Queloz 

1995), astronomers have indirectly identified over 110 planetary objects. These Jovian- 

mass objects cause the host star to “wobble” slightly about the common centre-of-mass of 

the system, a wobble detectable as radial motion in high-precision Doppler spectroscopy. 

Of the known planets, about 20% are found to orbit within 0.1 AU of the star, with the 

transits of HD209458 (Charbonneau et al. 2000; Henry et al. 2000b) and OGLE-TR- 

56 by Konacki et al. (2003) tentatively confirming the gas-giant nature of these close-in 

extrasolar giant planets (CEGPs), or Pegasi planets as they are known.

The discovery of Pegasi planets has produced a wave of speculative theory as to their 

exact nature, and how they came to exist so close to their parent star. The spectroscopic 

technique described in this thesis provides a viable method of achieving the direct detec

tion of an EGP atmosphere by searching for the reflected-light signature of the orbiting 

companion. The results of such observation allow us to test emerging models that aim 

to predict the atmospheric nature of Pegasi planets, and may also provide information on 

the orbital inclination and mass of the planet.

In Chapter 1, we provided a historical overview of the important events, in the 

field of extrasolar planets, which have brought us to where we are today, and the various 

detection techniques that are being employed to drive the field forward. We also reviewed 

the general consensus and ideas surrounding the formation of stars and planets, to provide 

background knowledge for the following chapters. Chapter 2 discusses the physical basis 

that underpins all aspects of our analysis and examines the knowledge that has been 

gleaned from the known crop of ESPs. It continues by investigating how theory has 

stepped in and developed, over the intervening years, to generate models that aim to
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predict the evolution and atmospheric nature of EGPs. The chapter finishes by exploring 

the manner in which light from the stellar host can interact with material in the upper 

atmosphere of the orbiting planet, and identifies the two main observable quantities which 

can be extracted from high-resolution spectroscopic studies of the parent star - namely 

the planet/star flux ratio, €o, and the projected orbital velocity, Kp, In Chapter 3 we 

use theoretical predictions and prior knowledge of each system to predict these observable 

quantities for six nearby Pegasi planets. These predictions allow us to estimate the amount 

of telescope time typically required to search for the expected reflection.

Chapter 4 provides a detailed description of the technique we have developed, start

ing from the acquisition of high-resolution échelle spectra, working through the spectral 

extraction, separation and enhancement of any orbital motion buried in the data, and 

finishing off with routines to identify and calibrate the strength of any planetary signature 

present. Chapters 5 and 6 detail the cases of r  Bootis and HD75289, to which we have 

applied our method, and from which we have obtained very encouraging results, not only 

for a significant candidate detection around r  Bootis, but also in providing strong tests 

on emerging theoretical predictions. The results for r  Bootis and HD75289, together with 

a summary of the results from Chapter 3, are set out in more detail below.

7.1 Prospects for spectroscopic reflected-light studies

In Chapter 3, we use Monte Carlo trials to estimate prior probability distributions for the 

orbital velocity amplitude and planet/star flux ratio of six bright stars known to harbour 

giant planets in orbits with periods of less than 5 days. Using these estimates, our primary 

aim was to assess the viabihty of these targets for future reflected-light searches using 4m 

and 8m-class telescopes.

By combining the best data available from past stellar observations with theoretical 

assumptions about each planet’s radius, atmospheric scattering properties, and by adopt

ing a realistic albedo spectrum, we were able to derive prior probability distributions for 

the observable quantities Kp and eo- The estimates provide us with a quantifiable method 

by which we can assess the plausibility of any candidate detection, both in Kp and eo, and 

were used for comparison in both the r  Bootis and HD75289 analyses. Although we do 

not want to be guided too closely by theory, values outside the plausible range would pose
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difficulties for current thinking.

The primary finding of Chapter 3 was the suggestion that, in using the search for 

V And b (Collier Cameron et al. 2002) as a benchmark to reach the predicted €q signal 

levels, the remaining five targets (r Boo, 51 Peg, HD75829, HD 179949 and HD209468) 

remained viable and compelling targets for future studies with existing high-throughput 

spectrographs on 8m or lOm-class telescopes. We have been reasonably fortunate in ob

taining telescope time in the past, but if we are to concentrate our efforts towards larger 

instruments, we will be entering a extremely competitive environment. Having these time 

predictions available in published form will provide us with a useful reference for any 

future proposals.

7.2 T Bootis analysis

r  Bootis was the first dataset I worked on, providing the basis of my understanding and 

allowing me to recognise potential opportunities and pitfalls inherent in what is a com

plicated method of data analysis. In being able to closely follow and analyse interactions 

within the original routines developed by Collier Cameron et al. (1999), and further im

proved by Collier Cameron et al. (2002), we have been able to overhaul the fundamental 

driving scripts, and develop a more streamlined and consistant approach to the manner 

in which we conduct the analysis.

In Chapter 5, we introduced a number of significant changes to the r  Bootis analysis, 

changes which have both enhanced the quality, and more accurately portrayed the results 

of our observation. In the first instance, we conducted a complete re-extraction of the 

1998 and 1999 data (Collier Cameron et al. 1999), combining it with the 2000 data 

(Collier Cameron et al. 2001). By increasing the wavelength range of the extracted orders 

and by changing the way in which we apply flat-field corrections, we were able to make 

inroads into reducing the amount of noise. Further improvements came from the inclusion 

of a Principal Component Analysis (FCA) routine to remove correlated fixed-pattern 

noise. More importantly, however, we recongnised the loss of signal strength through the 

process, which required the incorporation of a more stringent calibration technique, to 

quantify and correct for the fraction of the signal (simulated or genuine) lost during the 

stellar subtraction, deconvolution and FCA routines. This in turn meant our results were
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not as optimistic as those introduced at conference by Collier Cameron et al. (2001), who 

assumed no loss of signal through the process. Nevertheless, our results still provide an 

important contribution to the development of the ESP field, with the three main aspects 

returned by the analysis as follows:

1. The appearence of a marginal detection at a projected orbital velocity amplitude 

Kp — 97 km s“ E If genuine, this would suggest the existence of a planet with an 

orbital inclination close to ~  37° which, when combined with the results of radial- 

velocity measurements, indicate a mass Mp = 7.28 (±0.83) Mjup- If we assume 

atmospheric scattering properties similar to those of Venus, and a planet radius 

Rp ~  1.2 Mjupi in accordance with the general theoretical predictions of Guillot 

et al. (1996); Burrows et al. (2000), the strength of our candidate feature suggests a 

grey geometric albedop =  0.32 (±0.13). Although encouraging, we do not feel ready 

to claim a bona fide detection, partly as a result of the calculated 3-15% false-alarm 

probabilties, but more importantly due the absence of any characteristic trail in the 

phase-series of deconvolved profiles (Fig. 5.2).

2. By assuming a 1.2 Rjup planet, tidally locked to an « ~  40° orbit around r  Bootis, 

we were able to rule out a reflective planet with a grey albedo greater than p = 0.39 

to the 99.9% confidence level.

3. The alternative approach of adopting the specific grey (p =  0.3), class V and class IV 

albedo models of Sudarsky, Burrows & Pinto (2000) places model-dependent upper 

limits on the planetary radius. The results indicate to 99.9% confidence that the 

maximum radii of the models are 1.37 Rjup-, 1.08 Rjup and 1.22 Rjup respectively.

Notwithstanding the possible detection, these results provide useful constraints to 

the parameter space that is undoubtedly occupied by these Pegasi planets. This is due, 

in the main, to the distinct shortage of observational evidence currently available to drive 

forward theoretical thinking. One important factor that again emerges clearly from the 

r  Bootis analysis, and backed up by the results of Chapter 3, is that r  Bootis remains 

a viable target for future reflected light searches on 8m-class telescopes. Whilst we were 

very fortunate to have 17 nights of WHT/UES data to work with, it would seem clear 

that 3 optimally-phased nights on a modern 8m-class telescope would easily replicate the 

depth of the search achieved here.
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7.3 HD 75289 analysis

The subsequent application of our technique (Chapter 6) was on the more recent HD75289 

dataset, secured over 4 nights in 2003 Jan using the VLT(UT2)/UVES instrument. This 

step up to an 8m-class telescope represents a significant advance for our observing pro

gramme.

Due, primarily, to the improved throughput of the VLT(UT2)/UVES instrument 

in comparison to WHT/UES, the depth of the HD75289 search was significantly better 

than predicted in Chapter 3. When combined with prior predictions for the radius and 

brightness of HD75289, this suggests a good probability of a direct detection. However, 

we find no significant evidence to indicate such a detection. Despite this, our ability to 

constrain fp/ f* < 4.18 x 10”  ̂ to 99.9% confidence, assuming i = 75°, Rp = 1.6 Rjup and a 

Venus-like phase function, provides a strong test for developing theoretical models, which 

we hope will be picked up for future work by others in the field. It is, perhaps, another 

sign that all is not as predicted - an increasingly common statement when it comes to 

ESPs.

We identified a number of reasons in Chapter 6 .6 , which may have resulted in the 

non-detection. From the recovery of simulated planet signatures through the process, we 

are confident that if the atmosphere of a planet reflects a scaled down copy of the host 

spectrum, we would detect it. This leaves us with three obvious alternatives -

1. The scattering properties in the atmosphere of HD75289b differ substantially from 

the planets in our own Solar System. In this respect it would be useful to investigate 

how the scattering properties of atmospheric condensates change with variations in 

temperature and pressure. The recent launch of MOST (Green et al. 2003) should 

allow ‘ultraprecise’ photometric observations that, given time, should be able to shed 

some light on this issue.

2. The atmosphere of HD75289b is more absorbing than predicted for a Pegasi planet 

(Sudarsky, Burrows & Hubeny 2003), although, as yet, it is too early to say whether 

this is also the case for r  Bootis and v And. Either the expected silicate and iron 

clouds do not appear, or alkali metal absorption may act to absorb more incident 

light than predicted. The latter case may be somewhat contradicted by the discovery 

(Charbonneau et al. 2002) that Na produces a weaker absorption feature in trans-
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mission, during transits of HD209458, than is predicted by theory. The existence 

and level of cloud layers, however, is going to be a tougher nut to crack, with com

plexities being introduced due to non-equilibrium chemical compositions, thermal 

mixing, zonal winds (Showman & Guillot 2002), and possible temporal variations 

(Cho et al. 2003). In all cases, the best we can hope for will be a general idea of 

the prevailing atmospheric nature. In the case of HD75289b, assuming the phase 

function and size are as predicted, the general view here (at the wavelengths we 

investigated) would be of an object with an albedo close to that of the Moon, i.e. 

p -  0.11 (NASA 2003).

3. The size of HD75289b is substantially smaller than predicted in Chapter 3, in which 

case we need to think again carefully about the validity of the evolutionary models 

we use. It is important, however, that we do not lose sight of the fact that at 

least some of these planets may be massive terrestrial objects and will thus reflect 

substantially less starlight.

Once piece of comfort we can take from the better than expected depth of the 

HD75289 analysis, is the greater optimism we can hold in future observations using modern 

instrumentation. Once again, the suggestion is that we need to focus our efforts towards 

securing time on the larger, more efficient instruments such as Subaru/HDS, Keckl/HIRES 

and VLT(UT2)/UVES.

7.4 Future work

These and past observations have so far provided us with very encouraging results, but 

with regard to our knowledge of the atmospheric nature of Pegasi planets, we are only 

just scratching the surface. If we are to gain a better understanding of these unusual 

objects, it is vital that we continue to strive for direct detections. Due to magnitude, 

orbital period and mass considerations, we estimate that with current technology, there 

are six main stars with CEGPs, for which observations could yield valuable information 

(Leigh, Collier Cameron & Guillot 2003). Of these, we have observed r  Bootis most 

comprehensively (Collier Cameron et al. 1999; Collier Cameron et al, 2001; Leigh et al. 

2003a), and conducted initial investigations on both v  And (Collier Cameron et al. 2002) 

and HD75289 (Leigh et al. 2003b). Fig. 7.1 compares the prior probability distributions,
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Figure 7.1: Comparison of prior probability distributions, as determined in Chapter 3, 

with the results of (top) the previous analysis of v And (Collier Cameron et al. 2002), 

together with the two analyses presented here, namely (centre) r  Bootis (Leigh et al. 

2003a) and (lower) HD75289 (Leigh et al. 2003b).
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as determined in Chapter 3, with the results of our analysis in each case. It is interesting 

to note that for both v  And and r  Bootis, there are clearly defined features appearing 

very close to the respective peaks in the prior Kp distibutions. Although we are not yet 

confident enough to claim bona fide detections, the existence of these candidate features 

may give us great cause for optimism.

For future work, we would therefore like to revisit v  And and r  Bootis, using larger 

instruments than were previously used, whilst also seeking to broaden observations to 

include the remaining three objects, HD179949, HD209458 and 51 Pegasi. In addition, we 

see exciting possibilities from seeking to extend our technique on two further fronts.

1. The first involves conducting standard single-order spectroscopy toward the blue end 

of the optical spectrum, where dominant Rayleigh scattering in the planet’s atmo

sphere is predicted to reflect a substantial fraction of the incident stellar light (see 

Chapter 2.2). We believe the signal-to-noise (S:N) gain that is lost by having fewer 

absorption lines for the deconvolution process, will be offset, not only by increased 

reflection in the blue, but also from better instrumental and observing efficiencies 

available with standard spectrographs, such as ISIS(WHT) and STIS(HST)

2. The second front involves observing more towards the near-IR, where thermal emis

sion from Pegasi planets is expected to make a much greater contribution toward the 

total flux received from the star-planet system. Instruments such as CRIRES(VLT), 

PHOENIX(Gemini-S), VISIR(VLT) and NIRSPEC(Keck) would prove useful in this 

respect.

With regard to the current software, we believe it now offers an effective and sta

ble platform on which to conduct future analyses. Once the initial difficulties with new 

datasets have been ironed out, the driving scripts appear to work well. The underlying 

processing routines could, however, possibly benefit from a few revisions, (1) to improve 

their efficiency and (2) to address potential compatibility issues with future incarnations 

of the STARLINK software collection, which plays such a major role in our full analysis.

In this thesis, we have made an important contribution towards establishing the 

nature of extrasolar planets, a field for which there is very little direct observational data 

available. Hopefully with the advent of the MOST (Matthews, Kuschnig & Shkolnik 2001) 

and COROT (Bordé, Rouan & Léger 2003) space-based platforms, this deficiency will soon
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be addressed, but even then it is vital to continue with ground-based observations, such as 

those detailed here. Prom our perspective, there is a great deal still yet to do, and, given 

the observing time, we can continue to make a valuable contribution with the ongoing 

debate as to the true atmospheric nature of close-orbiting Pegasi planets.
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A PPEND IX  A

System param eters for six known Pegasi planets

Stellar parameters for six bright stars known to harbour close-orbiting Pegasi planets 

are detailed at Table A.I. Radial velocity measurements of the stellar host allow us to 

calculate the orbital distance, period and minimum mass of the planet. The results of these 

calculations, as described in Chapter 2.1.1, are detailed at Table A.2 alongside theoretical 

estimates for the effective temperature and evolutionary radius (upper limit) of the planet, 

as determined in Chapter 3.2.2.
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